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Abstract
Models describing the evolution of massive stars have advanced significantly due to understanding and including key physical phenomena in the calculations, such as mass loss and
rotation. As stellar magnetometry has progressed very rapidly in the past decade, recent
efforts have begun to focus on characterizing magnetic properties of massive stars and
including their effects in evolutionary model calculations.
By implementing established scaling relations of surface fossil magnetic fields, we
account for magnetic braking, mass-loss quenching, and time evolution; using a simple,
coherent prescription. In our study, we use two well-known hydrodynamical stellar evolution
codes: the Modules for Experiments in Stellar Astrophysics (mesa) software instrument
and the Geneva stellar evolution code (genec).
We show that the incorporation of the effects of surface fossil magnetic fields impacts
the model predictions, and, as a consequence, implies that the previous analysis of observed
magnetic massive stars, which utilized non-magnetic evolutionary models for comparison,
may need to be revised. We reinforce that magnetic braking and rotational mixing produce
stars that can be identified as Group 2 (slowly-rotating, nitrogen-enriched) stars on the
Hunter diagram, and we place constraints on their observable magnetic field strengths.
We identify a unique feature of initially fast-rotating magnetic stars: following their initial
blueward evolution, their rapid spin-down leads to apparently similar evolutionary tracks as
if the star initiated its evolution as a slow rotator. This can, amongst others, affect the age
i

determination of magnetic massive stars.
Metallicity affects the stellar mass-loss rates, which are reduced if the star is in a lowmetallicity environment. We show that surface fossil magnetic fields can also greatly reduce
the mass-loss rate of the star. Therefore, even in high-metallicity environments, magnetic
massive stars may follow an evolutionary path that resembles that of stars in a low-metallicity
environment. As a consequence, astrophysical phenomena that are canonically attributed
to massive stars in distant galaxies could potentially be produced by magnetic progenitors
in the Milky Way.
We conclude that the inclusion of new physical ingredients advances state-of-the-art
model predictions, and therefore these models provide a basis for a platform to further
investigate the nature of magnetic massive stars.
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Context and basic properties of massive stars

Stars are amongst the most important objects in the Universe: without stars, I literally could
not write this Thesis. This is because the chemical elements that we consist of, we breathe,
we use in our lives, and especially that we use to write a Ph.D. Thesis, were created by stars
via nucleosynthesis.
Stellar population studies have revealed that the Sun is an average star in the sense that
most of the stars follow an evolution similar to the Sun. While higher-mass stars are less
common in the present-day Universe, they have a dominant impact on their surroundings.
Hot, massive (typically with effective temperatures Teff ≈ 40 − 10 kK and stellar masses1
8M

< M < 60 M ), stars are very luminous (104 − 106 L ), and therefore are the main

sources of ionizing ultra-violet photons in galaxies. According to the spectral classification
scheme, developed by Annie Jump Cannon, these stars belong to spectral classes of O and
B. As a consequence, the much more numerous low-mass stars determine the mass budget
of galaxies, while the much more rare massive stars dominate their luminosities. Massive
stars are the major drivers of the chemical evolution of galaxies (e.g. Prantzos 1991; Carigi
1996), and important sources of mass and momentum via their dense supersonic winds.
Furthermore, only massive stars can account for some unique and exotic astrophysical
phenomena - for instance, long-duration gamma-ray bursts (GRBs, e.g, MacFadyen &
Woosley 1999), core-collapse supernova events (e.g., Meynet & Maeder 2017), high-mass
X-ray binaries (e.g., Kaper et al. 1993), and the merger of compact remnants that are
responsible for gravitational wave detections (Abbott et al. 2016a,b; Abbott et al. 2017a,b;
Abbott et al. 2018).
Massive stars are canonically defined as those stars initially more massive than about
1The symbol

refers to the solar value, therefore one solar mass is denoted with 1 M .
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8 M , although this definition varies in the literature. To a large extent, this variation
is because of the different physical aspects that are considered. For example, structural
differences exist for stars more massive than about 1.2 M : their cores are convective,
whereas their envelopes are radiative, in contrast to lower-mass stars (Kippenhahn et al.
2012). It is also common to use the term ‘intermediate-mass star’ for stars with masses
1.2 M

< M < 8 M . The > 8 M definition of a massive star, which is perhaps the

most common one used, is, in fact, related to model calculations that predict core-collapse
supernova events above this initial mass threshold (Maeder 2009). This value however,
is sensitive to the detailed physical ingredients (for example, rotation, magnetic fields, or
binarity) considered in the models. Other definitions may consider a star to be massive if
it can drive strong stellar winds, which may require an initial mass of 15 M or more. It is
also common to distinguish stars more massive than ≈ 60 M ; these rare objects are called
very massive stars (VMSs, e.g., Vink et al. 2012; Vink 2015; Köhler et al. 2015).
Recent evidence has pointed to the fact that a significant fraction of massive stars is
in binary or multiple systems (Sana et al. 2014). Binarity greatly influences the evolution
of these stars (de Mink et al. 2014), and the most pronounced effects arise in close binary
systems (Song et al. 2016; Martins et al. 2017). However, to advance with the understanding
of the evolution of binary systems, a fundamental understanding of the evolution of single
stars still needs to be established. Therefore, in this Thesis, we will focus on the ‘single star
evolution’ scenario.
A key observational result achieved during the last decade is the discovery of a population
of massive stars hosting strong surface magnetic fields. Both observational (e.g., Babel &
Montmerle 1997b,a; Gagné et al. 1997; Neiner et al. 2012; Oksala et al. 2012; Shultz 2016)
and theoretical (e.g., ud-Doula & Owocki 2002; ud-Doula et al. 2008, 2009; Townsend &
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Owocki 2005; Braithwaite 2008, 2009; Owocki 2009; ud-Doula et al. 2013; Owocki et al.
2016) approaches have led to the understanding that these magnetic fields form a largescale magnetosphere around the star. In a seminal work, the magnetospheric classification
of massive stars was presented by Petit et al. (2013). The magnetosphere confines the
wind material, and hence leads to a dynamical interaction between magnetic fields and
wind plasma. This interaction is the most prominently evidenced by X-ray observations of
magnetic massive stars (e.g., Gagné et al. 2005; Petit et al. 2007; Cohen et al. 2014a; Nazé
et al. 2014).
One important realization is that the interaction between magnetic fields and wind
plasma can also influence the long-term evolution of massive stars by modifying their mass
loss and rotation (Meynet et al. 2011; Potter et al. 2012a; Langer 2012). These considerations
motivate this Thesis, which therefore aims to incorporate the effects of surface magnetic
fields into massive star evolutionary model calculations. To this extent, the computed stateof-the-art models establish a platform to confront theory with observations and to learn
about the evolutionary impact of surface magnetic fields in massive stars.

1.2

Structure and evolution of massive stars

There are several well-known books and reviews that detail the structure and evolution
of stars (e.g., Eddington 1926; Kippenhahn & Weigert 1990; Maeder 2009; Langer 2012;
Eldridge & Tout 2019). In this Section, we rely on these works to cover the basic background
relevant for massive stars.
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Stellar structure

Stars consist of hot plasma, most of which is ionized hydrogen. This hot plasma is sometimes
described by the means of fluid mechanics, and sometimes it is considered as a gas. A star
has to fulfill two criteria to remain stable in its interior: it has to be in both hydrostatic
and energetic equilibria. A star is considered to be in hydrostatic equilibrium if the inward
force of gravity is balanced by the outward gradient of radiation and gas pressure. Energetic
equilibrium is maintained if the luminosity, that is energy per unit time (L = dE/dt), is
constant over different layers of the star. In other words, the energy output of the star is
equal to the total amount of energy generated inside the star. In massive stars, the transport
of the energy is dominated by convection in the core and by radiation in the envelope.
These criteria give rise to four fundamental stellar structure equations that define basic
stellar quantities: pressure, luminosity, temperature, and mass. In a first approach, the
equations are simplified for the case of an idealized spherical symmetry. Therefore a given
layer of the star can be defined with only one parameter on a one-dimensional grid (usually
the enclosed mass or the radius), obeying the boundary conditions such that at the centre
of the star the enclosed mass m = 0, while at the surface of the star m = M?, that is the
enclosed mass is the total mass of the star.
Hydrostatic equilibrium (also known as momentum conservation) requires that:
Gm
dP
=−
,
dm
4πr 4

(1.1)

where P is the local pressure, m is the enclosed mass at distance r from the centre of the
star, and G is the gravitational constant.
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The local temperature T can be expressed from the radiative flux as:


∇rad

dlnT
:=
dlnP



=
rad

3
κLP
16πacG mT 4

(1.2)

where a is the radiation constant, c is the speed of light, κ is the Rosseland mean opacity,
and L is the local luminosity. Whenever the radiative gradient is superseded by the adiabatic gradient, the energy transport will be dominated by convection (see Section 2.2.2 of
Chapter 2).
The energy production yields the stellar luminosity as:
dL
=  = nuc + grav − ν
dm

(1.3)

where  is the net rate of energy production in a given layer. This equation also implies
energy conservation. The dominant source of energy production in stars is nuclear energy
nuc and specifically in massive stars2 the CNO cycle converts hydrogen to helium during
the main sequence phase. grav and ν account for energy gain from gravitational contraction
and energy loss from the escape of neutrinos, respectively.
According to the continuity (or mass conservation) equation:
dm
= 4πρr 2 .
dr

(1.4)

This also means that the mass and radius can be expressed from each other if the local
density ρ is known.

2In low-mass stars, the proton-proton chain provides the nuclear fusion of hydrogen to helium.
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Evolution of massive stars

Stars form when cold molecular clouds collapse under their self-gravity. During the collapse,
clumps emerge, and the central regions of the clumps will become proto-stars. The protostars grow by accreting from the surrounding material which forms a disk. This process is
complex and the formation of massive stars is still far from being completely understood. A
star initiates its evolution on the zero age main sequence (ZAMS) by beginning to produce
its luminosity via burning hydrogen in its core3.
The nuclear burning stages are a practical indicator of the key stages of stellar evolution;
however, it is generally difficult, if not impossible, to directly deduce this information from
observations. On the other hand, the spectral classification of observations is entirely based
on morphological identification.
Figure 1.1 presents the Hertzsprung-Russell diagram (HRD) showing a non-rotating
60 M stellar evolution model at solar metallicity computed by Groh et al. (2014). The
illustration associates the different nuclear burning stages with observable spectral classes
(see also, e.g., Martins & Palacios 2017).
Stars spend the majority of their life-time on the main sequence, steadily fusing hydrogen
to helium in their cores (blue line in Figure 1.1). Without doubt, this evolutionary stage is
the most understood amongst all stages. Over the course of the main sequence, a typical
massive star evolves from O to B spectral types.
The post-main sequence stages are much more rapid and less well understood. Once
hydrogen is exhausted in the core, the subsequent heavier elements will rapidly burn up until
iron. During these stages, the star can abruptly transition on the HRD. The evolution (and
3Massive stars can initiate core burning while still accreting material. This is fundamentally the reason
why very young massive stars remain essentially unobservable in optical wavelengths: in their very early
stages they are still embedded in dust.
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Figure 1.1: The evolution of a 60 M non-rotating massive star is shown. The colourcoding corresponds to the evolutionary phases of the star, with H-core burning in blue
(1-14), He-core burning in orange (28-51), C-core burning in green (53), and H-shell
(15-27) and He-shell (52) burning in gray. Additionally, the spectral characterization
of the star is included (O-type, B-type, hot and cool luminous blue variable (LBV), WN,
WO and WC type Wolf-Rayet). The star begins its main sequence evolution as an O-type
supergiant (1) with log Teff = 4.7 (K) and log L = 5.7 (L ), and then progressively evolves
towards lower effective temperatures and higher luminosities. The supernova progenitor
is a Wolf-Rayet star at (53) with log Teff = 5.2 (K) and log L = 5.7 (L ). After C-core
burning, the more advanced burning phases rapidly take place, and the star explodes as a
core collapse supernova. Credit: Groh et al., A&A, vol. 564, p. 30, 2014, reproduced with
permission © ESO.

1.2. STRUCTURE AND EVOLUTION OF MASSIVE STARS

8

especially the so-called pre-supernova evolution) of the star is very sensitive to the initial
physical characteristics, for instance: the initial mass, rotation, and metallicity (Heger et al.
2000; Hirschi et al. 2004; Smartt 2009; Chieffi & Limongi 2013; Smith & Arnett 2014).
Depending on the luminosity of the star, it may become a Luminous Blue Variable (LBV,
see e.g. a review by Humphreys & Davidson 1994) after the OB phases. If the initial mass
is . 25 M , it is expected that the star becomes a Red Supergiant (RSG, see e.g., Levesque
et al. 2005; Davies & Beasor 2018). The LBV or RSG phase can be followed by the
Wolf-Rayet (WR) phase (see the review on WR stars by e.g., Crowther 2007). However, the
post-main sequence evolutionary path is difficult to predict. In some cases, the WR phase
may directly follow the OB phase, provided that the progenitor star rotates very rapidly.
Even more interestingly, a supernova explosion can occur in any of these stages (see, for
example, Smartt 2009; Meynet & Maeder 2017, and references therein).
Depending on their final mass, at the end of their lives massive stars become either a
neutron star (NS, Mfinal / 3 M ) or a black hole (BH, Mfinal ' 3 M ). In most cases,
the formation of these compact remnants is associated with an accompanying supernova
explosion that marks the final stage of the evolution of a massive star.

1.2.3

Modelling the structure and evolution of massive stars

Historically, stellar evolution modelling started with the development of ‘one-dimensional’
(1D) hydrodynamical codes. These codes are able to simultaneously solve the stellar
structure equations on a 1D grid as a function of mass or radius (Henyey et al. 1964).
External tables need to include the nuclear reaction rates, the opacity tables, and the
chemical composition. Some commonly-used reaction rate libraries are, for example, the
NACRE (Angulo et al. 1999), REACLIB (Cyburt et al. 2010), and STARLIB (Sallaska
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et al. 2013) libraries. Typically, the OPAL opacity tables are used (Rogers & Iglesias
1992; Iglesias & Rogers 1996). The chemical composition is often adopted from Grevesse
et al. (1996); Asplund et al. (2005); Przybilla et al. (2008); Asplund et al. (2009); Nieva &
Przybilla (2012).
Over the past few decades two codes have been very actively used to compute massive
star models: the Bonn evolutionary code (see e.g., Petrovic et al. 2005) and the Geneva
stellar evolution code (Eggenberger et al. 2008). These codes were used to calculate the
famous and widely-adopted stellar evolution model grids presented by Brott et al. (2011a),
using the Bonn code, and by Ekström et al. (2012), using the Geneva code. A large number
of stellar population studies rely on these grids of models. Although several studies analyze
and compare these models in detail (e.g., Chieffi & Limongi 2013; Martins & Palacios
2013; Jones et al. 2015), the two codes are proprietary and the source codes have not been
made available to the community.
Several other stellar evolution codes with the capability of modelling massive stars do
exist. Some of the most well-known of these are: ester (Espinosa Lara & Rieutord 2013),
franec (Chieffi & Limongi 2013), rose (Potter et al. 2012b), stars (Eggleton et al. 2011),
starevol (Decressin et al. 2009), and the Padova code (Bertelli et al. 2009).
In the meantime, a new and open-source stellar evolution software instrument that is
capable of modelling massive stars has also appeared. Modules for Experiments in Stellar
Astrophysics (mesa) is a robust and fast software instrument, and has a very wide range of
applicability (Paxton et al. 2011, 2013, 2015, 2018, 2019).
Many recent efforts have ‘coupled’ stellar evolution codes with other numerical simulations. One particularly robust example is the combination of evolutionary codes with stellar
oscillation codes (e.g., gyre, see Townsend & Teitler 2013).
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There is ongoing work to develop two-dimensional stellar evolution codes (e.g., Halabi
et al. 2017); however, such computations, in general, still remain extremely computationally
expensive. Nevertheless, we note that using the ester code very recent developments have
led to the computation and analysis of two-dimensional evolutionary models (Gagnier et al.
2019a,b). In most other cases, however, one-dimensional stellar evolution codes rely on
simplified parametric methods to account for inherently multi-dimensional phenomena such
as mass loss and rotation.

1.3

Mass loss

One of the most essential physical properties of massive stars is mass loss due to line-driven
stellar winds (see the book by Lamers & Cassinelli 1999 and reviews by Kudritzki & Puls
2000 and Puls et al. 2008), which is able to significantly modify their evolution (Meynet
et al. 1994). Massive main sequence stars typically lose of the order of 10−6 M yr−1 (that
is, roughly the order of a few Earth-masses per year), which amounts to a significant fraction
of their initial mass over the duration of their lives (a few 106 yr). The Sun also loses mass
via a wind, although it is driven by a different mechanism; however, the solar mass-loss rate
is of the order of 10−14 M yr−1 , which is negligible considering the lifetime of the Sun to
be 1010 yr.

1.3.1

Stellar wind theory

The principal effects of stellar winds of hot stars were studied by Lucy & Solomon (1970).
The mechanism responsible for driving the winds of hot, massive stars was first quantitatively
described by Castor et al. (1975) (the so-called CAK formalism), and then improved over
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decades (Abbott 1982; Pauldrach et al. 1986; Owocki & Puls 1996; Sundqvist et al. 2014).
Qualitatively, the key idea is as follows. Photons from the stellar surface travel through
the stellar atmosphere and interact with ions. The ions absorb the photons in bound-bound
transitions and on a short time-scale the excited electrons fall back to a less energetic orbit.
In this process energy and (radial) momentum is transferred to the ions. This energy and
momentum is gained by metals; however, it is further transferred to hydrogen and helium via
Coulomb interactions. Stellar winds are described by two global parameters, the terminal
Û The terminal velocity is the velocity of the outflow
velocity v∞ and the mass-loss rate M.
at large distances from the star, and the latter remains relatively constant due to the lack of
external forces. The mass-loss rate is the net flux of mass from the stellar surface per unit
time.
Quantitatively, the mass-loss rate can be derived from the CAK scaling relation:
 1−α

α
Q̄Γ
α
L
e
MÛ = 2
c 1 − α 1 − Γe

(1.5)

where c is the speed of light, α is the exponent of the line-strength distribution function (see
Kudritzki & Puls 2000), Q̄ is the cumulative line strength, parametrized by Gayley (1995),
and the Eddington parameter for electron scattering is Γe = κe L/4πcGM, with the electron
scattering opacity κe . The wind velocity can be expressed in terms of the terminal velocity,
v(r) = v∞



R?
1−
r

β

,

(1.6)

where for hot stars β ≈ 1 holds, and the equation above is the well-known ‘beta velocity
law’ for line-driven stellar winds (Castor et al. 1975, see also e.g., Leitherer et al. 1982 and
Krtička & Kubát 2011).
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Observational diagnostics

The mass-loss rates of hot stars can be observationally derived by means of quantitative
spectroscopy, using model atmosphere codes, for example, cmfgen (Hillier & Miller 1998),
fastwind (Santolaya-Rey et al. 1997; Puls et al. 2005), isa-wind (de Koter et al. 1993),
powr (Hamann & Gräfener 2003; Sander et al. 2015), and wm-basic (Pauldrach et al. 2001).
The diagnostics typically use wind-sensitive lines, that is P Cygni or Hα lines in the
spectrum of the star. For more details, we refer the Reader to Kudritzki & Puls (2000) and
Puls et al. (2008).

1.3.3

Implementation in stellar evolution codes

The effects of stellar winds can be implemented in stellar evolution codes by adopting an
appropriate mass-loss scheme. A given scheme yields the value of MÛ as a function of other
stellar parameters. The codes remove the calculated mass from the total mass of the star,
and by moving the mass along the fix mesh-points the star re-adjusts to its new equilibrium
(see e.g., Paxton et al. 2013). Several studies have established fitting formulas to calculate
the mass-loss rates, which can be adopted in evolutionary calculations. We list a few of
these.
de Jager et al. (1988) derived empirical mass-loss rates for stars ranging from spectral
types of O to M. They obtained:

log MÛ = 1.769 log

L
− 1.676 log Teff − 8.158 .
L

(1.7)
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Krtička (2014) derived a fitting formula specifically for low-luminosity main sequence
B-type stars:
log MÛ = a + b

2
Teff
Teff
+
c
,
104 K
104 K

(1.8)

where a = −22.7, b = 8.96, and c = −1.42. This routine can be found in Appendix 8.2.
Most commonly, stellar evolution models of massive stars adopt the so-called ‘Vink
prescription’ based on the works of Vink et al. (2000) and Vink et al. (2001). The mass-loss
rates from Vink et al. (2000) are derived for two effective temperature regimes separated by
the so-called bi-stability region. The bi-stability jump theoretically predicts an increase in
mass-loss rates along with a decrease in terminal velocity (see Pauldrach & Puls 1990; Vink
et al. 1999; Petrov et al. 2016; Sander et al. 2018). From interpolating a grid of individual
MÛ calculations, Vink et al. obtained a formula for the mass-loss rates as a function of basic
stellar parameters:
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for Teff < 22.5 kK. Here v∞ is the terminal wind velocity, and vesc is the escape velocity.
The mass-loss rate MÛ is in units of M yr−1 . The solar metallicity here is Z = 0.019,
adopted from Anders & Grevesse (1989); however, new results by Asplund et al. (2009)
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= 0.014. We address necessary revisions regarding this

formalism in Chapter 2, and note that developments in stellar wind physics (e.g., Gräfener
& Hamann 2005; Bouret et al. 2012; Petrov et al. 2016; Vink 2018) will lead to new
mass-loss formalisms.

1.4

Rotation

Rotation is a fundamental property of stars that originates from their formation process.
Collapsing molecular clouds have turbulent (and magnetic) diffusion processes at work, and
consequently the turbulent motions yield a net rotation. Because of that, molecular clouds
have angular momentum. The total amount of angular momentum remains conserved, and
hence new-born stars must rotate.
In this Section, we introduce key points of massive star rotation and in the following
Chapters we will build on this foundation. For a comprehensive review we recommend
the work of Maeder & Meynet (2000b). We should also mention that while we focus on
Galactic stars in this Thesis, rotation plays a perhaps even more pronounced role in massive
star evolution at low metallicity (e.g., Meynet & Maeder 2002; Meynet & Maeder 2005;
Yoon & Langer 2005).

1.4.1

Observational results

Most stars (other than the Sun) are point-sources on the sky; therefore their rotation cannot
be directly observed. However, there are various techniques to measure the rotation rates
of stars. In principle, the Doppler effect can be exploited because a rotating star will show
both a blueshift (the side of the star turning away from the observer) and a redshift (the
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side of the star turning towards the observer), which cumulatively lead to a broadening of
spectral lines. The broader the spectral lines, the faster the star rotates.
Extensive spectroscopic observational campaigns have been dedicated to measuring
projected surface rotational velocities in massive stars, e.g., the VLT FLAMES Surveys
(Evans et al. 2005, 2008, and most recently Sabín-Sanjulián et al. 2017; Schneider et al.
2018; Britavskiy et al. 2019), IACOB (Simón-Díaz & Herrero 2014; Simón-Díaz et al.
2015, 2017), GOSSS (Sota et al. 2011, and most recently Maíz Apellániz et al. 2016), and
OWN (Barbá et al. 2010) projects. The general result of these surveys consistently shows
rotational velocities of O-type stars scattered roughly between 0 and 400 km s−1 (Howarth
et al. 1997), although the results of Simón-Díaz & Herrero (2014) may favour a possible
downward revision in the mean values. A total sample of over 1000 B-type stars (combining
both field and cluster stars) were found to have a mean projected rotational velocity of ≈130
km s−1 within a range of 0 to 400 km s−1 (Huang et al. 2010). This large range of rotational
velocities, however, is observable for effective temperatures > 20 kK, but in the dataset of
Howarth et al. (1997) a steep drop is identified at 20 kK. A possible mechanism for this
phenomenon was suggested by Vink et al. (2010), and in Chapter 2 we elaborate on this
mechanism in detail.

1.4.2

Theory of stellar rotation

The key theoretical concepts of stellar rotation were established in the past century (von
Zeipel 1924a,b; Eddington 1925, 1929; Schwarzschild 1942, 1947; Kippenhahn et al. 1970).
Following the work by Schwarzschild & Villiger (1906) on radiative equilibrium in stellar
atmospheres, Eddington (1916) and Milne (1921) developed a theory of radiative equilibrium in stars. These theories require that the stellar flux remains constant at any depth of the
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star, in other words an idealized spherical symmetry was assumed. von Zeipel (1924a,b)
showed that since rotation distorts the shape of the star, spherical symmetry cannot be
applied, and therefore the flux is not constant at any given depth. As a consequence, rotating stars are not in radiative equilibrium. In mathematical form, von Zeipel’s theorem is
commonly expressed as:
F® =

L
g®eff ,
4πGM

(1.11)

which leads to this simple relation of gravity darkening:
1/4
Teff (ϑ) ∝ geff
(ϑ) ,

(1.12)

where geff (ϑ) is the effective gravitational acceleration accounting for centrifugal forces as
a function of the co-latitude. (The exact value of the exponent in this scaling may need to
be refined, see, e.g., Espinosa Lara & Rieutord 2013 and Gagnier et al. 2019a.)
This led Eddington (1925) to suggest that, according to von Zeipel’s theorem, the pressure gradient established between the pole and equator will lead to meridional circulation in
stars. Indeed, Eddington (1929) also worked out the principles of the changes in the stellar
structure equations required to account for rotation. The theory was augmented by the work
of Sweet (1950); hence meridional circulation is often called Eddington-Sweet circulation.
Large-scale meridional currents are one of the most important instabilities in stellar
interiors caused by rotation. However, there are various other processes at work in rotating
stars (Maeder 2009). Notably, shears develop if the angular velocity varies in the radial
direction (e.g., Talon & Zahn 1997; Maeder 1997; Hirschi et al. 2004).
A key concept developed by Zahn (1992) is shellular rotation, which postulates a
uniform angular velocity on isobars (layers with constant pressure). The isobars coincide

1.4. ROTATION

17

with equipotential surfaces in an idealized spherically symmetric star. However, as rotation
leads to distorting the shape of the star, the isobars are only pseudo-equipotentials. The
assumption of shellular rotation allows for neglecting the latitudinal variations on isobars,
hence this treatment is particularly useful in one-dimensional evolutionary modelling.

1.4.3

Implementation in stellar evolution codes

Rotation is an inherently three-dimensional phenomenon and can therefore only be included
in one-dimensional hydrodynamical model calculations when an appropriate parametrization is available. Thus, usually three aspects associated with rotation are incorporated into
stellar evolution codes: changing the stellar structure equations, modifying the transport of
angular momentum, and modifying the transport of chemical elements (Salaris & Cassisi
2017).

Structural changes
The structural changes in rotating stars were established by Eddington (1926); Kippenhahn
et al. (1970); Endal & Sofia (1976); Chaboyer & Zahn (1992), and Zahn (1992). In modern
evolutionary models, two correction factors are adopted that account for changes in the
stellar structure equations compared to the non-rotating case. The structural changes are
usually small, even for considerable rotational velocities. However, approaching critical
rotation, the equatorial radius may become at maximum 1.5 times the polar radius. We
refer the Reader to Maeder (2009) for more details on the topic.
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Angular momentum transport
Angular momentum transport has been introduced in stellar evolution codes via both an
advecto-diffusive scheme and a purely diffusive scheme. The former considers an advective
term, while the latter approximates all transport processes to be diffusive. The difference
between advection and diffusion is usually described as advective transport being associated
with macroscopic processes that lead to bulk fluid motion, whereas diffusive transport is
associated with microscopic processes that occur between particles.
The advecto-diffusive scheme, defined by Zahn (1992), can be written as:

 1 ∂ 
∂(r 2 Ω)
1 ∂  4
∂Ω
4
ρ
= 2
ρr ΩU(r) + 2
ρr DAM
,
∂t
∂r
5r ∂r
r ∂r

(1.13)

where ρ is the density, r is the radius, t is time, Ω is the angular velocity in a given layer
of the star, U(r) is the amplitude of the vertical component of the meridional circulation
velocity, and DAM is the sum of various diffusion coefficients that contribute to angular
momentum transport (see also Chaboyer & Zahn 1992; Maeder & Zahn 1998). The first
term on the right-hand side of Equation 1.13 is the advective term, while the second term
is the diffusive term.
In a fully diffusive scheme, based on the works of Endal & Sofia (1978) and Pinsonneault
et al. (1989), Heger et al. (2000) formulated a diffusion equation to describe the transport
of angular momentum inside a star:
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where Ω is the angular velocity, ν is the turbulent viscosity4, and j is the specific angular
momentum.

Chemical element transport
Following Pinsonneault et al. (1989), the transport of elements is described in evolutionary
codes as a time-dependent diffusive process:
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dXn
+
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(1.15)
nuc

where Xn is the mass fraction of species n, and Dchem is the sum of various diffusion
coefficients contributing to chemical mixing. The last term on the right-hand side accounts
for the change in abundance due to nuclear reactions. This equation is adopted in stellar
evolutionary codes, however the description of Dchem can be very different between the
codes and the models.
The isotope nitrogen-14 is of particular importance to trace rotational mixing in massive
stars. Over long time-scales the CNO cycle accumulates an excess of nitrogen-14 in the
stellar core because the slowest reaction in the chain is nitrogen-14 capturing an extra proton
and converting itself to a higher proton-number isotope. In a population of stars, this secular
compositional change compared to the initial conditions can, quite remarkably, be observed
at the stellar surface. Therefore, the surface abundance of nitrogen-14 (or more specifically,
often the nitrogen-14 to oxygen-16 ratio), which depends on the efficiency of chemical
mixing, is directly associated with the rotation of the star and its influence on chemical
element transport.
4The turbulent viscosity becomes replaced by the total diffusion coefficient, see Equation 54 in the work
of Heger et al. (2000).
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Magnetic fields

To understand the impact of magnetic fields on the evolution of massive stars, the properties
of the magnetic fields need to be characterized. This includes the kind, the topology, the
extent, the strength, and the time evolution of the magnetic field. In order to describe
these characteristics, we primarily focus on empirical results that we augment and compare
with theoretical predictions. In Chapter 3, we review the theoretical background and
mathematical formalism that is adopted in our models. For more comprehensive reviews on
stellar magnetism, we refer the Reader to the book of Mestel (1999) and reviews by Donati
& Landstreet (2009); Walder et al. (2012); Wade et al. (2016); Braithwaite & Spruit (2017).

1.5.1

Observations of magnetic fields in massive stars

Although magnetic field measurements of the Sun and chemically-peculiar stars date back
to Hale (1908) and Babcock (1947), respectively, the first massive O-type (θ 1 Ori C, Babel
& Montmerle 1997a; Donati et al. 2002) and B-type (β Cep, Henrichs et al. 1993; Donati
et al. 2001; Schnerr et al. 2007) stars to host magnetic fields were only detected in the early
2000’s. This is, to a large extent, related to a vast improvement in observational techniques.
While Hale and Babcock could directly measure the splitting of spectral lines due to the
Zeeman effect, such measurements are usually not possible.
The local magnetic field at the stellar surface impacts the polarization properties of the
emitted light. Circular polarization (Stokes V) is sensitive to this effect, and therefore can
be used to measure stellar magnetic fields (del Toro Iniesta 2003; Landi degl’Innocenti
& Landolfi 2004). The shift in the Stokes V profile directly translates to a longitudinal
magnetic field strength, which is thus a measurement of the cumulative field strength
over the stellar surface along the line-of-sight to the observer. While in some cases it is
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measurable, the magnetic field-sensitive hydrogen Balmer lines (Mathys et al. 2000) or
metallic lines typically yield very small shifts in the Stokes V profile individually. However,
using modern techniques, a mean profile can be created by deconvolving individual spectral
features (usually, absorption lines), leading to much greater signal-to-noise ratio (Donati
et al. 1997). Therefore stellar magnetometry relies on high-resolution and high signal-tonoise polarized spectra.
The combination of improved data acquisition and analysis techniques has led to largescale spectropolarimetric surveys, such as the Magnetism in Massive Stars (MiMeS, Wade
& MiMeS Collaboration 2015; Wade et al. 2016; Grunhut et al. 2017; Shultz et al. 2018),
the B fields in OB stars (BOB, Morel et al. 2015; Fossati et al. 2015b) and the Binarity and
Magnetic Interactions in various Classes of Stars (BinaMIcS, Alecian et al. 2015; Shultz
et al. 2018), to search for magnetic fields in hot, massive stars.

1.5.2

Magnetic field characteristics in massive stars

The aforementioned spectropolarimetric surveys established an incidence rate of magnetism
in 7 per cent of OB stars (Wade et al. 2016; Grunhut et al. 2017). The observations are
well explained by a predominantly dipolar magnetic field configuration that is generally
not aligned with the rotation axis of the star. The dipolar field strengths vary from some
hundreds to tens of thousands of G5. The magnetic field lines extend to several stellar radii,
forming a magnetosphere above the stellar surface. The magnetic fields remain stable over
several stellar rotation cycles (that is, typically, over the time-scale of decades). Importantly,
the observed magnetic fields of massive stars do not show any apparent correlation with
stellar and rotational parameters.
5For comparison, a typical fridge magnet has a magnetic field strength of tens of G.
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Proposed kinds of magnetic fields in massive stars

To explain the origin of magnetic fields in massive stars, two different kinds of fields have
been suggested: dynamo-generated fields and fossil fields.

Dynamo-generated fields
Three different dynamo processes have been proposed to generate and maintain magnetic
fields in massive stars: a convection-driven dynamo in the core (e.g., Augustson et al.
2016, see also Featherstone et al. 2009, and for lower-mass stars Fuller et al. 2015; Stello
et al. 2016), a shear-driven dynamo in the radiative envelope (Tayler 1973; Spruit 2002;
Braithwaite 2006; Potter et al. 2012a), and a subsurface convection zone-generated dynamo
(Cantiello et al. 2009; Cantiello & Braithwaite 2011). Dynamo fields require that a mechanical source (convection and/or rotation) generates and maintains them. These fields are
typically characterized by complex, small-scale structures.
Although dynamo mechanisms may well operate in the stellar interiors, they are ruled
out as the origin of observed magnetism at the surfaces of massive stars (Neiner et al. 2015).
In particular, for core-dynamos it was shown that the buoyancy time-scale required for such
fields to rise to the stellar surface is much longer than the main sequence life-time of the
star (MacGregor & Cassinelli 2003). Meanwhile, the existence of a shear-driven dynamo
is still debated (Zahn et al. 2007).

Fossil fields
The fossil field hypothesis was first proposed in the context of the Sun (Cowling 1945;
Mestel 1965, 1967), and then later considered for massive stars. The theory postulates that
the magnetic fields are remnants from the earlier history of the star, and - as opposed to
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dynamo fields - are not being actively sustained. Several studies have demonstrated the
relaxation and long-term stability of fossil fields in massive stars (Moss 2003; Braithwaite
& Spruit 2004; Braithwaite 2007; Duez & Mathis 2010; Duez et al. 2010a).
However, many puzzling questions about fossil fields remain unanswered, most importantly their origin and how they can reproduce the observed incidence rate of magnetic
fields in OB stars.
The exact origin of fossil fields is unclear. Unlike dynamo fields, fossil fields do not
have a ‘sustaining source’ such as convection or rotation. However, an initial seed field is
required to generate the observed magnetic fields in massive stars. Two competing theories
have been suggested.
Since the molecular clouds, which collapse to form stars, are observed to host weak
(typically of the order of µG) magnetic fields, they might provide the seed fields. During the
formation of the star, these fields could be twisted and amplified, and while in some cases
they might remain buried under the stellar surface, a fraction is expected to be observable
(Moss 2003; Braithwaite & Cantiello 2013). Alternatively, it has also been proposed that
fossil fields could originate from the merger of two stars (Ferrario et al. 2009; Schneider
et al. 2016).

1.5.4

Topology, alignment, and extent of magnetic fields in massive
stars

Dynamo-generated fields often have small-scale structures, whereas large-scale fossil fields
are globally organized. Indeed, observations of massive star magnetic fields are typically
well reconciled with a predominantly dipolar field global topology. In some cases more
complex topologies are inferred; however, the dipole component still remains the strongest
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and hence the most important one. One of the possible exceptions is the case of τ Sco,
which may have an unusually complex field topology (Donati et al. 2006).
The large-scale fossil fields are commonly described by the oblique rotator model, which
was first introduced by Stibbs (1950). In this model, the magnetic and rotation axes of the
star are not aligned with each other, therefore rotational modulation can be observed in
various observational diagnostics.
The extent of massive star magnetic fields is usually of the order of a few stellar radii,
thus fossil fields form a magnetosphere around the star. This is evidenced by the co-rotation
of the wind plasma with the stellar surface. Furthermore, the hot plasma that shocks in
the magnetosphere leads to observable X-ray variability (Babel & Montmerle 1997a; Petit
et al. 2007; Gagné et al. 2005; Cohen et al. 2014a; Nazé et al. 2014). On the other hand, it
remains largely uncertain how deep the fossil fields are anchored in the stellar interiors.

1.5.5

Strength of magnetic fields in massive stars

The observed magnetic field strengths in OB stars are usually of the order of kG (Wade
et al. 2016; Shultz et al. 2018). These fields are strong enough to confine and channel the
wind material, leading to a dynamical interaction in the stellar atmosphere (ud-Doula &
Owocki 2002). However, it remains an open question if weaker, yet undetected magnetic
fields could exist at the surfaces of hot, massive stars.
Massive, OB stars become black holes or neutron stars at the end of their evolution.
Neutron stars, wihch had been predicted by Baade & Zwicky (1934), owe their discovery
to their magnetic fields: periodic radio beams from these rapidly-spinning compact objects
were discovered by J. Bell in 1967. The observations of pulsars are due to the unique
magnetic and rotational properties of neutron stars: the jets are emitted along their inclined
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magnetic axes, leading to a lighthouse beaming effect as they rotate.
The magnetic field strengths of neutron stars typically range from 1011 to 1013 G, and a
subclass of neutron stars, namely magnetars, are known to be the most strongly magnetized
objects in the Universe with field strengths up to 1015 G. If the magnetic flux is conserved
during their entire evolution, then, based on simple scaling relations, the progenitor stars of
these compact remnants are expected to possess magnetic fields with kG strengths (Ferrario
& Wickramasinghe 2006, 2008). Similar arguments are invoked to explain the connection
between the fossil magnetic fields of (intermediate-mass) chemically peculiar Ap and Bp
stars and their remnant white dwarfs (Tout et al. 2004; Wickramasinghe & Ferrario 2005).

1.6

Motivation: Implementation of the effects
of surface fossil magnetic fields in stellar
evolution model calculations

1.6.1

Previous works

To our knowledge, only three studies have implemented partial effects of fossil magnetic
fields in massive star evolutionary models: Meynet et al. (2011) and Potter et al. (2012a)
considered magnetic braking, while Petermann et al. (2015) considered convective core
suppression.
The phenomenon of angular momentum loss by magnetic fields is dubbed as magnetic
braking (we detail this process in Chapter 3). To implement this effect, Meynet et al. (2011)
used the Geneva code and considered that the uppermost layer of the star spins down rapidly
due to the presence of a surface fossil magnetic field. The key results of their study are that

1.6. MOTIVATION: IMPLEMENTATION OF THE EFFECTS OF SURFACE
FOSSIL MAGNETIC FIELDS IN STELLAR EVOLUTION MODEL
CALCULATIONS

26

i) magnetic braking can greatly deplete the core angular momentum reservoir on the main
sequence, and ii) a surface magnetic field can significantly modify the chemical enrichment
of the star. Meynet et al. (2011) conclude that if solid-body rotation is enforced, then
practically no nitrogen enrichment is expected. On the other hand, if the star can have some
differential rotation (in the radial direction), then mixing can remain efficient, and a notable
nitrogen enrichment is predicted.
Potter et al. (2012a) implemented an α-Ω radiative dynamo mechanism to induce and
maintain an internal large-scale magnetic field in the rose code (Potter et al. 2012b).
Magnetic braking was attributed to an external surface field. A key result of their study is that
they obtain a population of slowly rotating, nitrogen-enriched stars with surface magnetic
field strengths that could potentially be detected by current instrumentation. However, this
modelled population is strictly limited to a mass range close to 10 M , whereas observed
magnetic massive stars have a broad range of stellar masses.
Petermann et al. (2015) computed stellar evolution models implementing a reduction
in the convective core size caused by a strong fossil magnetic field. Sufficiently strong
magnetic fields are indeed known to be able to suppress convection. A key result from their
study is that this effect leads to smaller convective cores of massive stars, and therefore
shorter main sequence life-times and shorter main sequence widths.
The key limitations of these studies are the following:
• Mass-loss quenching by the magnetic field was not considered in any of the abovementioned studies (see Chapter 4).
• The surface magnetic field evolution did not follow empirical constraints. In the
models presented by Meynet et al. (2011), the magnetic field strength remained
constant during stellar evolution, thus the magnetic flux increased over time. In the
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models computed by Potter et al. (2012a), the magnetic field strength at the stellar
surface was obtained from the dynamo model.
• Magnetic braking concerned only the uppermost layer of the star. It is nevertheless
expected that fossil fields penetrate to the radiative envelope of the star, and thus
impact deeper stellar layers.
• Petermann et al. (2015) adopted an ad hoc factor to reduce the extent of convective
cores in their models. Presently, it remains unknown if the fossil fields that are
observed at the stellar surface could indeed penetrate through the entire radiative
envelope of the star and affect the core.

1.6.2

This work

Figure 1.2 illustrates the key concept of this work. Magnetic fields, similarly to mass loss
and rotation, can be implemented in stellar evolution codes if simplified, one-dimensional
prescriptions are available. A great deal of work has focused on implementing dynamogenerated fields in the stellar interiors. In those cases, usually the impact on angular
momentum transport and chemical mixing is considered. Since fossil magnetic fields form
a magnetosphere around the star, in this work we focus on the surface effects of those fields.
These effects are quantified in terms of their influence on mass loss and rotation, which
we detail in the following Chapters. The major motivation of this Thesis is thus to present
a simple, coherent picture, including the surface effects of fossil magnetic fields in stellar
evolution model calculations.
We should also note that mass loss and rotation are not independent of each other.
Most theoretical studies conclude that stellar rotation enhances the mass-loss rate of the
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Figure 1.2: Loop of consequences when considering the mutual effects of mass-loss,
surface rotation, and surface fossil magnetic fields. Mass-loss quenching and magnetic
braking are effects caused by the magnetic field and can be implemented in stellar evolution
codes. The feedback effects on magnetic fields are unknown: the fossil fields are thought
to be independent of the stellar wind and rotation, and observations show no apparent
correlation between wind, rotational, and magnetic parameters.
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star (Friend & Abbott 1986; Bjorkman & Cassinelli 1993; however, see also Müller & Vink
2014). We detail this in Section 2.2.4 of Chapter 2. On the other hand, mass-loss implies that
the star loses angular momentum (Langer 1998; Rieutord & Beth 2014). This loss therefore
leads to braking the rotation of the star. However, it remains an open question whether and
to what extent could mass loss or rotation impact fossil fields. Presently, the observations
show no apparent correlation between wind, rotational, and magnetic parameters.

1.7

Outline

The Thesis is structured as follows. Chapter 2 provides the Reader with an introduction
to stellar evolution codes, as well as with the context and demonstration of the impact of
mass loss and rotation. In Chapter 3, we review the mathematical formalism to be adopted
in our numerical models. In Chapter 4, we discuss the evolution of a typical massive star
model with surface fossil magnetic fields using the Geneva code. In Chapter 5, we detail the
implementation of massive star magnetic braking in the mesa software instrument, analyse
a grid of models, and compare these models to known magnetic B-type stars. In Chapter 6,
we apply our mesa models to known magnetic O-type stars. In Chapter 7, we present the
implementation and results of magnetic mass-loss quenching. In Chapter 8, we present
concluding remarks. The Appendix contains a script of the code we used, and the full
module and inlist files of the computations are shared with the community on the mesa
repository website.

‘Everything that follows is a result of what you see here.’
I, robot: Dr. Lanning’s Hologram

Chapter 2
Modeling the early evolution of massive
OB stars with an experimental wind routine
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Abstract
Stellar evolution models of massive stars are very sensitive to the adopted mass-loss scheme.
The magnitude and evolution of mass-loss rates significantly affect the main sequence evolution, and the properties of post-main sequence objects, including their rotational velocities.
Driven by potential discrepancies between theoretically predicted and observationally derived mass-loss rates in the OB star range, we aim in particular to investigate the response to
mass-loss rates that are lower than currently adopted, in parallel with the mass-loss behavior
at the “first” bi-stability jump. We performed 1D hydrodynamical model calculations of
single 20 − 60 M Galactic (Z = 0.014) stars where the effects of stellar winds are already
significant in the main sequence phase. We have developed an experimental wind routine to
examine the behavior and response of the models under the influence of different mass-loss
rates. This observationally guided, simple and flexible wind routine is not a new mass-loss
description but a useful tool based on the wind-momentum luminosity relation and other
scaling relations, and provides a meaningful base for various tests and comparisons. The
main result of this study indicates a dichotomy between solutions of currently debated
problems regarding mass-loss rates of hot massive stars. In a fully diffusive approach, and
for commonly adopted initial rotational velocities, lower mass-loss rates than theoretically
predicted require to invoke an additional source of angular momentum loss (either due to
bi-stability braking, or yet unidentified) to brake down surface rotational velocities. On the
other hand, a large jump in the mass-loss rates due to the bi-stability mechanism (a factor
of 5 - 7 predicted by Vink et al. (2000, Astronomy & Astrophysics, 362, 295), but a factor
of 10 - 20 in modern models of massive stars) is challenged by observational results, and
might be avoided if the early mass-loss rates agreed with the theoretically predicted values.
We conclude that simultaneously adopting lower mass-loss rates and a significantly smaller

jump in the mass-loss rates over the bi-stability region (both compared to presently used
prescriptions) would require an additional mechanism for angular momentum loss to be
present in massive stars. Otherwise, the observed rotational velocities of a large population
of B supergiants, that are thought to be the evolutionary descendants of O stars, would
remain unexplained.
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Introduction

During their complete evolution, massive stars lose a significant fraction of their initial
mass in the form of stellar winds. This mass loss has a significant impact on the evolution
of massive stars (e.g., Maeder 2009), influencing their properties in two important ways.
First, evidently the actual stellar mass (as a function of time) is affected by mass loss.
The winds of hot OB stars and of their descendants are sufficiently powerful to remove a
significant amount of mass that their evolutionary paths depend sensitively on the strength
of the wind at the various evolutionary phases. As a consequence, mass loss (together
with rotation, binarity and metallicity effects) is a key determinant of the final end-states
of massive star evolution. Second, it has recently been noted (Vink et al. 2010) that mass
loss is also influential for massive star evolution due to the removal of angular momentum
from surface layers (see also Langer 1998) by the stellar wind. In particular, the surface
rotational velocities and their evolution are determined by the joint effects of internal
transport mechanisms and surface angular momentum loss due to mass loss. Our main goal
in this study is to investigate the evolutionary implications of currently-debated uncertainties
regarding the magnitude of mass-loss rates of hot massive stars.
In recent years, it has become clear that the original assumptions of the radiation-driven
wind theory (pioneered by Lucy & Solomon 1970 and Castor et al. 1975, hereafter CAK)
need to be reconsidered. The discovery of small-scale inhomogeneities in stellar winds has
had a significant impact on the derived mass-loss rates (e.g., Hillier 1991; Feldmeier et al.
2003; Puls et al. 2006; Oskinova et al. 2007; Sundqvist et al. 2011; Šurlan et al. 2013, and
summarized by Puls et al. 2008; Sundqvist 2013; Puls et al. 2015). Mass-loss rates of hot
OB stars derived both from current X-ray (Cohen et al. 2013; Leutenegger et al. 2013; Hervé
et al. 2013; Rauw et al. 2015), UV (Sundqvist et al. 2011; Bouret et al. 2012; Šurlan et al.
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2013), and IR (Najarro et al. 2011) diagnostics do not agree with the widely-used theoretical
rates derived by Vink et al. (2000) and Vink et al. (2001). The apparent discrepancy is
of a factor of between two and three, where rates derived from observations are lower,
when taking the “Vink-rates” at face value (see above references), and typically a factor
of two when accounting for up-to-date abundances in the mass-loss recipe (Petrov et al.
2016). Such changes in the overall mass-loss rates might have severe consequences for the
evolution of massive stars (e.g., Meynet et al. 1994).
Simulating the wind of the famous Luminous Blue Variable, P Cygni (B1 Ia+ ), Pauldrach
& Puls (1990) noted a bi-stable behavior. In their self-consistent calculations, keeping
Teff = 19.3 kK and varying log(L/L ) = 5.74, 5.86, 5.97, they showed that for a small
increase in the Eddington Γ, a large impact is seen on the dynamics of the stellar wind.
Instead of a gradual increase, MÛ showed a strong discontinuity versus Γ, and the behavior
resulted in a jump in MÛ accompanied by a corresponding jump (in the opposite direction)
in the terminal velocity. The triggering mechanism of this bi-stability was attributed to the
behavior of the hydrogen Lyman continuum, namely that it becomes optically thick at a
critical wind density or effective temperature. The high opacity blocks the flux bluewards
of the Lyman edge, and the metals that have ground state photoionisation edges in this
frequency range shift to a lower ionisation state. The recombination of metals enhances the
radiative line acceleration (since lower ions typically exhibit more lines), and thus leads to
Û
an increase in M.
Even if the Lyman continuum were to remain optically thin, a shift in the ionisation
equilibrium could still occur, mainly due to reaching a critical Teff . Regarding this more
general situation, Vink et al. (1999) identified the dominant role of iron recombination in the
wind. As a massive star evolves and reaches lower effective temperatures, Fe iv recombines
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to Fe iii, giving rise to an increased mass-loss rate corresponding to the “first” bi-stability
jump in the mass-loss rate and terminal velocity of the wind.
Calculations by Vink et al. (1999) confirm the presence of bi-stable behavior (both
with respect to the above theoretical findings and observational results demonstrating the
presence of a jump in the terminal velocities of B star winds, Lamers et al. 1995), however
their prediction of the jump temperature falls into the range 27.5 - 22.5 kK. This is higher
than the Pauldrach & Puls (1990) result, 19.3 kK, and the values derived by Lamers et al.
(1995) and others (see below), which indicate a jump temperature of 20.5 kK.
As also noted by Vink et al. (1999), a second bi-stability jump should be expected at
around 12 kK, because of the recombination of Fe iii. The presence of such a jump has
been theoretically confirmed by Petrov et al. (2016), although typically at lower effective
temperatures, around 9 kK. Interestingly, the model calculations by Petrov et al. (2016)
predict the first bi-stability to occur at around 20 kK, in agreement with observations.
Irrespective of the actual position of the jump, the calculations by Vink et al. (2000)
indicate an increase of mass-loss rates by a factor of between five and seven over the first
jump, if the ratio v∞ /vesc decreases by a factor of two. On the other hand, quantitative
spectroscopy of a sample of Galactic OB supergiants by Markova & Puls (2008) provided
an (observational) upper limit for any such increase, namely that the mass-loss rates should
at maximum increase by the same factor as the terminal velocities decrease, meaning by a
factor of between two and three. However, those results are most consistent with mass-loss
rates that remain constant or even decrease in parallel with v∞ . These and similar findings
from other investigations (e.g., Crowther et al. 2006) have incited vigorous debate about the
behavior of MÛ around the expected positions of the bi-stability jumps (see also Vink et al.
2010), noting as well that Lamers et al. (1995) found a steep decrease of v∞ /vesc over a quite
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narrow temperature range, while Crowther et al. (2006) identified a much more gradual
change (see also Markova & Puls 2008).
Vink et al. (2010) argued that a large increase in the mass-loss rate due to the first
bi-stability jump would lead to an efficient mechanism to brake surface rotational velocities,
the so-called bi-stability braking (BSB). As already outlined, however, the description of the
jump itself is hampered by at least two uncertainties. Firstly, the observed jump temperature
(Teff,jump1 ≈ 20 kK, Lamers et al. 1995; Prinja & Massa 1998; Crowther et al. 2006; Markova
& Puls 2008, based on the behavior of v∞ and/or v∞ /vesc ) is much lower than originally
considered. Petrov et al. (2016) have also confirmed that improved model calculations yield
results quite similar to observed values. Secondly, the change of the observed mass-loss
rate, that is, the size of the jump at the first bi-stability location (a factor of 0.4 - 2 when
following the analysis of Markova & Puls 2008) does not agree with the Vink et al. (1999)
and Vink et al. (2000) values (a factor of between five and seven). Even more troublesome
is that massive star evolutionary models that adopt the Vink recipe result in an increase
of mass-loss rates by a factor of 10 - 20 at the first theoretical bi-stability jump location
(≈ 25 kK) (Brott et al. 2011a; Ekström et al. 2012; Groh et al. 2014).
Since stellar evolution models of massive stars commonly adopt the Vink recipe, both
issues (regarding the overall rates and their behavior at the bi-stability) might have a
fundamental impact on massive star evolution that has until now not been investigated.
Although we will focus on hot stars, we remind the reader that due to the adopted position
of the second jump, the mass-loss rates of blue supergiants might also be significantly
overpredicted.
Close to the zero age main sequence (ZAMS) of O-type stars, rotational velocities are
relatively high (200 − 400 km s−1 , e.g., Howarth et al. 1997), while there is overwhelming
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evidence for a large population of slowly rotating B supergiants below 20 kK (Howarth et al.
1997; Hunter et al. 2008; Fraser et al. 2010; Huang et al. 2010). Since these B supergiants
are thought to be the evolutionary descendants of rapidly rotating O-type stars, a significant
angular momentum loss should occur during their evolution.
In this paper, we investigate the impact on massive star evolution models caused firstly
by decreasing the overall mass-loss rates, and secondly, avoiding a large increase in MÛ
at the first bi-stability. In this sense, the angular momentum content of massive stars is
considered to account for observational constraints. In particular, we investigate the model
and parameter dependence inherent to this problem (already noted by Vink et al. 2010),
namely we evaluate whether there is an actual need for a significant increase in MÛ around
≈ 20 kK.
We will compare the mass-loss rates and surface rotational velocities resulting from two
widely used grids of massive star evolutionary models that were calculated with different
computational codes: the grids presented by Ekström et al. (2012) and by Brott et al.
(2011a). A variety of comparisons between these two model grids and the underlying
codes are available in the literature (Martins & Palacios 2013; Paxton et al. 2013; Chieffi
& Limongi 2013; Jones et al. 2015). However, these works primarily focus on aspects
different from those considered in the present work, which concentrates on the impact of
mass loss. Thus, to independently test the influence of mass-loss rates on massive stars,
we calculate our models by means of the 1D-hydrodynamical code MESA (Paxton et al.
2011, 2013, 2015), after implementing an observationally guided, simple and flexible wind
routine based on the wind-momentum luminosity relation (WLR, Kudritzki et al. 1995;
Puls et al. 1996). This experimental routine - which includes the possibility of bi-stability
jumps - is a powerful tool in the sense that it can be adjusted to either reproduce observed
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wind parameters or to modify these parameters in a simple way. We underscore that this
routine is by no means a new wind model, and will not be suitable (at least in its present
form) for actual production runs.
This paper is structured as follows. Section 2 introduces the stellar evolution models/codes considered in the following, while in Section 3 we present our first test with
the MESA code. In Section 4 we describe our experimental wind tool used within our
own calculations. In Section 5 we present the outcome of various model calculations, and
discuss the role of the bi-stability jump. In Section 6 we show that reduced mass-loss rates
(compared to the Vink rates) and the avoidance of a large jump in MÛ at the bi-stability
location cannot be present simultaneously. In Section 7 we summarize our findings and
address relevant issues that require forthcoming observational tests.

2.2

Stellar evolution model

To perform our calculations, we adopt a widely used, rapidly developing 1D hydrodynamical
stellar evolution code, Modules for Experiments in Stellar Astrophysics (MESA, Paxton
et al. 2011, 2013, 2015) version r67941. MESA has a wide range of applicability, and
our purpose was to explore the physics and the evolution of single massive stars through
experiments with the mass-loss rates.
In our comparisons we refer to two often-cited grids of evolutionary models of massive
stars, those of Ekström et al. (2012) using the Geneva code (GENEC, Eggenberger et al.
2008), and those of Brott et al. (2011a) using the Bonn evolution code (STERN, Langer
et al. 1988; Petrovic et al. 2005). Although these grids span extensive ranges in mass and
rotational velocity, in our investigation we focus on 20 - 60 M models, either with no
1MESA is free, open source software, available for download from: http://mesa.sourceforge.net
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rotation or with an equatorial surface rotational velocity vrot = 300 kms−1 .
MESA is similar to, and to some extent modeled upon, the Bonn code (Paxton et al.
2013). The bi-stability braking mechanism suggested by Vink et al. (2010) was based on
models similar to those published by Brott et al. (2011a). For this reason, we adopt a similar
parameter setup (see Table 2.1). In the following we will comment on important details and
on the major differences from the Ekström et al. (2012) models.

2.2.1

Abundances

Our models have been calculated for a metallicity of Z = 0.014, using the Asplund et al.
(2005) mixture of elements, and adopting the Lodders (2003) isotopic ratios. This choice
has been made so that our comparisons to other models (see below) would not suffer
from large differences (as would be the case with the default Z = 0.020 in MESA, or
very different mixtures). For simplicity, we refer to this particular choice as “Galactic
metallicity” considering that it provides a good description of massive stars in the solar
neighborhood.
Brott et al. (2011a) used Z = 0.0088 for the chemical evolution of their Galactic
metallicity models, when individual compositions are required (e.g., for surface element
enrichment). The detailed metallicity mixture is described by Brott et al. (2011a), supplemented with the Asplund et al. (2005) values for some other elements. The resulting
metallicity is lower than found in other studies, as a consequence of tailoring the adopted
individual elemental abundances. Isotopic ratios were taken from Lodders (2003). When
the opacity tables (from Iglesias & Rogers 1996) are required, the Grevesse et al. (1996)
mixture of elements was adopted and tailored for Z = 0.014. (For different metallicities
this is scaled by the iron abundance.) Ekström et al. (2012) used the Asplund et al. (2005)
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mixture of elements, except for a different Ne abundance, taken from Cunha et al. (2006).
This particular mixture was then scaled to Z = 0.014. Again, isotopic ratios are from
Lodders (2003). The opacities were then generated for this particular mixture of elements.

2.2.2

Convective core overshooting

In our MESA models, the convective core boundary is determined by the Ledoux criterion2,
∇rad < ∇ad +

φ
∇ µ,
δ

(2.1)



∂lnT
where the nablas are the radiative, adiabatic and chemical gradients, that is, ∂lnP
,





ad
∂lnµ
∂lnρ
∂lnT
∂lnP rad , and ∂lnP . φ, and δ are derivatives from the equation of state, denoting − ∂lnT P ,


∂lnρ
and ∂lnµ
, respectively (Kippenhahn et al. 2012). We have adopted a step-overshooting
P,T

parameter of αov = 0.335 consistent with the Brott et al. (2011a) models. Overshooting is a
sensitive parameter which can significantly modify the outcome of model calculations since
it directly affects the MS lifetime, as it is well known from evolutionary models (Langer
1986; Schaller et al. 1992; Brott et al. 2011a; Ekström et al. 2012; Chieffi & Limongi 2013;
Castro et al. 2014). This issue might deserve an extended discussion; here we provide only
some brief comments.
Currently two methods are adopted to treat convective overshooting in stellar evolution
models: the step method, and the exponential or diffusive method. Both model grids from
Brott et al. (2011a) and Ekström et al. (2012) use a step overshooting which refers to an
2In chemically homogeneous layers with ∇µ = 0, the Ledoux criterion is equal to the Schwarzschild
criterion.
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extension of the convective core lov by a fraction αov of the local pressure scale height HP ,
lov = αov HP .

(2.2)

Other studies (mostly of individual stars, e.g., Moravveji et al. 2015) use the exponential
method based on Herwig (2000), which accounts for the change in diffusive mixing using
an additional diffusion coefficient,


Dov


−2z
= D0 exp
,
Hv

(2.3)

where D0 is the diffusion coefficient at the core boundary, z is the vertical distance from
the core boundary, and Hv is the local velocity scale height, defined as the exponential
overshooting parameter times the local pressure scale height:
Hv = fov HP .

(2.4)

Although our MESA models contain an exponential overshoot parameter, this is effectively
not used, and we rely on the step overshoot method alone, since we aim to perform a
consistent comparison.
In this context, we note that it has become possible to use asteroseismological measurements to constrain the overshoot parameter for hot, massive stars (e.g., Aerts 2015).
This has been done, for example for θ Ophiuchi by Briquet et al. (2007), resulting in a step
overshoot parameter, αov = 0.44 ± 0.07 (at Teff ≈ 22 kK and log g ≈ 3.95).
Recently, Moravveji et al. (2015) claimed that, based on asteroseismological measurements, the exponential method (plus diffusive mixing in the radiative zone) better reproduces
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observations than the step overshoot method. For a B-type dwarf star, they derived an exponential overshoot parameter, fov = 0.016 − 0.017.
Petermann et al. (2015) argued that in stars with strong, observable magnetic fields,
these fields might be sufficiently strong in the deep interior to suppress core overshooting.
Briquet et al. (2012) showed that the observed magnetic star, V2052 Ophiuchi, is reproduced
with models adopting a small overshoot parameter. Dynamos operating in the convective
core have been proposed to suppress core overshooting in intermediate-mass stars (Stello
et al. 2016). It is reasonable to speculate that this is also the case for high-mass stars.
It should be also pointed out that even though stellar models with a calibrated value of
overshooting (Moravveji et al. 2015; McEvoy et al. 2015; Castro et al. 2014) can reproduce
observed stellar properties, in 1D models the implementation of the physical problem
(small-scale convective motions) is challenging (Arnett et al. 2009). We also note that
Köhler et al. (2015) argue that in very massive stars (> 60 M ) the value of overshooting
is of less significance since the size of the convective core is large enough that possible
extensions are not relevant.
At a specific mass (16 M ), the effective temperature where the models reach the
terminal age main sequence (TAMS) coincides with the effective temperature at which
the rotational velocities are observed to drop significantly (Vink et al. 2010). Indeed, this
was the criterion for calibrating the overshoot parameter as applied by Brott et al. (2011a)
(based on Hunter et al. 2008). This calibration was obtained for stars in the Large Magellanic
Cloud (LMC), and also adopted for Galactic conditions without modifications. Ekström
et al. (2012) determined the overshooting parameter based on the observed width of the
main sequence using models with lower initial masses, in the range from 1.35 to 9 M .
If the overshoot parameter was smaller than the value αov = 0.335 which is used in our
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models (e.g., αov = 0.1 as adopted by Ekström et al. 2012, or the corresponding value
using exponential overshooting), and thus the models reached the end of the main sequence
at higher Teff , then our quantitative results would need to be reconsidered. However, our
qualitative picture does not depend on this issue.

2.2.3

Rotation, mixing, and magnetic fields

In MESA (and STERN), the effects of rotation are considered in a fully diffusive approach.
The inclusion of rotation in stellar evolution models is critical for mixing chemical elements
and angular momentum transport. It has been argued that the implementation of meridional
(Eddington-Sweet) circulation requires an advective treatment (Maeder 2009). Most importantly, the choice of advective or diffusive approach for the Eddington-Sweet circulation
leads to a qualitatively different behavior of the evolution of the surface rotational velocities.
Moreover, there is also a difference in calculating the meridional circulation velocity. In
MESA and STERN, Eq. 35 from Heger et al. (2000) is used, while in the Geneva code,
Eq. 4.38 from Maeder & Zahn (1998) is adopted. This can also affect the way chemical
elements and angular momentum are transported in the stellar interiors.
Ekström et al. (2012) did not include any effects of magnetic fields, while Brott et al.
(2011a) considered angular momentum transport due to a Spruit-Tayler (ST) dynamo (Tayler
1973; Spruit 2002). Although simulations by Braithwaite & Nordlund (2006) were reported
to produce a closed dynamo loop using the Tayler instability, Zahn et al. (2007) were unable
to obtain a closed loop. As a consequence, the existence of the Spruit-Tayler dynamo is
heavily debated (Rüdiger et al. 2012; Neiner et al. 2015). Even more problematic is that
if magnetic fields were present throughout the radiative zone, a possible interaction with
large scale meridional currents might occur and the combined effects would need to be
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considered (Maeder 2009). On the other hand, such effects might justify the use of a fully
diffusive treatment (Song et al. 2016).
The Ekström et al. (2012) grid was computed for an initial ratio of vrot (init)/vcrit = 0.4
q
where the critical velocity for an Eddington Γ < 0.639 is vcrit = GM
Req . The choice of the
assumed initial ratio is based on the peak of the observed rotational velocity distribution of
B-type stars from Huang et al. (2010). Georgy et al. (2013) have shown that this choice
reproduces well the observed surface nitrogen enrichment.
On the other hand, the Brott et al. (2011a) grid was calculated for a wide range of
rotational velocities. To reproduce the observed nitrogen enrichment from Hunter et al.
(2008), the mixing efficiency parameters from Heger et al. (2000) were adopted, and
calibrated to fc = 0.0228 and fµ = 0.1, respectively. While fc accounts for the contribution
of the rotationally-induced instabilities to the total diffusion coefficient, fµ relates to the
inhibiting effect of chemical gradients on the efficiency of rotational mixing processes.
Since MESA follows the Bonn code implementations, after several tests (see also Chieffi
& Limongi 2013) we also adopted these values for the sake of consistency, keeping in
mind that these parameters introduce a considerable uncertainty, though most likely will
not modify our final conclusions. We also note that the calibration of mixing efficiencies
should depend on initial mass, initial rotational velocity and metallicity (de Mink et al.
2009; Ekström et al. 2012; Georgy et al. 2013). Thus far, it has not been justified why,
for example, the Brott et al. (2011a) mixing efficiencies calibrated for a LMC composition
have been also used for their Galactic and SMC model grids. Furthermore, it must be
noted that the calibration of the rotational mixing efficiency is not independent of the size
of the convective core, hence of the adopted overshoot parameter. Finally, any adjustment
of mixing efficiencies will have an impact on the angular momentum transport.
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Mass-loss rates

We have specifically investigated models that adopt the Vink et al. prescription, and we have
also adopted our experimental wind routine (see Section 2.4). Besides the actual treatment
of the mass-loss rates (which will be discussed in detail later in the paper), two major factors
deserve special attention.

Metallicity dependence
The Brott et al. (2011a) models include a scaling of MÛ with respect to the surface iron
abundance. Instead of an overall metallicity dependence (e.g., as present in the Vink recipe
and adopted by Ekström et al. 2012 and in the MESA models), they use a scaling:
MÛ ∝ (Fesurf /Fe )0.85,

(2.5)

where (for reasons of consistency) Brott et al. adopted a value of 7.50 (in units of log(Fe/H)+
12 when using number densities) for the solar iron abundance, following Grevesse et al.
(1996). Although metallicity effects are of major interest in a more general context, we have
restricted our investigations to a Galactic environment. Investigation of other environments
require additional studies, due to the large impact of metallicity on the mass-loss rates.

Dependence on rotation
In most cases, stellar rotation has a minor influence on the winds of massive O-type stars,
since for typical rotation rates (far from the critical value) the centrifugal forces are low,
and the distortion of the stellar shape is insignificant. In extreme cases, two limits become
decisive. The so-called Ω-limit is reached at critical rotation (at which point the gravitational
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and centrifugal forces are equal), while the Eddington limit is reached when Γ = 1, that is,
when the luminosity is equal to the Eddington luminosity (L = LEdd ). Maeder & Meynet
(2000b) combine these limits as the ΩΓ-limit which is reached when the total acceleration
(at the surface) becomes zero, that is, ggrav + gcent + grad = 0. Before proceeding any further,
we must address a basic problem which illustrates another difference between the Geneva
and the Bonn models.
The definition of the critical velocity by the Bonn group (e.g., Langer 1998) and in the
MESA models is
r
Bonn
vcrit

=

GM
(1 − Γ).
R

(2.6)

On the other hand, Maeder & Meynet (2000b) pointed out that Eq. 2.6 is only valid if the
surface radiative flux has a uniform value (and the surface is not distorted). This is in
contradiction with von Zeipel’s theorem for rotating stars (for a generalization of the von
Zeipel theorem for shellular rotation, see Maeder 1999, and for an alternative approach
see Espinosa Lara & Rieutord 2011). If Γ is well below a specific critical value, explicitly
calculated as Γ < 0.639 by Maeder & Meynet (2000b), the critical velocity can be calculated
independent of the Eddington Γ,
s
Geneva
vcrit,1
=

2 GM
,
3 Rpol

(2.7)

where at critical rotation Req = 32 Rpol . For Γ > 0.639, a modified critical velocity needs to
be defined, which includes the Γ-dependence.
Now, let us introduce the corresponding scaling factors which are applied in the evolutionary codes to correct MÛ for rotational effects. Langer (1998) (and STERN) use the
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factor
Û rot )
1
M(v
=
rot
Û rot = 0)
1 − vvcrit
M(v

!ξ
,

(2.8)

with ξ = 0.43 (following a fit to the results of Friend & Abbott 1986 performed by Bjorkman
Bonn . This formulation gives a reasonable agreement with
& Cassinelli 1993) and vcrit = vcrit

the alternative calculations of Pauldrach et al. (1986) when the actual velocity is far from
the critical one, and the enhancement of the mass-loss rate due to rotation is on the order of
30 %. Equation 2.8 has also been adopted in MESA where ξ is an adjustable free parameter,
and the right-hand side of this equation is referred to as the rotational MÛ boost (Paxton et al.
2013). We note that both Friend & Abbott (1986) and Pauldrach et al. (1986) considered a
sort of maximum rotational effect, by accounting only for particles in the equatorial plane.
A physically motivated alternative to Eq. 2.8, using the same assumptions, would result
0
in a rotational MÛ boost of (1 − (vrot /vcrit )2 )1−1/α , where α0 < 1 is related to the force

multiplier parameters of the modified CAK theory (see Eq. 5.3; cf. Puls et al. 2008 and
references therein). The major point, however, is that gravity darkening is not considered
in this simplified approach.
Maeder & Meynet (2000b) include the effects of gravity darkening and derive the
enhancement factor due to rotation as
Û
M(Ω)
=
Û
M(Ω
= 0) h

1

(1 − Γe ) α −1
1−

Ω2
2πGρm

− Γe

i α1 −1 ,

(2.9)

where α < 1 is the corresponding force multiplier parameter (to be replaced by α0 if
ionization effects are accounted for), Γe is the Eddington factor for electron scattering
opacity in a a non-rotating star, Ω is the angular velocity, ρm is the average density of the
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star, and the term in the denominator can be approximated by
2
Ω2
4 vrot
≈
,
2
2πGρm
9 vcrit

(2.10)

Geneva . The latter relations are used in GENEC. Finally, we note that in contrast
with vcrit = vcrit,1

to all of the relations above which result in an increase of mass-loss close to the Ω or
ΩΓ limit, Müller & Vink (2014) suggested alternative rotating wind models that imply a
potential decrease of the total mass-loss rate, at least for specific models.

2.3

First tests with MESA

2.3.1

Non-rotating models – comparisons with MESA

A variety of model grids for massive stars are available in the literature and online (and
numerous comparisons between them, for example, Martins & Palacios 2013, Paxton et al.
2013, Chieffi & Limongi 2013, Jones et al. 2015). To convince ourselves of the capabilities
of MESA, as a first step we compared or reproduced the main sequence of non-rotating
Galactic (Z = 0.014) model grids published by Ekström et al. 2012 (using GENEC) and
Brott et al. 2011a (using STERN). We recall that Brott et al. (2011a) also use Z = 0.014
for the opacity calculations in their Galactic models. Although non-rotating models are
somewhat unphysical, it is useful to compare such models calculated by different codes,
since this provides valuable information independent of the different treatment of rotation
in the various codes. Particularly, clues about the sensitivity of the model calculations to the
input parameters can be obtained, by testing their influences on the HRD tracks. Note that
we did not attempt to compare the post-MS phases nor the Teff range in which line-driven
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Table 2.1: Parameter setup in the evolutionary grids and models discussed in this work.
Code
Initial metallicity
αMLT 1
Core boundary
Overshooting
Semiconvection
Radiative opacity2
Reaction network3
Angular momentum
transport
Convective mixing
Chemical mixing
Internal magnetic
field4
Mass-loss rates5

Ekström et al. (2012)
GENEC
0.014
1.6 / 1.0
Schwarzschild

Brott et al. (2011a)
STERN
0.0088
1.5
Ledoux

αov = 0.1
OPAL
NACRE
advective-diffusive

αov = 0.335
αsemi = 1
OPAL
‘own’
diffusive

instantaneous
diffusive
-

diffusive
diffusive
Spruit-Tayler

Vink

Vink

This study
MESA
0.014
1.5
Schwarzschild
/Ledoux
fov and αov
optional
OPAL
REACLIB
diffusive
diffusive
diffusive
Spruit-Tayler/
none
Vink/experimental

The default value used in this work (αMLT = 1.5) might have been changed for specific
comparisons (the MESA default values are Z = 0.02 and αMLT = 2.0). The mixing
length parameter in the GENEC models is individually specified for different mass
ranges, αMLT = 1.6 and 1.0 for masses below and above 40 M , respectively.
2 The opacity tables are based on the radiative opacities from OPAL (Iglesias & Rogers
1993, Iglesias & Rogers 1996), but also several other sources are used, accounting for
(very) low and high temperature ranges.
3 The nuclear reaction rates are calculated by using and extending/complementing
the specific databases, e.g., NACRE (Angulo et al. 1999) for the Geneva models; in
MESA, REACLIB (Cyburt et al. 2010) or optionally NACRE can be used. For our
own MESA calculations, we used the default ‘basic.net’. The Bonn code uses ‘own’
reaction networks, but we were not able to identify the corresponding sources.
4 Brott et al. (2011a) used the Spruit-Tayler dynamo mechanism for angular momentum
transport but not for chemical mixing. Our own MESA models have be calculated in
analogy.
5 Other mass-loss prescriptions are available for different evolutionary stages.
1
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winds are no longer applicable.
The overall reproduction of the main sequence as calculated in both grids is excellent,
although small qualitative and quantitative differences exist (see Figs. 2.1 and 2.2). One
of these issues refers to the starting point of the ZAMS which occurs at higher effective
temperatures in the Geneva tracks. Moreover, a sensitive point of comparison is the
evolution during and right after core hydrogen exhaustion (the Terminal Age Main Sequence,
TAMS). There are indeed small differences around the “hooks” where the stars first turn
back on the HRD towards increasing Teff , and then turn again redward. The reason for this
behavior (in a simplified picture) is that at this point the star undergoes significant internal
structural changes. The core, which at this point consists almost entirely of helium, starts
to contract on a thermal timescale. This contraction is due to exceeding the SchönbergChandrasekhar limit, which states that the pressure in the core cannot sustain the weight of
the envelope above a given core mass to total mass ratio ( MMc & 0.1). The core contraction
leads to an overall contraction, and an increase of the core temperature, which maintains
the star in hydrostatic equilibrium. This also results in heating the envelope which will
then initiate hydrogen shell burning in the envelope, which leads to increasing radius
and decreasing surface temperature. Therefore, the hook in the HRD corresponds to a
contracting phase with increasing Teff , and the following redward evolution is due to shell
H-burning. This process, however, is sensitive to the prescription of convective mixing:
using either instantaneous (GENEC) or diffusive mixing (STERN, MESA) might partly be
responsible for small differences when comparing the tracks.
To reproduce these models as closely as possible, we used an identical parameter setup
as described in the studies of Ekström et al. (2012) and Brott et al. (2011a), from which
one of the most important is the (step-) overshooting, set to αov = 0.1 in the former, and
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Figure 2.1: Comparison between non-rotating Galactic Z Geneva evolutionary tracks on
the MS published by Ekström et al. 2012 (black dashed), and our MESA models calculated
with a similar setup (colored lines). Initial masses in solar units are indicated next to the
tracks. A step overshoot parameter, αov = 0.1, was used.
αov = 0.335 in the latter case. Furthermore, for this comparison we applied the mass-loss
prescription of Vink et al. (2001), as was also done in the other two studies. It should be
noted, however, that the implementation of the Vink prescription is not exactly the same in
the three codes.
To conclude, we have demonstrated that the general behavior of the MS evolution of
massive stars, as reported previously using the Geneva and Bonn codes, can be reproduced
using MESA. However, the following points must be taken into account. Firstly, this reproduction does not mean that the models agree for all of their detailed physical parameters. As
an example, the MS lifetimes of the models are different. Secondly, the free parameters are
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Figure 2.2: Comparison between non-rotating Galactic Z Bonn evolutionary tracks on
the MS published by Brott et al. 2011a (black dashed), and our MESA models calculated
with a similar setup (colored lines). A step overshoot parameter, αov = 0.335, was used.
Stars above 40 M are still on the main sequence at rather low effective temperatures. The
lack of hooks at higher masses is due to envelope inflation (N. Langer, priv.comm.), treated
similarly in STERN and MESA.
not independent, and hence it is possible to obtain similar results with a different parameter
setup. For example, simultaneously increasing the overshooting and reducing the convective
mixing efficiency can produce (almost) the same evolutionary track. This situation becomes
further complicated in rotating models. Thirdly, since the codes are not identical, but have
certain differences in their implementations, their results will always have at least small
discrepancies. For instance, the difference of the model properties at the initial timestep(s)
reflect the parameters of the starting model which is loaded. The differences at the TAMS
might be attributed to more delicate issues, since it is quite challenging to simulate the very
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rapid and very large internal changes that these models undergo immediately after core
hydrogen exhaustion. The most influential free parameter in this respect is overshooting.

2.3.2

Rotating models – comparison between MESA and the Brott et
al. models

Rotation plays a crucial role in the evolution of stars: it is responsible for the mixing of
elements and the transport of angular momentum (e.g., Langer 1998; Maeder 2009). Moreover, fast rotation modifies the strength and the topology of hot star winds (see Sect. 2.2.4).
The inclusion of rotation in 1D stellar evolution codes is a non-trivial task. In a spherically
symmetric, non-rotating case the models are well described by concentric, sphericallysymmetric equipotential layers. However, if rotation is present, and shellular rotation (Zahn
1992) is assumed, the (pseudo-)equipotentials are deformed due to the centrifugal force, and
the distance to the center of two given surface elements on the same (pseudo-)equipotential
is no longer described by a unique radius. Therefore a one-dimensional treatment of rotation must work with suitable averages along pseudo-equipotential surfaces. The inclusion
of rotation and its effects requires a special treatment in evolutionary codes which shows
remarkable differences between the two schools, that is, the Bonn (e.g., Langer 1998; Heger
et al. 2000, 2005; Petrovic et al. 2005; Yoon & Langer 2005; Brott et al. 2011a) and Geneva
(e.g., Maeder & Meynet 2000b, 2003; Hirschi et al. 2004; Eggenberger et al. 2008; Ekström
et al. 2012) groups. An attempt to present a unified description of stellar rotation in 1D
evolution codes was provided by Potter et al. (2012b) using the ROSE code.
Since the MESA implementation of rotation follows (but is by no means identical to)
the Bonn code, a comparison of MESA with this code can be conveniently performed
by tuning the free parameters as described by Brott et al. (2011a) ( fc = 0.0228 and
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Table 2.2: Surface rotational velocities in the
Brott et al. (2011a) grid and our experimental
model grid for four representative initial masses.
Minitial [M ]
STERN
vrot (init) [km s−1 ]
vstable [km s−1 ]
∆t [105 yr]
MESA
vrot (init) [km s−1 ]
vstable [km s−1 ]
∆t [105 yr]

20

30

40

60

274
273
2.02

269
268
1.20

265
265
0.68

262
261
0.44

274
277
3.58

269
271
0.64

265
266
0.25

262
260
0.09

vrot (init) refers to the input initial surface
rotational velocity, and vstable is the value
corresponding to a stable surface rotational
velocity caused by the efficient angular momentum transport due to a Spruit-Tayler dynamo and the fully diffusive treatment of angular momentum transport. ∆t is the age of
the model at stabilization.
fµ = 0.1). Thus we consider rotationally induced instabilities as diffusive processes (see
Heger et al. 2000; Paxton et al. 2013), including the dynamical and secular shear, the
Goldreich-Schubert-Fricke instability, and the Eddington-Sweet circulation for chemical
mixing. For consistency, we also turn off the Solberg-Hoiland instability for any transport
mechanism (Ines Brott & Norbert Langer, priv.comm.). In analogy to the work by Brott
et al. (2011a), transport of chemical elements due to the Spruit-Tayler dynamo is ignored.
However, angular momentum transport due to the Spruit-Tayler dynamo is included.
After relaxation of the initial models, the rotational velocities provide an excellent
match to the Brott et al. (2011a) values. In Table 2.2, we show the initial surface rotational
velocities, noting that besides relaxation effects, the surface vrot remains close to its initial
value. We conclude that this behavior is mainly due to the effects caused by meridional
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circulation and the Spruit-Tayler dynamo. As already pointed out, the real challenge is
that magnetic fields and meridional circulation may interact (Maeder 2009). Such potential
interaction, however, is not yet understood and needs to be explored in detail. Thus the
inclusion or exclusion of magnetic fields, and the advective-diffusive vs. purely diffusive
treatment of angular momentum transport lead to major differences between the models
from different authors (Brott et al. 2011a; Ekström et al. 2012; Chieffi & Limongi 2013;
Paxton et al. 2013).
In Fig. 2.3, we compare our experimental MESA models with the rotating Galactic
models of Brott et al. (2011a), and we can confidently rule out a possible degenerate
solution resulting from interacting input parameters, since the most important quantities
related to rotation (vrot on the MS, diffusion coefficients for mixing and transport processes)
agree extremely well. For further details, we refer to the comparisons provided by Paxton
et al. (2013). Finally, we note that due to the similarities between STERN and MESA and
because of the good reproduction of the results of Brott et al. (2011a) as obtained here, we
will adopt similar parameters for most of our standard evolutionary models in the following
(see Table 2.1).

2.4

An experimental wind routine for hot stars

Mass loss has a major impact on the evolution of hot, massive stars (e.g., Meynet et al.
1994), but consequences of uncertainties related to wind strength and the behavior of (at
least) the first bi-stability jump (see Sect. 5.1) have not been tested in stellar evolution
model calculations thus far. To this end, we aimed to develop a simple and flexible tool to
reproduce different mass-loss scenarios. To avoid confusion regarding the different wind
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Figure 2.3: Comparison between rotating Galactic Z Bonn evolutionary tracks on the
MS published by Brott et al. 2011a (black dashed) and our MESA models calculated with
a similar setup (colored lines). The average initial surface rotational velocity of the grid
models is ≈ 270 km s−1 (exact values indicated in Table 2.2). A step overshoot parameter,
αov = 0.335, was used.
schemes in evolutionary codes, we stress that our new routine can only be applied for hot
(≈ 50 − 15 kK)3 and massive (≈ 8 − 60 M ) main-sequence and post-MS stars. In its current
state, it is in an experimental phase, and not applicable for production runs.
In brief, we implemented a wind routine based on the semi-empirical WLR, which in
turn can be understood from theoretical scaling relations of mass-loss rate and terminal
velocity (Kudritzki et al. 1995; Puls et al. 1996). Multiplying the wind momentum rate with
3by specifying corresponding parameters for the second bi-stability jump, one could extend this range to
≈ 9, 000 K.
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the square-root of the stellar radius, the WLR can be written as
Û ∞ (R/R )1/2 ∝ L 1/α 0,
Mv

(2.11)

if α0 (see below) is close to 2/3. Conveniently, this equation is expressed in logarithmic
form:
log Dmom = x log L + log D0,

(2.12)

where x = 1/α0, and the offset D0 depends on metallicity and spectral type. In these
relations,
α0 = α − δ,

(2.13)

depends on the force multiplier parameters α and δ (Abbott 1982; Pauldrach et al. 1986),
related to the radiative line acceleration

grad ∝

1 dv
ρ dr

α 
ne11  δ
.
W

(2.14)

Here, ne11 is the electron density (in units of 1011 cm−3 ), and W the dilution factor. α
refers to the exponent of the line-strength distribution function, and also provides the ratio
between the line force from optically thick lines and the total one. δ quantifies changes
in the ionization balance. Since, for typical OB star wind conditions, α = 0.6 − 0.7 and
δ = 0.02 − 0.1 (Puls et al. 2000; Kudritzki & Puls 2000), the above requirement of α0 ≈ 2/3
is usually fulfilled.
This is, however, not true for the whole spectral range. For example, for A supergiants,
α0 ≈ 0.4 (Puls et al. 2000), and according to Lamers et al. (1995) the force multiplier
parameters and thus α0 become discontinuous around Teff = 21 kK. Nevertheless, for
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simplicity we assume a global α0 = 1/x to be representative for the complete Teff range
under consideration. For future studies, we advise accounting for a proper temperature
dependence, i.e., α0(Teff ) and log D0 (Teff ). In most cases we have adopted a fixed value of
x = 1.84 from Mokiem et al. (2007), which is consistent with theoretical values in the OB
star range (see above).
The wind momentum rate is a very useful quantity, particularly when comparing observations with theoretical predictions. This is why many studies (e.g., Puls et al. 1996;
Kudritzki & Puls 2000; Repolust et al. 2004; Mokiem et al. 2005; Martins et al. 2005;
Mokiem et al. 2007) have tried to constrain the WLR observationally. In the following, we
will concentrate on Galactic conditions. We recall that the observed WLR in most cases
constrains very well luminosity class I stars, whereas for other classes this relation may be
ambiguous (e.g., the “weak wind problem”, see Puls et al. 2008 and references therein, and
also Huenemoerder et al. 2012). Note that to first order, at least the theoretical WLR does
not depend on the luminosity class (see also Vink et al. 2000).
Different studies have derived different parameters for the WLR. For comparison, some
of these are listed in Table 2.3. Note that α0 and log D0 correlate strongly with one
another (since they are derived from a linear fit). This becomes obvious when, for example,
comparing corresponding values with and without clumping correction from the same study.

In most cases, these observational results confirm the validity of the WLR concept,
although there is significant scatter in the corresponding coefficients. Moreover, most of
these values overestimate the actual wind momentum rates, since they were derived for
“smooth” winds, without correcting for wind inhomogeneities (e.g., clumping).
In the following, we outline some details of our experimental wind routine. The terminal
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Table 2.3: WLR parameters for Galactic early-type stars.
Reference
Kudritzki & Puls (2000), OI
Vink et al. (2000), OB
Repolust et al. (2004), OI, *cl
Markova et al. (2004), O, ‘case D’
Martins et al. (2005), O
Mokiem et al. (2005), O, early B
Mokiem et al. (2005), O, early B, *cl
Mokiem et al. (2007), O, early B
Mokiem et al. (2007), O, early B, *cl

x = α10
1.51
1.83
2.00
1.90
3.15
1.86
1.58
1.84
1.56

log D0
20.69
18.68
17.98
18.58
10.29
18.71
20.16
18.87
20.23

Except for Vink et al., all values have been derived
from observational results. Investigated spectral types
are provided. The theoretical Vink values refer to the
hot side of the bi-stability jump. The values denoted by
“*cl” have been derived from mass-loss rates corrected
for wind clumping. Units of D0 are in the cgs system.
velocity scales with the escape velocity,
v∞
= fvinf (spectral type, metallicity).
vesc

(2.15)

For typical O-star conditions, fvinf = 2.65 (Kudritzki & Puls 2000). We note that in our
description fvinf is an adjustable input parameter that can be calibrated based on observations
(Groenewegen et al. 1989; Lamers et al. 1995; Prinja & Massa 1998; Prinja et al. 1990;
Crowther et al. 2006; Markova & Puls 2008). The effective escape velocity (accounting for
Thomson scattering) is


vesc

2G M
=
(1 − Γe )
R

 1/2

.

(2.16)

In our formulation (which is consistent with the basic CAK approach), the Eddington factor
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needs to be calculated for pure electron scattering,
Γe = σe

L
.
4πcG M

(2.17)

Furthermore, we assume hydrogen to be fully ionized. The number of free electrons
per helium nucleus (IHe ) is approximated as a simple function of Teff . As a reasonable
assumption, we adopt for OB stars with Teff > 20 kK IHe = 2, while for Teff < 20 kK we
adopt IHe = 1 (Kudritzki et al. 1989). The electron scattering opacity per unit mass (in
units of cm2 g−1 ) is then provided by
σe = 0.398

1 + Y IHe
,
1 + 4Y

(2.18)

where Y is the surface helium number fraction, Y = NHe /NH .
Using the WLR, the mass-loss rates are then derived according to
1
log MÛ = log Dmom − log v∞ − log (R/R ).
2

(2.19)

The parameters required to estimate both Dmom and v∞ are obtained from the evolutionary
calculations. In addition, two further input parameters need to be provided, namely, α0 and
log D0 (cf. Table 2.3). The specification of these parameters provides a simple way to
calibrate the mass-loss rates to observed WLRs, and to account for new observational or
theoretical results.
Furthermore, it is convenient to apply a global scaling factor, denoted here as fscal , for
the calculated mass-loss rate, so that
MÛ final = fscal · MÛ calculated .

(2.20)
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It is evident that similar results could be obtained with other parameter settings, for example,
by changing α0 (cf. Fig. 2.7) and/or log D0 . However, while in the following we mostly
consider fscal and α0 as fixed, the specification of log D0 provides a simple way to account
for arbitrary changes in the mass-loss rates at the bi-stability jump.
The implementation of the bi-stability jumps depends on the position of the jump
(Teff,jump ), the method used to calculate the mass loss around the jump (interpolation), and
the size of the jump. We emphasize that the observed behavior of the ratio of v∞ /vesc over
the jump is gradual (Prinja & Massa 1998; Crowther et al. 2006) which implies that the
change in MÛ should be gradual as well (Markova & Puls 2008).

2.4.1

The position of the jump

Based on the discrepancy between theoretical predictions from Vink et al. (1999) and
observational results, it is useful to control the position of the jump in terms of a jump
temperature Teff,jump . Theoretically, the jump temperature is predicted to depend on the
wind density, and Vink et al. (2000) calculate it via Γe , while Vink et al. (2001) calculate it
via Z. Since observations suggest that there may be a well-defined Teff where the bi-stability
jump occurs (for a given metallicity), we specify Teff,jump1 and Teff,jump2 as input parameters
for the first and the second bi-stability jump temperatures, respectively. This provides the
flexibility to adjust these parameters to observed or new theoretical values. Indeed, the very
recent study by Petrov et al. (2016) indicates that the (theoretical) jump temperature needs
to be shifted toward lower effective temperatures (≈ 20 kK in case of the first bi-stability,
in agreement with observations) than predicted previously by Vink et al. (1999) and Vink
et al. (2000) (≈ 25 kK). This change will need to be adopted in future stellar evolution
models.
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The bi-stability region itself is defined by its central jump temperature (Teff,jump ) and the
half width of interpolation (∆T). For simplicity, we have adopted the same interpolation
technique as present in the MESA Vink scheme. In particular, a larger interpolation region
will yield results similar to a gradual change, while a small value of ∆T implies a steep
Û Considering observational constraints, we set Teff,jump1 = 20, 500 K, and use
increase in M.
∆T = 3, 500 K, unless otherwise stated.

2.4.2

The size of the jump

There are several parameters that control the size of the jump. It is reasonable to consider
that the (input) parameter fvinf decreases over the jump, based on the observed ratio of
terminal velocity and escape velocity (Lamers et al. 1995; Prinja & Massa 1998; Crowther
et al. 2006). The adjustment of this parameter directly influences the mass-loss rates. For
example, if v∞ /vesc steeply decreases by a factor of two from the hot to the cool side of the
jump (following the studies by Lamers et al. 1995; Vink et al. 2000), then, without further
adjustment, MÛ would steeply increase by a factor of two as long as the WLR is continuous.
Since the change in v∞ /vesc is fairly well constrained by observations, and we intend to
test the effects of different behaviors of MÛ alone, we use the following parametrization for
simplicity.
We consider the offset value of the WLR at the hot side of the jump, log D0 (hot), as
fixed, and define a corresponding
log D0 (cool) = log D0 (hot) + ∆D0,

(2.21)

at the cool side of the jump, with ∆D0 an adjustable parameter, allowing us to control the
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size of the jump in a simple and flexible way.

2.5

Results

2.5.1

The Vink mass-loss rates in evolutionary codes

In Fig. 2.4 we compare the implementation of the Vink mass-loss recipe for the case of two
non-rotating Galactic 40 M models as computed by Ekström et al. (2012) and Brott et al.
(2011a). This plot shows one of the main foci of the present study: The implementation
of the first bi-stability jump predicts an increase in the mass-loss rates by a factor of 15.4
in the Ekström et al. (2012) model (at 25 kK) and by a factor of 10.7 in the Brott et al.
(2011a) model (at 27–22 kK). The Ekström et al. (2012) model results in a steep increase
of MÛ across the first and the second bi-stability jumps. The Brott et al. (2011a) model,
on the other hand, uses a linear interpolation over the first bi-stability jump region, noting
that the expressions from Vink et al. (2001) do not account for the intermediate range
between 22.5 and 27.5 kK. The latter method may provide a closer match to observational
constraints (Jorick Vink, priv.comm.), while the former is not compatible with the behavior
of mass-loss rates and terminal velocities derived from observations (see Sect. 2.4).
The second bi-stability jump is not implemented in the Bonn models. Instead, a
switch is performed to the Nieuwenhuijzen & de Jager (1990) mass-loss rates whenever
Teff < Teff,jump1 ≈ 25 kK, and when the Vink rates would yield lower MÛ values than the
corresponding Nieuwenhuijzen & de Jager (1990) values (typically around 16 kK). Brott
et al. (2011a) argue that this strategy accounts for the increased mass-loss rates at the second
bi-stability jump. The Ekström et al. (2012) models, including the second bi-stability jump,
apply the Vink et al. (2001) recipe until 12.5 kK, that is, to the minimum temperature
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Figure 2.4: Mass-loss histories for non-rotating Galactic 40 M models from Ekström
et al. (2012) and Brott et al. (2011a), adopting the Vink mass-loss prescription. See text.
considered, and then switch to the de Jager et al. (1988) prescription (cf. Fig. 2.4). This
yields mass-loss rates on the order of 10−4 M yr−1 close to Teff = 17 kK, in stark contrast
with observations from typical B supergiants (Crowther et al. 2006; Markova & Puls 2008).
The values derived from observations are typically two orders of magnitude lower than from
these models.
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By estimating theoretical mass-loss rates based on a work-integral method4, Petrov et al.
(2016) found that both the first and the second bi-stability jump should be located at lower
effective temperatures than predicted by Vink et al. (2000). Namely, the first jump (Fe iv
recombining to Fe iii) should lie around 20 kK, and the second jump (Fe iii recombining
to Fe ii) around 9 kK. Note that these values are much lower than the corresponding jump
temperatures in the evolutionary models displayed in Fig. 2.4.
The reason why a comparison of mass-loss rates from higher mass models calculated
by different numerical codes (using different assumptions and parameters) is challenging
is a consequence of the different evolution in the HRD, which is more distinct for higher
masses. The main differences arise from overshooting, and in rotating models from the
treatment of angular momentum transport and chemical mixing. Since the mass-loss rates
have a strong dependence on luminosity, it is evident that models with different luminosities
will lead to different mass-loss histories, namely more luminous models will lose more
mass. This effect can be clearly seen in Fig. 2.5 if one compares the evolutionary tracks of
the two models that include rotation, and considers that the increase in luminosity of the 40
M Ekström et al. (2012) track corresponds to an increase in the mass loss-rate (beginning
at around 39 kK).
To conclude, with some dependence on the details of individual codes, rotating models
will show different mass-loss rates throughout their evolution, even when adopting the same
wind prescription. Referring to the Vink rates, the size of the first bi-stability jump is barely
affected by the different mass-loss implementations though.
MESA uses a mixture of the Bonn and Geneva approaches to implement the Vink massloss rates. The first bi-stability jump is implemented in a similar way to the Geneva code.
4Using radiative accelerations as calculated by the NLTE atmosphere code CMFGEN (Hillier & Miller
1998)
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Figure 2.5: As Fig. 2.4, but for rotating models. Both evolution models have vrot (initial) ≈
315 km s−1 . The Geneva model becomes more luminous from ≈ 39 kK on, which results in
higher mass-loss rates.
A small difference concerns the temperature region close to the jump. While the Geneva
code uses either Equation 14 or 15 from Vink et al. (2001) to determine the mass-loss rate
directly at the hot and at the cool side, respectively, the MESA implementation interpolates
between the two equations, with a very small half width of ∆T = 100 K.
The second jump is discarded in the MESA implementation. However, an alternative
is incorporated in the code, allowing to switch to other schemes at effective temperatures
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below the range of applicability of the Vink rates (<12.5 kK). However, while the Bonn
group adopts such a switch whenever the Vink rates would result in MÛ lower than the
Nieuwenhuijzen & de Jager (1990) rates, MESA conservatively switches at 12.5 kK to
any other mass-loss prescription specified by the user. (We note that in the newest MESA
release, r8118, this has been changed, and the switch between the wind schemes can be set
to occur at a user-defined effective temperature.) This implies, considering the properties
of the Vink recipe, that the MESA implementation results in a decreasing MÛ from ≈ 16 kK
to 12.5 kK, in contrast to the Bonn models that have an increasing mass loss in this range.

2.5.2

The size of the first bi-stability jump in stellar evolution models

The Vink formula predicts a large jump in the mass-loss rates from the hot to the cool side
of the jump, and this has often been quoted as an average factor of 5 (Vink et al. 2000).
However, apart from a few studies (e.g., Groh et al. 2014), no further check of this statement
has been performed, namely whether evolutionary model calculations actually result in
such an average value. To this end, the size of the jump as present in the Galactic Ekström
et al. (2012) and Brott et al. (2011a) evolutionary grids is compared in Table 2.4. For
this comparison we have concentrated on non-rotating models, but the results for rotating
models are similar.
In a conservative approach, we considered the local minima on the hot side, and the
local maxima on the cool side, but using mean values on both sides would result in similar
ratios. The jump temperatures are simply read off from the corresponding timestep, if the
jump region is not wider than 0.9 kK. This applies to almost all cases from Ekström et al.
(2012), except for the 20 and 25 M models at the second bi-stability jump, and we suspect
that the wider jump in these cases is a result of a fast change in radius. The Bonn models
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apply a linear interpolation for the transient Teff regime, and thus the corresponding jump
temperature is provided as a range.
The outcome of our comparison is somewhat surprising. The average increase in MÛ
over the first bi-stability jump corresponds to a factor of 16.5 and 12.3 for the non-rotating
Galactic Ekström et al. (2012) and Brott et al. (2011a) models, respectively. Almost all of
the entries denote an increase larger than a factor of 10. The 20 M models display the
largest jumps (a factor beyond 15), while the size of the jump decreases for higher initial
masses. For comparison, in the study by Vink et al. (1999) a 20 M non-rotating Galactic
model shows an increase in MÛ of only a factor of 6.5 (see their Figure 3). The source of this
discrepancy is still unclear, but it is likely that the actual stellar parameters at the position of
the jump are different from those adopted by Vink et al. (1999). Nevertheless, these values
result in high MÛ on the cool side of the jump, in stark contrast with mass-loss rates derived
from current diagnostics (see previous sections). Therefore it seems that stellar evolution
models might significantly overestimate the mass-loss rates after the bi-stability jump(s).
One further difficulty relates to overshooting. The Geneva models with smaller step
overshooting always reach the TAMS before the first bi-stability jump, while the Bonn
models reach the TAMS at lower effective temperatures, because of the larger overshoot
parameter (see, e.g., their published HRDs). However, thus far it is unclear what happens
when the end of the main sequence and the first bi-stability jump occur simultaneously. We
need to understand whether there might be a physical interaction between the significant
internal changes and the mass loss driven by the wind. Stellar parameters do change
rapidly upon reaching the TAMS, and the mass-loss rates will change accordingly. If the
TAMS coincides with the jump temperature a more complex behavior may occur. This
might also become important if one additionally accounts for the accompanying angular
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Table 2.4: Comparison of the increase of mass-loss rates over the bi-stability
jump(s) in the non-rotating Galactic Ekström et al. (2012) and Brott et al. (2011a)
evolutionary grids.
Geneva
(1) Tjump2 [kK]
19.6
15.7 - 12.9
17.9
14.6 - 10.4
16.6
15.7
15.4
16.8
14.0
17.8
13.1
18.1
16.5

MÛ cool
MÛ hot

Bonn
Û
(2) Tjump1 [kK] MMÛcool (1)
hot
11.9
26.0 - 20.5
16.6
10.2
26.3 - 21.5
15.7
26.6 - 21.7
12.1
13.3
26.9 - 21.8
11.2
13.1
27.2 - 22.3
10.7
13.2
27.6 - 22.7
10.0
12.6
27.9 - 23.1
9.6
12.2
12.3

MÛ cool
MÛ hot

M [M ] Tjump1 [kK]
20
23.5
24.0
25
30
32
24.3
35
40
24.9
25.1
50
25.4
60
average
Ratios of MÛ on the cool and hot side (i.e., below and above the jump temperature)
exceed a factor of 10. Rotating models show similar ratios.
momentum-loss (bi-stability braking, see Sect. 2.5.8).

2.5.3

Pre-bi-stability behavior (PBB)

In our first step, we aimed at calibrating our experimental wind routine to recover the Vink
rates, with particular emphasis on the first bi-stability jump. Our description (see end of
Sect. 2.4) allows for an approximate reproduction of the jumps (as a function of Minit ) as
computed by the Vink wind scheme (Fig. 2.6). For the complete mass range considered,
20 - 60 M , good agreement (at least when concentrating on the average behavior) was
obtained when using fvinf = v∞ /vesc = 2.6 on the hot side of the first jump, fvinf = 1.3 on
the cool side, and simultaneously increasing the WLR offset at the cool side by ∆D0 = 0.35
(see Eq. 2.21). This choice of parameters corresponds to an average increase in MÛ by a
factor of ≈ 4.5. Additional parameters for this test are as follows. We adopted x = 1.83
(following the theoretical value provided by Vink et al. 2000), corresponding to α0 ≈ 0.55.
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Figure 2.6: Comparison between MESA models applying either the Vink recipe or our
experimental wind scheme, in terms of mass-loss rates versus effective temperature. Initial
masses (in solar units) indicated next to the tracks. See text.
The jump temperature was fixed at Teff,jump1 = 25 kK, and the second bi-stability jump had
been ignored. All models were calculated for Galactic metallicity and without rotation. At
the hot side of the jump and towards higher temperatures, however, an important qualitative
difference in the behavior of the mass-loss rates needs to be discussed. While the massloss rates from our experimental routine monotonically increase from higher Teff until the
jump, the Vink rates display a curvature, with a local maximum well before the jump
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temperature (see Fig. 2.6). This difference relates to the fact that the Vink recipe has a
strong dependence on Teff , being the potentially largest factor influencing MÛ on the hot side
of the jump, log MÛ ∝ 10.92 · {log(Teff /40000)}2 . Thus, the Vink prescription is calibrated
at 40 kK, which roughly corresponds to the ZAMS temperature of a 30 M Galactic star.
This scaling keeps the temperature dependence small around temperatures close to 40 kK,
while close to the bi-stability jump this dependence dominates and decreases MÛ compared
to higher values of Teff . Furthermore, since MÛ decreases before the bi-stability jump, the
size of the jump is effectively larger than if such a decrease was not present.
On the other hand, our wind tool includes only an indirect dependence on Teff , via L
and R. As long as there is no explicit dependence via defining log D0 = log D0 (Teff ) (and
we refrained from including such a dependence in the present study), MÛ mainly depends on
luminosity5, and because of the monotonic increase of this quantity for our 40 M model
(see Fig. 2.1), the mass-loss rate also increases towards the jump.
Thus, the most important qualitative difference between the Vink rates and our experimental wind scheme is their “pre-bi-stability behavior” (PBB). We define the PBB as the
behavior of the mass-loss rates at effective temperatures higher than the first bi-stability
jump temperature, and the starting point of the PBB is where the mass-loss rates derived
from the Vink formula start to decrease with decreasing Teff (and thus where the Vink
and the experimental wind begin to depart qualitatively). This is, of course, initial-mass
dependent: for larger masses, the PBB will start earlier, at higher Teff (see Figure 2.6).
Although one can easily identify the source of this difference, originating from the
specific temperature scaling of the Vink prescription, a corresponding decrease in the massloss rate with decreasing Teff cannot be identified from the semi-empirical WLR as used
5when combining the second and third term on the rhs of Eq. 2.19 and assuming v∞ ∝ vesc , any explicit
radius dependence vanishes
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here (i.e., with constant D0 ), due to the dominating effect of increasing luminosity (see
above).
Even though the luminosity increases, Vink et al. (2000) argue that there is a physical
explanation why the line acceleration should become less effective at lower Teff (when
considering the range between 50 and 30 kK): Due to the shift of the flux maximum
towards longer wavelengths, the number of effective lines decreases. With respect to our
approach, this would mean that D0 should decrease as well. Unfortunately, there is no strict
observational evidence to support either scenario (Crowther et al. 2006; Markova & Puls
2008; Fraser et al. 2010). This means that it is not established whether the mass-loss rates
increase or decrease with Teff in the PBB region. In order to discriminate between the two
cases, a meaningful analysis of mass-loss rates (and not only wind-momenta) should be
performed in this quite narrow Teff range, for a significant sample of massive stars.
In any case, a comparison between WLRs derived from observations and model calculations is a non-trivial task. While from observations a sample of stars with different
(initial and actual) masses can be analyzed at a certain point in their evolution, evolutionary
models provide the complete path of a stellar model for a given initial mass. In particular,
any WLR derived from a grid of evolutionary models with different masses will diminish
the actual PBB seen when concentrating on individual tracks. Such an effect can be already
noted in the wind momentum vs. luminosity diagram presented by Vink et al. (2000, their
Û eff ) behavior) are smeared
Figure 9, upper panel), where individual patterns (e.g., the M(T
out, and an almost strictly linear relation over the complete range between 50 and 27.5 kK
“survives”, consistent with our approach of adopting a constant D0 .
When interpreting theoretical or observed WLRs, potential degeneracies (same luminosity, but other parameters different) need to be taken into account as well. For instance,
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Table 2.5: Increase of mass-loss rates over the first bi-stability jump in non-rotating
Galactic models using the Vink and the experimental wind scheme.
M [M ]
20
30
40
60

Vink wind
MÛ cool / MÛ hot
14.5
14.0
13.8
13.4

experimental wind
MÛ cool / MÛ hot
5.0
4.5
4.1
3.9

HD 210809 and HD 15629 are two O stars with similar luminosities (Repolust et al. 2004),
and the derived MÛ is higher for HD 210809, which is the cooler object. This would be
consistent with model calculations if the cooler star was less massive and more evolved.
For instance, our 30 and 40 M models with the experimental wind scheme may be appropriate for such a case. These two models reach the same luminosity at Teff = 27.5 kK and
Teff = 44 kK, respectively. At these positions, the MÛ of the cooler object is slightly larger
indeed, when predicted following our approach (see Fig. 2.6).
The PBB has a large impact on the size of the jump in mass-loss rate, when considering
the immediate region in Teff enclosing the jump temperature. To provide a numerical
comparison between the Vink and the experimental wind scenario, Table 2.5 displays the
increase of MÛ from the hot to the cool side of the jump. For the considered masses between
20 to 60 M , the average increase of MÛ is a factor of 13.5 using the Vink recipe, while it
is 4.4 for the experimental wind (consistent with the adopted change in v∞ /vesc by a factor
of two, and ∆D0 = 0.35 dex; note that for this test the experimental wind rates have been
calibrated to match the Vink rates at early phases and at the cool side of the bi-stability
jump). In other words, the increase of MÛ during the PBB results in a much smaller jump at
the bi-stability than predicted by the Vink recipe when considering individual tracks.
We add here that within our prescription of the experimental wind, the choice of a
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sufficiently large ∆T (increasing the width of the jump) would lead to similar effects as
produced by the Brott et al. (2011a) interpolation of mass-loss rates between 27.5 and
22.5 kK (see above). In particular, such a procedure would also diminish the pre-bi-stability
decrease in MÛ in the Vink recipe, leading to a somewhat smaller effective jump (cf. Figs. 2.4
and 2.5). It might be useful to consider such a choice of ∆T for future studies.

2.5.4

The experimental wind scheme: impact of α0

There are four global parameters (α0, log D0 , fvinf , and fscal ) in our setup that can influence
the calculated mass-loss rates, and in Fig. 2.7 we show an important test case for a 30
M , Galactic Z, non-rotating model, when α0 is varied (we recall that this parameter has a
physical meaning, and is most commonly adopted in the range between 0.50 and 0.70), and
the other parameters remain unchanged. Following the clumping-corrected values from
Mokiem et al. (2005) and Mokiem et al. (2007), α0 has been specified to lie in the range
between 0.61 and 0.69 (corresponding to x = 1.63 − 1.45), while log D0 has been fixed
at a value corresponding to smooth winds, log D0 = 18.40. Obviously, the choice of α0
has a significant impact on the produced mass-loss rates: even for the rather small range
of α0 considered, MÛ varies by a factor of &10. Similar results would have been obtained
if α0 was fixed, and log D0 was varied. This degeneracy of MÛ with respect to α0 and D0
is an important issue; for example, when adopting values which are both corrected for
wind-inhomogeneities, the mass-loss rates might become significantly reduced compared
to the displayed situation (see Sect. 5.1 and below).
To obtain an impression of the overall mass-loss history, we follow the evolution until the
coolest regime of line-driven winds. In these models, the first bi-stability jump temperature
has been set to Teff,jump1 = 20.5 kK, according to observational constraints, and we adopted
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∆D0 (1) = 0.35, following our calibration from the previous section. Interestingly, a variation of α0 affects also the position of the TAMS, because of different mass-loss rates: when
Û the TAMS is shifted to lower effective temperatures.
lowering α0 and thus increasing M,
Moreover, we also considered the second jump, at a temperature Teff,jump2 = 12 kK. For
example, when assuming a continuous WLR for late B and early A-type supergiants (i.e.,
∆D0 (2) = 0), and a decrease in v∞ /vesc from 1.3 to 0.7 (e.g., Markova & Puls 2008), this
second jump would produce only a minor increase of the mass-loss rates.

2.5.5

The experimental wind scheme: jump properties

To test the response to different MÛ prescriptions at the first bi-stability jump, we again
considered non-rotating Galactic models. Figure 2.8 shows a corresponding 40 M MESA
model, where alternative bi-stability scenarios have been simulated, by varying the offset
of the WLR over the jump, quantified by ∆D0 . Here, we used again a “high” Teff,jump1 =
25 kK, and we simulated increasing, continuous, and moderately decreasing mass-loss
rates, by adopting ∆D0 = 0.35, −0.20, and −0.50, respectively. The latter two scenarios
are in agreement with the results from Markova & Puls (2008), while a significant jump
corresponds to the Vink et al. (1999) predictions. We note that for a continuous MÛ over the
bi-stability region, the offset of the WLR must be decreased to compensate for the decrease
in v∞ /vesc ,
Dmom (hot)
Dmom (cool)
Û
Û
=: M(cool)
∝
.
M(hot)
∝
v∞ /vesc (hot)
v∞ /vesc (cool)

(2.22)
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Figure 2.7: Mass-loss histories for non-rotating Galactic 30 M MESA models, adopting
different values for the WLR-parameter related to its slope, α0 = 0.61 to 0.69 (indicated next
to the tracks). A model with the same initial parameters but using the Vink recipe (without
the second jump) is shown for reference.

2.5.6

Reducing the mass-loss rates in rotating models

After the simple parameter tests presented above, we turn our attention to rotating Galactic
models. In the following model calculations, we set the initial rotational velocities to
vrot (initial) = 300 kms−1 , and we varied only the overall scaling factor ( fscal = 1.0, 0.6, 0.3),
while keeping α0 = 0.543 and log D0 = 18.40, respectively. For the mass range (20-60 M )
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Figure 2.8: Mass-loss histories for non-rotating Galactic 40 M MESA models, with
different bi-stability jump properties. Red: increase in MÛ (∆D0 = 0.35); blue: (almost)
continuous MÛ (∆D0 = −0.20); green: moderate decrease in MÛ (∆D0 = −0.50). A model
with the same initial parameters but using the Vink recipe (without the second jump) is
shown for reference.
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and metallicity (Z = 0.014) considered in this work, this setup recovers the Vink rates when
fscal = 1.
Fig. 2.9 shows the result of this test, which aims at simulating the effects from globally
reduced mass-loss rates (compared to presently used values), a scenario which is quite likely
in view of the current debate (cf. Sect. 5.1).
It is immediately clear that the inclusion of rotation has a very large impact on the
resulting mass-loss rates and vice versa. This effect, however, is rather complex. Close to
the ZAMS, the mass-loss rates indeed correspond to their reduced values, and in non-rotating
models these differences would remain preserved throughout the evolution, as shown, for
example, in our α0 parameter study (Fig. 2.7). In the rotating models, on the other hand,
the initially different mass-loss rates converge to almost identical values between 28-23 kK,
before diverging again at lower temperatures. Since we have used quite a large value of
∆T = 3500 K when interpolating over the bi-stability region, the corresponding change in
MÛ is rather gradual (again, we adopted ∆D0 (1) = 0.35 to recover the Vink mass-loss rate at
the cool side of the jump).
To investigate the reason for this interesting behavior, most prominent in the model
with fscal = 0.3, we turned off the Spruit-Tayler dynamo which otherwise helps to preserve
the surface angular momentum due to a coupled core-envelope configuration. Figure 2.10
displays the outcome of this test, namely that the internal effects related to rotation can,
indeed, have an influence on the (reduced) mass-loss rates.
The large difference between the mass-loss rates from the coupled and uncoupled models
originates, in fact, from their rotational properties. When the Spruit-Tayler (ST) dynamo is
used for angular momentum transport (as in Brott et al. 2011a), the model behaves as a solid
body rotator (this process also induces an efficient chemical mixing, because of an efficient
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Figure 2.9: Mass-loss histories for rotating Galactic 40 M MESA models, with vrot (initial)
= 300 km s−1 , and different mass-loss rates corresponding to scaling factors fscal = 1.0
(red), fscal = 0.6 (blue), and fscal = 0.3 (green). The corresponding HRD is provided as an
inset. See text for further details.
Eddington-Sweet circulation), therefore it must maintain a flat internal angular velocity
profile (see Paxton et al. 2013, their figure 29). When this mechanism is not considered,
the core angular velocity is higher than in the envelope.
The reason that the originally reduced mass-loss rates become higher than anticipated
(the model with fscal = 0.3 reaches mass-loss rates as high as the model with fscal = 1,
see Fig. 2.9), is the “rotational MÛ boost” (Paxton et al. 2013) implemented in MESA
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Figure 2.10: As Fig. 2.9, for two models with fscal = 0.3. The only difference between
the models is the inclusion of magnetic-field effects from an internal Spruit-Tayler dynamo
on the angular momentum transport (green line; this model is identical to the fscal = 0.3
model from Fig. 2.9), and the exclusion of such effects (black line). Additionally, we show
the corresponding rotational MÛ boost factors (dashed lines and right ordinate).
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(see Eq. 2.8), which approximately accounts for an increased mass-loss due to centrifugal
acceleration. We remind the reader that the Brott et al. (2011a) models account for a similar
mechanism. Additionally, we note that due to these differences the two models do not evolve
at identical luminosities, though the corresponding differences are very small (≤ 0.02 dex
until 15 kK).
The boost itself results from a significant difference in the development of the surface
rotational velocities of the ST coupled (magnetic) and uncoupled (non-magnetic) models.
From Fig. 2.11, we see that the quasi solid body rotator (i.e., the ST coupled model, green
line) approaches its critical velocity around 30 kK. While the rotational velocity remains
almost constant, the critical velocity decreases, mostly because of an increasing radius (and,
in the problematic formulation of Eq. 2.6, also because of the increase in luminosity). The
reason for the almost constant surface rotational velocity in the ST coupled model is that
the surface angular momentum lost due to the wind can be efficiently replaced by angular
momentum extracted from the core, thus keeping the surface rotation high. In other words,
when strong coupling is present, the whole star must be braked, not only the surface.
When the rotational velocity approaches the critical velocity, the approximate expression
for the rotational boost of MÛ becomes inadequate, but we refrained from manipulating the
formulation adopted in MESA – this would require a separate investigation of its own.
Nevertheless, since the basic effects should be qualitatively correct, we conclude that in
these test cases an original reduction (referring to slow rotation) of the mass loss, and hence
angular momentum loss, is able to significantly influence stellar evolution. In this regard,
the treatment of internal angular momentum transport (strongly affected by the presence or
absence of internal magnetic fields) plays a major role. Therefore, the revision of mass-loss
rates (from the perspective of angular momentum loss) cannot be studied separately, since
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Figure 2.11: Rotational and critical velocities for the two models from Fig. 2.10.
when changing the angular momentum transport, significant feedback effects will influence
the angular momentum loss.
As a side note, we remark that the model with fscal = 0.3 and internal magnetic field
Û In this case, the rotational boost is more
displays only a marginal bi-stability jump in M.
efficient at the hot than at the cool side, since at the cool side the rotational velocity departs
from the critical one, presumably due to the significant mass loss and angular momentum
loss just before and across the jump. Thus, the change in mass loss over the jump is
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weaker than if both sides would be similarly affected. Further studies on this issue might be
required, since it might partly explain a jump lower than predicted, assuming that indeed the
mass-loss rates (when discarding rotational effects) were weaker than presently adopted.

2.5.7

The evolution of surface rotational velocities

If the mass-loss rates are reduced, the angular momentum loss decreases under typical
conditions, which has a severe effect on the rotational properties at all stages of stellar
evolution. This is one of the issues that can be constrained via observations of v sin i,
particularly for main sequence and blue supergiant stars. Later and pre-supernova phases
are affected even more, since the actual mass and angular momentum content determines
the final fate of the star.
To investigate the evolution of vrot in various scenarios, we compare, in a step-by-step
approach, our MESA models utilizing the experimental wind scheme with the Ekström et al.
(2012) and Brott et al. (2011a) tracks (Fig. 2.12, red and green lines, respectively).
First, we display a 40 M (Z = 0.014) model (MB1, blue line) that has similar characteristics as the corresponding one from Brott et al. (2011a). In particular, we adopted
(i) αov = 0.335, (ii) Spruit-Tayler dynamo generated magnetic fields when accounting for
the angular momentum transport, (iii) meridional circulation in a diffusive approach, and
(iv) mixing efficiencies fc = 0.0228 and fµ = 0.1. The (experimental) mass-loss rates have
been calibrated in such a way that they roughly agree, in earlier phases and at the cool side
of the first bi-stability jump, with the Vink rates, though the PBB and consequently the
change of MÛ over the jump are different.
A departure between the rotational velocities as predicted by our MESA and the Brott
et al. (2011a) model is already seen at early phases (around 40 kK). We speculate that these
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early differences are a consequence of differences in the implementation accounting for the
effects of a dynamo generated field in the radiative zones (Heger et al. 2005; Petrovic et al.
2005). We note, for example, that without magnetic fields the rotational velocity decreases
even more drastically in early phases, as obvious from the corresponding Ekström et al.
(2012) model. The differences in the slope from 35 kK on might be associated with the
Û eff ), of the Vink rates and our experimental
different PBB, that is, the differences in M(T
wind scheme (see Fig. 2.6). Since the Bonn models have a shorter MS lifetime (compared
to analogous MESA models), they evolve faster, and lose less mass (thus less angular
momentum). This issue may explain why their vrot values are consequently higher on the
MS compared to our MESA models. Further differences relate to a cooler bi-stability jump
temperature in the experimental wind scheme (see next section).
It is well known that internal magnetic fields are predicted to have a major impact
on the evolution of surface rotational velocities (see, e.g., Fig. 3 from Maeder & Meynet
2005, and also Maeder 2009). Based on our previous finding that internal magnetic fields
can also affect mass-loss rates, via angular momentum transport, we calculated a second
model without internal magnetic fields (MB2, black line). Evidently, this model displays
considerably lower vrot during its complete MS evolution, compared to the magnetic one. At
early stages, this model has a similar vrot history as the corresponding model from Ekström
et al. (2012).
Subsequently, we decreased the overall mass-loss rates in the latter non-magnetic model
to 30% of its original value (MB3, black dashed line). Very interestingly, this modification
results in a similar evolution of vrot as in the original Bonn model. (This similarity could,
of course, be also achieved by a somewhat weaker reduction of the mass-loss rates in the
magnetic model). The large effect of the reduced mass-loss rates on the surface rotational
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Figure 2.12: Surface rotational velocities vs. effective temperature, for rotating Galactic
models at 40M . Models shown are published by Brott et al. (2011a) (B11, green line),
Ekström et al. (2012) (E12, red line), and three MESA models (MB1, blue line; MB2, black
line; MB3, black dashed line). See text.
velocities is remarkable. Though Maeder & Meynet (2005) pointed out that the loss of
angular momentum at the surface has a limited impact on the internal rotational properties,
here we have shown that the surface angular momentum loss has a large impact on the
observable rotational velocities, though it also depends on the effects of internal transport
mechanisms (coupled vs. uncoupled configuration). Thus, the evolution of the surface
rotational velocities can only be studied if both the surface angular momentum loss and the
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internal angular momentum transport are considered in a realistic manner. Conversely, a
study of the surface rotational velocities can provide severe constraints on these issues.
One may now ask to what extent these findings depend on initial mass. To this end, we
calculated a small grid of models with similar assumptions as above, for the range of 20 60 M . In the following section, we quantify the strong impact of MÛ on vrot as a function
of initial mass, and discuss the outcome of our simulations in the context of bi-stability
braking proposed by Vink et al. (2010).

2.5.8

The need for bi-stability braking

For Galactic O-type stars, the measured (projected) rotational velocities display a large
scatter, reaching up to vrot sin i ≈ 400 km s−1 (e.g., Howarth et al. 1997), though the
average initial rotational velocities of massive O stars are currently debated. For example,
Simón-Díaz & Herrero 2014 find that essentially all O supergiants of their northern Galactic
sample and 71% of all O dwarfs therein have vrot sin i < 200 km s−1 . In the Howarth et al.
(1997) sample, a significant drop in the rotational velocities of B supergiants is observed at
around 22 kK. To date, there is overwhelming observational evidence supporting an average
surface rotational velocity on the order of vrot sin i ≈ 50 km s−1 for late blue supergiants
(Huang et al. 2010; Hunter et al. 2009; Fraser et al. 2010). If the blue supergiants are the
direct descendants of O-type stars, then the steep drop in the rotational velocities implies
that a braking mechanism must be present. To this end, Vink et al. (2010) proposed that a
large jump in the mass-loss rates at the first bi-stability (the bi-stability braking, BSB) could
efficiently remove surface angular momentum, and hence reduce the surface rotation of the
star. However, we stress again that at least a large jump in MÛ is debated, and that the jump
temperature which is used in current evolutionary models most likely needs to be shifted to
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cooler temperatures.
Moreover, Vink et al. (2010) emphasized that the possibility of BSB depends on the
adopted evolutionary models. However, it has not been investigated in detail which models
would require a BSB to reach low vrot in the B supergiant regime, and which would not.
The 32 - 60 M tracks of Ekström et al. (2012) can be easily inspected (Fig. 2.13).
These models do not need a BSB; they already brake the surface rotational velocities at
high temperatures, because of discarding internal magnetic fields and applying Vink massloss rates, which in most cases are larger than those used in the Bonn models, due to a
higher luminosity (see Sect. 2.5.1). The 20 and 25 M tracks (the latter not shown here)
are somewhat misleading: Because of the comparatively small overshoot parameter, these
tracks reach the end of the main sequence just before the bi-stability jump. Here, we
interpret the hooks in the vrot -tracks as a result from the corresponding hooks in the HRD,
meaning those related to changes in the internal structure of the star, and not as a result of
bi-stability braking. This assumption can be justified if one recalls that the adopted jump
temperature is at 24 and 25 kK for the 20 and 25 M model, respectively. These values
clearly do not coincide with the drop in vrot that occurs at higher temperatures, therefore
the braking in this case is attributed to reaching the TAMS. We conclude that none of
the Ekström et al. (2012) models would require a BSB to account for slowly rotating B
supergiants. One might now argue that these models, with weak overshooting, would yield
lifetimes in the B supergiant regime that are too short to be compatible with the observed
large population of such objects, at least when relying on the hypothesis that they were the
immediate descendants of O stars. However, even when increasing the overshoot parameter
to account for this possibility, the large angular momentum loss in early phases would not
be affected, and still no BSB would be required.
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The Brott et al. (2011a) models maintain a higher surface angular momentum before the
first jump, mainly due to the coupled core-envelope configuration achieved by the effects of a
Spruit-Tayler dynamo mechanism in the radiative zone (as discussed before in Sect. 2.5.6).
For most of these models, it can be safely stated that bi-stability braking is required to
reduce the rotational velocities and to match the observed values. Only the 20 M case is
problematic. Even with an increase of a factor of 15 in the mass-loss rates, the bi-stability
jump seems to be insufficient to brake this model’s large surface rotational velocity. To
investigate the impact of important assumptions regarding internal momentum transport
and mass loss (which obviously cannot be tested when relying on published models alone),
we calculated a small grid of MESA models with different setup, labeled as MB1 to MB4,
respectively. The general setup of models MB1 to MB3 has already been described in the
previous section, and these models are augmented here by an additional magnetic model
MB4 with fscal = 0.3. These models are summarized in Table 2.6 for easy comparison.
Evaluating the results displayed in Fig. 2.13, the role of the BSB can be determined. As
a conclusion on its necessity, the following (crude) criterion was checked for each model: is
there a steep drop in the surface rotational velocity required to obtain models in the region
Teff < 20 kK and vrot < 100 kms−1 ? In other words, would the models evolve to Teff < 20
kK with vrot > 100 kms−1 without the benefit of an increase in MÛ related to the bi-stability of
the winds? If the answer to both questions is yes, then the BSB may be required - keeping in
mind that the BSB is not the only mechanism capable of reducing angular momentum. By
inspecting Fig. 2.13 (see also the last column of Table 2.6), we find the following situation:
whereas in models MB1 and MB2 a BSB is only required for stars with M < 30 M , models
with a decreased mass-loss rate (MB3 and MB4, respectively) would always require a BSB
- except for the 60 M MB3 model – to enable slowly-rotating B supergiants. However,
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Figure 2.13: Various Galactic metallicity models to investigate the potential role of bistability braking, with initial masses between 20 to 60 M , and initial rotational velocities
≈ 300 km s−1 . For reference, the Geneva models (red, E12) and the Bonn models (green
B11) are indicated. (Note that there is no 30 M but a 32 M model available from the
Ekström et al. (2012) grid.) For the set-up of MESA models MB1 to MB4, see Table 2.6 and
Sect. 2.5.7.
there is also the problem that in almost all 20 M models (except for the one presented
by Ekström et al. 2012), and in models MB3/MB4 with 30 M , the bi-stability braking
alone is still not sufficient to push the rotational velocities below 100 km/s for Teff < 20 kK.
This is a serious challenge, as we note that the increase in MÛ as adopted here may already
overestimate the actual situation.
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Table 2.6: Various models to check the requirement
for BSB.
model
MB1
MB2
MB3
MB4

fscal
1
1
0.3
0.3

internal B field
yes
no
no
yes

BSB required for
< 30 M
< 30 M
< 60 M
all models

fscal = 1 refers to our experimental wind scheme
with parameters that approximately recover the
Vink rates at early phases and at the cool side of
the first bi-stability jump (see Sect. 2.5.7). Magnetic fields are accounted for via the Spruit-Tayler
dynamo as implemented in MESA.

2.6

Discussion

As shown by our model calculations, the evolution of the surface rotational velocities of
massive stars are not only determined by the effects of internal angular momentum transport,
but are strongly and qualitatively influenced by the magnitude and evolution of mass-loss
rates. Although the existence and origin of internal magnetic fields, and their role in
determining the internal angular momentum transport are debated, such magnetic fields when included in evolutionary models - often dominate this transport mechanism (Maeder
& Meynet 2005; Heger et al. 2005). Moreover, the actual treatment of the EddingtonSweet circulation (i.e., a diffusive or advective approach) must also be considered when
relying on specific evolutionary models, since in a diffusive approach this is the largest term
contributing to chemical mixing (see also Song et al. 2016).
Regardless of the differences in the treatment of meridional circulation, mixing efficiencies, or the consideration of internal magnetic fields, a reduction of the mass-loss rates (i.e.
fscal = 0.3) compared to the currently used theoretical prescriptions ( fscal = 1) would result
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in less angular momentum loss, which in turn would keep the surface rotation in massive
stars closer to their initial velocities throughout the main sequence evolution. According to
our simulations, only for M & 60 M it is still possible to brake stellar rotational velocities
significantly, when internal magnetic fields are not included (see Fig. 2.13). This is a very
drastic and observable effect, especially as the mass-loss rates were changed by a factor of
only between two and three when accounting for the different overall rates.
In our models with a fully diffusive scheme, the current disagreement between mass-loss
rates predicted by the standard Vink recipe and those derived from observations leads to a
dichotomy of potential scenarios:
(i) If the mass-loss rates derived from observations are considered (a factor of between
two and three less than the Vink rates), then there is a need for bi-stability braking,
requiring a large jump in MÛ which has not been observed thus far. Otherwise, model
calculations would predict a large sample of late B supergiants with high surface
rotational velocities.
(ii) If, on the other hand, the Vink rates (for Teff > Teff,jump1 ) are correct, there may be no
need for a large jump in MÛ at the bi-stability (depending on the particular evolutionary
model), in agreement with observational evidence.
In this context, we must also consider (at least) two observational constraints. Namely,
is the average surface rotational velocity adopted at the ZAMS (300 km s−1 ) too high? Or,
is it possible that there are late B supergiants with vrot > 100 km s−1 that are not observed,
for example, due to their short lifetime in that region?
Indeed, it is not clear that all O stars are fast rotators at or close to the ZAMS. As already
pointed out, the majority of northern Galactic O stars analyzed by Simón-Díaz & Herrero
(2014) has vrot sin i < 200 km s−1 . If these values were common, then for a considerable
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number of stars, mass-loss rates lower (by a factor of between two and three) than those
currently adopted would mean that BSB is not required. In this case, no significant angular
momentum loss would be required to brake rotation and thus to enable the production of
slowly rotating B supergiants.
Whether a larger number of late B supergiants with vrot > 100 km s−1 exists but has not
been detected might also be an observational issue. Adopting a large overshoot parameter
for consistency reasons in our model calculations from Brott et al. (2011a) ensures that
our late B supergiants are still core hydrogen burning, although the typical main sequence
lifetime of the models below 20 kK is short. For example, in case of our 40 M models
(Fig. 2.13) only the last 3% of their main sequence lifetime is spent in that regime.
There is no clear consensus whether the observed B supergiants are core-hydrogen
burning main sequence or core-helium burning post-main sequence objects (e.g., Vink
et al. 2010; Meynet et al. 2015). Indeed, it might be possible that B supergiants are not
a homogeneous sample, which would make the evaluation of a requirement for BSB even
more challenging. Nevertheless, if B supergiants are the direct descendants of O stars, a
physical mechanism for angular momentum loss must be established, whether or not the
BSB exists.

2.7

Conclusions and future work

In this study we have investigated the impact of mass loss on the early stages of massive
star evolution. We aimed to understand whether the discrepancy between mass-loss rates
from theoretical predictions and from recent diagnostics could be clarified in terms of
evolutionary constraints. To this extent, we developed a simple wind routine which has
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been implemented into MESA, and we simulated stellar evolution using various mass-loss
rates, particularly rates that are either compatible with those predicted by Vink et al. (2000)
or with state-of-the-art observational diagnostics.
Our experimental wind description is based on the semi-empirical WLR, and has been
implemented within an easily adjustable, flexible and fast routine. For the sake of simplicity,
we considered the corresponding parameters, slope x = 1/α0 (see Equation 5.3), and offset
log D0 , as constant for Teff > Teff,jump1 . For more sophisticated models a Teff -dependence
might need to be considered (e.g., Lamers et al. 1995; Puls et al. 2000). Furthermore,
due to the line-driving mechanism, both parameters depend on metallicity, though in this
work we only considered Galactic models, thus avoiding such an explicit dependence. We
emphasize that this observationally guided routine relies on existing scaling relations, and
that it is not a new mass-loss description, in contrast to the much more complex approaches
by, for example, Gräfener & Hamann (2005), Bouret et al. (2012), or Petrov et al. (2016).
From our model calculations, in which we adopted a fully diffusive scheme, we draw the
following conclusions that are mostly independent of assumptions about internal magnetic
fields and their coupling with angular momentum transport: For a mass range between 20
to 60 M , and canonical initial rotational speeds, vrot (init) ≈ 300 km s−1 , it is not possible
to simultaneously account for (i) lower overall mass-loss rates (here: by a factor of between
two and three), and (ii) a smaller increase of MÛ over the bi-stability region, compared to
the predictions by Vink et al. (2000, 2001). Otherwise, the models would retain too high
surface rotational velocities in the late B supergiant regime. An obvious alternative would
become feasible if either the rotational velocities at/close to the ZAMS were significantly
lower than adopted here, or if a yet unidentified, efficient braking mechanism would operate
during the early stages of massive star evolution.
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As an interesting secondary result, we also found that initially weaker winds can become
significantly amplified in their subsequent evolution by the rotational boost, for models
which account for a coupled core-envelope configuration due to magnetic fields (quasi solid
body rotators). This effect would lead to a lower effective MÛ jump across the bi-stability
region, and might help to understand corresponding observational findings.
During our investigation, we identified the following problems that must be studied to
enable further progress:
• What are the real mass-loss rates before the onset of the bi-stability, for temperatures lower than roughly 35 kK? Do they increase (experimental wind) or decrease
(Vink rates) with time? This pre-bi-stability behavior (PBB) plays a crucial role in
Û
determining the actual value of the bi-stability jump regarding M.
• Is there a gradual change in mass-loss rates at ≈ 18 − 23 kK, corresponding to the
observed gradual behavior of vesc /v∞ ?
• What are the average ZAMS surface rotational velocities of O-type stars, and are
there any rapidly-rotating (single) B supergiants below 20 kK?
• Approximately 10% of massive stars have detected surface magnetic fields (e.g., Wade
et al. 2014), and thus could experience magnetic braking accounting for slow rotation
(see Meynet et al. 2011). Is it possible that weaker, as-yet undetected surface magnetic
fields in massive stars result in an efficient removal of surface angular momentum?
The challenge of detecting magnetic fields in the often complex and variable spectra
of O stars makes this question worthy of further investigation.
• Stellar evolution codes do not agree on the implementation of the first and second
bi-stability jump adopting the Vink rates, and the size of the jump in MÛ is much larger
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than the originally considered value by Vink et al. (2000). This is in contradiction
with observations (and also with recent wind calculations by Petrov et al. 2016), and
evolutionary models might significantly overestimate the mass-loss rates at the cool
side of the bi-stability.
• The necessarily simplified treatment of the complex interactions and evolution of
magnetic fields in 1D hydrodynamical calculations implies that results will be approximate. While the characteristics of internal fields and their effects are still debated,
it is clear that such fields, if present, could have extremely important consequences
for stellar evolution. Moreover, the existence of strong surface magnetic fields is now
known for a handful of O stars (e.g., Wade & MiMeS Collaboration 2015). The direct
effects of these surface magnetic fields - on both mass loss and rotation - also urgently
need to be implemented in stellar evolution calculations (e.g., Petit et al., in prep).
Although, in our opinion, the predicted evolution vs. diagnostics of vrot is an ideal
tool to study open issues in evolutionary calculations, particularly regarding mass loss,
there are also other constraints that need to be considered. Most important in this respect
are diagnostics of the abundances of nuclear-processed material mixed into the stellar
surface layers, where the mixing efficiency strongly depends on the angular velocity profile
between the core and the envelope. Since diagnostics of surface CNO abundances have made
considerable progress in recent years (e.g., Hunter et al. 2008; Przybilla et al. 2010; Rivero
González et al. 2012b; Bouret et al. 2012; Martins et al. 2015a,b), the inclusion of such
results into studies similar to the present work will certainly lead to further understanding
of the evolution of massive stars during the main sequence and beyond.
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Chapter 3
Scaling relations of angular momentum
loss for a rotation aligned dipolar magnetic
field
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This Chapter provides a brief overview of the physical background and mathematical
formalism that was developed by A. ud-Doula, S. Owocki, and R. Townsend to describe
large-scale magnetic fields at the surfaces of hot stars. In a pioneering series of papers,
ud-Doula et al. presented multi-dimensional magnetohydrodynamic (MHD) simulations
considering hot stars with line-driven stellar winds (ud-Doula & Owocki 2002; ud-Doula
et al. 2008, 2009). A key goal of these simulations is to investigate dynamical plasma flows,
including shocks that form in hot star magnetospheres. This theoretical prediction is clearly
evidenced by X-ray observations (Babel & Montmerle 1997a; Gagné et al. 2005; Petit et al.
2007; Cohen et al. 2014a; Nazé et al. 2014).

3.1

Motivation

In a seminal work, Weber & Davis (1967) presented analytical scaling relations to derive
the rotational angular momentum loss of the Sun for an idealized split-monopole magnetic
field model. A split-monopole field would remain purely radial, and thus impart no force
on the stellar wind, if the star did not rotate.
However, stellar rotation produces a centrifugal force, which has a crucial impact on
the dynamical plasma flow. We follow the work of ud-Doula et al. to introduce key scaling
relations and to obtain a formula for angular momentum loss for a more realistic, dipolemodified Weber & Davis model. This dipole-modified Weber & Davis model was shown
to agree quantitatively with a more complex formulation of the problem (ud-Doula et al.
2009).
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Basic Assumptions & Considerations

We outline here that the spherical polar coordinates used by ud-Doula et al. adopt the
following convention of r being the radius, θ being the co-latitude, and φ being the azimuth.
Therefore the magnetic field vector and the velocity of the gas are expressed as B® =
(Br , Bθ , Bφ ) and v® = (vr , vθ , vφ ), respectively. They impose the following assumptions:
B1 A dynamical model is considered, which supersedes the steady-state assumption.
B2 The conductivity is assumed to be infinite (ideal MHD).
B3 Viscosity effects are neglected.
B4 A dipolar magnetic field is considered.
B5 Maxwell Equation II is used to obtain the divergence-free magnetic field.
B6 The flow is assumed to be isothermal.
B7 The magnetic axis is assumed to be aligned with the rotational axis.
B8 The frozen flux approximation (Alfvén’s theorem, Alfvén 1942) is adopted, postulating that the wind material travels along magnetic field lines.
Furthermore, due to stellar rotation, at the stellar surface the azimuthal velocity of the
gas is:
vφ (R?, θ) = vrot sin θ ,

(3.1)

where vrot is the equatorial surface rotation velocity. The azimuthal component of the
magnetic field vector is:
Bφ , 0 .

(3.2)
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This latter condition plays a crucial role because it allows for bending the dipolar field. The
azimuthal bending of the field generates Maxwell stresses which are the major drivers of
the total angular momentum loss.

3.3

The equation of motion

For an idealized MHD flow, the basic equations are as follows.
The field induction is expressed as,
∂ B®
® ,
= ∇ × (®v × B)
∂t

(3.3)

with B® being the magnetic field vector, t the time, and v® the fluid velocity. In contrast to the
work by Weber & Davis (1967), mass conservation is now considered to be time-dependent
(B1), and is written as,
Dρ
+ ρ∇ · v® = 0
Dt
where

D
Dt

=

∂
∂t

(3.4)

+ v® · ∇ is the advective time derivative. Then the equation of motion can be

expressed as,
ρ

D
1
® × B® − GM?(1 − Γe ) r̂ + g®lines ,
v® = −∇p +
(∇ × B)
Dt
4π
r2

where p is the gas pressure, G the gravitational constant, M? the stellar mass, Γe =

(3.5)
κe L?
4πGM? c

is the Eddington parameter accounting for pure electron scattering with κe being the electron
scattering opacity, L? the stellar luminosity, and c the speed of light. g®lines is the radiative
line force. The first term on the r.h.s. is the pressure term, which drives the gas away from
the stellar surface. The second term on the r.h.s. is the magnetic force term, which can be
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derived from the Lorentz Force Law and Maxwell Equation IV (∇ · B® = 0). The third term
accounts for the gravitational force. The last term on the r.h.s. accounts for the radiative
line-driving force, and is expressed in Equation (5) by ud-Doula & Owocki (2002). Without
the need to elaborate here in detail on the non-magnetic terms, let us mention that in hot
star winds the line-driving term dominates over the pressure term (in contrast to, e.g. the
Solar case where the wind is dominantly pressure driven). In fact, the given problem in
the context greatly reduces to, and is commonly interpreted as, a competition between the
magnetic force and the radiative force.

3.4

Magnetic confinement

ud-Doula & Owocki (2002) introduced a characteristic parameter η (their Equation 6),
which describes the ratio of magnetic energy density and wind kinetic energy density,
B2 /8π B2r 2 B?2 (θ)R?2 (r/R?)2−2q
η(®
r , θ) ≡
≈
=
,
Û
Û ∞ 1 − R?/r
ρv 2 /2
Mv
Mv

(3.6)

where B is the magnetic field strength, ρ is the density of the wind plasma, v is the velocity
of the wind flow, r is the distance from the stellar surface R? in the radial direction, and
v∞ is the terminal wind velocity from the beta velocity law (see Equation 1.6). ud-Doula
& Owocki also point out that the η can be understood as the inverse square of the Alfvénic
p
Mach number M A ≡ v/v A, with v A ≡ B/ 4πρ the Alfvén speed in the medium. The
mass-loss rate is introduced in the radial direction as,
MÛ = 4πr 2 ρvr .

(3.7)
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Here MÛ accounts for the mass that is driven away from the stellar surface per unit time by
the radiative line force g®line . The latitudinal component of the magnetic field at the stellar
surface is expressed as,
q
B?(θ) = B0 cos2 θ + sin2 (θ/4) ,

(3.8)

with B0 being a fitting parameter, and the radial dependence of the magnetic field is assumed
to be a power law in the form,
Br = B?(R?/r)q ,

(3.9)

with surface magnetic field strength B? and exponent q accounting for different field geometries. Considering a dipolar configuration, this radial dependence is proportional to
1/r 3 . Therefore, for a dipole q = 3.

Substituting Br to obtain the radial dependence of the field, and taking the square of
Equation 3.9, we express,
B2r 2 = B?2 R?2 (r/R?)2−2q .

(3.10)

Then the first term on the r.h.s. of Equation 3.6 can be interpreted as a parameter without
radial dependence. This is the equatorial (θ = 90◦ ) magnetic confinement parameter
(Equation 7 of ud-Doula & Owocki 2002) and it is defined as:
η? ≡

2 R2
Beq
?
,
Û
Mv∞

(3.11)

where Beq is the equatorial surface magnetic field strength Beq = B?(θ = 90◦ ). η? generalizes the effects of magnetic fields, in particular, it describes the capability to channel wind
material along magnetic field lines.
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The Alfvén radius

Using the definition of the magnetic confinement parameter, we can write,
η(r) = η?

(r/R?)2−2q
.
(1 − R?/r)

(3.12)

The Alfvén radius characterizes the maximum radius at which the magnetic field still
dominates over the wind. It also represents the radius at which the wind velocity v(r)
exceeds the local Alfvén velocity. RA is defined by ud-Doula et al. (2008) as,
η(r = RA) ≡ 1 ,

(3.13)

η? = (RA/R?)2q−2 − (RA/R?)2q−3 .

(3.14)

thus,

For the dipole case with q = 3 this yields a quartic equation. ud-Doula et al. (2008) point
out that by numerical fitting the Alfvén radius can be approximated as,
RA
≈ 1 + (η? + 0.25)1/(2q−2) − (0.25)1/(2q−2) .
R?

(3.15)

ud-Doula et al. (2009) also remark that for the Weber & Davis (1967) model, a split monopole
configuration was assumed implying q = 2 (that is, a 1/r 2 spatial field dependence).
® Therefore the scaling
However, for a dipole, q = 3, assuming a 1/r 3 dependence of B.
obtained for the angular momentum loss will be different because RA is now defined for a
dipole instead of a monopole.
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Equatorial angular momentum loss

A rotating star without mass loss conserves its angular momentum. However, in realistic
simulations, both mass loss (Langer 1998) and magnetic fields (ud-Doula et al. 2009) lead
to decreasing the angular momentum reservoir of the star, and as a consequence, result in
decelerating the star’s rotation.

3.6.1

Gas-driven angular momentum loss

Stellar winds lead to angular momentum loss even in the absence of a magnetic field. In
the equatorial plane this can be expressed as:
d jgas
= vφ r .
dt

(3.16)

where jgas = Jgas /m is the gas specific angular momentum (the gas total angular momentum
per unit mass), vφ is the azimuthal velocity, and r is the distance.
This loss is simply the consequence of decreasing the angular momentum reservoir by
removing mass from a rotating star (see Equation 9 of ud-Doula et al. 2009 and a recent
discussion on the topic by Gagnier et al. 2019a). In the non-magnetic case, that is without
any magnetic torque, the wind angular momentum loss is conserved at the surface value,
vφ r = ΩR?2 = constant ,

where Ω is the surface angular velocity.

(3.17)
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Field-driven angular momentum loss

The magnetic field-driven component of angular momentum loss can be derived from first
principles. The force per unit area (momentum flux) is defined by the Maxwell stress
tensor. Taking into account the assumption of non-oblique rotation (that is, the magnetic
and rotational axes are aligned, B7), the azimuthal force is obtained from the r, φ component
of the Maxwell stress tensor. Therefore, in the cgs system,
Tr φ =

Br Bφ
,
4π

(3.18)

where Br and Bφ are the radial and azimuthal components of the magnetic field vector,
respectively. This is a key point for two reasons. i) It is the azimuthal force that due to
rotation results in bending the idealized dipolar configuration. Therefore the field geometry
departs from a pure dipole. ii) The field bending in the azimuthal direction causes the
Maxwell stress which imparts angular momentum from the field to the wind. Furthermore,
the Maxwell stress produces a net outward transport of angular momentum in the field
(Poynting flux). The Poynting flux is responsible for most of the angular momentum loss
in a magnetized stellar wind (ud-Doula et al. 2009).
The torque N® (angular momentum flux) can be calculated if the cross product of the
magnetic force and the ‘lever arm’ is taken, namely,
| N® | = | F®mag | |®
r | sin θ .

(3.19)

The magnetic force can be obtained by integrating the force per unit area over the solid
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angle (surface area).
F®mag =

∮

Tr φ da® =

∬

Tr φ r 2 sin θ dθ dφ r̂ ,

(3.20)

S

where the integral over surface area is in polar coordinates. Performing the integration and
substituting for Tr φ from Equation 3.18, we obtain,
F®mag = Br Bφ r 2 r̂ ,

(3.21)

and substituting this back to Equation 3.19, the torque is,
N = Br Bφ r 2 r sin θ .

(3.22)

Since the torque is the rate of change in angular momentum per unit time,
Jfield =

∫

Ndt ,

(3.23)

and therefore,
dJfield
= Br Bφ r 2 r sin θ .
dt

(3.24)

Using the local mass-loss rate mÛ = 4πr 2 ρvr , the above equation can be expressed in terms
of the specific angular momentum loss by the magnetic field in the equatorial plane as:
Br Bφ r
d jfield
=
,
dt
ρvr

(3.25)

noting again that the non-zero Bφ plays a crucial role.
Now, combining the gas and field-driven specific angular momentum loss, the equatorial
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specific angular momentum loss in a magnetized stellar wind can be expressed as:
d jeq
Br Bφ r
= vφ r −
.
dt
ρvr

(3.26)

Considering the frozen flux approximation (B8), the flow of the wind material follows the
magnetic field lines, therefore the velocity vector of the gas has the same direction as the
magnetic field vector at any given point on a magnetic field line. This means that the
azimuthal components of the velocity of the gas and of the magnetic field vector can be
related to each other as:
Bφ Ωr − vφ
=
.
Br
vr

(3.27)

This allows for further expressing the gas-driven angular momentum loss (c.f. Equation 3.16) as:
d jgas
=
dt

d jeq
2
2
dt M A − Ωr
M A2 − 1

,

(3.28)

where jeq is the gas + field specific angular momentum in the equatorial plane from Equation
3.26 and M A is the Alfvénic Mach number. Evaluating this expression at a critical point
where M A = 1, that is at the Alfvén radius, the equatorial specific angular momentum loss
must take the form:
d jeq
= ΩR2A ,
dt

(3.29)

in order to keep the gas angular momentum loss finite. Consequently, to obtain the total
angular momentum loss, we can now write:
dJ 2 Û
= MΩR2A ,
dt
3

(3.30)

thereby, the Weber & Davis scaling relation is obtained. The factor 2/3 results from
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integration over the sphere. This form leads to a common misconception that the gas is
forced to co-rotate with the stellar surface to the Alfvén radius, implying that the gas carries
away the angular momentum from the star. While the gas trapped inside the magnetosphere
does tend to co-rotate with the stellar surface, the majority of the angular momentum is
carried away by the field component due to the azimuthal bending (see Figure 5 of ud-Doula
et al. 2009 for the demonstration of this result).

3.7

The key result

The key result from ud-Doula et al. (2009) is that while the dynamical simulations reveal
a much greater complexity of the problem, surprisingly, on average, the Weber & Davis
model applied for a dipole field yields similar results. Figure 3.1 shows the surface angular
momentum loss

dJ
dt

versus the equatorial magnetic confinement parameter η?, as defined in

Equation 3.11. Therefore the angular momentum loss obtained from MHD simulations by
ud-Doula et al. agrees with the dipole-modified analytical Weber & Davis formalism,
2
dJ 2 Û
2 Û 
= MΩR2A = MΩ
0.29 + (η? + 0.25)0.25
dt
3
3

,

(3.31)

where we recall that the latter equality is expressed by finding an appropriate solution form
for the Alfvén radius (Equation 3.15). It is important to note that mass-loss rate MÛ = MÛ B=0
in this equation refers to the mass-loss rate that a star would have in absence of the magnetic
field. This is not equal to the effective mass-loss rate of the star MÛ eff . The effective mass-loss
rate is less than that a star would have in absence of a magnetic field because the closed
field lines channel and return wind plasma to the stellar surface. To the first order, this can
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Figure 3.1: Shown is the time-averaged angular momentum loss versus the magnetic
confinement parameter. (The latter is on a log scale.) W refers to the ratio of rotational
versus orbital velocity, which means, with a value of 1/4, relatively modest rotation. The
squares denote predictions by a dipole Weber & Davis formalism, while the triangles denote
results from the numerical MHD simulations. For larger magnetic confinement, a larger
amount of angular momentum is lost from the stellar surface. Credit: ud-Doula et al.,
MNRAS, vol. 392, p. 1022, 2009, reproduced with permission.

be quantified by a simple scaling relation to account for the escaping wind fraction fB as,
MÛ eff
fB =
=1−
MÛ B=0

r
1−

R?
Rc

,

(3.32)
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where Rc ≈ R? + 0.7 (RA − R?) is the maximum closure radius of the magnetic loops.

3.8

Limitations

The key limitations of these scaling relations are Assumptions B4 and B7 regarding the
topology and alignment of the magnetic field. Insofar, it is not clear how improving on
these assumptions would affect the derived formalism of angular momentum loss.
Nonetheless, most known magnetic hot stars are well-described by a dominantly dipolar
configuration (see Section 1.5.4). However, the alignment of the rotation and magnetic axes
is idealized. In fact, a misaligned rotation and magnetic axis, that is oblique rotation is
commonly invoked to interpret rotational modulation in various observational diagnostics.
As a consequence, the tilt of the magnetic axis with respect to the rotation axis will need to
be incorporated in future approaches.

3.9

Conclusions

The numerical simulations and developed framework by ud-Doula, Owocki, and Townsend
confirmed the applicability of a dipole-modified Weber & Davis model of angular momentum loss in the context of hot, massive stars. Importantly, the complex 3D phenomena
of dynamical flows in magnetized stellar winds can be treated with approximate scaling
relations. These relations allow for simplifying the problem to a one-dimensional, averaged
case, which can be adopted in stellar evolution model calculations.

‘Cause don’t you know, I wasn’t born to follow’
Mike Ness

Chapter 4
The effects of surface fossil magnetic fields
on massive star evolution: I.
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Abstract
Surface magnetic fields have a strong impact on stellar mass loss and rotation and, as a
consequence, on the evolution of massive stars. In this work we study the influence of
an evolving dipolar surface fossil magnetic field with an initial field strength of 4 kG on
the characteristics of 15 M solar metallicity models using the Geneva stellar evolution
code. Non-rotating and rotating models considering two different scenarios for internal
angular momentum transport are computed, including magnetic field evolution, massloss quenching, and magnetic braking. Magnetic field evolution results in weakening the
initially strong magnetic field, however, in our models an observable magnetic field is still
maintained as the star evolves towards the red supergiant phase. At the given initial mass of
the models, mass-loss quenching is modest. Magnetic braking greatly enhances chemical
element mixing if radial differential rotation is allowed for, on the other hand, the inclusion
of surface magnetic fields yields a lower surface enrichment in the case of near solid-body
rotation. Models including surface magnetic fields show notably different trends on the
Hunter diagram (plotting nitrogen abundance vs v sin i) compared to those that do not. The
magnetic models agree qualitatively with the anomalous ‘Group 2 stars’, showing slow
surface rotation and high surface nitrogen enhancement on the main sequence.
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Introduction

Extensive spectropolarimetric surveys have revealed that 7% of massive OB stars host an
observable surface magnetic field (Morel et al. 2015; Fossati et al. 2015b; Wade et al. 2016;
Grunhut et al. 2017; Shultz et al. 2018). These fields are strong (on the order of kG), mostly
dipolar, stable on long time-scales, and are understood to be of fossil origin (Donati &
Landstreet 2009).
Surface magnetic fields exhibit a complex interaction with the stellar winds of hot stars,
channelling the outflow and confining a significant fraction of the wind in a closed, corotating magnetosphere (Babel & Montmerle 1997b; ud-Doula & Owocki 2002; Townsend
& Owocki 2005; Petit et al. 2013; Bard & Townsend 2016; Owocki et al. 2016). Two
key ‘surface’ phenomena resulting from this interaction and important in the evolutionary
context have been identified: magnetic braking (increasing the angular momentum loss
of the star) and mass-loss quenching (decreasing the mass-loss rate of the star). Simple
prescriptions, taking into account magnetic, wind, and rotational properties, have been
developed and can be exploited to quantify these phenomena (ud-Doula et al. 2008, 2009).
First steps towards exploring the evolutionary consequences of surface fossil magnetic
fields of massive stars have previously been taken by a few investigations.
Maheswaran & Cassinelli (1994) studied the evolution of rotation and surface fossil
magnetic fields in 60 M models using a kinematic approach and placed constraints on
the Be and Wolf-Rayet phases. However, the stellar evolution model was not modified to
account for rotation or magnetic fields.
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Meynet et al. (2011) studied magnetic braking in massive star models. The key results
of their study are that i) magnetic braking can greatly deplete the core angular momentum
reservoir on the main sequence, and ii) a surface magnetic field can significantly modify the
chemical enrichment of the star. However, a basic limitation of the study was the assumption
that the surface magnetic field strength remained constant during stellar evolution (thus the
magnetic flux increased) and the fact that mass-loss quenching by the magnetic field was
not considered.
Recently, Petit et al. (2017) studied mass-loss quenching alone in non-rotating models
with evolving surface field strength using the mesa code (Paxton et al. 2013), and Georgy
et al. (2017) presented first results including both mass-loss quenching and magnetic braking
in the Geneva code (Eggenberger et al. 2008). Petit et al. (2017) and Georgy et al. (2017)
showed that mass-loss quenching allows the star to maintain a higher mass during its
evolution, respectively in the context of ‘heavy’ stellar-mass black holes such as those
whose merger was reported by aLIGO (Abbott et al. 2016b; Abbott et al. 2017a,b), and in
the context of pair-instability supernovae. Hence, these studies have shown that magnetic
massive stars even at solar metallicity could serve as progenitors in both cases.
Since both the studies by Petit et al. (2017) and Georgy et al. (2017) focused primarily on
mass-loss quenching, massive and very massive stars (40 - 80 M and 200 M , respectively)
were modelled - objects that are considerably rare in nature and representative of only a
small fraction of known magnetic hot stars.
Potter et al. (2012a) studied magnetic braking for a population of stars using the rose
code (Potter et al. 2012b). They implemented an α-Ω radiative dynamo mechanism to induce
and maintain an internal large-scale magnetic field, while magnetic braking was attributed to
an external surface field. A key result of their study is that they obtain a population of slowly
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rotating, nitrogen-enriched stars with surface magnetic field strengths that could potentially
be detected by current instrumentation; however, this modeled population is strictly limited
to a mass range close to 10 M . Furthermore, Quentin & Tout (2018) studied the evolution
of a typical intermediate-mass star, considering a large-scale, dynamo-generated internal
magnetic field. The magnetic field equations are coupled to stellar rotation, and the magnetorotational instability is considered (see also Wheeler et al. 2015). While currently the fossil
field hypothesis is favoured to explain the origin of observed magnetism at the surface of
hot stars, these approaches - in addition to studies that investigated the Spruit-Tayler (Spruit
2002; Tayler 1973) dynamo mechanism (Maeder & Meynet 2003, 2004, 2005; Heger et al.
2005) - may also prove instructive for future studies, especially to account for angular
momentum redistribution by fossil fields.
Considering a different approach, Petermann et al. (2015) computed stellar evolution
models implementing a reduction in the convective core size caused by a strong fossil magnetic field. While this reduction is accomplished by an arbitrary parameter, the physical
nature of magnetic fields suppressing convection has been studied in a variety of contexts, e.g., subsurface convection zones of massive stars (Sundqvist et al. 2013), Ap stars
(Michaud 1970), late-type main-sequence stars (Cox et al. 1981; Chabrier et al. 2007) and
the atmospheres of white dwarfs (Tremblay et al. 2015).
In addition to these studies of single-star evolution, recent studies by Chen & Podsiadlowski (2016) and Song et al. (2018b) also consider surface magnetic fields, however in the
context of intermediate-mass and massive binary evolution.
Apart from these studies, surface fossil magnetic fields are usually not considered in
massive star evolution models (Brott et al. 2011a; Ekström et al. 2012; Paxton et al. 2013),
although it has been speculated that surface magnetism may play a significant role in
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resolving several problems. For instance, some anomalous trends on the Hunter diagram
(Hunter et al. 2008) showing nitrogen abundance as a function of projected rotational
velocity have been speculated to be caused by stellar magnetism (Hunter et al. 2009; Brott
et al. 2011b). We will discuss this in detail in Section 4.4.2.
The important evolutionary consequences of magnetic fields, established by previous
studies, suggest that the application of non-magnetic stellar evolution models to magnetic
hot stars may be inappropriate, and may result in erroneous conclusions when deriving
stellar parameters from non-magnetic models. The present study seeks to address two
important questions related to this uncertainty:
• When comparing known magnetic stars to the predictions of stellar evolution models,
can non-magnetic models yield reasonable stellar parameters?
• To what extent can the newly-incorporated prescription of an evolving surface magnetic field inform and potentially account for debated problems in stellar astrophysics,
for instance, for the surface nitrogen enrichment of massive stars?
The scope and motivation of this study is to assess the cumulative influence of magnetic
mass-loss quenching, magnetic braking and magnetic field evolution, each of these components having heretofore been considered separately. Moreover, by predicting the evolution
of surface field strengths beyond the main sequence, this study provides benchmarks for the
detection of magnetic fields on hot, evolved stars.
To this extent we perform model calculations with the Geneva code for a typical massive
star model with initial mass of M?,ini = 15 M at solar (Zini = 0.014, Asplund et al. 2005;
Ekström et al. 2012) metallicity, and investigate how the fossil field changes with time,
assuming that the surface magnetic flux is conserved, and no other significant flux decay or
enhancement processes occur.
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This work is structured as follows: In Section 2, we describe the model including
the evolution of a surface magnetic field. In Section 3, we compare the evolution of
non-magnetic and magnetic models. In Section 4, we discuss the rotational and angular
momentum evolution, the nitrogen abundance vs the rotational velocity, and the evolution
of the surface magnetic field and related magnetospheric parameters. In Section 5, we draw
conclusions regarding surface magnetism in massive stars and relevant points for future
surveys.

4.2

Methods

4.2.1

Surface fossil magnetic field prescription

We use the Geneva stellar evolution code (genec, Eggenberger et al. 2008) for our model
calculations. We consider that the magnetic flux is frozen into the plasma (Alfvén’s theorem,
Alfvén 1942) thereby leading to the local conservation of magnetic flux over time. Thus
we assume that the change in surface magnetic field strength is related to the change in the
stellar radius as:
Bp = Bp,ini



R?,ini
R?

2

,

(4.1)

where Bp is the polar magnetic field strength at the stellar surface (photosphere), Bp,ini is
the initial, zero age main sequence (ZAMS) surface polar magnetic field strength, R? is the
stellar radius, and R?,ini is the ZAMS radius1. Bp and R? evolve in concert with the star,
that is Bp = Bp (t) and R? = R?(t), however for simplicity we will not denote explicitly the
time dependence since it is understood for all but the initial quantities.
1There is an important difference between the spatial and the time dependence of the magnetic field. While
flux conservation yields a Bp (t) ∝ R?−2 (t) time dependence, the spatial variation in the radial direction for a
dipole field configuration is described by B(r) ∝ r −3 .
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We account for mass-loss quenching and magnetic braking due to a fossil magnetic
field as previously included in stellar evolution model calculations by Meynet et al. (2011),
Keszthelyi et al. (2017a), Petit et al. (2017), Georgy et al. (2017), and Song et al. (2018b).
We employ the prescriptions and formalism based on the results of ud-Doula & Owocki
(2002), ud-Doula et al. (2008, 2009), and Petit et al. (2013).
Mass-loss quenching results from stellar wind plasma being trapped by closed magnetic
field lines near the stellar magnetic equator, causing cooled gas to return to the stellar surface
(ud-Doula & Owocki 2002). It leads to a fractional reduction fB in the overall mass-loss
rate, also defined as the escaping wind fraction,
r
fB ≈ 1 −

1−

R?
,
Rc

(4.2)

where Rc is the closure radius (ud-Doula et al. 2008) that defines the distance of the last
closed magnetic loop from the stellar surface, and can be expressed in terms of the Alfvén
radius RA (see below) as:
Rc ≈ R? + 0.7(RA − R?) .

(4.3)

Thus the effective mass-loss rate becomes:
MÛ = fB · MÛ B=0 ,

(4.4)

where MÛ B=0 is the mass-loss rate the star would have in the absence of a magnetic field. It
should be noted that Equation 7.6 does not take into account the latitudinal variation in the
mass flux due to the tilt of the magnetic field with respect to the normal to the surface, and
that this approximation is particularly good for large values of Rc , but somewhat less robust
otherwise. There are, however, leakage mechanisms that may allow for mass to escape from
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closed loops if the star is rotating rapidly, but this is typically only important for the early
evolution as the star quickly spins down (Owocki & Cranmer 2018). Thus, Equation 7.6 is
indeed an approximation for the reduction in mass-loss rates on average. Furthermore, it
should be noted that when the stellar radius is smaller, that is the star is more compact, the
escaping wind fraction becomes larger. This formulation in genec is coupled to the stellar
wind calculations, namely any adopted mass-loss scheme can be applied to obtain MÛ B=0 ,
and then this value is scaled by fB to account for the reduction by the magnetic field.
Magnetic braking accounts for the removal of an additional amount of angular momentum, over and above that naturally removed by (non-magnetic) mass loss, due principally to
Maxwell stresses:

2
2
2
JÛ = MÛ B=0 Ω? R?2 R2A = MÛ B=0 Ω? R?2 (η? + 0.25)0.25 + 0.29 ,
3
3

(4.5)

where Ω? is the surface angular velocity, RA is the Alfvén radius for a dipole configuration,
and η? is the equatorial wind magnetic confinement parameter (ud-Doula et al. 2009),
defined as
η? =

Bp2 R?2
,
4 MÛ B=0 v∞

(4.6)

where v∞ is the terminal wind velocity. For consistency, we also updated the Geneva
code to systematically calculate v∞ from the escape velocity vesc (following Kudritzki &
Puls 2000 and Vink et al. 2001) as v∞ = 2.6vesc for Teff > 20 kK, v∞ = 1.3vesc for
20 kK > Teff > 10 kK, and v∞ = 0.7vesc for Teff < 10 kK.
Since magnetic braking modifies the angular velocity of the stellar surface, the Geneva
code implements Equation 4.5 as a boundary condition of the internal angular momentum
transport equation at the stellar surface, and modifies the total angular momentum content
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of the star.

4.2.2

Internal angular momentum transport

Possibly one of the most important questions regarding stellar rotation is whether the internal
layers of a star could be considered to achieve solid-body rotation or radial differential
rotation. In the former case, some mechanism must couple the stellar core and envelope.
This question divides our model calculations into two branches to account for this
uncertainty. Although solid-body rotation could be enforced artificially, for main sequence
models it is also a known natural consequence of adopting the viscosity of a Spruit-Tayler
(ST, Spruit 2002; Tayler 1973) dynamo mechanism in the radiative envelope of the star to
account for the angular momentum transport (Maeder & Meynet 2003, 2004, 2005; Heger
et al. 2005; Petrovic et al. 2005; Brott et al. 2011a; Keszthelyi et al. 2017b; Song et al.
2016). Therefore, two scenarios are considered regarding the angular momentum transport,
which, following Zahn (1992) and Chaboyer & Zahn (1992), can be written as:

 1 ∂ 
∂(r 2 Ω)
1 ∂  4
∂Ω
4
ρ
= 2
ρr ΩU(r) + 2
ρr DAM
,
∂t
∂r
5r ∂r
r ∂r

(4.7)

where ρ is the density, r is the radius, t is time, Ω is the angular velocity in a given layer
of the star, U(r) is the amplitude of the vertical component of the meridional circulation
velocity, and DAM is the sum of diffusion coefficients that contribute to angular momentum
transport. The first term on the r.h.s. of Equation 4.7 is the advective term, while the second
term is the diffusive term.
We consider two approaches to construct DAM in radiative zones. In the differentially
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rotating case, when the transport is less efficient,
DAM,1 = Dshear ,

(4.8)

where Dshear is the diffusion coefficient due to shears. In this case, both advective and
diffusive terms are used in Equation 4.7 and the meridional currents (Eddington 1925;
Sweet 1950) are thus accounted for via advection (see Zahn 1992; Maeder & Zahn 1998;
Meynet et al. 2013).
In the solid-body rotating case, when the transport is more efficient,
DAM,2 = Dshear + Dcirc,H + DST ,

(4.9)

where Dcirc,H is a diffusion coefficient accounting for meridional circulation and DST is a
diffusion coefficient resulting from the viscosity of the ST dynamo mechanism (Equation 15
of Maeder & Meynet 2005). In this case, the advective term in Equation 4.7 can be neglected,
justifying a purely diffusive treatment (Song et al. 2016).
In the following, by magnetic models we always refer to models with surface fossil
magnetic fields. We stress here that the ST dynamo is only introduced in order to achieve
a flat angular velocity profile on the main sequence since it results in a large diffusion
coefficient for angular momentum transport2. Including or neglecting the viscosity of the
hypothetical ST dynamo in the equation of internal angular momentum transport serves
only to establish two fundamentally different rotational configurations which are of interest
to study.
2Strictly speaking, the inclusion of DST does not achieve completely perfect solid-body rotation since a
minimal shear is required to operate the ST mechanism, which in turn significantly flattens the Ω profile and
enhances meridional circulation (Maeder & Meynet 2005). Moreover, this mechanism is expected to weaken
somewhat after the main sequence, although still maintaining a nearly flat Ω profile.
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Table 4.1: Geneva stellar evolution models computed in this study. In the brackets
we denote rotation ‘R’, diffusion coefficient from Spruit-Tayler dynamo ‘S’, and surface
magnetic fields ‘B’, for clarity.
Model
M1 (- - -)
M2 (- - B)
M3 (R - -)
M4 (R - B)
M5 (R S -)
M6 (R S B)

4.2.3

vrot,ini [km s−1 ]
0
0
200
200
200
200

DST
no
no
yes
yes

Bp,ini (surface) [kG]
0
4
0
4
0
4

General model parameters

The models follow the conventional computation of a Geneva stellar evolution model
(Ekström et al. 2012). The most important initial parameters of the models are outlined
in Table 4.1. An initial mass of M?,ini = 15 M and solar metallicity (Zini = 0.014)
are adopted. Models are computed from the zero age main sequence until they cross the
Hertzsprung-Russell diagram (HRD) from the ‘blue’ to the ‘red’ part and start to deplete
core helium. The initial elemental abundances follow the Asplund et al. (2005) ratios,
except for neon, which is adopted from Cunha et al. (2006). We compute rotating models
with vrot,ini = 200 km s−1 (vrot,ini /vcrit,ini ∼ 0.3), as well as non-rotating models. The
implementation of the rotating models follows the theory of Zahn (1992) and Maeder
& Zahn (1998). Core overshooting is calculated using the step method, extending the
core by 10% of the local pressure scale height. The core boundary is determined by the
Schwarzschild criterion. Due to the initial mass of the model, we use the prescription of de
Jager et al. (1988) to obtain the (non-magnetic) mass-loss rates. We adopt an initial surface
magnetic field strength of 4 kG, considering that it is typical for magnetic massive OB stars
based on the observed distribution of field strengths in young magnetic stars (Petit et al.
2013; Shultz et al. 2018).
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For further details regarding genec and the details of the model calculations, see Hirschi
et al. (2004); Ekström et al. (2012) and Georgy et al. (2013).
Some of the models (those without surface magnetic fields) have already been computed
with a previous version of the Geneva code. However, for consistency we recomputed these
models. This means that from Table 4.1, models M1 (- - -) and M3 (R- -) resemble the nonrotating and rotating Ekström et al. (2012) models, respectively, while M5 (RS-), including
DST is similar to models presented by Maeder & Meynet (2005). In addition, Meynet et al.
(2011) computed models with surface magnetic fields (see Introduction), but those models
considered magnetic braking under a constant magnetic field strength, and did not account
for mass-loss quenching. In the models including surface magnetic fields M2 (- -B), M4
(R-B), and M6 (RSB) presented in this study, mass-loss quenching and magnetic braking
are considered under self-consistently evolving surface magnetic parameters, obeying the
magnetic field evolution model described by Equation 4.1.

4.3

Results

In this section we present the results of our model calculations, and study the influence of
individual model ingredients. We first compare a model without a surface magnetic field to
a model with a surface magnetic field to quantify the impact of surface magnetism in stellar
evolution models. This means that the discussion of the 6 computed models is divided into
3 subsections: 2 models without rotation, 2 models with rotation and without DST , and
2 models with rotation and adopting DST . Along these lines, Figures 4.1-4.3 display the
model pairs on three panels: the HRD (left panels), the nitrogen abundance (middle panel),
and mass-loss rates (right panels) vs the effective temperature.
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Figure 4.1: Comparison between the non-magnetic model M1 (- - -) and magnetic model
M2 (- -B) without rotation on the HRD (left panel) colour-coded with the log of the surface
gravity, their nitrogen enrichment (middle panel), and mass-loss history (right panel).

Figure 4.2: Same as Fig. 4.1 but for models M3 (R- -) and M4 (R-B) with rotation and
without DST .

Figure 4.3: Same as Fig. 4.1 but for models M5 (RS-) and M6 (RSB) with rotation and
with DST .
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Non-magnetic vs magnetic models without rotation:
model M1 (- - -) and M2 (- -B)

Figure 4.1 compares the predictions of non-magnetic and magnetic models without rotation,
M1 (- - -) and M2 (- -B), respectively.
In the simplified case when rotation is neglected, the surface magnetic fields are only
considered to decrease the overall mass-loss rate via mass-loss quenching. Such models
were presented previously by Petit et al. (2017), but with significantly higher initial masses,
until the models reached the terminal age main sequence (TAMS).
The mass loss by stellar winds in the case of 15 M models at solar metallicity is modest
and thus only weakly affects the evolution of the star. It is expected that the reduction in
mass-loss rate due to magnetic mass-loss quenching will be modest. This is indeed the case,
as shown by the non-rotating 15 M models, the evolutionary tracks on the HRD are barely
influenced by the magnetic mass-loss quenching (Figure 4.1, left panel); however, it should
be noted that this does not mean that all stellar parameters are unaffected. For instance,
small differences in stellar mass, age, and effective temperature are present throughout the
main sequence (see Appendix Table 5.1). For example, the TAMS mass of model M1 (- - -)
is 14.81 M , while for model M2 (- -B), it is 14.97 M . For comparison, in the case of the
initially 80 M non-rotating models computed by Petit et al. (2017), the TAMS masses of
their non-magnetic and magnetic model with similar initial surface magnetic field strength
are 52 M and 62 M , respectively (see their Figure 7). Moreover, the magnetic model has
a slightly shorter main sequence lifetime than the non-magnetic model (at the TAMS 11.20
Myr vs 11.26 Myr, respectively), which is also in agreement with the results of Petit et al.
(2017).
In order to reliably compare these predictions to observations the following point should
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be considered: The rotational history of the star would need to be known to establish whether
a non-rotating model may be applicable to compare with observations. If, for instance, the
star had undergone significant magnetic braking in the past, then a non-rotating model may
not be a reasonable choice for comparison with a currently slowly rotating star, since the
previous rotational history may have changed the stellar properties. For example, Meynet
et al. (2011) pointed out that the core properties and the surface enrichment would be
different.
Since in a non-rotating case the assumption is that rotation-induced instabilities do not
operate, surface nitrogen enrichment (middle panel, Figure 4.1) is only expected when the
star reaches the red supergiant stage. Whether or not a surface magnetic field is present
has no impact on these results in the present model so long as only mass-loss quenching is
relevant. Nevertheless, the nitrogen abundance could help to observationally evaluate the
applicability of non-rotating models.
The right panel of Figure 4.1 shows the mass-loss history of models M1 (- - -) and M2
(- -B). Since mass-loss quenching reduces the effective mass-loss rate, the magnetic model
will initially experience an order-of-magnitude lower mass-loss rate than the non-magnetic
model. However, as the star evolves, so do the magnetic parameters (see Section 4.4.3).
As a consequence, the magnetic confinement weakens systematically as the star crosses the
HRD. Ultimately, the magnetic field weakens to such a degree that mass-loss quenching
becomes negligible. These results, although quantitatively dependent on the adopted massloss scheme (other applicable schemes for hot stars are derived by, e.g., Kudritzki et al.
1989; Vink et al. 2001; Muijres et al. 2012; Krtička 2014), demonstrate the same qualitative
behaviour, independent of the adopted mass-loss scheme.
The initial reduction in the mass-loss rate of model M2 (- -B) results in a systematically
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higher stellar mass, hence a higher stellar luminosity is expected on the main sequence
when compared to model M1 (- - -) due to mass-loss quenching (left panel of Figure 4.1,
see also Figure 4 of Petit et al. 2017). However, this expectation is limited, to a degree, by
an interesting feedback effect. Since MÛ ∝ L?x , where x is some positive power depending on
the adopted scheme3, the mass-loss rate of the magnetic model will increase if it becomes
more luminous. Therefore, one may conclude that mass-loss quenching alone results in the
following loop of consequences:
1. Mass-loss quenching → initially lower mass-loss rate
2. Initially lower mass-loss rate → higher stellar mass
3. Higher stellar mass → higher stellar luminosity
4. Higher stellar luminosity → higher mass-loss rate
In the case of the 15 M models, mass-loss quenching alone is modest. However, Petit
et al. (2017) demonstrated that for higher-mass models, following the above reasoning, the
consideration of surface fossil magnetic fields indeed leads to a notable increase in the
stellar luminosity. Despite that this results in a consequent increase in the mass-loss rate of
the magnetic model, the relative value of the mass-loss rate still remains lower compared to
that of a non-magnetic model with the same initial mass. This is because the power that the
luminosity depends on the stellar mass is higher than the power the mass-loss rate depends
on the luminosity.
3For the scheme derived by de Jager et al. (1988) and used in this study, x ∼ 1.8. For comparison, the
Vink et al. (2001) scheme yields x ∼ 2.2.
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Non-magnetic vs magnetic models with rotation without DST :
models M3 (R- -) and M4 (R-B)

Figure 4.2 shows the predictions of models M3 (R- -) and M4 (R-B). Both of these models
are initially rotating at vrot,ini = 200 km s−1 and are characterized by differential rotation.
They do not include the viscosity of an ST dynamo for the internal angular momentum
transport. Model M4 (R-B) includes mass-loss quenching and magnetic braking. Whether
such a configuration, i.e. radial differential rotation, is possible for a star with large-scale
surface fossil magnetic fields extending to the stellar interiors has not yet been established
(however, see Duez & Mathis 2010). It is likely that a strong magnetic field would flatten
the Ω profile and result in near solid-body rotation, but perhaps not for the entire star. We
further discuss this point in the last paragraph of Section 4.4.5.
The left panel of Figure 4.2 shows models M3 (R- -) and M4 (R-B) on the HRD. It may
seem intuitive that the above outlined mass-loss quenching loop yields a higher luminosity
for model M4 (R-B) compared to model M3 (R- -). For reference, the TAMS masses
of model M3 (R- -) and model M4 (R-B) are 14.71 M and 14.94 M , respectively (see
Appendix Table 4.3).
However, in this particular model setup the large increase of the stellar luminosity of
model M4 (R-B) compared to model M3 (R- -) cannot be attributed to mass-loss quenching
alone, even though the mass-loss rate of model M4 (R-B) with surface magnetic field is still
lower than that of model M3 (R- -) until both models’ effective temperatures reach below 10
kK (Figure 4.2, right panel). At 10 kK the surface magnetic field is so weak that mass-loss
quenching becomes negligible.
Therefore, the feedback effects need a more careful interpretation in rotating models.
We mention here that the rotating models do contain an additional scaling factor, which
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takes into account the rotational enhancement on the mass-loss rates, following the work of
Maeder & Meynet (2000a), namely Equation 4.29 in their work. As shown by other studies
as well (e.g., recently Keszthelyi et al. 2017b, their Figures 10 and 11), this enhancement
factor on the mass-loss rates due to rotation is generally of the order of maximum a few
percent, but becomes important when the surface rotational velocity approaches the critical
velocity. Hence we checked whether this factor would play a role and found that in these
model calculations the rotational velocities remain far from their critical values, ergo the
rotational enhancement on the mass-loss rates (reaching a maximum of 3%) is practically
negligible in all models throughout their evolution.
In contrast to the case of non-rotating models, rotating models that include surface
magnetic fields account for magnetic braking. This mechanism leads to changes in the
Ω profile near the stellar surface, which influences chemical mixing (Figure 4.2, middle
panel) and hence it changes the mean molecular weight (L? ∝ µ x , where x is typically a
high power, x ∼ 4). When differential rotation is considered, magnetic braking induces
significant chemical mixing via strong shears and therefore increases the average value of
µ, which in turn results in a higher luminosity. This can indeed be traced by the nitrogen
enrichment of the model. As a consequence, the effects of magnetic braking alone could
be described in the following manner for differential rotation:
1. Magnetic braking → strong shear mixing
2. Strong shear mixing → increase of average µ and notable surface enrichment
3. Increase of average µ → higher stellar luminosity
4. Higher stellar luminosity → higher mass-loss rate
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Thus we confirm the findings of Meynet et al. (2011) regarding the surface nitrogen enrichment. Although we changed the magnetic field evolution model (Bp ∝ R?−2 , hence the
magnetic field strength weakens with time), we observe the same qualitative behaviour:
surface magnetic fields and radial differential rotation results in a very rapid enhancement
of the surface nitrogen due to the large shears (Figure 4.2, middle panel).
As a consequence of the induced mixing in the magnetic model, the ages of the models
differ significantly. Even at the early phases, model M4 (R-B) takes a longer time to deplete
core hydrogen and this difference is propagated to the TAMS age. The TAMS ages of
models M3 (R- -) and M4 (R-B) are 13.45 Myr and 15.29 Myr, respectively (Appendix
Table 4.3). Therefore, while mass-loss quenching alone resulted in decreasing the age of the
magnetic model, magnetic braking in differentially rotating models actually yields longer
main sequence lifetimes.
To conclude, the combination of magnetic braking and differential rotation can explain
the notably higher luminosity of model M4 (R-B) compared to M3 (R- -). Model M4 (R-B)
becomes more luminous than model M3 (R- -) because the shears induced by magnetic
braking increase the mean molecular weight on average inside the star. Additionally, massloss quenching also modestly increases the luminosity of model M4 (R-B) in comparison to
model M3 (R- -). In fact, because magnetic braking efficiently leads to a higher luminosity
of model M4 (R-B) compared to model M3 (R- -), the notably higher luminosity also scales
the effective mass-loss rate of the stellar model. This is why the mass-loss histories of the
two models (Figure 4.2, right panel) differ less than in a non-rotating case, even though
mass-loss quenching reduces the effective mass-loss rate of model M4 (R-B).
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Non-magnetic vs magnetic models with rotation adopting DST :
model M5 (RS-) and M6 (RSB)

Figure 4.3 shows the predictions of models M5 (RS-) and M6 (RSB). Both models adopt an
internal ST dynamo mechanism for the chemical element and angular momentum transport
to ensure a flat angular velocity profile. Similar to model M4 (R-B), model M6 (RSB)
includes mass-loss quenching and magnetic braking.
The differences between these two models on the HRD are practically negligible, however other parameters show more noticeable differences. Throughout its evolution, model
M6 (RSB) maintains a mass-loss rate which is significantly lower than that of model M5
(RS-), (Figure 4.3, right panel).
However, when comparing models M5 (RS-) and M6 (RSB), the nitrogen enrichment is
notably lower in model M6 (RSB). In particular, the post-main sequence plateau remains 0.2
dex smaller compared to model M5 (RS-) when crossing the HRD (Figure 4.3, middle panel).
These results agree qualitatively4 with the findings of Meynet et al. (2011), namely that
when a flat angular velocity profile is assumed, and surface magnetic fields are considered,
the mixing is much less efficient than in the case of differential rotation (cf. also model M4
(R-B) and model M6 (RSB) in the middle panels of Figure 4.2 and 4.3 with solid lines).
Without magnetic braking, the solid-body rotating model results in higher surface nitrogen
enrichment compared to a differentially rotating model (cf. also model M3 (R- -) and model
M5 (R-B) in the middle panels of Figure 4.2 and 4.3 with dashed lines). When magnetic
braking is considered, the surface angular velocity decreases rapidly, thus in solid-body
rotating models the rotation of the entire star brakes. The systematically and uniformly
decreasing value of angular velocity throughout the star leads to weaker chemical element
4However, see Section 4.4.2 for the quantitative difference.
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transport (predominantly weaker meridional currents). This can be summarized in the case
of solid-body rotation as follows:
1. Magnetic braking → decrease of surface Ω
2. Decrease of surface Ω → decrease of Ω throughout the star
3. Decrease of Ω throughout the star → weaker meridional currents
4. Weaker meridional currents → less chemical enrichment at the surface
Hence magnetic braking results in lower meridional circulation velocity compared to a
corresponding model without surface magnetic fields, and this is why the surface nitrogen
enrichment of model M6 (RSB) is less than that of model M5 (RS-).
Given these two differences between the models, that is, model M6 (RSB) is less enriched
but evolves with a slightly higher mass than model M5 (RS-), they have an opposite effect
on the stellar luminosity, thus the nearly identical evolutionary tracks on the HRD are
explained. This is also the reason why the stellar ages are quite similar in this case, at the
TAMS equal to 11.46 Myr and 11.36 Myr, respectively. For reference, the TAMS masses
of model M5 (RS-) and model M6 (RSB) are 14.65 M and 14.95 M (see Appendix Table
4.4).

4.4

Discussion

4.4.1

Rotational velocity and angular momentum evolution

The left panel of Figure 4.4 shows the surface rotational evolution predicted by the 4 models
with rotation and reveals that the rotational history of models with/without surface magnetic
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Figure 4.4: Top panel: The time evolution of the surface equatorial rotational velocities
from the ZAMS until the models start to deplete core Helium. Lower panel: The evolution
of the total angular momentum over time on the main sequence. The TAMS values of log
Jtot in units of g cm2 s−1 are indicated next to the tracks.
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fields is very different.
In the case of models M3 (R- -) and M5 (RS-) (green and cyan lines), we observe
the following: With the adopted initial mass and initial rotational velocity, differential
rotation leads to a relatively modest decrease of the surface rotational velocity on the main
sequence. However, this strongly depends on the initial mass and rotational velocity of the
model, namely the surface rotation would brake much more rapidly if the model was more
massive and/or had a higher initial rotational velocity (e.g., Georgy et al. 2013). When solidbody rotation is imposed by means of the viscosity of the ST dynamo, the rotational velocity
remains nearly constant during (almost) the entire main sequence (Maeder & Meynet 2003;
Keszthelyi et al. 2017b). The surface rotational velocity decreases abruptly after the TAMS
since the radius of the star undergoes a dramatic increase.
In the case of models M4 (R-B) and M6 (RSB) (blue and red lines), we interpret their
rotational history as follows: When surface magnetic fields and hence magnetic braking
is accounted for, the surface rotation of the star already brakes efficiently on the main
sequence - as expected from theoretical works (ud-Doula et al. 2009; Meynet et al. 2011).
As a consequence, the surface rotational velocity rapidly approaches zero.
However, the time-scale of magnetic braking depends on the assumption of how angular
momentum is distributed inside the star, and how efficiently the surface angular momentum
reservoir can be replenished by driving angular momentum from the core. The problem
of internal angular momentum distribution was already addressed by Pinsonneault et al.
(1989), who concluded that it may significantly influence the evolution of the surface
angular momentum reservoir. Model M6 (RSB) undergoes a somewhat more rapid initial
spin-down than model M4 (R-B) although, despite the initially more rapid spin-down, both
curves are qualitatively similar. The time-scale required to slow down the surface rotation
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from the ZAMS (vrot,ini = 200 km s−1 ) to reach a surface rotational velocity below 50 km
s−1 is 3.3 Myr and 2.8 Myr for models M4 (R-B) and M6 (RSB), respectively. We will
call this the ‘effective spin-down time’, meaning the time after ZAMS to become a slow
rotator (<50 km s−1 ), in order to identify the time after which surface rotation has small or
negligible impact on the structure and evolution of the model.
The right panel of Figure 4.4 shows the evolution of the total angular momentum of the
star models on the main sequence. Models M3 (R- -) and M5 (RS-) lose a small amount of
total angular momentum on the main sequence. This loss is due to mass loss, which reduces
the angular momentum content of the star (Langer 1998; Vink et al. 2010; Keszthelyi et al.
2017b). When surface magnetic fields are accounted for, they strongly impact the angular
momentum evolution of the star since magnetic braking is a very efficient mechanism to
remove angular momentum (see also Song et al. 2018b). Despite the fact that while on the
main sequence model M6 (RSB) has an order of magnitude lower mass-loss rate than model
M5 (RS-) (see Figure 4.3, right panel), the former model loses almost 0.4 dex more of its
total angular momentum. This is because magnetic braking is significantly more efficient
to remove angular momentum from the star than mass loss by the stellar winds (ud-Doula
et al. 2009).
It may not be immediately intuitive why model M4 (R-B) loses more of its total angular
momentum on the main sequence than model M6 (RSB), in particular because one may
expect that solid-body rotation brakes the rotation of the entire star (i.e., reduces the total
angular momentum reservoir), while differential rotation only allows for effectively braking
the surface (i.e., exhausting only the surface angular momentum reservoir). Hence, if the
only difference between the two models was their rotational configuration, model M4 (R-B)
would be expected to maintain more of its total angular momentum. However, this is not
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the case: model M4 (R-B) does lose more angular momentum than does model M6 (RSB).
This is because model M4 (R-B) evolves with a higher luminosity than all the other models
due to its increased mean molecular weight. As a consequence, its mass-loss rate is higher
compared to model M6 (RSB). Therefore, while magnetic braking is indeed the main driver
of angular momentum loss, model M6 (RSB) loses ∼ 0.06 dex less of its total angular
momentum at the TAMS compared to model M4 (R-B) because its mass-loss rate is lower.

4.4.2

Surface nitrogen enrichment

The surface nitrogen abundance and the projected rotational velocity (plotted on the Hunter
diagram) are two very practical quantities to trace and to study rotational mixing in massive
stars since rotational mixing brings core-processed CNO elements to the stellar surface
(Maeder et al. 2014). While in Section 3 we focused on the predictions of the models and
the inferred impact of a surface magnetic field, now we turn our attention to the relevance
of surface magnetic fields in the context of the Hunter diagram (Hunter et al. 2008).
The VLT-FLAMES Surveys (Evans et al. 2004, 2005, 2008) obtained a significant
collection of spectroscopic data of hot, massive stars in the Large Magellanic Cloud (LMC),
Small Magellanic Cloud (SMC), and our Galaxy. From these observations several studies
have identified anomalies in the Hunter diagram that cannot be explained with ‘standard
rotational mixing’ (Hunter et al. 2008, 2009; Brott et al. 2009, 2011b; Maeder et al. 2014;
Grin et al. 2017; Dufton et al. 2018).
In particular, two groups of observed stars (see Figure 1 of Hunter et al. 2009) are challenging to explain with standard stellar evolution models (see also Aerts et al. 2014). Group
1 stars exhibit fast rotation but show negligible evidence of surface chemical enrichment.
Group 2 stars are inferred to be slow rotators but have notable surface enrichment. The stars
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Figure 4.5: Hunter diagram of the main sequence phase of the rotating models. v sin i
is obtained by scaling the surface rotational velocities by π/4. Group 2 stars are denoted
with the hatched box on the diagram and the polar magnetic field strength is colour-coded
in the case of the two magnetic models. The evolution of the models begins at the lower
right corner of the diagram.

4.4. DISCUSSION

133

in both groups have surface gravities that are generally consistent with them being main
sequence stars. The existence of both groups is somewhat counterintuitive since typically
the faster the star rotates, the more efficient is the chemical mixing, thus the larger is the
surface chemical enrichment. Therefore, standard stellar evolution models, such as models
M3 (R- -) and M5 (RS-), do not seem to be able to explain such a behaviour in main sequence
stars.
While comprehensive observational data supports the existence of these groups in the
LMC (e.g., Hunter et al. 2008; Brott et al. 2011b; Rivero González et al. 2012b,a; Grin
et al. 2017; Dufton et al. 2018), the same anomalous behaviour, notwithstanding statistically
smaller samples, is also evidenced in our own Galaxy (Crowther et al. 2006; Morel et al.
2008; Hunter et al. 2009; Przybilla et al. 2010; Briquet et al. 2012; Aerts et al. 2014; Martins
et al. 2015a; Cazorla et al. 2017; Markova et al. 2018).
Surface magnetic fields have been invoked to account for the phenomenon (Morel et al.
2008; Hunter et al. 2009; Brott et al. 2011b; Martins et al. 2012; Aerts et al. 2014; Martins
et al. 2015a; Grin et al. 2017; Dufton et al. 2018) and, in particular, the mechanism of
magnetic braking has been proposed to explain Group 2 stars (Meynet et al. 2011; Potter
et al. 2012a), although binarity may also provide an alternative explanation (e.g., most
recently, Song et al. 2018a).
Here we aim to focus only on Galactic Group 2 stars, and the general behaviour of
the computed models as shown in Figure 4.5. In contrast to models M3 (R- -) and M5
(RS-), both models M4 (R-B) and M6 (RSB) exhibit rapid decrease of their surface rotation
on the main sequence. We recall that the effective spin-down time for these models to
become slow rotators is of the order of 3 Myr. For model M6 (RSB) the time after the
ZAMS that is required to start increasing the surface nitrogen abundance is 2.0 Myr (when
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v sin i ∼ 50 km s−1 ). In the case of model M4 (R-B) the enrichment takes place on a shorter
time-scale, the surface nitrogen abundance increases after 1.1 Myr (when v sin i ∼ 80 km
s−1 ). As is common, the surface equatorial rotational velocity is converted to projected
rotational velocity by accounting for an averaged inclination, i.e., vrot · π/4 ∼ v sin i.
Not only does model M4 (R-B) mix more rapidly than model M6 (RSB), but the
overall surface nitrogen abundance is higher too (see also middle panels of Figure 4.2 and
Figure 4.3). With [N/H] we denote the number fraction of nitrogen relative to hydrogen. At
the TAMS, log [N/H] + 12 = 8.33 in the case of model M4 (R-B) and log [N/H] + 12 = 8.11
in the case of model M6 (RSB), thus there is an overall 0.2 dex difference which originates
from the assumptions regarding the internal rotation profile of the star.
Interestingly, this difference is also observable in models without surface magnetic
fields, however, in the opposite direction. Model M5 (RS-) reaches log [N/H] + 12 = 8.27
at the TAMS, while model M3 (R- -) produces log [N/H] + 12 = 8.02. This is because when
surface magnetic fields are not considered, Ω is maintained near to uniform throughout
the star model M5 (RS-). As a consequence, meridional currents remain very efficient in
transporting core-processed chemical elements to the stellar surface.
Therefore, comparing models with different rotational configuration, we can conclude
the following: magnetic braking greatly enhances mixing if radial differential rotation is
allowed for in the model. On the other hand, the inclusion of surface magnetic fields yields
a lower enrichment in the case of near solid-body rotation.
This result reinforces the point that although magnetic braking does provide a qualitative
explanation for Group 2 stars, the surface nitrogen enrichment depends strongly on the
internal mixing processes. This could be the reason why previous studies by Morel et al.
(2008), Aerts et al. (2014) and Martins et al. (2015a) did not find a direct correlation
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between magnetic field strength and measured nitrogen abundance. This might imply that
magnetic massive stars may have different angular momentum transport processes at work
or the strength of the transport varies significantly from one star to another.
Our results, for the case of differential rotation, are in complete agreement with findings
of Meynet et al. (2011) regardless of the additionally considered magnetic field evolution
and mass-loss quenching in this study. However, Meynet et al. (2011) obtained a different
conclusion considering magnetic braking and solid-body rotation jointly. Namely, without
mass-loss quenching and magnetic field evolution, their solid-body rotating models undergoing magnetic braking did not produce notable surface nitrogen enrichment, and thus did
not appear as Group 2 stars on the Hunter diagram. In this study, however, model M6 (RSB)
does yield an observable surface nitrogen enrichment. This may have partially been a result
of the slight difference in the adopted initial mass of the models. Meynet et al. (2011)
considered M?,ini = 10 M , while in this work we considered M?,ini = 15 M . Therefore,
we computed a model with the exact same configuration as model M6 (RSB) but with
M?,ini = 10 M and found that it overlaps with model M6 (RSB) on the Hunter diagram.
Thus, this difference is only due to considering mass-loss quenching and magnetic field
evolution which lead to weakening magnetic braking over time.
Since Group 2 stars might provide indirect evidence for the presence of magnetic stars in
extragalactic environments, further spectropolarimetric measurements of Galactic Group
2 stars would be valuable to establish the robustness of this potential proxy. Therefore, an
important question remains the incidence rate of surface magnetism in Galactic Group 2
stars. In particular, stars with known nitrogen enrichment and relatively modest rotational
velocities, e.g., from the sample of Galactic O stars by Markova et al. (2018), and from
the samples of Galactic B stars by Crowther et al. (2006) and Fraser et al. (2010) should
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be investigated. We also mention that the modest rotational velocities are an advantage to
search for surface magnetic fields through spectropolarimetric observations since in those
cases the spectral line broadening due to rotation requires a shorter exposure time to detect
a magnetic field of given strength.
Since we accounted for the evolution of the surface magnetic field (colour-coded in
Figure 4.5), we can place some constraints regarding this matter. Both models with surface
magnetic fields are assumed to have an initial polar magnetic field strength of 4 kG. During
the early evolution, this field should remain strong if magnetic flux conservation is valid.
The field starts weakening once the stellar radius increases. Since typically the change in
stellar radius is modest on the main sequence (a factor of 2 - 3), one would expect that the
magnetic field strength also weakens modestly (a factor of 4 - 9). Indeed, both models M4
(R-B) and M6 (RSB) approach Group 2 on the Hunter diagram with Bp ∼ 3.5 and 3.0 kG,
respectively, and at the TAMS their magnetic field strengths are Bp ∼ 870 G and 740 G,
respectively. Since the adopted ZAMS field strength is typical of known magnetic O and
B stars, these values provide some guidance as the expected observable field strength in
Group 2 stars.
The spectropolarimetric measurements must be sufficiently sensitive to detect a polar
field strength of Bp ∼ 800 G (if the star is close to the TAMS), that is, a peak longitudinal
field of Bz ∼ 250 G, assuming that the choice of Bp,ini = 4 kG at the ZAMS and the model
of magnetic flux conservation are appropriate. Detecting such a field at 3σ would require
a longitudinal field uncertainty (i.e., 1σ error bar) of about 80 G. Weaker initial magnetic
fields would naturally imply better required precision (e.g., 40 G for an initial polar field
of 2 kG). These values are comparable with those obtained for the O and B samples of the
MiMeS survey (respectively 50 G and 30 G; Grunhut et al. 2017 and Wade et al., in prep.).
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In addition to the obtaining spectropolarimetric measurements of known Galactic Group
2 stars, it may be worthwhile to identify stars in the MiMeS survey located in Group 2 of the
Hunter diagram (e.g., exploiting abundances and v sin i such as those reported by Martins
et al. 2015a for the MiMeS O-type stars) and evaluate if the precision with which they
were individually observed is sufficient to detect their expected weaker magnetic fields (and
re-observe them with better precision if necessary).
Ultimately, magnetic fields and binarity are not necessarily mutually exclusive to explain
Group 2 stars on the Hunter diagram. While other studies (e.g., Song et al. 2018a) have
shown that binarity can explain Group 2 stars, we have shown here that surface magnetism
in single stars can also explain them. The question that should be answered by observations
is: What fraction of those stars are in binary systems and what fraction of them possess
detectable surface magnetic fields?

4.4.3

Evolution of the surface magnetic field strength and magnetospheric parameters

As both the magnetic field strength and mass-loss rate evolve with time, the nature of the
interaction between the surface magnetic field and the stellar wind is expected to change
over evolutionary time-scales.
Figure 4.6 shows the evolution of the magnetospheric parameters, Bp , fB , and η? (see
Equations 4.4 and 4.6). The left panel reveals that the main sequence weakening of the
polar magnetic field strength (left abscissa and solid lines) is relatively modest, under
the assumption that the magnetic flux is conserved during the evolution. However, once
the stellar radius increases drastically after the TAMS, the magnetic field strength rapidly
weakens from the order of kG to hundreds of G at ∼ 25 - 15 kK, to the order of 100 G to 10
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Figure 4.6: Evolution of the surface magnetic parameters. Top panel: log of the polar
magnetic field strength (left abscissa, solid lines) and the escaping wind fraction (right
abscissa, dashed lines) against the effective temperature. Lower panel: evolution of the
equatorial magnetic confinement parameter.
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G between 15 and 10 kK, and to the order of 10 G to 1 G between 10 and 5 kK. Since the
stellar radius governs the field evolution, models M2 (- -B), M4 (R-B), and M6 (RSB) show
similar characteristics because the evolution of the stellar radius is similar in these models.
The left panel of Figure 4.6 also shows the escaping wind fraction fB (right abscissa and
dashed lines). On the main sequence, the escaping wind fraction is 10 - 20%, which means
a drastic reduction in the mass-loss rates for stars with surface magnetic fields. Until the
late B star regime (∼ 10 kK) mass-loss quenching is still very efficient as fB ≈ 20 - 50%.
Therefore during the O-star regime in our models the returning wind fraction (that is, 1 - fB )
is of the order of 80 - 90%, which means that most of the line-driven mass loss returns to
the stellar surface due to channeling by the magnetic field through closed field lines, while
for B stars this fraction is at least 50%. Evidently, this ratio depends on the assumption of
the initial magnetic field strength. In extreme cases, the returning mass fraction can go up
to 96% as in the case of NGC 1624-2 (the escaping wind fraction is fB = 4%, Petit et al.
2017), the most strongly magnetized known O-type star, which is believed to host a giant
magnetosphere (Wade et al. 2012b; Petit et al. 2015; Erba et al. 2017; David-Uraz et al.
2019).
The right panel of Figure 4.6 shows how the equatorial magnetic confinement parameter
evolves over time as a function of effective temperature. This means that during the early
evolution of the star the magnetic confinement is expected to be strong (η? > 10) for a
typical initial surface magnetic field strength. As shown previously by Keszthelyi et al.
(2017a), η? can be very sensitive to changes in MÛ on the main sequence. This is especially
the case when sudden changes in the mass-loss rates are considered due to the bi-stability
mechanism (Pauldrach & Puls 1990; Vink et al. 1999; Petrov et al. 2016; Keszthelyi et al.
2017b; Sander et al. 2018; Vink 2018).
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However, if the mass-loss rates are not assumed to show abrupt changes (see the right
panels of Figures 4.1-4.3), then the evolution of the magnetic confinement parameter is charÛ According
acterized by a systematic decrease in Bp along with a systematic increase in M.
to our calculations of a typical massive star model, at Teff ∼ 20 − 8 kK a moderate magnetic
confinement (η? ≈ 0.1 − 10) is still retained. Ultimately, the stellar wind dominates over the
magnetic field, which weakens as the star becomes a red supergiant, and as a consequence,
the initially strong magnetic confinement (η? ≈ 103 ) disappears in these models when they
cross the HRD.
Most observed magnetic hot stars are believed to be on the main sequence, however
these results can be strongly influenced by the particular evolutionary models chosen for
comparison, especially since most determinations rely on non-magnetic stellar evolution
models. The actual position of the TAMS for these stars thus remains to be determined. In
stellar evolution models, along with the efficiency of rotationally-induced instabilities and
thus chemical mixing in the envelope, a key parameter that influences the position of the
TAMS on the HRD is the value of core overshooting (Bressan et al. 1981; Stothers & Chin
1985; Langer 1986; Maeder & Meynet 1991; Higgins & Vink 2019). For instance, Castro
et al. (2014) remark that, in general, core overshooting may require a different calibration
depending on the initial mass of the star, while grids of stellar evolution models typically
use one calibrated value for an entire mass range (Schaller et al. 1992; Brott et al. 2011a;
Ekström et al. 2012, but see also VandenBerg et al. 2006). Moreover, Briquet et al. (2012)
argued that fossil fields could suppress core overshooting, and Petermann et al. (2015)
included an ad hoc reduction in the convective core size to explain observed properties of B
supergiants. The choice of overshoot parameter determines the width of the main sequence,
which in turn may change the derived ages and evolutionary status of observed magnetic
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stars.
To observationally constrain the fossil field evolution scenario, further spectropolarimetric measurements are required of stars that are presumably evolved. Non-chemically
peculiar B and A supergiants (in the range of Teff ∼ 25 − 8 kK) are of interest in this
respect, since, if magnetic flux conservation is valid, a fraction of those stars should have
observable fields consistent with their progenitors in the O and early B phase. Indeed, a few
of these objects have already been discovered, however examples remain scarce.
Fossati et al. (2015a) report the detection of surface magnetic fields on the order of
10-100 G in the early B stars β CMa (B1II, Teff = 24.7 kK, M? = 12 M , Bp = 100 G,)
and  CMa (B1.5II, Teff = 22.5 kK, M? = 13 M , Bp > 13 G). Three non-chemically
peculiar A-type supergiants are known to possess weak surface magnetic fields, namely ι
Car (A7Ib, Teff = 7.5 kK, M? = 6.9 − 11.0 M , Bp = 3 G, Neiner et al. 2017), HR 3890
(A7Ib, Teff = 7.5 kK, M? = 10.9 − 14.7 M , Bp = 6 G, Neiner et al. 2017), and 19 Aur
(A5Ib, Teff = 8.5 kK, M? = 6.9 − 9.7 M , B p = 3 G, Martin et al. 2018). It is currently
unclear whether these fields of A supergiants are organized fossil fields or generated by
a near-surface dynamo mechanism. These stars might belong to the group that exhibit
Vega-like magnetism as detected in intermediate-mass stars (Lignières et al. 2009). Since
the mass determination of these objects is highly uncertain (mostly because their rotational
histories are not known and partially because non-magnetic stellar evolution models were
used for comparison), it is possible that these are intermediate-mass stars. Nevertheless, a
class of evolved hot massive stars with weak surface magnetic fields should be observable,
quite similar to these detections, but even in the > 15 M initial mass range.
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Figure 4.7: Evolution of a magnetic model M6 (RSB) on the RK -R A plane, colour-coded
with log g. As the star spins down, it crosses the dashed magenta line which represents the
transition from the CM regime to the DM regime. The Alfvén radius decreases rapidly after
the TAMS. The two cartoons are adopted from Petit et al. (2013).

4.4.4

Magneto-rotational evolution

Magnetospheres of hot massive stars are classified by Petit et al. (2013) into dynamical magnetospheres (DM) and centrifugal magnetospheres (CM), depending on the relative sizes
of the Alfvén radius and Kepler co-rotation radius. The Alfvén radius RA is approximated
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by ud-Doula & Owocki (2002) as
RA
= 0.29 + (η? + 0.25)0.25 ,
R?

(4.10)

and the Kepler co-rotation radius is expressed as
RK
vrot
= p
R?
GM?/R?

! −2/3
.

(4.11)

A magnetosphere is classified as a DM when RA < RK , and as a CM when RK < RA. A
DM contains wind material, driven from the surface and confined by closed magnetic loops,
which co-rotate with the stellar surface, and then shocks near the magnetic equator before
falling back onto the star, creating dynamically complex flows (e.g., Babel & Montmerle
1997b; ud-Doula & Owocki 2002; Owocki et al. 2016). In the case of rapidly-rotating stars,
rotation plays a significant dynamical role as the additional centrifugal support past the
Kepler co-rotation radius can lead to the accumulation of wind material trapped at the apex
of the closed loops, forming a CM (Townsend & Owocki 2005). Rotationally-modulated
variations in a number of observational diagnostics (Balmer lines, UV, X-rays, etc.) have
indeed been linked to the presence of such magnetospheres (e.g., Landstreet & Borra 1978;
Shore & Brown 1990; Petit et al. 2013).
Figure 4.7 shows the evolution of model M6 (RSB) on the RK -RA plane, the confinementrotation diagram (see also Figure 3 of Petit et al. 2013). Model M4 (R-B) follows a nearly
identical evolution on this diagram with a somewhat larger noise close to the TAMS, thus
for clarity only one model is shown. The star begins its main sequence evolution in the
CM regime given the assumed initial surface magnetic field strength and rotational velocity.
However, as the surface rotational velocity decreases, the Kepler radius increases. In the
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case of model M6 (RSB) the transition from the centrifugally supported magnetosphere
regime to the dynamical magnetosphere regime occurs after the star becomes a slow rotator
(vrot < 50 km s−1 ) at 3.4 Myr after the ZAMS. At that time the Alfvén and Kepler radii
are both 6.7 R? (or roughly 34 R ). It is presently unknown how this transition from the
CM to DM regime could be properly characterized, and whether the wind material trapped
in the centrifugally supported region would mostly fall back onto the star, would escape,
or perhaps may be forming a disk as the transition occurs. New magnetohydrodynamic
simulations will study the transition in more detail (ud-Doula, priv. comm.).
The star then spends the remainder of its evolution in the DM regime. An abrupt
decrease in RK occurs after the TAMS, due to the sudden increase of the stellar radius.
Nevertheless, RK systematically increases with time, while RA systematically decreases.
The former is mainly governed by the evolution of the rotational velocity on the main
sequence as long as changes in M? and R? are modest. After the TAMS, the increase of RK
is attributed to the decreasing stellar mass. The evolution of RA depends on the evolution
of the magnetic confinement parameter η? (see Figure 4.6). There is a stable decrease on
the main sequence from RA = 7.7 R? at the ZAMS to RA = 3.3 R? at the TAMS. After
the star crosses the HRD, the initially large-scale magnetosphere has no or minimal effect
on the stellar atmosphere. A key take-away of the CM to DM evolution is that (although
quantitatively depending on the initial mass, rotation rate, field strength, etc.) by identifying
a centrifugally-supported magnetosphere, constraints can, in principle, be placed on the age
of the star. Since the surface spin-down of more massive stars is more rapid, magnetic O
stars in the CM regime must be very young, close to their ZAMS5. On the other hand, in
case of observed DM stars with RK / RA > 5, there may be a strong indication that the star
5Or alternatively those stars may have been spun-up by, e.g., mass transfer in a binary system; see Grunhut
et al. 2013.
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is evolved and is possibly on the post-main sequence. This is consistent with the fact that
those stars that fulfill this criterion typically have lower values of observed log g than those
that have smaller RK / RA ratios (see Table 1 and Figure 3 of Petit et al. 2013). Additionally,
we mention that this method may be worth comparing with cluster ages when available (see
also Schneider et al. 2016). It may also prove to be a robust tool to estimate the age and
evolutionary status of runaway magnetic stars, e.g., HD 57682 (see Comeron et al. 1998
and Grunhut et al. 2009).

4.4.5

Uncertainties of fossil field evolution and limitations of the current models

The main sequence is the longest and most stable amongst all burning stages in a star’s
lifetime. In single stars, it is expected that fossil fields would remain stable, but their
strength generally weakens on the main sequence. Observations show evidence that these
large-scale fossil fields are stable during decades (e.g., Oksala et al. 2012; Silvester et al.
2014; Shultz 2016; Sikora et al. 2018).
The adopted model of surface magnetic field evolution follows empirical constraints:
the fields are strong on the main sequence (Bp ≈ 102 − 103 G), but they show evidence of
weakening as stars age (Landstreet et al. 2007, 2008; Blazère et al. 2015; Grunhut et al.
2017). However, it remains debated whether the model of magnetic flux conservation is
valid or not. Theoretical works (e.g., Braithwaite & Spruit 2017) point out that Ohmic
decay is expected to lead to a more rapid decrease of B p than would result from magnetic
flux conservation. However, the magnetic flux of compact remnants, in particular, of
neutron stars is consistent with a constant magnetic flux evolution of their progenitor OB
stars (Ferrario & Wickramasinghe 2008). There are observational studies (Landstreet et al.
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2007; Fossati et al. 2016) that infer a field evolution model consistent with magnetic flux
decay, on the other hand, other observational studies argue for the validity of magnetic
flux conservation (Grunhut et al. 2017; Neiner et al. 2017). Recently Shultz et al. (2018)
proposed that the magnetic flux may depend on the stellar mass. To a large extent, this
debate is a consequence of the lack of comprehensive observational data of evolved massive
stars with sufficient precision to reliably test the different models (Petit et al., in prep.).
During the post-main sequence phases two key phenomena occur that should determine
the fate of a surface fossil field: i) development of convective zones in the stellar envelope,
and ii) the rapid change in the stellar radius.
A major complexity is to consider the interplay between convective zones and a fossil
magnetic field. Since this interaction is not well understood, we did not include the
suppression of developing convective zones. This phenomenon is expected for strong
magnetic fields, however during the post-MS phase, the weaker fossil fields may not suppress
these zones. Additionally, convective regions can give rise to dynamo activity, generating
small-scale magnetic fields, which can interact with the fossil field (see, e.g. Featherstone
et al. 2009). The current challenges can be listed as follows:
• Parametric, one-dimensional prescriptions are not established to account for how a
fossil field and convection would interact in massive stars.
• One-dimensional hydrodynamical codes treat convective layers in a simplified approach. Usually, the mixing-length theory and solid-body rotation are adopted in
convective zones.
• Convection-driven, dynamo-generated magnetic fields are not yet ubiquitously implemented in stellar evolution codes. However, recent studies of the cores of evolved
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massive stars (e.g., Maeder & Meynet 2014; Cantiello et al. 2016; Kissin & Thompson 2018) have begun to explore such effects. It is, nevertheless, expected that B-type
stars also maintain convective core dynamos (Augustson et al. 2016).
Therefore, while according to magnetic flux conservation the weakening of the polar
field strength is accounted for in our models, it is not evident how these fields transform
as the star crosses the HRD. Our model calculations predict that near-surface convective
zones appear after the TAMS, that may give rise to dynamo activity. Such dynamo activity
is indeed observed in cool massive stars (Grunhut et al. 2010).
It remains a puzzling question to what depth fossil fields, which form a large-scale magnetosphere above the stellar surface, penetrate in the stellar interiors (see e.g. Maheswaran
& Cassinelli 1988; Braithwaite & Nordlund 2006). To more appropriately model magnetic
braking, the depth to which the magnetic torque is exerted in the stellar interior should
be established. The layers with strong magnetic torque are indeed expected to maintain a
nearly flat angular velocity profile, however if there exist adjacent layers where the torque
has ceased, then this could introduce a jump in the angular velocity profile leading to the
development of strong shears. On the other hand, the strong shears may increase the efficiency of angular momentum transport, hence mitigating the break in the angular velocity
profile. This is why the assumptions regarding internal angular momentum and chemical
element transport are critical, because two fundamentally different scenarios yield different
model responses to surface magnetic braking. Nonetheless, it is clear that magnetic fields
in the stellar interior need to be considered jointly with stellar rotation (e.g., Mestel &
Weiss 1987; Maeder & Meynet 2003; Heger et al. 2005). Multi-dimensional approaches
have been invoked to study the interaction between stellar rotation and internal magnetic
fields (e.g., Mathis & Zahn 2005; Duez & Mathis 2010; Mathis & de Brye 2011, 2012), and
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recent studies have begun to focus on this interaction, primarily via the magneto-rotational
instability in massive and intermediate-mass stellar evolution models (Wheeler et al. 2015;
Quentin & Tout 2018).

4.5

Conclusions

We have discussed the combined effects of mass-loss quenching and magnetic braking,
considering an evolving dipolar surface fossil magnetic field, in the Geneva stellar evolution
code, and in this work we have shown how 15 M single star models evolve with and without
surface magnetic fields. We computed non-rotating models, rotating models neglecting DST
in the angular momentum transport equation to allow for differential rotation, and rotating
models including DST in the angular momentum transport equation to achieve a flattened Ω
profile.
The key results of this study are the following:
• We showed that in the case of 15 M stellar models, mass-loss quenching due to a
fossil field is modest since mass loss over the lifetime of the star is modest compared
to its initial mass. However, the rotational evolution of the star models is strikingly
different, even if the HRD tracks are nearly identical as is the case for M5 (RS-) and
M6 (RSB).
• We identified that even for 15 M models the evolutionary tracks are notably different between magnetic and non-magnetic models if differential rotation is considered (i.e., the models evolve at higher luminosity if the star hosts a magnetic
field). This is primarily a consequence of the rapid and strong shear mixing induced
by magnetic braking. In non-rotating but initially higher-mass models (> 40 M )
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Petit et al. (2017) found that the increase of stellar luminosity results from magnetic
mass-loss quenching alone.
• We found that main sequence rotating models which include a surface magnetic field
evolve to a region of the Hunter diagram where the anomalous Group 2 objects are
located. In accord with the results of Meynet et al. (2011), magnetic braking enhances
the chemical enrichment if the star undergoes radial differential rotation, however the
enrichment is reduced if the star rotates as a solid body. We found that including
magnetic field evolution results in weakening magnetic braking, hence our magnetic
models with solid-body rotation do evolve into Group 2 unlike the models by Meynet
et al. (2011).
• Accounting for the evolution of the surface field, we placed constraints on the observable magnetic field strength for future spectropolarimetric observations and we
studied the time evolution of the magnetospheric parameters. We found that the
surface polar field strength weakens at maximum by an order of magnitude on the
main sequence, however as the star crosses the HRD the decrease becomes more
rapid. Consequently, the initially strong magnetic confinement results in an escaping wind fraction of only 10-20% during the early evolution of the star. As the
rotation of the star evolves, the Kepler co-rotation radius increases systematically,
whereas the Alfvén radius decreases. In its early evolution, the star transitions from
the centrifugally-supported magnetosphere regime to the dynamical magnetosphere
regime of the confinement-rotation diagram.
To gain further insights towards understanding massive stars with surface fossil magnetic
fields, the following points should be considered:
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• The effects on the stellar surface by fossil magnetic fields can be incorporated into
stellar evolution model calculations by means of scaling relations. However, it remains
largely uncertain how the surface fields behave in the subsurface layers and throughout
the radiative envelope of the star. Therefore, developing a formalism to account for
that would be advantageous to constrain the angular momentum transport mechanisms
used in stellar evolution model calculations.
• It is evident that due to the model dependence on stellar rotation, mass loss, initial
mass, metallicity, and other parameters, a more comprehensive (parameter) study is
required. To this extent, we are computing a large grid of models that will explore the
above-mentioned parameter space in more detail, in order to study the consequences
of individual parameters on model predictions (Keszthelyi et al., in prep.).
• Based on our model calculations, it would be worthwhile to invest in undertaking
two large-scale observational surveys. i) There is interest in understanding how fossil
fields evolve with time (the LIFE collaboration, Martin et al. 2018), however data
from stars at late evolutionary phases remain scarce. It would be valuable to know if
evolved massive stars with late B and A spectral types retain weak, organized surface
magnetic fields consistent with the characteristics and incidence of surface magnetism
in the OB phase. ii) It has been proposed that Group 2 stars on the Hunter diagram
may have surface magnetic fields, however no systematic survey of magnetism in
these objects has been carried out. In our solar metallicity models the polar magnetic
field strength weakens from a few kG to ∼ 800 G in the Group 2 star regime of the
Hunter diagram. It would be worthwhile to investigate the fractional incidence of
surface magnetism in known Group 2 stars.
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4.6

Appendix Tables

Tables 5.1, 4.3, and 4.4 show the stellar and magnetospheric parameters throughout the
main sequence evolution of the 15 M models with and without rotation. Xc denotes the
core hydrogen content.
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Table 4.2: Stellar and magnetospheric parameters of M1 (- - -) and M2 (- -B) at various
evolutionary phases.
Model: M1 (- - -)
Teff [kK]
log(L/L )
age [Myr]
M [M ]
R [R ]
log g [cm s−1 ]
1H
surf [mass frac.]
4 He
surf [mass frac.]
12 C
−3
surf [·10 ] [mass frac.]
14 N
−3
surf [·10 ] [mass frac.]
16 O
−3
surf [·10 ] [mass frac.]
log MÛ [M yr−1 ]
v∞ [km s−1 ]
Model: M2 (- -B)
Teff [kK]
log(L/L )
age [Myr]
M [M ]
R [R ]
log g [cm s−1 ]
1H
surf [mass frac.]
4 He
surf [mass frac.]
12 C
−3
surf [·10 ] [mass frac.]
14 N
−3
surf [·10 ] [mass frac.]
16 O
−3
surf [·10 ] [mass frac.]
η?
Bp [G]
RA [R?]
fB [%]
log MÛ [M yr−1 ]
v∞ [km s−1 ]

ZAMS

75% Xc

50% Xc

25% Xc

TAMS

31.705
4.266
0.112
15.000
4.544
4.299
0.720
0.266
2.283
0.659
5.718
-8.047
2877

30.250
4.367
4.645
14.950
5.602
4.116
0.720
0.266
2.283
0.659
5.718
-7.878
2575

28.805
4.458
7.706
14.902
6.863
3.938
0.720
0.266
2.283
0.659
5.718
-7.718
2312

26.485
4.537
9.807
14.854
8.891
3.712
0.720
0.266
2.283
0.659
5.718
-7.572
2015

27.005
4.650
11.258
14.808
9.746
3.631
0.720
0.266
2.283
0.659
5.718
-7.356
1906

31.705
4.266
0.112
15.000
4.544
4.299
0.720
0.266
2.283
0.659
5.718
2404
4000
7.292
9.720
-9.059
2877

30.289
4.370
4.633
14.994
5.609
4.116
0.720
0.266
2.283
0.659
5.718
1174
2625
6.144
11.527
-8.810
2578

28.875
4.464
7.679
14.988
6.879
3.939
0.720
0.266
2.283
0.659
5.718
597
1745
5.233
13.524
-8.575
2317

26.588
4.545
9.764
14.980
8.908
3.714
0.720
0.266
2.283
0.659
5.718
288
1040
4.410
16.040
-8.351
2023

27.173
4.660
11.200
14.972
9.733
3.637
0.720
0.266
2.283
0.659
5.718
158
872
3.838
18.429
-8.072
1907
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Table 4.3: Stellar and magnetospheric parameters of M3 (R- -) and M4 (R-B) at various
evolutionary phases.
Model: M3 (R- -)
Teff [kK]
log(L/L )
age [Myr]
M [M ]
R [R ]
log g [cm s−1 ]
1H
surf [mass frac.]
4 He
surf [mass frac.]
12 C
−3
surf [·10 ] [mass frac.]
14 N
−3
surf [·10 ] [mass frac.]
16 O
−3
surf [·10 ] [mass frac.]
vrot [km s−1 ]
log MÛ [M yr−1 ]
v∞ [km s−1 ]
Model: M4 (R-B)
Teff [kK]
log(L/L )
age [Myr]
M [M ]
R [R ]
log g [cm s−1 ]
1H
surf [mass frac.]
4 He
surf [mass frac.]
12 C
−3
surf [·10 ] [mass frac.]
14 N
−3
surf [·10 ] [mass frac.]
16 O
−3
surf [·10 ] [mass frac.]
vrot [km s−1 ]
η?
Bp [G]
RA [R?]
RK [R?]
fB [%]
log MÛ [M yr−1 ]
v∞ [km s−1 ]

ZAMS

75% Xc

50% Xc

25% Xc

TAMS

31.191
4.258
0.117
15.000
4.652
4.279
0.720
0.266
2.283
0.659
5.718
200.0
-8.053
2847

29.974
4.377
5.341
14.941
5.777
4.089
0.720
0.266
2.261
0.682
5.715
160.0
-7.848
2535

28.597
4.500
9.143
14.872
7.313
3.882
0.719
0.267
2.004
1.018
5.631
153.0
-7.624
2231

26.234
4.615
11.793
14.791
9.917
3.615
0.715
0.271
1.669
1.571
5.420
138.0
-7.405
1893

27.024
4.749
13.454
14.709
10.904
3.530
0.706
0.280
1.415
2.079
5.170
107.0
-7.162
1774

31.200
4.258
0.117
15.000
4.650
4.279
0.720
0.266
2.283
0.659
5.718
196.0
2617
4000
7.442
2.521
9.525
-9.074
2855

31.206
4.432
7.233
14.989
5.678
4.105
0.697
0.289
1.105
3.246
4.239
14.2
973
2681
5.875
13.568
12.053
-8.673
2553

30.579
4.589
11.650
14.975
7.080
3.913
0.674
0.312
0.809
4.197
3.560
2.1
380
1725
4.707
44.499
15.030
-8.307
2264

28.278
4.703
13.963
14.959
9.446
3.662
0.665
0.321
0.736
4.443
3.381
0.4
151
969
3.797
134.596
18.627
-7.999
1936

29.102
4.830
15.285
14.941
10.319
3.585
0.663
0.323
0.724
4.484
3.351
0.2
83
812
3.306
168.169
21.400
-7.724
1818
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Table 4.4: Stellar and magnetospheric parameters of the M5 (RS-) and M6 (RSB) at
various evolutionary phases.
Model: M5 (RS-)
Teff [kK]
log(L/L )
age [Myr]
M [M ]
R [R ]
log g [cm s−1 ]
1H
surf [mass frac.]
4 He
surf [mass frac.]
12 C
−3
surf [·10 ] [mass frac.]
14 N
−3
surf [·10 ] [mass frac.]
16 O
−3
surf [·10 ] [mass frac.]
vrot [km s−1 ]
log MÛ [M yr−1 ]
v∞ [km s−1 ]
Model: M6 (RSB)
Teff [kK]
log(L/L )
age [Myr]
M [M ]
R [R ]
log g [cm s−1 ]
1H
surf [mass frac.]
4 He
surf [mass frac.]
12 C
−3
surf [·10 ] [mass frac.]
14 N
−3
surf [·10 ] [mass frac.]
16 O
−3
surf [·10 ] [mass frac.]
vrot [km s−1 ]
η?
Bp [G]
RA [R?]
RK [R?]
fB [%]
log MÛ [M yr−1 ]
v∞ [km s−1 ]

ZAMS

75% Xc

50% Xc

25% Xc

TAMS

31.193
4.258
0.117
15.000
4.651
4.279
0.720
0.266
2.283
0.659
5.718
200.0
-8.053
2847

30.442
4.415
6.757
14.918
5.847
4.078
0.715
0.271
1.864
1.491
5.288
192.0
-7.771
2514

29.439
4.544
10.522
14.835
7.258
3.888
0.699
0.287
1.359
2.806
4.445
185.0
-7.537
2231

27.022
4.666
12.959
14.744
9.912
3.614
0.684
0.302
1.110
3.516
3.966
169.0
-7.304
1882

27.311
4.803
14.459
14.649
11.364
3.493
0.676
0.310
1.004
3.822
3.759
177.0
-7.047
1713

31.237
4.249
0.117
15.000
5.660
4.108
0.720
0.266
2.283
0.659
5.718
189.0
2607
4000
7.436
2.585
9.533
-9.075
2852

30.594
4.407
6.159
14.991
5.740
4.096
0.716
0.270
1.816
1.517
5.310
20.6
1048
2599
5.981
10.541
11.841
-8.724
2541

29.382
4.548
10.255
14.980
7.309
3.886
0.712
0.274
1.589
2.041
5.002
6.8
417
1603
4.8094
19.632
14.711
-8.382
2231

26.936
4.667
12.829
14.965
9.975
3.615
0.707
0.279
1.456
2.374
4.795
4.5
158
863
3.835
25.068
18.442
-8.060
1890

27.466
4.799
14.359
14.946
11.184
3.515
0.703
0.283
1.389
2.552
4.680
2.8
79
688
3.275
31.995
21.607
-7.752
1755
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Abstract
The time evolution of angular momentum and surface rotation of massive stars is strongly
influenced by fossil magnetic fields via magnetic braking. We present a new module
containing the first simple, comprehensive implementation of such a field at the surface of
a massive star within the Modules for Experiments in Stellar Astrophysics (mesa) software
instrument. We test two limiting scenarios for magnetic braking: distributing the angular
momentum loss throughout the star in the first case, and restricting the angular momentum
loss to a surface reservoir in the second case. We also reconsider the calculation of the
characteristic spin-down time-scale accordingly. We perform a systematic investigation
using a grid of OB star models with surface magnetic fields (M? = 5 − 60 M , Ω/Ωcrit =
0.2 − 1.0, Bp = 1 − 20 kG). We then employ a representative grid of B-type star models
(M? = 5, 10, 15 M , Ω/Ωcrit = 0.2, 0.5, 0.8, Bp = 1, 3, 10, 30 kG) to compare to the results of
the recent self-consistent analysis of the known sample of magnetic B-type stars. We infer
that magnetic massive stars arrive at the zero age main sequence with a range of rotation
rates, rather than with one common value. Some stars are required to have close-to-critical
rotation at the ZAMS. However, magnetic braking yields surface rotation rates converging
to a common low value, making it difficult to infer the initial rotation rates of evolved,
slowly-rotating stars.
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Introduction

Magnetic fields are routinely detected in stars across the entire Hertzsprung-Russell diagram
(HRD), from early to late evolutionary phases (Donati & Landstreet 2009). Surface magnetic fields are detected in 7% of hot, massive, OBA stars (Wade et al. 2014, 2016; Martins
et al. 2015a; Neiner et al. 2015; Morel et al. 2015; Fossati et al. 2015b; Grunhut et al. 2017;
Sikora et al. 2019). Unlike those detected in cool stars, these surface fields are likely not
being actively generated by a dynamo mechanism, especially because there is no evidence
that extended convection zones exist at the surfaces of hot stars. The long-term stability and
the large-scale structure of these fields (along with the lack of apparent correlation between
the field characteristics and stellar or rotational parameters) suggest that these fields are
fossil remnants formed during the earlier history of the star (Cowling 1945; Mestel 1989;
Moss 2003; Braithwaite & Spruit 2004; Donati & Landstreet 2009; Neiner et al. 2015). The
typical global configuration is approximately a dipole, inclined with respect to the rotation
axis, and the polar field strength is usually of the order of a few kG.
Surface magnetic fields have a complex interaction with stellar winds, confining the
wind material along closed magnetic field lines (Babel & Montmerle 1997b; ud-Doula &
Owocki 2002; Owocki & ud-Doula 2004; Townsend & Owocki 2005; Bard & Townsend
2016). This interaction leads to two dynamical effects that have a considerable impact over
evolutionary time-scales: mass-loss quenching, which reduces the effective mass-loss rate
of the star, and magnetic braking, which reduces the angular momentum of the star.
Early analytic studies described the role of the magnetized solar wind to explain the slow
rotation of the Sun (Parker 1963; Mestel 1968). Weber & Davis (1967) derived a formalism
to account for this angular momentum loss, commonly known as magnetic braking. While
this term is often used in different contexts, in the following we refer to magnetic braking
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specifically to describe the rotational spin-down of hot, massive stars caused by a large-scale
dipolar surface fossil field. Magnetohydrodynamic (MHD) simulations, specifically applied
to OB stars that possess dipolar fields aligned with their rotation axes (ud-Doula et al. 2008,
2009), have yielded results that are consistent with the analytic formalism derived for a split
monopole by Weber & Davis (1967).
Observations show that magnetic OB stars rotate more slowly as a population than
those OB stars that do not have detected magnetic fields (Petit et al. 2013; Grunhut et al.
2017; Shultz et al. 2018). Therefore, the spin-down of magnetic stars is expected to be an
observable phenomenon. However, direct measurements of spin-down have been obtained
in only one case: σ Ori E’s rotational period is observed to slow at approximately the
rate predicted from analytical prescriptions of magnetic braking (ud-Doula et al. 2009;
Townsend et al. 2010; Oksala et al. 2012).
While surface magnetic fields affect the dynamics of the stellar plasma, there has been
growing attention toward their long-term evolutionary impact (Langer 2012), especially i)
to reconcile the rotation rates and inferred ages of observed magnetic stars using appropriate
models (Fossati et al. 2016; Shultz 2016), ii) to investigate mass-loss quenching, which was
shown to result in an evolutionary channel that may lead to the production of progenitors of
heavy stellar-mass black holes and pair instability supernovae even at high metallicity (Petit
et al. 2017; Georgy et al. 2017), and iii) to understand the role of magnetic braking in the
context of the Hunter diagram, which investigates rotational mixing by showing nitrogen
abundance against projected rotational velocity (Morel et al. 2008; Hunter et al. 2008, 2009;
Brott et al. 2011b; Meynet et al. 2011; Potter et al. 2012a; Aerts et al. 2014; Keszthelyi et al.
2019).
Surface magnetic braking has been implemented in the Geneva stellar evolution code
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(Eggenberger et al. 2008) and in the rose code (Potter et al. 2012b) in the context of
single magnetic OB stars (Meynet et al. 2011; Georgy et al. 2017; Potter et al. 2012a), and
supermassive stars (Haemmerlé & Meynet 2019). Additionally, magnetic braking has also
been explored in other contexts, such as binary systems with surface magnetic braking (e.g.,
Rappaport et al. 1983; Chen & Podsiadlowski 2016; Song et al. 2018b), and core magnetic
braking (Maeder & Meynet 2014; Cantiello et al. 2016; Kissin & Thompson 2018; Fuller
et al. 2019). Empirical formulae describing surface magnetic braking applicable to low-mass
stars (see Skumanich 1972), specifically in the context of low-mass X-ray binaries, have
been studied with the Modules for Experiments in Stellar Astrophysics (mesa) software
instrument (Paxton et al. 2011, 2013, 2015, 2018, 2019) by Van et al. (2019). Several
other studies have also accounted for magnetic braking in low-mass stars (e.g., Fleming
et al. 2019, and references therein). Although previous studies have already used scaling
relations to account for magnetic braking in various contexts and evolutionary codes, the
implementations of these approaches are not often extensively detailed.
The purpose of this study is to present and elaborate on the implementation of massive
star magnetic braking in the open-source software instrument mesa by testing two limiting
cases. We developed a module to quantify the impact and time evolution of surface fossil
magnetic fields in stellar evolution codes (see also Keszthelyi et al. 2017a, Petit et al. 2017,
Georgy et al. 2017, and Keszthelyi et al. 2019). To this extent, we provide the first simple
implementation of a new physical ingredient, that is, surface fossil magnetic fields in stellar
evolution codes. The module is available online on the mesa repository website1.
This work is part of a project in which we aim to systematically explore the effects of
surface fossil magnetic fields on massive star evolution. In the first paper of this series
(Keszthelyi et al. 2019, hereafter Paper I), we discussed the qualitative impact of mass-loss
1http://cococubed.asu.edu/mesa_market/
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quenching, magnetic braking, and magnetic field evolution for a typical massive star model.
In this work (Paper II), we focus on the rotational and angular momentum evolution of the
models.
This work is structured as follows. In Section 2, we briefly describe the background
of the scaling relations quantifying magnetic braking, and in Section 3, we elaborate on
the implementation of magnetic braking in mesa. In Section 4, we explore the parameter
space with the computed grid of models, and in Section 5, we compare our models against
the observed sample of magnetic B-type stars. In Section 6, we discuss the implications of
surface magnetic fields and rotation on the Hertzsprung-Russell diagram, and in Section 7,
we summarise our findings.

5.2

Scaling relations of magnetic braking

In this section we describe a simple physical model of massive star magnetic braking.
A key result of the MHD simulations by ud-Doula et al. (2009) is that the analytical
formalism derived by Weber & Davis (1967) is an appropriate scaling relation for the
angular momentum loss of magnetic massive stars. According to their formalism, the rate
of angular momentum removed by the magnetic field (dJB /dt) is defined as:
dJB 2 Û
= MB=0 Ω? R2A ,
dt
3

(5.1)

where MÛ B=0 is the mass-loss rate the star would have in the absence of a magnetic field,
Ω? is the surface angular velocity, and RA is the Alfvén radius of the star. A major
difference between the works of ud-Doula & Owocki (2002) and Weber & Davis (1967) is
the calculation of the Alfvén radius. For a dipolar field configuration, ud-Doula & Owocki
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(2002) introduced the equatorial magnetic wind confinement parameter as
Bp2 R?2
η? =
,
4 MÛ B=0 v∞

(5.2)

with Bp the polar magnetic field strength, R? the stellar radius, and v∞ the terminal wind
velocity2. η? quantifies the ratio of magnetic to wind kinetic energy. In terms of η?, the
Alfvén radius RA is expressed as:
RA
∼ 0.29 + (η? + 0.25)0.25 ,
R?

(5.3)

for a dipolar magnetic field configuration which is aligned with the rotation axis. In practice,
most OB star surface magnetic fields are well described by a dipolar configuration (e.g.,
Shultz et al. 2018), however, even in the case of more complex field topologies, the dipolar
component dominates the angular momentum loss.
The Kepler co-rotation radius, that is the distance at which the centrifugal and gravitational forces are equal to each other, is defined as:
! −2/3

 −2/3
v
v
RK
rot
rot
= W −2/3 =
= p
.
R?
vorb
GM?/R?

(5.4)

where G is the gravitational constant and M? is the mass of the star. The phenomenology
of the confined wind material depends on the rotation rate of the star. In the case of a
slow rotator (RA < RK ) the wind launched from both magnetic hemispheres is trapped
and channelled along closed field loops, forming a dynamical magnetosphere, and shocks
close to the magnetic equator before falling back onto the stellar surface (e.g., Babel &
2These quantities are in units of the cgs system.
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Montmerle 1997b; ud-Doula & Owocki 2002; Owocki et al. 2016). Fast rotators (RA > RK )
additionally form a centrifugal magnetosphere as plasma is supported against gravity past
the co-rotation radius and accumulates to form dense clouds (Townsend & Owocki 2005).
Both types of magnetospheres can be diagnosed using observations in Hα (Petit et al. 2013;
Shultz 2016).

5.3

Implementation of massive star
magnetic braking in mesa

mesa (Paxton et al. 2011, 2013, 2015, 2018, 2019) is a rapidly developing, versatile, opensource, one-dimensional stellar evolution software instrument, which provides a flexible
way to implement new routines thanks to its modular structure.
The run_star_extras module contains a ‘hook’ to implement a desired other
torque routine. However, the implementation of magnetic braking in stellar evolution
codes is not straightforward. This is because one has to define how the angular momentum
loss is distributed in the layers of the star.
We implemented Equation (5.1) and the corresponding equations in mesa version
r10398, and in this work we test two limiting cases of distributing the angular momentum
loss. We should note that these two cases, described in detail below, are only interesting
so long as solid-body rotation is not enforced. With perfect solid-body rotation (which we
cannot fully justify hence the adaptation of mesa’s standard diffusive scheme for rotation)
it is always the total angular momentum reservoir that loses angular momentum regardless
of the number of torqued layers.
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Key model assumptions

The key model assumptions are the following:
1. The evolutionary models are one dimensional. As a consequence, geometrical effects,
such as co-latitudinal variations in the magnetic torque are neglected, the tilt of
magnetic fields are ignored, and the variation of mass loss as a function of co-latitude
is not taken into account.
2. Models are not enforced to rotate as solid bodies. In particular, because the interaction
between meridional currents and large-scale magnetic fields remains an open question
(Maeder 2009), we did not modify the angular momentum transport to account for
Poynting stresses, instead we only considered the losses. Hence, mesa’s diffusive
scheme is used with its standard values to account for internal angular momentum
transport. This approach allows for testing the impact of angular momentum loss
alone.
3. The interplay between rotation, convection and a fossil field in the stellar interiors is
neglected.
4. The magnetic torque is assumed to remove angular momentum only from either the
near-surface layers or from the entire star. The penetration depth of the fossil field
is not assumed to change significantly during the evolution and it is not assumed to
depend on the surface field strength.
5. The magnetic torque is scaled uniformly, thus the fractional specific angular momentum loss remains constant from layer to layer.
6. The magnetic field evolution model adopts the frozen flux approximation (Alfvén
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1942), therefore the total unsigned magnetic flux through the stellar surface remains
constant during the evolution.

5.3.2

The magnetic torque implementation

The scaling relations from ud-Doula et al. (2009) specify the rate of angular momentum
loss due to magnetic braking. However, for a stellar model dJB /dt needs to be converted
to specific angular momentum loss d jB /dt, that is angular momentum loss per unit mass,
such that the angular momentum removed by the magnetic field at a given time is:
JB =

∫

M?

Mt

jB (m) dm =

x
Õ

jB,k ∆mk

(5.5)

k=1

where m is the Lagrangian mass coordinate, ∆mk (dm_bar (k) in mesa) is the mass of
a given layer, and k is the index of a layer from the stellar surface inwards. We will
use a notation that is consistent with the mesa instrument papers (Paxton et al. 2013). The
integration limits are defined by the layers of the star where the magnetic torque is operating,
that is between an internal layer encompassing a mass Mt (with index k = x) and the stellar
surface encompassing the total mass M? (with index k = 1). The integration becomes a
summation since the mass coordinate takes discrete values in evolutionary codes. The value
of x defines the last layer where the magnetic torque is operating. The cumulative mass of
layers k = 1...x is thus M? − Mt . In this parametric formalism, the value of x is currently a
major uncertainty in the model as the penetration depth of the fossil field is unknown3.
In this work we investigate two limiting cases of distributing the angular momentum
loss in the stellar layers:
3A further complication that should be elucidated in later approaches is that the penetration depth of the
fossil field is likely to be time dependent (Braithwaite & Nordlund 2006; Duez & Mathis 2010).
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1. Angular momentum is extracted only from the near-surface layers of the star:
JB(SURF)

=

x
Õ

jB,k ∆mk .

(5.6)

k=1

We consider x to be a near-surface zone, namely the last zone unaffected by mass loss
(k_const_mass in mesa, see Paxton et al. 2013). This zone varies in time, depending
on the mass loss. Typically, x is of the order of 500, while the total number of zones
is around 2000-2500 in the model. The mass of these ≈ 500 layers is << 1% of the
total mass of the star as the mass is not equally distributed in the layers. We will
denote this case as ‘SURF’ to abbreviate surface angular momentum loss.
2. Angular momentum is extracted from the entire star:
JB(INT)

=

y
Õ

jB,k ∆mk .

(5.7)

k=1

In this case, y is equal to the last layer inwards the star (i.e., the summation goes
over all layers of the star). Thus this case is equivalent to removing JB from the
total angular momentum reservoir of the star Jtot . We will label this case as ‘INT’ to
abbreviate internal, meaning the propagation of angular momentum loss.
The SURF method assumes that magnetic braking only taps angular momentum from a
limited near-surface reservoir of the star. This case is thus representative of the assumption
that the fossil field only penetrates to the near-surface layers and does not directly influence
deeper stellar layers. This approach requires a careful consideration since if the layer
immediately underneath x is not undergoing an additional specific angular momentum loss
per unit time, then the stellar model will begin to enhance angular momentum transport
mechanisms to mitigate the resulting loss of specific angular momentum in the layer above.
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In other words, strong shears will develop if two adjacent layers begin to rotate with
significantly different angular velocities.
The INT method may be interpreted as mimicking an efficient coupling between the
core and the envelope4. Therefore this scenario is representative of the assumption that
the fossil field is present throughout the entire star and while it brakes the rotation of the
surface layer, it also propagates and distributes the loss to all layers. Alternatively, however,
this case may also be interpreted as if the fossil field is not present in the entire star, but the
angular momentum loss is directly propagating from the stellar core. This would require
the surface magnetic field to induce another physical process which propagates the angular
momentum loss.

5.3.3

Time-step control

We note that while nominally in both cases the total angular momentum loss is the same,
with the difference being the chosen layers (k) of the star from which it is extracted; in
practice, the time-steps are different when using the two methods. Therefore at a given time
dJB /dt is not the same in the two models.
We emphasize that we do not allow for specific angular momentum loss to completely
exhaust or exceed the reservoir in a given layer. This is ensured by restricting the time-steps
such that the magnetic braking time-scale becomes the evolutionary time-step. This method
does not interfere with the calculations in the INT case, however it significantly reduces the
time-steps in the SURF case, making it rather computationally expensive. (A time-step may
become of the order of 10 yr.) Therefore, a question that we should seek to answer is whether
4We note that while solid-body rotation is not enforced per se, in practice the rotation profile of the INT
models is nearly flat during the magnetic braking time-scale. This is because angular momentum transport
via meridional currents remains efficient in the model.
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the two methods produce comparable results over evolutionary time-scales. Furthermore,
in the stellar evolution model both the losses and the redistribution of angular momentum
take place in one time-step; therefore choosing the appropriate time-step alters the strength
of these processes (see also, e.g. Lau et al. 2014).

5.3.4

The magnetic torque scaling

We assume that a uniformly scaled torque from layer to layer is appropriate. This means
that the fractional specific angular momentum loss remains the same from layer to layer
such that:
jB,k
JB
=
,
J
jk

(5.8)

for 1 > k > x, where J is either the total or the surface angular momentum reservoir, and
x is either the total number of zones or the near-surface zone where x = k_const_mass,
for the internal and surface cases, respectively. j (j_rot in mesa) is the specific angular
momentum of a layer.
We emphasize that this method does not assume uniform rotation (and does not lead
to uniform rotation); instead it uniformly decreases the specific angular momentum in the
considered stellar layers.
1. When magnetic braking is considered for the surface layers, then J needs to be
substituted in Equation 5.8, that is, to consider the angular momentum reservoir of
Íx
the surface layers Jsurf = k=1
j k ∆mk .
jB,k
JB j k
=−
,
dt
Jsurf dt

(5.9)

for 1 > k > x =k_const_mass, where dt is one time-step, and the left-hand side
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of this equation is dubbed as ‘extra_jdot’ in mesa. Since the additional specific
angular momentum has to be negative to exert a torque, that is to remove and not
to add specific angular momentum, the above equation must appear with a negative
sign. Or alternatively, JB has to be defined with the negative sign, and then the
above equation must not have the negative sign. MÛ appears with a positive sign in
Equation 5.1. (These are just conventions: a positive quantity that refers to a ‘loss’ is
implied to appear with a negative sign, being subtracted from a total quantity.)
2. For the entire star, the implementation in mesa considers the change in the additional
specific angular momentum as:
jB,k
JB j k
=−
dt
Jtot dt

(5.10)

for 1 > k > y, y being the last layer inwards the star.

5.3.5

Surface angular velocity

In the context of stellar evolution, a key problem is to define the time evolution of the surface
angular velocity which is influenced in multiple ways5, both by losses and replenishing
mechanisms.
1. First, even in the absence of magnetic fields, the mass loss due to stellar winds
implies angular momentum loss (Langer 1986; Vink et al. 2010; Keszthelyi et al.
2017a; Gagnier et al. 2019a). Therefore, the mass that the star loses via winds also
carries away angular momentum, hence decreasing the surface angular momentum
reservoir.
5We only consider single stars, but evidently the situation is different in binary or multiple systems.
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2. Second, in the presence of magnetic fields, angular momentum is removed due to
the capability of electromagnetic fields to transport energy and (angular) momentum
via Poynting stresses. The angular momentum loss by magnetic fields generally
supersedes the angular momentum loss by the stellar winds by an order of magnitude
(ud-Doula et al. 2008). Since the prescription of ud-Doula et al. (2008, 2009) contains
the gas-driven angular momentum loss, it accounts for angular momentum loss even
in the absence of magnetic fields. That is the Alfvén radius equals to the stellar
radius thus dJB /dt , 0 when Bp = 0. This means that when using the prescription of
magnetic braking (Equation 5.1), the mass-loss driven angular momentum loss needs
to be subtracted to avoid double counting.
3. Stellar rotation induces various instabilities in stellar interiors. Although approximate
prescriptions have been developed to take these into account in one-dimensional
models (e.g., Endal & Sofia 1978; Pinsonneault et al. 1989; Zahn 1992; Maeder
& Zahn 1998; Heger et al. 2000; Meynet et al. 2013), the rigorous validation of
transport processes in massive stars is still underway. In principle, asteroseismology
is a powerful tool to gain such information (see recently Aerts et al. 2019) and has
indeed been successfully applied in the case of a small sample of pulsating massive
stars (e.g., Briquet et al. 2012; Moravveji et al. 2015; Pápics et al. 2017; Buysschaert
et al. 2018; Handler et al. 2019). The transport processes will have a crucial role in
depleting or replenishing the angular momentum reservoir. In fact, the assumptions
made regarding the angular momentum redistribution inside the star may alter the
strength of surface magnetic braking and angular momentum loss. Therefore, while
Poynting stresses are expected to transport angular momentum inside the star, it is
presently unclear how this would affect other instabilities (e.g. meridional currents).
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Slow-rotation limit

A caveat of the implemented scaling relations is that the use of Equation 5.1 becomes
problematic when the surface of the star has almost completely spun down, that is, when
the surface angular velocity approaches zero,
dJB
= 0.
Ω?→0 dt
lim

(5.11)

This results in numerical noise if the redistribution processes rapidly enhance the surface
angular momentum reservoir by extracting and transporting angular momentum from the
core. Because physically it is unclear whether or not the star would indeed enhance transport
mechanisms to compensate for such a scenario, we did not manipulate or turn off Equation
5.1 for an arbitrary threshold. Therefore the noise that results in some computed models
may not be physical, as it may mimic a case in which the surface rotation is almost halted,
but with secular processes episodically replenishing the surface with angular momentum.

5.3.7

Field evolution and mass-loss quenching

We complement the other torque routine used for magnetic braking with an evolving
surface magnetic field as accomplished previously by Petit et al. (2017),Georgy et al. (2017),
and Paper I. This means that the polar magnetic field strength is obtained from magnetic
flux conservation as:
2
Bp,0 R?,0
= Bp R?2 ,

(5.12)

with Bp,0 being the initial surface polar magnetic field strength and R?,0 being the initial
stellar radius (see also Paper I).
The presence of large-scale magnetic fields leads to a reduction of the effective mass-loss
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rate of the star (ud-Doula & Owocki 2002; Owocki & ud-Doula 2004; Bard & Townsend
2016). Magnetic mass-loss quenching is taken into account via the other wind routine
(see also Petit et al. 2017, Georgy et al. 2017, and Paper I), where the mass-loss rates are
systematically scaled according to the escaping wind fraction,
fB = 1 −

r
1−

R?
MÛ
=
,
Rc
MÛ B=0

(5.13)

where Rc is the closure radius defining the distance from the stellar surface to the last closed
magnetic loop, and can be obtained from the Alfvén radius (Equation 5.3) as:
Rc ∼ R? + (0.7RA − R?) .

(5.14)

These points are important because they play a role in the angular momentum evolution
of the star. In particular, as the star evolves, Bp weakens with time as long as the stellar
radius increases (which is generally the case on the main sequence). Therefore a constant
magnetic field strength (i.e., increasing magnetic flux) overestimates magnetic braking and
mass-loss quenching. However, if mass-loss quenching were more effective, it would also
help retain not only more mass but more angular momentum. The escaping wind fraction
fB for O and early B stars is of the order of 10-20% (Paper I), therefore models without
mass-loss quenching would overestimate the gas-driven angular momentum loss.

5.3.8

Revision in the mass-loss scheme and rotational enhancement

In the run_star_extras module we adopted updates/revisions following Keszthelyi et al.
(2017a).
We calculate the electron scattering opacity to obtain the Eddington factor for the pure
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electron scattering case (following the work of Kudritzki et al. 1989). Then, the escape
velocity is obtained as:
vesc =

r

2GM?
(1 − Γe ) ,
R?

(5.15)

where G is the gravitational constant, M? is the stellar mass, and Γe is the Eddington
factor for pure electron scattering. From the escape velocity, the terminal wind velocity
is calculated such that v∞ = 2.6vesc for Teff > 20 kK, and v∞ = 1.3vesc for Teff < 20
kK (Kudritzki & Puls 2000; Vink et al. 2000). Consistently with the terminal velocity
calculation, we also adopt the first bi-stability jump temperature at its revised value at 20
kK (Petrov et al. 2016; Keszthelyi et al. 2017a; Vink 2018), in contrast to the predictions of
around 25 kK by Vink et al. (2000). This may indeed be significant since older evolutionary
model calculations overestimate this value by 5 - 7 kK, and produce a large jump in mass
loss (thus also in angular momentum loss) at those effective temperatures (see Keszthelyi
et al. 2017a).
Although mesa contains a built-in calculation (following the work of Friend & Abbott
1986) for the rotational enhancement of the mass-loss rates frot (dubbed as ‘rotational MÛ
boost’, see Paxton et al. 2013, and also Keszthelyi et al. 2017a), we adopted an alternative
description based on the work of Maeder & Meynet (2000a) (their equation 4.30), which
takes into account gravity darkening. In principle, the enhancement factor remains small
unless the surface rotational velocity is close to its critical value6, thus it has a small impact
(see also Keszthelyi et al. 2017a and Paper I). In the cases where the surface rotation is close
to its critical value, a more complex formalism should be adopted; however since this would
only concern the very early evolution of only one of our models (with Ωini /Ωcrit,ini = 1.0),
6We systematically use Ω to denote the angular velocity (and Ω? to denote the surface angular velocity),
although
some other conventions prefer ω. The critical value of the angular velocity is obtained as Ωcrit =
q
(1 − Γ) GRM3 ? .
?
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Table 5.1: Grid of mesa models in this study computed for the parameter test (1) and
B-star comparison (2). The current values of the observed B-star sample from Shultz et al.
(2018) are also indicated (3).
M?,ini
Ωini /Ωcrit,ini
Bp,ini
no. of models/
[M ]
[kG]
no. of stars
5, 10, 20, 40, 60
0.4
0, 5
15
(1) INT / SURF
40
0.2, 0.4 , 0.6, 0.8, 1.0
0, 5
12
40
0.4
0, 1, 2, 5, 10, 20
8
(2) INT / SURF
5, 10, 15
0.2, 0.5, 0.8
1, 3, 10, 30
72
(3) unknown
4.3 - 17.5
0.02 - 0.86
0.07- 23.06
55
Braking
method

we refrain from adopting it. It should also be noted that while in the one-dimensional
case all enhancement factors increase the mass-loss rates, Müller & Vink (2014) calculated
two-dimensional wind models in which the rotation factor led to a decrease in the massloss rates. This is why, for example, Higgins & Vink (2019) do not consider rotational
enhancement in 1D models.

5.3.9

General model setup

The general model parameters are as follows. A solar metallicity of Z = 0.014 is adopted
with the Asplund et al. (2009) mixture of metals, and isotopic ratios are from Lodders
(2003). The mixing efficiency in the convective core is adopted as αMLT = 1.5. Exponential
overshooting is used above the convective core with fov = 0.024 and f0 = 0.006 (Herwig
2000; Paxton et al. 2013). (In non-rotating models this would roughly correspond to
extending the convective core size by 15% of the local pressure scale height.) We adopt
these values for all models for simplicity, as the dependence of overshooting on stellar mass
and magnetic field strength have not been established yet. (Although, see VandenBerg
et al. 2006 and Castro et al. 2014 regarding the mass dependence.) We note; however,
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that for stars with surface fossil magnetic fields the core overshooting might be suppressed
compared to non-magnetic stars (see Briquet et al. 2012 and Petermann et al. 2015).
The mass-loss scheme is adopted from Vink et al. (2000) and Vink et al. (2001) including
the change in bi-stability jump temperature (see above), and is systematically scaled by the
magnetic mass-loss quenching parameter fB and rotational enhancement frot . A standard
mesa model is considered with respect to rotationally-induced instabilities (following the
works of Heger et al. 2000 and Heger et al. 2005) by adopting the diffusion coefficients
that arise from dynamical and secular shear instabilities (Endal & Sofia 1978; Pinsonneault
et al. 1989), Eddington-Sweet circulation (Eddington 1925; Sweet 1950), Solberg-Høiland,
and Goldreich-Schubert-Fricke instabilities (Goldreich & Schubert 1967; Fricke 1968).
The Spruit-Tayler dynamo (Spruit 2002; Tayler 1973) is not considered to operate in the
computed models. The rotationally-induced instabilities are scaled by fc = 0.033 for
chemical mixing, and the composition gradient ∇µ is scaled by fµ = 0.1 (Brott et al. 2011a;
Paxton et al. 2013). Since we aim to study the effects of angular momentum loss alone,
we do not impose changes on the angular momentum transport or redistribution and apply
only the above mentioned configuration. Two methods are considered to distribute angular
momentum loss: one with magnetic braking allowed for the entire star (INT) and one with
magnetic braking allowed only for near-surface layers (SURF). The computed models are
summarised in Table 5.1.

Parameter test
For our parameter tests, we consider a massive star model with an initial mass of 40 M ,
an initial ratio of surface angular velocity to its critical value of Ωini /Ωcrit,ini = 0.4, and an
initial surface polar magnetic field strength of Bp,ini = 5 kG. These values for initial rotation
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and magnetic field strength are typical for an O-type star (Petit et al. 2013). We investigate
the impact of these parameters by varying one and only one of them at a time (see Section
5.4).

B star comparison
We computed a representative grid of stellar evolution models to compare with observations
and parameters presented by Shultz et al. (2018) (see Section 5.5). This grid of models
encompasses a range of initial stellar masses between 5 and 15 M , initial rotational rates
of Ωini /Ωcrit,ini between 0.2 and 0.8, and initial polar magnetic field strengths between 1 and
30 kG.

5.4

Parameter test

In this Section, we present the results of the parameter tests, which are displayed in Figure
5.1. In each case, the dependence on initial mass, rotational velocity, and magnetic field
strength are shown as top, middle, and bottom panels. The ‘default’ model is the one with
M?,ini = 40 M , Ωini /Ωcrit,ini = 0.4, and Bp,ini = 5 kG.

5.4.1

Evolution of total angular momentum

The left-hand panels of Figure 5.1 show the angular momentum evolution of the models.
As expected, in all cases internal magnetic braking efficiently decreases the total angular
momentum reservoir of the star, while surface magnetic braking allows the star model to
maintain a significant fraction of its initial angular momentum. Naturally, there are two
reasons why Jtot decreases over the evolution of a single star: mass loss and magnetic
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Figure 5.1: Shown are the total angular momentum (left panels), the angular momentum
loss rate (middle panels), and surface rotational velocity (right panels) compared to their
initial values. The parameter tests of varying the mass (top panels), rotation (middle panels),
and magnetic field strength (lower panels) are shown. Models with surface (internal)
magnetic braking are shown with solid (dotted) lines. Non-magnetic models are shown with
dashed lines.
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braking. The mass loss is comparable in both cases, however, the braking method plays
a significant role in altering the total angular momentum evolution. This is primarily the
consequence of the assumed angular momentum transport and distribution of the losses.
The fact that when surface magnetic braking is considered the models are able to retain
more of their total angular momentum compared to internal magnetic braking is also due to
the initially more rapid decrease of the surface angular velocity (see top panels of Figure 5.1),
which in turn weakens surface magnetic braking (see also Equation 5.1).
In the SURF case, there is no mass dependence. However, in the INT models the
fractional angular momentum loss systematically increases above 10 M . An exception is
the 5 M model, which may seem somewhat surprising. Magnetic braking and surface
rotation of this model also both decrease more rapidly compared to the 10 M one (middle
and right panels of Figure 5.1). While this behaviour is amplified for the models with
magnetic braking, this is also seen for the non-magnetic models. The reason why the
lower-mass model loses more angular momentum, weakens magnetic braking, and brakes
its surface rotation more rapidly is a consequence of the less efficient mixing. It is known
that the mixing in stars is strongly mass-dependent (e.g., Georgy et al. 2013; Chieffi &
Limongi 2013). Therefore, the trend at around 10 M reverses7 yielding a delicate balance
between the considered mixing, angular momentum loss and distribution.
In the case of internal magnetic braking, fast rotation and strong magnetic fields result
in a very drastic reduction of the total angular momentum of the star. Surface magnetic
braking, on the other hand, yields small differences with varying rotation rates and the total
angular momentum evolution remains essentially independent of magnetic field strength
(middle and lower panels of Figure 5.1). If no efficient coupling is assumed (as is the case in
7We note that we computed additional models that verify this statement; however, as the range of possible
mixing efficiencies is not investigated, we cannot place more firm constraints.
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these models), then in the SURF case the stellar core can maintain most of its initial angular
momentum even if a very strong (20 kG) magnetic field is present at the stellar surface.

5.4.2

Evolution of magnetic braking

The parameter tests show that strong magnetic braking is not maintained during the entire
main sequence evolution (middle panels of Figure 5.1) because the two necessary ingredients
(strong magnetic fields and fast rotation) do not co-exist for considerable time-scales in the
models. This can be quantified in terms of the fractional main sequence age of the stellar
model, as the relative value of magnetic braking becomes negligible in the second half of
the main sequence evolution in essentially all cases.
Above 10 M , there is a clear dependence with stellar mass: magnetic braking weakens
faster with higher stellar mass. In the case of the 5 M model the fast decrease of magnetic
braking is due to fast decrease in the surface rotation rates (top right panel of Figure 5.1).
When varying the initial rotation rates, the early evolution is complex, dominated by
feedback effects, and leads to no obvious trends. The only model showing a more rapid
decrease than the others is the SURF case with initially slow rotation (middle panels of
Figure 5.1).
Varying the magnetic field strength shows that magnetic braking systematically weakens
faster with stronger fields. That is, as the evolution of the star progresses, the stronger fields
with stronger magnetic braking can brake their surface rotation more rapidly. In fact, the
stronger the magnetic field, the more rapid the rotational braking. Therefore, strong fields
soon lead to slowly-rotating models, which will then have a weak dependence of magnetic
braking. Consequently, on a long time-scale, the models with stronger fields are only
influenced by magnetic braking for a shorter time than models with initially weaker fields
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(Figure 5.1).
To summarise, an essential component of the model calculations is to account for the
time evolution of magnetic braking. In all cases, the general trend is that the initially strong
magnetic braking weakens over time, primarily following the decrease in the surface angular
velocity.

5.4.3

Evolution of surface rotation

The surface rotational evolution of the models is shown in the right panels Figure 5.1. A
key result from observations is the slow rotation of known magnetic stars. Therefore, the
model calculations need to be able to reproduce this phenomenon, leading to a rapid spin
down of the stellar surface. Indeed, compared to non-magnetic models (shown with dashed
lines), the magnetic ones always spin down faster as expected.
For our model calculations, we let 50 time-steps be the relaxation time, which keeps
Ωini /Ωini,crit fixed and then adjusts it. This, however, does result in some differences when
comparing the ZAMS rotation rates of models with different braking methods but nominally
the same value of Ωini /Ωini,crit .
From the parameter test, the following trends are evidenced: the spin down of the stellar
surface is more rapid if the star is initially i) of higher mass, ii) rotates more rapidly, and iii)
has a stronger surface magnetic field.
The initially fast rotation and strong magnetic field result in more efficient magnetic
braking, that is a higher value of JB over time. However, the initially more efficient magnetic
braking cannot be maintained during the entire evolution, instead the evolutionary feedback
is that models converge into similar solutions with slow surface rotation. What is particularly
striking is that independent of the initial rotation or the braking method, all 40 M models
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with Ωini /Ωini,crit = 0.4 converge to an extremely slow surface rotation after one fifth of
their main sequence life-time, that is about 1 Myr (middle panels of Figure 5.1). Therefore,
while magnetic braking plays a crucial role in the initial rotational evolution of the star, it
may well be that other physical processes (e.g. internal mixing) become more important in
the later main sequence phase.
A notable trend is that internal magnetic braking is less efficient to decrease the surface
rotation compared to surface magnetic braking. This is because in the INT models, even
though there is no imposed coupling between the core and the surface, the rotation of
the entire star brakes uniformly. In the latter case, however, as only the surface angular
momentum reservoir is being exhausted, the spin down of the stellar surface is a much more
rapid process. The spin-down is the most pronounced in the case of the strongest magnetic
fields: in this scenario, the surface rotation brakes instantaneously.

5.5

Comparison of model predictions with the
population of magnetic B-type stars

Shultz et al. (2018) presented high-resolution magnetometry and obtained rotation periods
for the known population (55) of main sequence magnetic B-type stars with spectral types
between B5 and B0. Atmospheric parameters for these stars based upon spectroscopic
modelling and Gaia data release 2 parallaxes were presented by Shultz et al. (2019b). Shultz
et al. (in prep.) combined these observables to calculate fundamental stellar parameters,
magnetic parameters (assuming an inclined dipole topology), stellar wind parameters, and
magnetospheric parameters. These were constrained using a Monte Carlo HRD sampling
algorithm that ensured consistency between all observables. Stellar ages were constrained

5.5. COMPARISON OF MODEL PREDICTIONS WITH THE POPULATION OF
MAGNETIC B-TYPE STARS
179

via open cluster main sequence turnoff ages (when available) and non-magnetic stellar
evolutionary models (otherwise). We use this sample of magnetic stars to evaluate our
magnetic B-star evolutionary models.
To facilitate a more straightforward comparison, we separate the observed stars into three
mass bins: M? < 7.5 M , 7.5 <M < 12.5, and M > 12.5 M (coloured with green,
blue, and red in Figures 5.2-5.4), and computed 5, 10, and 15 M models correspondingly.
The estimated masses of the observed stars range from 4.3 to 17.5 M . Known short-period
binary stars (HD 37017, HD 149277, HD 136504, HD 156324, HD 36485) are shown with
open symbols.

5.5.1

Evolution of surface rotation

Figure 5.2 shows the surface rotational velocity vs. effective temperature (top panels) and
vs. surface gravity (lower panels). The median equatorial surface rotational velocity of
the sample stars is 78 km s−1 and 56.4% of the sample stars have a surface rotational
velocity less than 100 km s−1 ; we classify these as slow rotators. It is immediately
apparent that the most massive stars in the sample are all slow rotators. However, the slow
rotators lead to a degeneracy when trying to constrain their ZAMS rotational velocities as
those observations may be consistent with a range of initial rotation rates (we considered
Ωini /Ωcrit,ini = 0.2, 0.5, 0.8).
Interestingly, some presumably young and single stars can only be compatible with
models corresponding to initially low rotation rates. A careful comparison reveals that the
models with initially slow rotation provide a better match with a few other observations.
A smaller fraction of observed stars (36.3%) is located between 100 and 200 km s−1 ,
while three single stars and one binary star (7.3%) have notably high rotational velocities
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Figure 5.2: Shown are the surface equatorial rotational velocities vs. the effective temperatures. (upper panels) and vs. the surface gravity (lower panels). The observations are
separated into three mass bins: 5 (green circles), 10 (blue squares) and 15 (red triangles)
M . Models with Ωini /Ωini,crit = 0.2, 0.5, 0.8 are shown. Models with an initial polar
magnetic field strength of 3 kG are shown; models with different field strengths show similar
evolution on these diagrams. Markers vary in size corresponding to the measured dipolar
field strength of observed stars. Known short-period binaries are shown with open symbols.
The mean errorbars are indicated to the centre left and right on the top and lower panels,
respectively. The dashed lines separate the slow, modest and fast-rotator regimes. Left:
internal magnetic braking. Right: surface magnetic braking.
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(>200 km s−1 ). The observed stars with vrot = 100 − 200 km s−1 are unlikely to be
compatible with the initially slow rotator model (Ωini /Ωcrit,ini = 0.2) and would rather
require at minimum Ωini /Ωcrit,ini = 0.5.
However, when considering the derived surface gravities of these stars, a small number
of them appear to rotate faster despite their lower surface gravity. This seems to indicate that
magnetic braking may not be the only process that governs their spin down or it weakens
more rapidly than expected. The most striking example is HD 122451Ab (log g = 3.55,
vrot = 154 km s−1 , Teff = 23 kK), which star is in triple-system and a known β Cep pulsator
(Pigulski et al. 2016). The orbital period of the two closer components (HD 122451Aa and
HD 122451Ab) is nearly one year. It might be that multiplicity is responsible for the more
rapid rotation of the observed stars and this is why they are not compatible with the single
star models. This might indicate that such presumably single stars might have undetected
companions. In the case of short-period systems, the orbital angular momentum reservoir
may prevent the magnetic star from braking its surface rotation as rapidly as predicted for
single star.
The three rapidly-rotating (>200 km s−1 ) single stars in the sample (HD 182180,
HD 142184, HD 345439) require some more attention (hatched area on the upper panels of
Figure 5.2). These three stars have ∼ 10 kG magnetic fields that are somewhat stronger than
the median field strength of the sample (∼ 8 kG). This may indicate that they are relatively
young, as the fields weaken with the evolution of the star (e.g., Blazère et al. 2015; Neiner
et al. 2017; Sikora et al. 2019). We note that the models with different initial field strengths
show a similar evolution on the vrot − Teff and vrot − log g planes. Given that the models
self-consistently match these observations on both diagrams (upper and lower panels of
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Figure 5.2), we infer that our models are adequate to account for these stars8. Our models
also imply that these three stars must be relatively young (in the first half of their main
sequence evolution) and rapidly spinning down. Therefore these stars are ideal candidates
to measure the period evolution. This would be of great value since such measurements
have only been reconciled with theory in only one case so far (see next section).
This is interesting in light of theoretical considerations regarding the ZAMS rotation
rates of magnetic stars. The fossil field hypothesis relies on the long-term stability of
magnetic fields and assumes that these fields were generated during the star formation
process or at the latest during the pre-main sequence evolution of the star (Donati &
Landstreet 2009). In lower-mass Ap and Herbig Ae/Be stars, pre-main sequence magnetic
braking is indeed evidenced (Stȩpień 2000; Alecian et al. 2013). If this is also the case for O
and B stars (where the pre-main sequence phase and the magnetic fields are not practically
observable due to these stars being embedded in dust), then we would expect that a nearly
critical rotation is not possible at the ZAMS. Magnetic braking should counteract the
potentially rapid rotation resulting from the pre-main sequence contraction of the star.
However, initially moderate and high rotation rates at the ZAMS are clearly required to
explain almost half of the sample of observed stars.
Therefore, reconciling the rapidly-rotating stars with our models leads us to conclude
that they must initiate their main sequence evolution with nearly critical rotation. If, on
the other hand, these stars did not start their main sequence evolution as rapid rotators,
consideration of spin up mechanisms would be required. This may also account for the
stars with moderate rotation rates that are not compatible with the models (Figure 5.2, lower
panels).
8We note that the on the vrot − Teff plane, the models encompass the mass range within which these stars
are expected to be.
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An intriguing scenario is to explain the observed rapid rotation of some stars via the
binary channel, assuming that a companion star may be responsible for either halting
magnetic braking or, in fact, spinning up the magnetic star via tidal interactions or mass
transfer. Indeed, a significant fraction of OB stars are expected to be in binary systems
(de Mink et al. 2014; Sana et al. 2014). As of now there is no observational evidence
that either of the three rapidly-rotating stars in the Shultz et al. (2018) sample has a close
companion star. However, if such a surprising discovery were made, it would provide a
natural explanation for their short rotation periods. Another alternative to the binary channel
is that magnetic massive stars may be merger products, thus initially a system of two main
sequence binary stars (Ferrario et al. 2009; Schneider et al. 2016). This may also result in
a rapidly-rotating star, although likely only for a short time-scale.
If the three stars are in fact single stars, one would have to explain spin up mechanisms.
There are some alternatives:
• The most natural reason for spin up in a single star is based on angular momentum
conservation arguments, namely the contraction of the star must increase the surface
rotation rate. The contraction could happen during a blueward evolution on the
HRD, and such a behaviour is indeed evidenced in our fast-rotating models (see next
section).
• Radial pulsations would lead to the same argument, that is changes in the stellar radius
correspond to periodic spin up and spin down. This may result in longer-than-expected
spin down of magnetic stars, although the pulsational periods are typically very short.
Such pulsations are indeed observed in magnetic β Cep stars, with pulsational periods
of a few hours to days. This distinct subclass is of major interest and a several stars
have indeed been studied in detail.
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• The angular momentum flow is, in fact, an advective process (Maeder 2009). It may
be speculated that some transport processes could enhance surface rotation at the
expense of the interior layers by extracting angular momentum and pumping it to the
surface. If the time-scale is faster than the magnetic braking time-scale, then this may
lead to unexpectedly fast rotation.
Direct measurements of period change exist for just four magnetic stars: CU Vir,
HD 37776, σ Ori E, and HD 142990. Interestingly, in three cases apparently cyclical period
changes including episodes of rotational acceleration have been observed (Mikulášek et al.
2011; Shultz et al. 2019a). While the mechanism has yet to be identified, this points
to additional physics affecting short-term (decadal) rotational evolution. Over long timescales, however, the generally slow rotation of the population of magnetic stars suggests
that magnetic braking must spin down the star.
To summarise, three observed (presumably single) stars are only compatible with initially fast-rotating models. A group of stars with moderate rotation rates are not compatible
with our models, which may point to the effects of binarity. The rest of the sample (consisting of mostly older, slowly-rotating stars) leads to a degenerate solution to determine their
initial rotation rates. This means that the observations most likely require models with a
range of initial rotational velocities. This has an impact on star formation theory, which
will have to account for both the fast and slow ZAMS rotation of massive stars with surface
fossil magnetic fields.

5.5.2

Evolution of magnetic field strength

Figure 5.3 shows the dipolar magnetic field strength vs the effective temperature (top panels)
and vs the surface gravity (lower panels).
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Figure 5.3: Shown is the polar magnetic field strength vs. the effective temperature (upper
panels) and vs. the log of the surface gravity (lower panels). Models with Ωini /Ωini,crit = 0.8
are shown. The initial polar field strengths from 1 to 30 kG are indicated next to the ZAMS
of the tracks. The mean errorbars are shown to the left centre and top centre. Left: internal
magnetic braking. Right: surface magnetic braking.
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Shultz et al. showed that no clear trend could be identified between B p and M? (their
Figure 8), and they argued that the magnetic field strength may decrease more rapidly than
expected from magnetic flux conservation. We note that the offset of the observed stars
in the 5 M bin compared to the 5 M models is, in fact, largely due to the slightly higher
(6-7 M ) masses of the observed stars. It is, however, an interesting point that there is an
apparent lack of strong magnetic fields in the observed more massive stars. In particular,
the 5 and 10 M bins contain only 3 out of 24 (12.5 %) 4 out of 25 (16 %) stars with < 1 kG
dipolar fields, whereas 5 out of 6 (83.3 %) stars possess weaker fields in the 15 M mass
bin (Shultz et al., in prep.). It is presently unclear whether this could be solely attributed to
the presumably older ages of these stars, or this may point to a stellar mass-dependent field
decay process.
It is notable that a few stars with weak magnetic fields are not matched by the computed
models. Since the observed magnetic field strengths span across a large range, it may be
possible that those stars simply initiated their evolution with weaker fields than considered
in our models (< 1 kG). However, such progenitors remain undetected (this is marked with
the lower dashed hatched area in Figure 5.3). Another piece in this puzzle is the lack
of descendants with strong fields but lower surface gravity (upper dashed hatched area in
Figure 5.3). If weak-field progenitors and strong-field descendants were observed, then
magnetic flux conservation may gain support.
However, a likely more favourable explanation is indeed the consideration of a field
evolution scenario that is different from flux conservation. If the magnetic field strength
declined in our models more rapidly, then a currently weak field could be accounted for with
an initially strong field. Thereby, a logical link could be established between the observed
early and late main sequence stars.

5.5. COMPARISON OF MODEL PREDICTIONS WITH THE POPULATION OF
MAGNETIC B-TYPE STARS
187

Figure 5.4: Shown is the rotation-confinement diagram, that is, the Alfvén radius vs. the
Kepler co-rotation radius. The observations are separated into three mass bins: 5 (green
circles), 10 (blue squares) and 15 (red triangles) M . Models with Ωini /Ωini,crit = 0.2
(dashed lines) and 0.8 (solid lines) and are shown. Models with an initial polar field
strength of 3 kG (top panels) and 10 kG (lower panels) are shown. The mean errorbars are
shown to the centre left. DM and CM indicates dynamical and centrifugal magnetospheres,
respectively. Left: internal magnetic braking. Right: surface magnetic braking. Known
short-period binaries are shown with open symbols.
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5.5.3

Evolution of rotation and confinement

The rotation-confinement diagram (Figure 5.4, see also Figure 3 of Petit et al. 2013, Figure
7 of Paper I, and Figure 7 of Shultz et al.) shows the evolution of the Alfvén radius vs.
the Keplerian co-rotation radius (Equations 5.3 and 5.4). The overwhelming majority of
the observed B-type stars are in the centrifugal magnetosphere regime. The significance of
the magnetospheric characterisation is related to the age determination of observed stars,
as stars with CMs are typically expected to be young, whereas stars with DMs are expected
to be evolved (Petit et al. 2013, Paper I, Shultz et al., in prep.).
The evolutionary models shown in Figure 5.3 have an initial field strength of 3 kG (top
panels) and 10 kG (lower panels). Shultz et al. found that all early B-stars in the final third
of their MS lifetimes have DMs. The rarity of evolved stars with CMs is consistent with the
typical ZAMS surface magnetic field strength being higher than 1 kG.
Consistent with the general conclusion from our analysis of the most massive stars
from the Shultz et al. (2018) sample, the RK − RA diagram indicates that all of them have
a dynamical magnetosphere, therefore they are expected to be evolved. In fact, our main
sequence models with 3 kG magnetic fields may not be able to account for these observations,
which may be due to two reasons: i) It may be that some of these stars are in fact closer to the
TAMS than expected. It is possible that the HRD tracks overestimate the width of the main
sequence for these stars, leading to an erroneous conclusion about their evolutionary status.
The model ages, which are based on the magnetospheric evolution, would indicate that these
stars have passed the TAMS; whereas all other evolutionary diagnostics are compatible with
these stars being on the main sequence. ii) A possible explanation is that the magnetic field
strength weakens more rapidly than expected from magnetic flux conservation, in which
case the decrease in RA is more rapid, thus our tracks on the diagram would indicate lower
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RA values for given RK . This correction would reconcile the evolutionary status inferred
from the HRD and the evolutionary status inferred from the magnetospheric evolution.
The stars that have dynamical magnetospheres and therefore appear as evolved stars
based on the magnetospheric classification and their rotational evolution lead to a puzzling
dilemma. Contrary to their magnetoshperic evolution, they appear to be in the first half
of their main sequence evolution on the HRD. This leads us to conclude that at least some
magnetic stars may follow an unusual trend on the HRD. In particular, HD 149438 (τ Sco)
is likely to be a blue straggler and is a promising candidate for a merger product (Schneider
et al. 2016). Furthermore, τ Sco is also a significant example of a magnetic star that may
present an apparently younger age than the age of the cluster that it belongs to (Nieva &
Przybilla 2014; Schneider et al. 2016). If this is a general trend, this would mean that for
the sample stars the cluster ages may overestimate their actual age.
The stars in the 10 M bin show a scatter, however, leading to similar findings as in
the case of the 15 M stars. The stars in the 5 M bin are all located in the CM regime
(except one star). This is consistent with their rotational and magnetic field evolution as
both surface rotation and magnetic field strength show high values (Figures 5.2 and 5.3).
This suggests that these stars are mostly in their early evolutionary stage, in agreement with
the findings of Shultz et al. (in prep.).
It is also notable that all known close binary stars are in the CM regime. Indeed,
HD 36485, HD 37017, and HD 156324 are in the extreme CM regime and display Hα
emission. However, to what degree this is a consequence of tidal acceleration is not clear.
The 3 stars showing Hα-emission are all very young, and their CMs are no larger than single
Hα-bright stars of comparable ages (Shultz et al., in prep.). The two close binary systems
without Hα emission, HD 136504 (in which system both components are magnetic, Shultz
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Table 5.2: 15 M model comparison at half-way through their main sequence life-times
from Figures 5.5-5.6 (indicated with purple marker).
Ωini
Ωcrit,ini

Teff [kK]
log (L/L )
M? [M ]
log g [cm s−2 ]
vrot [km s−1 ]
log Jtot [g cm2 s−1 ]
age [Myr]
log [N/H] + 12

0.2

INT
0.5

0.8

29.541
4.435
14.994
4.014
38.946
51.528
6.532
7.572

29.508
4.433
14.994
4.014
82.860
51.838
6.583
7.616

29.605
4.433
14.994
4.020
90.946
51.874
6.683
7.787

0.2

SURF
0.5
0.8

NOMAG
0.8

29.561
4.435
14.994
4.015
20.364
51.825
6.551
7.572

29.715
4.438
14.994
4.021
49.061
52.012
6.769
7.672

26.983
4.404
14.888
3.885
514.516
52.540
7.363
8.232

29.923
4.439
14.994
4.032
51.828
52.048
6.944
7.890

Table 5.3: 15 M model comparison at the TAMS from Figures 5.5-5.6.
Ωini
Ωcrit,ini

Teff [kK]
log (L/L )
M? [M ]
log g [cm s−2 ]
vrot [km s−1 ]
log Jtot [g cm2 s−1 ]
age [Myr]
log [N/H] + 12

0.2

INT
0.5

0.8

24.007
4.731
14.982
3.357
6.134
50.904
13.059
7.571

24.040
4.731
14.982
3.360
10.488
51.080
13.163
7.630

24.122
4.736
14.983
3.361
7.433
50.945
13.362
7.807

0.2

SURF
0.5
0.8

NOMAG
0.8

24.089
4.731
14.982
3.363
8.737
51.683
13.100
7.573

24.124
4.749
14.981
3.348
10.381
51.816
13.538
7.725

21.732
4.732
14.542
3.170
306.788
52.305
14.726
8.308

24.258
4.761
14.980
3.345
8.565
51.832
13.887
7.942

et al. 2015) and HD 149277, are middle-aged and have CMs that are somewhat smaller than
the average of their contemporaries.
Four stars (two of which are known binaries) are remarkably close to the transition
between the CM and DM regimes of the rotation-confinement diagram. These stars provide
an extremely interesting opportunity to understand the magnetospheric transition in single
and binary stars. The long-term monitoring of these stars is essential because it plays a very
important role in the development and evaluation of new magnetohydrodynamic models.
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Figure 5.5: Models with different initial ratios of Ω/Ωcrit (indicated next to the tracks: 0.2
dotted line, 0.5 dashed line, 0.8 dash-dotted line, respectively) are shown in the case of the
15 M models with an initial polar field strength of 3 kG. A reference non-magnetic model
(solid line) is also shown with the same mass and an initial ratio of Ω/Ωcrit = 0.8. The
colour-coding indicates the fractional main sequence age and the purple markers show the
location at which the model is exactly half-way through its main sequence lifetime. Models
with internal magnetic braking are shown.
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Figure 5.6: Same as Figure 5.5 but models with surface magnetic braking are presented.
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Progenitors of slow rotators

Figures 5.5 and 5.6 show that the inclusion of surface fossil magnetic fields results in two
notable features on the HRD: i) models with the same initial mass and initial field strength
but different initial rotational velocities follow the same track after approximately half of
their main sequence evolution, leading to a degeneracy between them, and ii) initially
fast-rotating models produce a blue curve to join the ‘common track’.
With higher rotational velocities, the ZAMS position of the tracks are shifted to lower
luminosity and effective temperature. This is due to the mechanical effects of rotation: the
centrifugal force contributes to balance gravity. The rapidly-rotating model therefore has a
ZAMS position that resembles an initially lower-mass but non-rotating star. Because the
wind magnetic braking slows down the surface rotation of the star, our magnetic models
retain more angular momentum than the non-magnetic ones, and the evolutionary tracks
converge towards the slow-rotating case.
However, when magnetic braking is absent, the star retains more angular momentum
and the track remains in the redder part of the HRD. We note that the mixing of the elements
in the fast rotating non-magnetic star is not sufficient in this 15 M model to compensate
for the hydrostatic effects of rotation. If this mixing was more efficient, it would result in a
blueward evolution on the HRD.
The initial blueward evolution of the rapidly-rotating magnetic models with 15 M
encompasses a narrow effective temperature range (≈ 2 kK), which is comparable with
the observational uncertainty. Within this range, the star model spends close to half of its
main sequence lifetime and spins down. Importantly, the star is found at the same effective
temperature two times during its main sequence evolution (but has different luminosity and
surface gravity, see also Tables 5.2 and 5.3). Furthermore, the blue curve of the 15 M
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models extends over about 0.2 dex in stellar luminosity: this is also comparable with the
currently-derived uncertainties.
Models with magnetic braking tend to forget their early rotational history. This means
that an observed star that has a low surface rotation rate at an advanced main sequence stage
can originate from different progenitors: either from a fast-rotating progenitor star that has
been efficiently spun down via a wind magnetic braking, or from an initially slow-rotating
star.
In Paper I, we demonstrated that models with magnetic braking result in a notable
surface nitrogen enrichment (see also Meynet et al. 2011 and Potter et al. 2012a). Since
the nitrogen enrichment is a function of the initial rotational velocity, this means that the
initially rapidly-rotating model will have a higher abundance of surface nitrogen than an
initially slow-rotating model. As a consequence, even if the magnetic models converge to
a common track, they are not going to be identical (see Tables 5.2 and 5.3). In particular,
models with initially more rapid rotation are able to mix chemical elements more efficiently,
and this is why i) their main sequence width is slightly more extended and ii) they evolve
with slightly higher luminosity compared to an initially slowly-rotating model (Figure 5.5).
Therefore, we propose that a necessary addition to interpret observations is only possible
if the chemical evolution of the surface elements in non-peculiar stars is determined from
observations and contrasted to predictions (see also Paper I). Follow-up observational studies
are required to establish trends in surface elemental abundances of magnetic OB stars (see
also Morel et al. 2008, Aerts et al. 2014, Martins et al. 2015a). A potential difficulty
may be affecting such an overall trend if OB stars were observed to have magnetic spots
(Cantiello & Braithwaite 2011), or chemically-peculiar surface abundances associated with
fossil fields (as, for example, in Bp/Ap stars with Teff < 25 kK, Kochukhov 2017). These
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phenomena are indeed observed in later evolutionary phases on the surfaces of cool stars
(e.g., Strassmeier 2009; Kochukhov et al. 2017, and references therein).

5.7

Limitations of the models and next steps

In this Section, we evaluate the assumptions made in Section 5.3.1, and comment on how
our model should be further improved.

5.7.1

Co-latitudinal variations

The models presented in this study are one-dimensional. As such, they naturally ignore
any variations in co-latitude. Based on current two-dimensional MHD simulations, it is not
clear how well the assumed angular momentum loss via magnetic braking (Equation 5.1)
applies in more realistic three-dimensional situations where the magnetic field is tilted with
respect to the rotation axis. It is possible that the tilt would only lead to minor corrections
in the formalism and our assumptions here are still appropriate.
In addition, mass loss at the footpoint of a field line depends on its tilt (Owocki &
ud-Doula 2004) and the amount of angular momentum loss will depend on the strength of
the field and co-latitude. At this moment, it is not clear how such a differential mass and
angular momentum loss will affect the magnetic field and angular momentum evolution. Of
course, fully self-consistent 2D let alone 3D stellar evolution models are beyond our reach,
but when they are available9, co-latitudinal variations should be accounted for.
9We note that the first 2D approach to model the evolution of rotating massive stars was very recently
presented by Gagnier et al. 2019b.
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Angular momentum re-distribution and internal effects of the
fossil field

A major uncertainty currently is the unknown penetration depth and internal effects of fossil
fields, both of which may likely be a function of time thus depend on the evolutionary phase.
For example, Braithwaite & Nordlund (2006) showed that a deeply-anchored fossil field in
the stellar interior should diffuse outwards with time. In this work we did not adopt the
potential consequences that may be caused by fossil fields in the stellar structure, convective
zones, angular momentum transport and chemical element transport. Although in Paper I
we summarised some of these challenges, we should add a few additional remarks here.
When surface magnetic braking is considered, it is indeed the case that layers underneath
the torqued ones will enhance angular momentum and chemical element transport via shears.
This shear is the result of the different angular velocities between two adjacent layers. The
shears should only remain strong so long as magnetic braking is efficient.
When internal magnetic braking is assumed by distributing the angular momentum
loss over all layers of the star, strong shears are not expected (Mathis & Zahn 2005; Duez
& Mathis 2010); however, the loss will potentially interfere with the angular momentum
transport. We mention here that while we did not enforce solid-body rotation, the INT
models are in fact close to solid-body rotation during the magnetic braking time-scale since
meridional currents remain efficient.
Presently there is no formalism that could treat internal angular momentum transport by
a fossil field in massive stars; although other approaches have been explored in the context of
the Spruit-Tayler dynamo fields. In principle, the contribution from Poynting stresses could
be considered in a similar manner; however, the picture is likely to be far more complex.
Especially, if the dipolar configuration was distorted in the internal layers, one would need
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to consider twisted magnetic field lines.
Empirical evidence may be collected soon with the advent of asteroseismology (Buysschaert et al. 2018; Prat et al. 2019), and it will be invaluable to guide evolutionary modelling.
Therefore, an incremental next step to improve on the present implementation is to add the
interaction of fossil fields and convection (Featherstone et al. 2009; Petermann et al. 2015),
structural changes by a fossil field, the magneto-rotational instability (Wheeler et al. 2015;
Quentin & Tout 2018), and appropriate angular momentum transport (Spruit 2002; Maeder
& Meynet 2005; Heger et al. 2005; Denissenkov & Pinsonneault 2007; Mathis & de Brye
2012; Rüdiger et al. 2015; Fuller et al. 2019).

5.7.3

Magnetic field evolution

In Paper I, we addressed the consequences of assuming magnetic flux conservation and
the current observational debate to constrain the field evolution scenario. In particular,
magnetic flux conservation is usually assumed as the simplest case of fossil magnetic field
evolution, and observational studies of A-type stars (Neiner et al. 2017; Martin et al. 2018;
Sikora et al. 2018, 2019), and compact remnants (Ferrario & Wickramasinghe 2008) seem
consistent with this field evolution scenario. Theoretically, the atmospheres of OB stars
are expected to have very high conductivity, which would lead to an Ohmic dissipation
time-scale longer than the main sequence life of the star. However, there is observational
evidence that the magnetic flux of OB stars decays over time (Landstreet et al. 2007, 2008;
Fossati et al. 2016). This may be expected if dissipation mechanisms (e.g., Ohmic decay)
were efficient (Braithwaite & Spruit 2017). Since this decay rate is not yet constrained
or quantified, we assumed magnetic flux conservation as the field evolution model for
simplicity.
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However, since our quantitative results in this paper depend on how exactly the surface
fields evolve with time, we shall briefly consider if magnetic flux conservation is not valid,
instead the magnetic field strength declines more rapidly. In this case, magnetic braking
would become less efficient in a shorter time, leading to a faster decline in JB over time,
thus allowing the total angular momentum of the star to remain closer to its initial value.
Along with the more rapid decline in the surface magnetic field strength, the evolution on
the rotation-confinement diagram would would result in shifting the tracks such that for
a given Kepler co-rotation radius the Alfvén radius would be smaller than in the current
models. Although speculative, but this might better explain the higher mass stars in the
observed sample of Shultz et al. (2018).

5.8

Conclusions

In this work, we described the implementation of magnetic braking applicable for hot,
massive stars in the mesa software instrument. We provide the scientific community with
this additional mesa module that contains the first realistic and simple prescription of
surface fossil magnetic fields in stellar evolution codes (see also Keszthelyi et al. 2017b;
Petit et al. 2017; Georgy et al. 2017; Keszthelyi et al. 2019). We emphasize; however, that
this implementation needs to be improved to consider additional components for a more
comprehensive picture.
We found that the time evolution of magnetic braking is an essential component since
it is rapidly weakened by stellar feedback effects - primarily via decreasing the surface
rotational velocity. We demonstrated that internal magnetic braking can greatly deplete
the total angular momentum reservoir, whereas surface magnetic braking allows the star to
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maintain most of its total angular momentum.
Our models imply a degeneracy to determine the initial rotation rates of currently slowlyrotating, evolved stars. However, comparing our models with observations from Shultz et al.
(2018), we found that most likely a range of initial rotation rates is required to explain both
slowly and rapidly-rotating young magnetic B-type stars. This has potential consequences
to explain the formation of magnetic massive stars. Furthermore, this may help to shed
more light on fossil field evolution: if magnetic massive stars arrive at the ZAMS with close
to critical rotation, then pre-main sequence magnetic braking is either inefficient or absent.
With the inclusion of surface fossil magnetic fields in stellar evolution models, we
identified that initially fast-rotating models in the diffusive scheme of angular momentum
transport undergo an early blueward evolution. Models with surface fossil magnetic fields,
that have the same initial mass but different initial rotation rates, merge to a common track,
leading to a degeneracy to disentangle between their initial properties.
Both our INT and SURF models might be compatible with the comprehensive sample
of known magnetic B-type stars of Shultz et al. (2018). Further studies should be conducted
to evaluate these scenarios.
Based on the observed sample of Shultz et al. (2018) and our model calculations, we
established the necessity of the following observational campaigns:
• Three stars (HD 182180, HD 142184, HD 345439) show notably high surface rotational velocities and strong surface magnetic fields, implying that they must be
relatively young and rapidly spinning down. Alternatively, a spin up mechanism may
be responsible for their rapid rotation, perhaps due to a (yet undetected) companion
star or as a consequence of a merger. To gain better understanding, it is necessary to
continue monitoring these stars and identify their period changes.
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• Four stars on the rotation-confinement diagram are close to the transition between
centrifugal and dynamical magnetospheres. Understanding the wind plasma interaction with magnetic fields in these stars is invaluable to constrain magnetospheric
models.
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‘Train yourself to let go of everything you fear to lose.’
Master Yoda

Chapter 6
Evolutionary modelling of magnetic
O-type stars

6.1. INTRODUCTION AND SAMPLE STARS
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This Chapter constitutes a preliminary investigation of both the rotational and magnetic
properties of known magnetic O-type stars in terms of evolutionary modelling. To this
extent, we employ mesa models and compare their predictions to the characteristics of
known magnetic O-type stars. First, we introduce the sample stars and the computed
models, and then we specify the purpose of this first approach along with its key limitations.

6.1

Introduction and sample stars

Presently, magnetic fields have been unambiguously detected in eleven O-type stars. Ten
of these stars are listed in Table 7.1 of Chapter 7. Additionally, HD 54879 has also been
discovered to host a strong (Bp > 2.5 kG) magnetic field (Castro et al. 2015; Shenar et al.
2017). Since several new measurements are available in the original sample too, we present
an updated version of the original table (see Table 6.1).
The sample is characterized by dipolar magnetic field strengths ranging from 1 to 3
kG, with the exceptions of ζ Ori Aa (Bp =140 G, Blazère et al. 2015) and NGC 1624-2
(Bp ≈20 kG, Wade et al. 2012b). The rotational periods of the sample stars range from a
few days (e.g., HD 148937; Wade et al. 2012a) to several years (e.g., HD 191612; Wade
et al. 2011a). An exceptionally long rotational period is inferred for HD 108, which is thus
the slowest rotator in this class (Prot = 55 yr; Nazé et al. 2001; Martins et al. 2010; Shultz
& Wade 2017). The population of known magnetic O stars rotates much more slowly than
those O stars that do not have detected magnetic fields (Grunhut et al. 2017).
Six of the sample stars belong to the distinct Of?p spectral class (Nazé et al. 2010;
Wade et al. 2012b). This class was established by Walborn (1972) based on the presence of
the CIII λ4650 emission line that has comparable strength to neighbouring NIII lines. All
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known Of?p stars in the Galaxy (namely, six stars) have been found to host surface magnetic
fields (Grunhut et al. 2017).
The sample of known magnetic O-type stars is not only considerably smaller than the
known magnetic B-type stars, but contains a few extreme objects.
• HD 47129 (Plaskett’s Star) remains very poorly understood. It probably has at least
one close companion, but its multiplicity status as well as the magnetic characteristics
of the system remain unclear (Grunhut et al. 2013). It appears to be the most
rapidly-rotating magnetic O star and it is expected to host a centrifugally-supported
magnetosphere (Wade et al., in prep.).
• NGC 1624-2 hosts an enormous magnetosphere with a dipolar field strength of at
least 20 kG (Wade et al. 2012b; Petit et al. 2015; David-Uraz et al. 2019).
• HD 37742 (ζ Ori Aa) is a member of a triple system, and has a close companion on
a short-period orbit. This star also hosts a much weaker field than any other known
magnetic O star: its dipolar field strength was determined to be 140 G (Blazère et al.
2015).

6.1.1

The computed models

The mesa models follow the computations and input physics described in Section 5.3.9 of
Chapter 5. For this specific comparison, we chose models as follows (Table 6.2).
• The initial masses range from 15 to 60 M .
• We investigate models with two initial rotation rates: Initially fast rotators (IFR) with
Ωini /Ωini,crit = 0.8 and initially slow rotators (ISR) with Ωini /Ωini,crit = 0.2.
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Table 6.1: List of known magnetic massive O-type stars with their rotational period P,
luminosity, effective temperature, surface gravity, estimated mass, dipolar field strength Bp ,
Kepler co-rotation radius, and Alfvén radius RA. The table is reproduced from Table 7.1,
using the original table from Petit et al. (2013) and Wade et al. (2016), and has been updated
with the most recent measurements.
 
RA
RK
Star
Prot
log LL
Teff
log g
M?
Bp
R?
R?
[kK] [cm s−2 ] [M ] [kG]
(1) HD 148937a
7d
5.8±0.1
41±2 4.0±0.1 34
1.0 4.3 1.8
◦
b
(2) CPD -28 2561 70 d
5.5±0.2
35±2 4.0±0.2 43 >1.7 19 3.1
c
(3) HD 37022
15 d
5.3±0.1
39±1 4.1±0.1 45
1.1 9.4 2.4
(4) HD 191612d
1.47 yr 5.4±0.2
35±1 3.5±0.1 30
2.5 57 3.7
e
(5) NGC 1624-2
158 d 5.1±0.2
35±2 4.0±0.2 34 >20.0 41 11.0
f
(-) HD 47129
1.2 d 5.09±0.04 33±2 4.1±0.1 56 >2.8 <2.2 >5.4
(6) HD 108g
55 yr 5.7±0.1
35±2 3.5±0.2 43 1.15 526 1.7
h
(7) ALS 15218
54.4 d 5.0±0.1
34±2 4.0±0.2 28 >1.5 23 3.6
(8) HD 57682i
64 d
4.8±0.2
34±2 4.0±0.2 17
1.7 24 3.7
j
(-) HD 37742
7d
5.6±0.1
29±1 3.2±0.1 40 0.06 2.1 1.1
k
(9) HD 54879
> 8 yr 4.45±0.2 30.5±0.5 4.0±0.2 14±7 >2.5 76 >12
References: a) Wade et al. (2019) b) Nazé et al. (2015) c) Wade et al. (2006); Stahl et al.
(2008) d) Nazé et al. (2007); Wade et al. (2011b) e) Wade et al. (2012b); David-Uraz et al.
(2019) f) Wade et al., in prep. g) Nazé et al. (2001, 2004); Martins et al. (2010); Marcolino
et al. (2012); Shultz & Wade (2017) h) Nazé et al. (2016) i) Grunhut et al. (2012) j) Blazère
et al. (2015) k) Castro et al. (2015); Shenar et al. (2017)
• We computed models with initial magnetic field strengths of 1 and 3 kG, as well as
models with 35 and 45 kG initial field strengths to model NGC 1624-2.
• We considered models with internal magnetic braking (INT), which means that all
internal layers of the star undergo angular momentum loss. The computation of
models with surface magnetic braking (SURF) is in progress.
• The models are calculated using the Vink et al. mass-loss scheme, and the massloss rate is systematically scaled by the magnetic mass-loss quenching and rotational
enhancement factors as described previously in Section 5.3.9.
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Table 6.2: List of the computed O star models.
ini
M?,ini
Bp,ini ΩΩcrit,ini
no. of models
[M ]
[kG]
15, 20, 25, 30, 35, 40, 60 1,3 0.2, 0.8
28
25.0, 25.8, 26.0, 27.0
45
0.2
4
25.0, 25.8, 26.0, 27.0
35
0.8
4

• For simplicity, we also kept the treatment of overshooting, rotational mixing, and
mixing length the same as described in Section 5.3.9.

6.2

Scope, key limitations, and methods

6.2.1

Scope

In order to improve the analysis of the known magnetic O-type stars presented in Chapter 7,
models with rotation are necessary. We have initiated the computation of these models
and to this extent we present a first comparison between improved model calculations and
observations of known magnetic O stars. The motivation and scope of this Chapter is to
perform an initial plausibility check of the models and outline a strategy that will allow for
further constraining the model calculations.

6.2.2

Key Limitations

Binarity
We exclude the two known close-companion binary systems (Plaskett’s Star and ζ Ori A)
from our analysis since it is evident that binary evolutionary models are required to interpret
their characteristics. In the cases of known spectroscopic binaries with long-period orbits,
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namely, HD 148937 (Porb ≈ 26 yr, Wade et al. 2019), HD 37022 (Porb ≈ 27 yr, Stahl et al.
2008), and HD 191612 (Porb ≈ 4 yr, Howarth et al. 2007; Nazé et al. 2007); the effects of
the companion are not expected to be dramatic and could be neglected in a first approach.
Therefore, single star models are reasonable for comparison in the latter cases.

Sample size
The number of known magnetic O-type stars remains small, hence it is challenging to
perform an appropriate population study.

Initial parameters
The initial parameters of the models are assumed. The present-day characteristics of
known magnetic O stars cover a parameter space with a large range (M? ≈ 15 − 45 M ,
Bp ≈ 0.14 − 20 kG, log Prot ≈ 0.8 − 4.3 d). The spectropolarimetric measurements provide
precise rotational periods and the dipolar field strength can be derived (or, at least, a
firm lower-limit can be established), while the stellar masses are only roughly estimated.
Consequently, to constrain the initial parameter space, an iterative process is required,
keeping one initial parameter fixed while fitting the rest of the parameters.

6.2.3

Methods

The primary focus of the O-star analysis, following the methodology of the investigation
of the B-star sample in Chapter 5, is to simultaneously reconcile the evolutionary status,
magnetic, and rotational properties of the sample with improved evolutionary models.
Therefore, we outline and test two fundamental strategies that may be used and extended in
follow-up studies.

6.3. ANALYSIS OF THE SUBSAMPLE

207

• A subpopulation of the sample stars that have similar present-day characteristics can
be used to constrain the initial parameter space and the time evolution of those parameters. From the multi-dimensional parameter space, we begin with a 3-parameter
study to constrain the mass, rotation rate, and magnetic field strength. We fix the initial magnetic field strength (Bp,ini = 3 kG) and the field evolution scenario (magnetic
flux conservation), and investigate whether the estimated stellar masses and measured
rotation rates can be self-consistently reconciled under these assumptions. The 3 kG
initial field strength is assumed so that the largest number of stars (CPD -28◦ 2561,
HD 108, ALS 15218, HD 57682, HD 54879) can be modelled from the sample, because within uncertainties they have present-day field strengths that are compatible
with these two assumptions. The verification of this choice is demonstrated in Figure 6.3.
• Stars can be analysed individually, using evolutionary models that are specifically
tailored to represent a given star. In principle, the methodology remains the same
iterative procedure. Since known magnetic O-type stars have diverse properties and
are a small sample, it may be more suitable to perform self-consistent evolutionary
modelling for each star.

6.3

Analysis of the subsample

6.3.1

Evolution on the HRD

Figures 6.1 and 6.2 show the evolution of the initially fast rotating and initially slow rotating
models on the HRD along with the observations. An initial dipolar magnetic field strength
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Figure 6.1: HRD of the IFR (Ωini /Ωcrit,ini = 0.8) models. An initial magnetic field strength
of 3 kG is adopted. The mean errorbar of the observations is shown to the lower right. The
initial mass in solar units is indicated next to the tracks. The colour-coding of the tracks
corresponds to the fractional main sequence life-time. The symbol sizes and colours are
representative of the dipolar field strengths (larger symbol = stronger field) and estimated
masses (green for 15-20 M , blue for 21-39 M , and red for ≥40 M ), respectively. The
fully opaque symbols indicate stars that are analysed.
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Figure 6.2: Same as Figure 6.1, but for models with initially slow rotation
(Ωini /Ωcrit,ini = 0.2).
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of 3 kG is adopted in the models for a self-consistent analysis. While the IFR and ISR tracks
practically overlap after the initial blueward evolution of the IFR models (see Figure 6.7
for a direct demonstration of this), their physical characteristics are not entirely the same.
This means that, for example, at a given overlapping position, the IFR models always have a
higher stellar age compared to the ISR models. Nevertheless, despite the notable differences
in the early evolution, both IFR and ISR models converge to a common track as described
in detail in Section 5.6.
Based on their HRD position, the observed magnetic O-type stars are reconciled with
models in their main sequence phase. The quantitative age determination could, however, be
significantly affected by the assumption of core overshooting and rotational mixing (see also
Chapter 4). Moreover, the main sequence width of O stars could drastically change based
on the assumptions of core overshooting. Hence a follow-up approach should investigate
the impact of varying core overshooting in this comparison.
The observed stars are assigned to mass bins (similarly as in Chapter 5). We denote green
for 15-20 M , blue for 21-39 M , and red for ≥40 M , respectively. The HRD comparison
reveals that with one notable exception, namely (1) HD 1489371, all stars fall approximately
to their estimated mass bins. However, even relatively minor (a few solar-mass) revisions in
1The HRD position of the star implies a mass of ≈ 60 M (Mahy et al. 2017). However, Wade et al.
(2019) reported that based on spectral variability and radial velocity measurements, the star is likely to be
a spectroscopic binary; this is in accord with the results of Sana et al. (2014). In this case, the magnetic
component in the SB2 system is derived to have a mass of 34 M . Consequently, the effective temperature
and stellar luminosity will need to be disentangled for the components. Until these parameters are revised, the
interpretation from evolutionary modelling may not be possible. HD148937 has a rotational period of only 7
days (Nazé et al. 2008, 2010; Wade et al. 2012a). Since the rotational period is the most rapid in this sample,
it might indeed indicate that the star is either young and/or it has a close companion. However, the detected
companion is on a long-period orbit (with an inferred orbital period of ∼26 years), which would seem unlikely
to directly interfere with the rotational evolution of the magnetic star. On the other hand, if the stellar mass
was ≈ 60 M , it would imply a magnetic braking time-scale of the order of 105 years. This is in contrast with
the age estimated by Mahy et al. (2017), who inferred a minimum stellar age of 2 Myr for an initially ≈ 60 M
non-magnetic model. Our models imply that the rotational period of the star is only compatible with models
that have a lower initial mass. Consequently, a significant revision of the mass of this object is favoured.
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the estimated masses could lead to notable changes in the rotational and magnetic evolution
of the star. Therefore, now we should investigate whether the approximate stellar masses
allow for reconciling the magnetic and rotational evolution simultaneously.

6.3.2

Evolution of surface magnetic field strength

The surface dipolar magnetic field strengths of the known magnetic O-type stars, with the
exceptions of NGC 1624-2 and ζ Ori Aa (which however is also a short-period binary star),
are scattered between 1 and 3 kG. We compare this population with models adopting an
initial field strength of 3 kG. This choice reasonably approximates the present-day measured
field strengths of the largest number of the sample stars, considering that the initially 3 kG
field strength weakens over the time evolution of the star.
Figure 6.3 shows that the five stars shown with fully opaque symbols can be reconciled
with this assumption on the log Bp − log g plane (right panels of Figure 6.3). Four of them,
namely, HD 108, ALS 15218, HD 57682, HD 54879, are also compatible with models on
the log Bp − Teff plane (left panels of Figure 6.3), considering their estimated mass bins.
However, CPD -28◦ 2561 falls out of its expected mass bin on the latter plane. It is a
presumably single star that has been monitored over recent years (Nazé et al. 2015; Wade
et al. 2015). Adopting the luminosity and effective temperature from those works, the star’s
position on the HRD is compatible with a ∼ 35 M model that we computed (Figures 6.1 and
6.2). This is nevertheless in disagreement with its spectroscopic mass, estimated to be over
40 M . Considering the magnetic evolution of the models, an even lower mass is favoured,
25-30 M , based on the log Bp vs. Teff diagram. This discrepancy can be explained in two
ways. i) If the mass needed to be revised from 40 M to ∼ 25 M , it would suggest that
the adopted luminosity causes the discrepancy that overestimates the expected mass of the
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Figure 6.3: Shown are the dipolar magnetic field strengths of O stars vs. their effective
temperatures (left panel) and vs. their surface gravities (right panel). Models with initial
rotation rates of Ωini /Ωcrit,ini = 0.8 (top panels) and Ωini /Ωcrit,ini = 0.2 (bottom panls) are
shown. The assumed initial magnetic field strength is Bp,ini = 3 kG. The initial masses of
the models range from 15 to 60 M and are indicated next to the ZAMS of the tracks. The
marker size and colour corresponds to the observed field strength and estimated mass bin.
The fully opaque symbols represent stars that are considered in the analysis. The mean
errorbars are shown to the lower left. The uncertainty in Bp is not indicated, however, in
several cases the presented values should be considered as lower limits.
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star. This would either imply that the distance of the star needs to be revised, or that its
luminosity is higher than expected because it has a (yet undetected) companion star. ii) If
the adopted luminosity and mass bin were correct, the magnetic evolution would need to
be reconsidered. In particular, the models with given initial mass would need to start their
evolution with stronger magnetic fields (thus shifting the tracks vertically in Figure 6.3).
However, this procedure would lead to a discrepancy on the log Bp − log g plane, unless a
different field evolution scenario was assumed.
Presently, the fact that several stars are measured or, in some cases, assumed to have the
same surface gravity (log g = 4.0) and a range of inferred dipolar magnetic field strengths
(≈ 0.4 dex without NGC 1624-2, ≈ 1.3 dex with NGC 1624-2), suggests that a distribution
of field strengths with a similar range should exist at the ZAMS.

6.3.3

Rotational evolution

The IFR (Ωini /Ωcrit,ini = 0.8) and ISR (Ωini /Ωcrit,ini = 0.2) models with an initial magnetic
field strength of 3 kG are shown in the upper and lower panels Figure 6.4, respectively.
On average the model calculations that incorporate magnetic braking do account for slower
rotation than non-magnetic models with the same initial rotation rates (as demonstrated
previously, see, e.g., Table 5.2).
The initial mass is not well constrained for the sample and the initial magnetic field
strength is only assumed. Since both of these can modify the rotational spin down, a
fundamental uncertainty arises from adopting given initial masses and initial magnetic
field strengths. In the case of three stars in the sample, (6) HD 108, (8) HD 57682 and
(9) HD 54879, the notable discrepancy between the tracks and the models implies that
quantitatively the spin down occurs even more rapidly than predicted by the models, if we
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Figure 6.4: Comparison between measured rotational periods and model predictions of
magnetic O-type stars. Left: vs. the effective temperature. Right: vs. the surface gravity.
For consistency, the models are the same as in Figure 6.3. The marker size and colour
corresponds to the observed field strength and estimated mass bin. The fully opaque symbols
represent stars that are considered in the analysis. The mean errorbars are shown to the
lower right and upper left. The uncertainty in Prot is negligibly small.
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require that their mass bins are approximately correct. To elaborate on the possible sources
that may cause this, models with surface magnetic braking should also be included in the
comparison since we found that those models spin down faster than models with internal
magnetic braking (see Chapter 5, in particular, Section 5.3 for the model description and
Figure 5.1 for the demonstration of this result). We should also note that a trivial solution
to solve this problem would be if these stars initiated their main sequence evolution with
rotation rates even lower than adopted in the ISR models. However, the initially slow rotation
does not allow for efficient magnetic braking, therefore in these cases the assumption would
need to consider the ZAMS rotation rate of these stars to be very similar to their present-day
rotation.
On the other hand, CPD -28◦ 2561 is not compatible with the models either, although,
the discrepancy to be solved would require that, contrary to the previous three cases, the
models spin down less rapidly on the log Prot −Teff plane. A less rapid spin down of the
models on the log Prot −log g plane is not favoured, however it would still be compatible with
the observed position of the star within uncertainties. In agreement with our assessment
of the magnetic evolution of CPD -28◦ 2561, this discrepancy can be solved in two ways:
i) the star could have a companion that slows down magnetic braking, or ii) the mass bin
is incorrectly assumed and the star should have a mass of ∼25 M , or iii) both of these.
Since in our simplified 3-parameter study the models with initially ∼25 M can match the
observed position of the star considering both the magnetic and rotational evolution, we
conclude that it is likely that the currently-considered mass of CPD -28◦ 2561 is greatly
overestimated.
While four stars in the considered subsample could not be unambiguously reconciled
with models, (7) ALS 15218 (also known as Tr16-22) is compatible with all (rotational,
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magnetic and HRD) diagnostics in this simplified 3-parameter study. The observed position
of the star (Nazé et al. 2016) is well described by a ∼25 M model within uncertainty.
This promising match between models and observations of ALS 15218 makes the star an
interesting target for follow-up modelling efforts.

6.3.4

Evolution on the rotation-confinement diagram

The rotation-confinement diagrams in Figures 6.5 and 6.6 show that the considered subsample of known magnetic O-type stars host a dynamical magnetosphere (see also Sections 4.4.4
and 5.5.3). The models, with an initial rotation rate of Ω/Ωcrit = 0.8 and an initial field
strength of 3 kG, begin their main sequence evolution in the centrifugal magnetosphere
(CM) regime (Figure 6.5). As they rapidly spin down, they transition from this regime to
the dynamical magnetosphere (DM) regime of the diagram (see also Section 4.4.4). In this
particular setup, the ISR models (Figure 6.6), on the other hand, only initiate their evolution
in the CM regime for initial masses < 35 M . Our calculations show that higher-mass models with initially slow rotation are predicted to begin their main sequence evolution with
dynamical magnetospheres. This is because with a fixed angular velocity, higher stellar
mass implies a larger Kepler co-rotation radius (see Equation 4.11).
From the subsample, three stars (CPD -28◦ 2561, ALS 15218, HD 57682) may be reasonably approximated with the IFR models within uncertainties, although the comparison
with the ISR models is somewhat more discrepant. Two stars are in significant disagreement
with the models.
• HD 108 is an extremely slowly rotating star (Porb ∼ 55 yr) with a relatively low surface
gravity. These characteristics point to an efficient mechanism of magnetic braking
(Nazé et al. 2004; Martins et al. 2010; Shultz & Wade 2017). The longitudinal field
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Figure 6.5: Rotation-confinement diagram of known magnetic O-type stars. For consistency, the IFR models are the same as in Figure 6.1. The centrifugal and dynamical
magnetosphere regimes (CM and DM) are separated by the dashed magenta line. The
mean errorbar is shown to the lower centre. The evolutionary models have initial masses
of 15, 20, 25, 30, 35, 40, and 60 M .
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Figure 6.6: Same as Figure 6.5, but the ISR models are shown.
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measurements imply a surface dipolar magnetic field strength at minimum 1.1 kG
(Shultz & Wade 2017). Based on our model comparison from the HRD, HD 108
has evolved over 80 % of its main sequence life-time and thus it is currently the most
evolved known magnetic O-type star. To solve the disagreement with the models on
the rotation-confinement diagram (assuming an initial mass of ∼40 M and an initial
magnetic field strength of 3 kG), the Kepler co-rotation radius of the model would
need to reach at least an order of magnitude higher value.
• HD 54879 is a late O-type star and from the current magnetic O star sample this star
has the lowest mass (14±7 M estimated from evolutionary models without surface
magnetic fields by Shenar et al. 2017). This star has an enormous magnetosphere
(RA ∼12 R?) and an expected very slow rotation (Castro et al. 2015; Shenar et al.
2017). As we found that the rotational evolution of the star would require a model with
a more rapid spin down, such a scenario would help to reconcile the modelled RK . On
the other hand, while the magnetic evolution (Figure 6.3) is well approximated with
an initial 3 kG field that declines following magnetic flux conservation, the Alfvén
radius of the star is not recovered by the 15 M models. To a large extent, this could be
the result of the adopted mass-loss rates in the models, which may be overestimated,
hence leading to underestimate RA in the models (see Equation 3.15).
We conclude that the present model assumptions need to be improved to reconcile
models with observations. Since we ‘calibrated’ the magnetic evolution of the models
by assuming an initial field strength and field evolution model such that it would recover
the present-day values of the observed subsample of magnetic O-type stars, a key element
of the discrepancy is likely to be the adopted field evolution scenario of magnetic flux
conservation. If the magnetic flux decayed, initially stronger magnetic fields could be
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assumed in the models, and the combination of these may reconcile the present-day values
derived from observations. At the same time, an assumed stronger initial field would allow
for braking the rotation of the star more efficiently, and hence leading the larger RK values
over time (thus extending the length of the tracks in Figures 6.5 and 6.6).

6.4

Modelling stars individually: NGC 1624-2

We computed models representative of NGC 1624-2 and found that an initial model mass
of 25.8 M results in a desired match on the HRD (Figure 6.7). As is the case for the B-star
models, the initially fast and slow rotator O-star models also converge to a common track,
leading to a degeneracy between them. Since reconciling observations with models is an
‘inverse problem’, we can only say that these computed models may be one possibility to
represent NGC 1624-2, but by no means are a unique solution. To label these models as
possible solutions for NGC 1624-2, we should investigate whether the computed models can
simultaneously also reconcile the magnetic and rotational evolution of the star (Figure 6.8).
Wade et al. (2012b) noted that the ‘mass discrepancy’ described first by (Herrero
et al. 1992, but see also Markova et al. 2018) leads to a higher estimated spectroscopic
mass (34 M ) than what they inferred for the evolutionary mass (28 M ) by interpolating
from non-magnetic evolutionary models from Meynet & Maeder (2005). Remarkably, our
computed magnetic models are fairly close to the latter value, and predict a present-day
mass of 25.75 M . Our computed models also coincide with the known cluster age of
NGC 1624 (∼4 Myr, see Lim et al. 2015), yielding a current age of NGC 1624-2 of 4 Myr
corresponding to a fractional main-sequence age of 0.6. With the adopted initial field
strengths, both IFR and ISR models predict a dipolar field strength of ≈ 20 kG at the 4 Myr
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Figure 6.7: HRD of models tailored to match the observed position of NGC 1624-2
(marked with a blue star). The initially fast rotator (IFR) model rapidly merges to the
track of the initially slow rotating (ISR) model and their evolutionary tracks appear to be
identical. Their ZAMS positions are marked with squares. The initial model characteristics
are indicated on the plot.
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Figure 6.8: Shown are the rotational period and dipolar magnetic field strength vs. the
effective temperature and surface gravity. The same two models are show as in Figure 6.7.
The position of NGC 1624-2 is shown with a blue star. The uncertainty in Prot is negligibly
small.
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model age, which is consistent with the derived value from observations.
We can estimate the star’s initial field strength assuming magnetic flux conservation. If
it started its evolution as a slow rotator, it would require a dipolar field of 45 kG or more. If
it arrived to the ZAMS as a fast rotator, it would require a lower field strength, of the order
of 35 kG or more. This is because the IFR model undergoes a blueward evolutionary phase
in which the stellar radius decreases, correspondingly the dipolar field strength increases.
As a consequence, the IFR model has a similar, 45 kG field strength at the location on the
HRD where the ISR model initiates its evolution.
On the other hand, the rotational evolution is not completely matched by the models.
This could primarily be the reason of the adopted initial mass. For a lower initial mass,
the evolution would start at lower Teff and log g, and hence the rotational evolution of the
models would become compatible with the observed value. However, this would cause a
discrepancy with the magnetic evolution of the models. This is a problem similar to what
we identified in the case of CPD -28◦ 2561. Therefore, follow-up modelling should consider
the investigation of i) binary models, and ii) single-star models with magnetic flux decay.

6.5

Discussion

There is a small number of known magnetic O-type stars, therefore every one of them
represents a unique laboratory to study magnetism in the most massive stars.
In several instances, companion stars have been found (5 confirmed out of 11 stars in
the sample), implying that multiplicity plays an important role in their evolution. In the
case of stars with close companions, these effects cannot be neglected. In systems with
large orbital separation, the effects of binarity may be modest, and therefore single star
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evolutionary models could be used in a first approach. Nevertheless, in these cases the
stellar parameters derived from observations may need to be significantly revised.
We should also reiterate that the ZAMS magnetic fields strengths are only assumed and
the field evolution scenario remains uncertain. These assumptions determine the rotational
spin down of the star, among others. To allow for self-consistent modelling, the ZAMS field
strengths of these stars needs to be established and their field evolution needs to be further
constrained. If the magnetic flux decays, the rate of the decay needs to be quantified. The
field evolution in the models should be the subject of a follow-up study to the presented first
approach in this Chapter.
The O spectral type typically corresponds to massive stars in their early evolution. As
they evolve on the HRD to lower effective temperatures, they are expected to change spectral
types and thus more evolved main-sequence massive stars should have a spectral type of B.
Therefore, establishing a meaningful evolutionary link between known magnetic O and B
stars would constitute an immediate priority of follow-up efforts. A significant difficulty is
that the known magnetic B-type stars have much smaller masses than the known magnetic
O-type stars. On the other hand, magnetic O stars are not expected to lose a significant
fraction of their initial mass (see Chapter 7). This implies that there may exist a class
of missing descendants of the known magnetic O stars. The first object to resolve this
interesting problem may be HD 54879 which has a late O spectral type, and we estimate an
initial mass close to 15 M . Therefore this object should be evolving from O to B spectral
type over a considerable time-scale. The descendants of massive magnetic O stars should
have high luminosity (log L

∼ 5.0) and lower effective temperatures (Teff < 30 kK). It

remains puzzling whether the lack of evolved massive magnetic stars may be due to a
physical basis (for example, the appearance of near-surface convection, or magnetic flux
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decay) that destroys the fossil fields.

6.6

Conclusions

We presented a preliminary analysis of known magnetic O-type stars, comparing the observations with improved evolutionary model calculations. We analysed a subsample of the
magnetic O stars, by assuming their initial dipolar magnetic field strengths and their field
evolution. This attempt pointed to some systematic discrepancies that should be studied in
more detail. As a major conclusion, the estimated stellar masses may need to be significantly revised in some cases. One star from the subsample of five stars, ALS 15218, could
be reconciled with the computed models within uncertainty.
We quantified that on the rotation-confinement diagram, there exists a threshold above
which stars are born with dynamical magnetospheres. At an initial rotation rate of Ω/Ωcrit =
0.2 and initial magnetic field strength of 3 kG, stars with initial masses < 35 M are born
with CMs and later transition to the DM regime, whereas stars with ≥ 35 M are born and
remain with dynamical magnetospheres. For higher initial rotation rates the threshold shifts
towards higher initial masses.
We conclude that with a new generation of evolutionary models, which account for
the effects of surface fossil magnetic fields, a more detailed comparison is feasible between models and observations. We outlined the first steps toward a more comprehensive
parameter study.

‘The good thing about science is that it’s true
whether or not you believe in it.’
Dr. Neil deGrasse Tyson

Chapter 7
Magnetic massive stars as progenitors of
‘heavy’ stellar-mass black holes
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Abstract
The groundbreaking detection of gravitational waves produced by the inspiralling and
coalescence of the black hole (BH) binary GW150914 confirms the existence of ‘heavy’
stellar-mass BHs with masses >25 M . Initial modelling of the system by Abbott et al.
(2016a) supposes that the formation of black holes with such large masses from the evolution
of single massive stars is only feasible if the wind mass-loss rates of the progenitors were
greatly reduced relative to the mass-loss rates of massive stars in the Galaxy, concluding
that heavy BHs must form in low-metallicity (Z . 0.25 − 0.5 Z ) environments. However,
strong surface magnetic fields also provide a powerful mechanism for modifying mass
loss and rotation of massive stars, independent of environmental metallicity (ud-Doula &
Owocki 2002; ud-Doula et al. 2008). In this paper we explore the hypothesis that some
heavy BHs, with masses >25 M such as those inferred to compose GW150914, could be the
natural end-point of evolution of magnetic massive stars in a solar-metallicity environment.
Using the MESA code, we developed a new grid of single, non-rotating, solar metallicity
evolutionary models for initial ZAMS masses from 40-80 M that include, for the first
time, the quenching of the mass loss due to a realistic dipolar surface magnetic field. The
new models predict TAMS masses that are significantly greater than those from equivalent
non-magnetic models, reducing the total mass lost by a strongly magnetized 80 M star
during its main sequence evolution by 20 M . This corresponds approximately to the mass
loss reduction expected from an environment with metallicity Z = 1/30 Z .
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Introduction

On Sept. 24, 2015, the Laser Interferometric Gravitational-wave Observatory (LIGO)
detected their first gravitational wave event GW150914, as predicted by Marchant et al.
(2016). According to Abbott et al. (2016b), this event originated from the merger of two
black holes with mass of 36 M and 29 M at redshift z = 0.09. The high masses of the
merging black holes is in stark contrast with the handful of black holes (< 15 M ) in our
Galaxy for which dynamical masses can be inferred (e.g. Özel et al. 2010). GW150914
therefore provides the best evidence that relatively ‘heavy’ (> 25 M ) black holes do form
in nature.
The most likely origin of these objects is via the evolution of massive stars. According
to standard narratives of stellar evolution, one of the critical aspects to the formation of
heavy black holes (in isolation as well as in multiple systems) is the total mass lost during
their evolution, which in turn is very dependent on the metallicity.
This is because massive stars have powerful, radiatively-driven stellar winds (Puls et al.
2008, and references therein) with the opacity of resonance-line transitions in the UV as the
main driving mechanism. The predicted slightly sub-linear dependence of mass-loss rate
on metallicity (Vink et al. 2001) is corroborated by observations of massive stars in nearby,
metal-poor galaxies (Mokiem et al. 2007; Mokiem et al. 2007). Models of isolated, single
massive star evolution show that heavy black holes are likely to form in low metallicity
environments with Z . 0.1 Z (Spera et al. 2015; Belczynski et al. 2016; Abbott et al.
2016a)1.
In this paper, we explore the effects of a large scale, dipolar surface magnetic field in
1For binary evolution, the low metallicity requirement is less stringent in some models (Belczynski et al.
2016; Marchant et al. 2016, and reference therein.)
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suppressing wind mass loss and enabling an additional channel for a heavy BH to form in
a solar metallicity environment.
In the last decade, large magnetometric surveys (Fossati et al. 2015b; Wade et al. 2016)
have revealed a population of magnetic massive stars, comprising ∼ 10% of all main
sequence OB stars. These magnetic fields, ranging from a few hundred gauss to tens of
kilogauss, have properties different than dynamo-powered solar-type stars: they are largescale and mainly dipolar, stable, and probably of fossil origin, i.e. they were left behind
from a previous evolutionary epoch.
An important aspect of magnetic massive stars is the formation of wind-fed circumstellar
magnetospheres (ud-Doula & Owocki 2002; Townsend et al. 2007; ud-Doula et al. 2008,
2013). The interaction between the wind and field creates a region of closed loops (Fig. 7.1)
that channels the upflowing wind material into standing shocks near the loop apices. The
magnetic field strongly couples the wind to the stellar surface, forcing it into co-rotation.
In absence of significant stellar rotation able to provide centrifugal support to the cooling,
post-shock material, the trapped gas is pulled back to the stellar surface by gravity over
a dynamical timescale (Owocki et al. 2016). Such a magnetosphere is referred to as a
“dynamical magnetosphere” (DM). The mass-loss rate is thus reduced according to the
fraction of the stellar surface feeding closed loops.
It has been shown both theoretically and observationally that the rotational braking
produced by these magnetic fields is very effective for the most massive O-type stars (udDoula et al. 2009; Petit et al. 2013)2. Therefore very massive magnetic stars should rapidly
transition from hosting a rotationally-supported magnetosphere to a DM. As we will present,
many of the known magnetic O stars have a significant fraction of their winds returning to
2With the exception of Plaskett’s star, which has significant rotation, and is thought to be a post masstransfer object (Grunhut et al. 2013).
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Figure 7.1: Schematic representation of the circumstellar magnetosphere of a slowlyrotating magnetic massive star, based on the description of ud-Doula & Owocki (2002);
ud-Doula et al. (2008). The equatorial radius of the last closed loop is given by the closure
radius Rc , which is on the order of the Alfvén radius RA where the magnetic energy density
balances the wind kinetic energy density. The whole magnetospheric structure co-rotates
with the stellar surface.
the stellar surface because of magnetic confinement, effectively reducing the mass-loss to a
point that can rival with the effect of a low metallicity.
In this paper, we explore how the magnetic confinement evolves with time to predict
how large-scale, dipolar magnetic fields, like those measured on ∼10% of O stars, will
reduce the lifetime-integrated mass-loss, making it easier to form heavy BHs from magnetic progenitors, lessening (or altogether doing away with) the requirements for very low
metallicity.
Section 7.2 summarises the current day magnetic confinement of magnetic O-type stars
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and compares with metallicity relations. Section 7.3 explains our implementation of the
magnetic confinement scenario within the MESA evolution code. Section 7.4 presents the
relation between the initial and final mass of our models at galactic metallicity. Finally,
Section 7.5 summarises our findings.

7.2

Wind quenching by magnetic confinement in
O-type stars

As described above, a large-scale magnetic field at the surface of a massive star can confine
the outflowing, radiatively-driven wind (Babel & Montmerle 1997a,b). The principal
influence of the magnetic field on the stellar wind is to reduce the effective rate of mass
loss, due to two main effects:
(i) In the slowly-rotating, dynamical magnetosphere case, only the open field regions
contributes to the total mass loss by the star (red regions in Fig. 7.1), as the trapped, post
shock material located in closed-line regions (blue region in the figure) is constantly pulled
back to the stellar surface by gravity (ud-Doula et al. 2008).
(ii) The tilt of the magnetic field with respect to the direction normal to the stellar
surface reduces the wind-feeding rate at the loop footpoint (Owocki & ud-Doula 2004; Bard
& Townsend 2016). This results in a further reduction of the total wind feeding rate, more
important for low latitude loops near the magnetic equator. As low latitude field loops will
generally be closed for a dipolar magnetic geometry with a typical wind confinement, this
effect adds only marginally to the reduction of the mass loss rate; hence we ignore this
higher order effect. However, as a consequence we will obtain a conservative lower limit to
the mass-loss reduction caused by the presence of the magnetic field.
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According to ud-Doula & Owocki (2002), the equatorial radius, Rc , of the farthest
closed magnetic loop in a magnetized wind with a dipolar geometry at the stellar surface is
of the order of the Alfvén radius RA (see Fig. 7.1). More precisely,
Rc ≈ R? + 0.7(RA − R?),

(7.1)

where R? is the stellar radius.
The location of the Alfvén radius corresponds to the point in the magnetic equatorial
plane where the field energy density equals the wind kinetic energy,
Bp2 R?2
RA
≈ 0.3 +
+ 0.25
R∗
4 MÛ B=0V∞,B=0

! 1/4
,

(7.2)

where Bp is the surface dipolar field strength. It is important to note that the Alfvén radius
is parametrised by the mass-loss rate and wind terminal velocity the star would have in
absence of a magnetic field, MÛ B=0 and V∞,B=0 . This mass-loss will be referred to as the
“wind-feeding rate” at the base of the magnetosphere, to avoid confusion with the greatly
reduced total rate of mass loss.
Tracing back the last closed loop to its footprint on the stellar surface, we can determine
the fractional area covered by open field lines (red-shaded region in Fig. 7.1) as a function
of the closure radius of the last magnetic loop. Following ud-Doula et al. (2008), we assume
that this fraction of the surface alone (reproduced at both magnetic poles) is responsible for
the total mass loss from the star and we define the dipolar escaping wind fraction fB :
MÛ
=1−
fB =
MÛ B=0

r
1−

R∗
.
Rc

(7.3)
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P
PCM M?
Bpole RK /R∗ RA/R∗
fB
(d)
(d) (M ) (kG)
(percent)
(1)
(2)
(3)
(4)
(5)
(6)
(7)
(8)
(9)
HD 148937
O6f?p
7
2.1
60
1.0
4.3
1.8
33
CPD -282561
O6.5f?p
70
5.4
43
>1.7
19
>3.1
< 18
HD 37022
O7Vp
15
1.9
45
1.1
9.4
2.4
24
HD 191612
O6f?p-O8fp
537
8.2
30
2.5
57
3.7
15
NGC 1624-2 O6.5f?cp-O8f?cp 158
23
34
>20
41
>11
<4
HD 47129
O7.5III
*
6.8
56
>2.8 < 2.2 >5.4
< 24
HD 108
O8f?p
18000 3.2
43 >0.50 526
>1.7
< 36
ALS 15218
O8.5V
4.1
28
>1.5
>3.6
<15
HD 57682
O9V
64
3.8
17
1.7
24
3.7
15
HD 37742
O9.5Ib
7
2.7
40
0.06
2.1
1.1
70
∗ v sin i is measured to be ∼ 300 km s−1 resulting in P /sin i = 1.8 d (Grunhut et al. 2013).
rot
Star

Spec. Type

Table 7.1: List of known magnetic massive O-type stars with their spectral type, rotational
period P, fiducial rotational period that would be needed for dynamically important rotation
PCM , mass, dipolar field strength Bp , Alfvén radius RA, and escaping wind fraction fB .
Columns 1-3 and 5-8 are reproduced from Petit et al. (2013).
We note that in the case of a star with dynamically significant rotation, fallback occurs
only for magnetic loops for which material is not centrifugally supported, i.e. with equatorial
radii less than the Kepler co-rotation radius RK (ud-Doula et al. 2008; Townsend et al. 2007).
Without any loss of generality, Rc in the above equation could be replaced with RK in such
cases.
In Table 1, we compute the present-day values of fB for the known magnetic O-type
stars included in the compilation of Petit et al. (2013). For all but one star the Alfvén
radius is smaller than the co-rotation radius, as can be seen from columns 7 and 8, and we
therefore use RA for our calculations. As a more intuitive comparison, we list in column 4
the fiducial rotational period that would be needed for the Kepler radius to be smaller than
the Alfvén radius. For a generic magnetic main sequence O-type stars with RA ∼2-3 R?
the rotational period would need to be shorter than one week in order to be dynamically
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Figure 7.2: Equivalency curve between the reduction of mass-loss due to metallicity (in
units of Z = 0.019) and the reduction of mass-loss due to magnetic wind confinement
(expressed as the extent of the Alfvén radius). The curve is coloured according to the
mass-loss scaling. The metallicity of the LMC and the SMC, as well as the ∼1/10 Z
needed by single non-magnetic models to form heavy black holes (Abbott et al. 2016a), are
indicated by horizontal red lines. The Alvén radius of a few known magnetic O-type stars
are indicated with vertical blue lines.
significant, whereas the observed rotational periods are typically of the order of months.
The typical known magnetic O-type stars have an Alfvén radius of RA ' 1.1 - 3.7
R? which corresponds to an escaping wind fraction fB of 70 -15 percent, respectively.
NGC1624-2, the magnetic O-type star with the strongest field known (Wade et al. 2012b)
has a much larger Alfvén radius, RA ' 11 R?, leading to only 5 percent of its wind escaping
the magnetosphere.
For comparison, Fig. 7.2 illustrates the metallicities and equivalent values of RA that
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produce an equivalent mass-loss reduction. The mass-loss rate dependence on metallicity
for non-magnetic stars is taken from the scaling relations by Vink et al. (2001).
For most known magnetic stars in the Galaxy, the effect of the magnetic field corresponds
to the equivalent mass-loss reduction for stars at metallicities ranging between that of the
SMC and 1/10 Z . The most extreme case, NGC 1624-2, has a mass loss reduction
equivalent to that which would occur for a similar star at a metallicity ∼ 1/30 Z .
Naively, Galactic metallicity magnetic O stars could in principle evolve in a fashion
similar to O stars with much lower metallicity. As a consequence, such evolution might then
permit the formation of heavier remnants even at a metallicity higher than the Z < 1/10 Z
required by non-magnetic, single star models for the formation of BH as massive as those
involved in the merger of GW150914 (Spera et al. 2015; Belczynski et al. 2016; Abbott
et al. 2016a).
However, given its dependence on magnetic, stellar, and wind parameters, the escaping
wind fraction due to magnetic confinement will likely evolve during a star’s lifetime in a
different way than a reduction of mass-loss due to a low metallicity. Therefore as a first
step, we concentrate on the total mass that is lost during the span of a star’s main sequence
lifetime, by implementing the effect of wind confinement in MESA, as described in the
following section.

7.3. THE BEHAVIOUR OF MAGNETIC CONFINEMENT OVER STELLAR
EVOLUTION TIME SCALES
234

7.3

The behaviour of magnetic confinement over
stellar evolution time scales

The well-studied large-scale magnetic fields that have been firmly detected at the surfaces
of many massive stars – believed to have a fossil origin (e.g. Braithwaite 2009; Wade et al.
2011a) – have only been considered thus far in a handful of evolutionary models.
Meynet et al. (2011) studied the effects of magnetic fields in enhancing surface angular
momentum loss by magnetic braking during the evolution of a 10 M star. Considering
two models reflecting extreme behaviours of angular momentum transport in the interior,
they found that (i) when the interior is differentially rotating, the surface becomes enriched
in nitrogen (ii) when the interior is in solid-body rotation, there is no surface nitrogen
enrichment and the surface rotation decreases more rapidly with time than for the differential
rotation case.
Most other studies using magnetic stellar evolution models considered only the internal
effects of shear dynamo-generated magnetic fields in massive stars (Heger et al. 2005;
Petrovic et al. 2005; Maeder & Meynet 2003, 2004, 2005), mostly to account for the transport
angular momentum via the proposed (but debated) Tayler-Spruit mechanism (Tayler 1973;
Spruit 2002, see evolutionary models from, e.g., Brott et al. 2011a; Song et al. 2016).
Such dynamo mechanisms have been proposed to operate in massive stars, either generated by convection in the core (Augustson et al. 2016) or in a subsurface layer (Cantiello
et al. 2009), and also generated by shear in the radiative envelope (Spruit 2002; Braithwaite
& Nordlund 2006; Rüdiger et al. 2012, but see Zahn et al. 2007). However, the presence of
dynamo fields detectable at the surfaces of hot, massive stars have not been confirmed by
observations yet (e.g. Neiner et al. 2015).
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While it is clear that fossil or possible dynamo fields do have an impact on the stellar
interiors and especially angular momentum transport (e.g. Duez & Mathis 2010; Duez et al.
2010b; Meynet et al. 2011), our immediate focus is to study how large-scale fossil fields
affect the evolution of the mass loss, and ultimately on the final mass available to form a
stellar remnant.
Thus, in terms of 1D hydrodynamical model calculations, we account for the alteration
of the mass-loss rates due to magnetospheric effects for stars with large initial masses
(> 40 M , corresponding to O-type stars), as described below. Furthermore, we consider
only non-rotating models, to reduce the complications arising from the unknown structure
of fossil fields in stellar interiors, and the associated modification of the interior angular
momentum transport. This is a very reasonable first approach considering that most known
magnetic O-type stars rotate very slowly compared to non-magnetic O-type stars (see the
rotational periods summarised in Tab 7.1). Details of our implementation are described in
the following subsections.

7.3.1

MESA implementation

We use the open-source 1D hydrodynamical stellar evolution code, Modules for Experiments
in Stellar Astrophysics (MESA, Paxton et al. 2011, 2013, 2015) with the following new,
simple treatment to manipulate the mass-loss rates.
We implement the effect of a large-scale dipolar magnetic field using the mass loss
reduction prescription of ud-Doula & Owocki (2002) as summarised in §7.2. We assume a
range of initial (ZAMS) surface magnetic fluxes, corresponding approximately to the range
of fluxes measured in real magnetic O stars. We impose flux conservation as the models are
allowed to evolve; hence the surface magnetic field strength changes with time according
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to:

F ∼ 4πR?2 (t)Bp (t) = constant.

(7.4)

The polar field strength at the surface will therefore scale as:
Bp (t) = Bp,0



R?,0
R?(t)

2

,

(7.5)

where Bp,0 and R?,0 correspond to the polar field and stellar radius defined at the start of the
evolution.
With the obtained polar field strength B(t), the non-magnetic Vink “wind-feeding”
rate3, terminal velocity (see sec. 7.3.3), and the radius, we calculate the Alfvén radius from
equation 7.2. It is straightforward then to obtain the escaping wind fraction fB (t) from
equations 7.1 and 7.3.
The final mass loss for that time step is obtained by scaling the current time step “windfeeding” rate with the escaping wind fraction fB (t) allowing for mass to escape only via
open loops, such that:

MÛ final (t) = fB (t) MÛ Vink (t).

7.3.2

(7.6)

Grid of models

For consistency with the results discussed by Abbott et al. (2016a), we aim for simple model
calculations that are comparable to the non-magnetic models presented by Belczynski et al.
(2010).
3We note here that the wind properties are dependent on the adopted metallicity described in the following
subsection.
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General properties of the models
For our model calculations we adopt the hydrogen, helium and metal fractions as X = 0.732,
Y = 0.249, Z = 0.019, and the chemical mixture of metals are from Anders & Grevesse
(1989, the isotopic ratios are adopted from Lodders 2003). These values are the ones used
in the original Vink prescription, as well as in the models presented by Belczynski et al.
(2010).
The convective core boundary is determined by the Schwarzschild criterion, and we
neglect overshooting. This can be justified by the large convective cores in this mass range
(see also Köhler et al. 2015). We adopt a mixing length parameter αM LT = 1.5 (Kippenhahn
et al. 2012).
For this study, we follow our model calculations until core hydrogen exhaustion. This is
reasonable since the presence and impact of fossil fields in the post-main sequence phases
are very poorly understood. Due to the increase in the stellar radius after the TAMS,
the fossil magnetic fields are expected to weaken significantly, while small-scale dynamo
fields might take place due to the convective surface layers that develop at this phase of
the evolution (Cantiello et al. 2009). Therefore the wind confinement by fossil fields is
expected to be small during the post-main sequence evolution, except in those stars with
the very largest initial magnetic fields. Another open question is the role played by interior
fossil magnetic field in the core collapse mechanism itself.

Choice of initial masses
Our choice of initial masses is motivated by our goal to explore the formation of heavy
black holes at Galactic metallicity for magnetic stars of plausible initial masses. We note
that the most massive magnetic O-type star known is ∼ 60 M (HD 148937; Wade et al.

7.3. THE BEHAVIOUR OF MAGNETIC CONFINEMENT OVER STELLAR
EVOLUTION TIME SCALES
238

2012a). According to the models presented by Belczynski et al. (2016) and Spera et al.
(2015), remnant of masses > 30 M could be formed by stars with initial masses ranging
between ∼40-80 M for metallicities ranging between 0.01 and 0.5 Z .
We therefore consider a mass range using 40, 60 and 80 M models. The 80 M
models belong to the Very Massive Star (VMS) category (Vink et al. 2012; Köhler et al.
2015). These objects typically live very close to the Eddington limit, and can experience
a variety of complex radiation-hydrodynamical instabilities (see, e.g. Jiang et al. 2015).
Rather than simulating these instabilities in detail, for simplicity we adopt the mlt++
prescription introduced by Paxton et al. (2013), which reduces the superadiabaticity in
radiation-dominated convection zones and thereby allows models to be evolved successfully
through the near-Eddington stages.

Choice of initial magnetic field values
In our grid of models we adopt three realistic magnetic cases and a non-magnetic case.
As we are considering the flux conservation hypothesis, we compute our magnetic models
using a set of three magnetic fluxes, defined as in equation 7.4. This means that for each
magnetic strength group, the initial dipolar field strength at the ZAMS will be different for
each initial mass, as the more massive stars have a larger ZAMS radius.
Known magnetic O-type stars generally have a radius of ∼ 10 R and a magnetic field
of 1-2 kG (Petit et al. 2013). Therefore the magnetic flux is of the order of 1028 G cm2 . In
the case of the most magnetic O-type star NGC 1624-2, the magnetic flux reaches 1029 G
cm2 due to the higher dipolar strength (Wade et al. 2012b). In the case of the supergiant
HD 37742, the larger radius and weaker dipole strength only lead to 1027 G cm2 (Blazère
et al. 2015).
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We therefore use magnetic fluxes of 1027 , 1028 , and 1029 G cm2 , respectively. The
corresponding initial dipolar field strengths at the ZAMS will be presented in Fig. 7.5 and
discussed further in §7.4.

7.3.3

Mass-loss prescription

A very sensitive question is the treatment of mass-loss rates, and we note here that our
purpose is to complement an existing mass-loss scheme with the effects of wind quenching
from magnetic confinement. Therefore, while our results quantitatively depend on the
adopted scheme, the qualitative influence is independent of the adopted wind description.
We adopt the widely-used Vink rates (Vink et al. 2000, 2001) for consistency reasons,
and we did not manipulate the “original” MESA routine besides complementing it with
a function accounting for the time-dependent reduction of the mass loss as described by
equations 7.4 to 7.6. However, we note here that recent studies indicate that there may be
discrepancies between the theoretical Vink rates and mass-loss rates derived from state-ofthe-art diagnostics.
(i) X-ray (Cohen et al. 2014b; Leutenegger et al. 2013; Hervé et al. 2013), UV (Sundqvist
& Owocki 2013; Bouret et al. 2012; Šurlan et al. 2013), and IR (Najarro et al. 2011)
diagnostics of massive stars are consistent with Vink rates reduced by a factor 2 when
up-to-date abundances are considered (Vink et al. 2010; Petrov et al. 2016).
(ii) Furthermore, the theoretical position of the first bi-stability jump (Pauldrach & Puls
1990; Vink et al. 1999, 2000) has very recently been re-investigated and found to be at
lower effective temperatures (Petrov et al. 2016), while a large jump in mass-loss rates at
the bi-stability is still debated (Crowther et al. 2006; Markova & Puls 2008), and likely
overestimated in evolutionary calculations (Keszthelyi et al. 2017a).

7.4. RESULTS

240

6.0

4.5

log(L) (L ¯ )

5.8
5.6

1.0
Bi-stability jump
Mass / Initial mass

4.0
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Figure 7.3: Left: evolutionary tracks of the non-magnetic models in the HR diagram.
Middle: Wind mass-loss rate as a function of effective temperature using the Vink prescription as implemented in MESA. Right: Evolution of the stellar mass as a function of effective
temperature, expressed as a fraction of the initial mass. The dashed vertical lines mark the
change in trajectory in the HRD caused by the increase in mass-loss rate at the bi-stability
jump, and therefore a more rapid decrease of the mass as a function of temperature.
We note that we explicitly calculate the terminal velocity in equation (7.1) from the
escape velocity vesc , adopting for v∞ /vesc = 2.6 and v∞ /vesc = 1.3 for the hot and cool side
of the bi-stability jump, respectively (Lamers et al. 1995; Kudritzki & Puls 2000, but see
also Prinja & Massa 1998; Crowther et al. 2006; Markova & Puls 2008; Fraser et al. 2010;
Castro et al. 2012).
We also note here, that although some of our models may become LBVs during their
main sequence, and thus enhanced mass-loss rates may need to be considered (e.g. Groh
et al. 2014), we do not account for this transition since we only aim at demonstrating how
magnetic winds compare to a reference non-magnetic model.
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Figure 7.4: Evolutionary tracks of all the models in the HR diagram. In each group, the
lowest curve corresponds to the non-magnetic model. The curves are coloured according
to their fractional main sequence age, where 0 represent the ZAMS, and 1 represent the
TAMS.
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Figure 7.5: Evolution of the surface dipolar field strength as a function of fractional
main sequence age. The grey zone illustrates the range of measured field strengths for
known magnetic O-type stars. Each vertical group of curves correspond to a single value
of magnetic flux – the larger initial radius for larger masses leads to a lower initial surface
field strength.
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mass. The vertical arrows indicate the numerical value of the difference in TAMS stellar
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The left panel of Fig. 7.3 shows the evolutionary tracks of the non-magnetic models for
initial masses of 40 M , 60 M , and 80 M . In most evolutionary tracks produced by our
models, a change in trajectory is present around 26,000 K, as indicated by the vertical dashed
line, after which the increase in luminosity with decreasing effective temperature is less
steep. The middle panel of Fig. 7.3 shows the evolution of the mass-loss rate as a function
of temperature, and demonstrates that this change in the evolution path is associated with
the sudden increase in mass-loss rate caused by the bi-stability jump (Vink et al. 2000,
2001; Markova & Puls 2008; Petrov et al. 2016; Keszthelyi et al. 2017a).
The right panel of Fig. 7.3 shows the evolution of the stellar mass as a function of
effective temperature expressed as a fraction of the initial mass. The change in trajectory in
the HRD results from the adaptation of the stellar structure to the more rapidly decreasing
mass.
We remark here that our main sequence non-magnetic models show good agreement
with the models by Belczynski et al. (2010) – we find that our 40 M MESA model with
Z = 0.019 has a TAMS mass of 35.3 M , and the 40 M of Belczynski et al. model at
Z = 0.020 has a TAMS mass of 34.6 M (K. Belczynski, priv. comm.).

7.4.2

Model evolution in the HR diagram

Fig. 7.4 shows all our models in the HR diagram. The evolutionary tracks are coloured
according to their fractional main sequence (MS) age4, where this fractional age is zero at
4In our models, the hydrogen abundance in the core varies nearly linearly with the fractional MS age.

7.4. RESULTS

246

the ZAMS and unity at the TAMS.
For each initial mass group, the more magnetic models evolve at significantly higher
luminosity. This can be understood by their higher mass at a given age, as will be presented
below in Fig. 7.6. However as can be seen from the isochrones – represented by constant
colours in Fig. 7.4 – for each initial mass group, stars of similar MS fractional age still have
similar effective temperatures.
For the models with an initial mass of 40 M , the TAMS is located at similar effective
temperature. In contrast, for the 60 M and 80 M the TAMS is located at different effective
temperatures. However, in all cases, the more magnetic models reach the TAMS slightly
quicker than the less magnetic ones, but with a difference between the MS lifetimes of less
than 5% (as will be shown in Fig. 7.7 below).

7.4.3

Surface field evolution

Fig. 7.5 shows the evolution of the dipolar field strength of the magnetic models as a
function of the fractional MS age. We remind the reader that we compute our models on
a grid of magnetic flux values which correspond to a desired range of surface magnetic
field strengths. As a consequence of this approach, larger initial dipolar field strengths are
obtained for the less massive models due to their smaller initial radii.
The shaded area in Fig. 7.5 corresponds to the range of dipolar field strength values
for known magnetic O-type stars (Petit et al. 2013, and references therein; see Table 7.1),
illustrating that our models span a realistic range of field strengths for their entire evolution.
As our lowest initial field value for each mass leads to an evolution very similar to the
non-magnetic case, an extension of our grid to lower initial field values is not necessary.
The decrease in field strength in our model is directly tied to an increase of the stellar
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radius through magnetic flux conservation. We can see from the coherent decrease of all
curves that the radius evolution is not a strong function of the initial field strength during
the first 75 percent of the main sequence.
Near the TAMS however, we can see that the increase in radius and decrease in field
strength is a stronger function of both the initial field strength and the initial mass. This
is consistent with the fact that, for a given initial mass, the more strongly magnetic stars
evolve at generally higher luminosity and larger radii towards the end of the MS, due to
their higher mass caused by less mass-loss. This effect is more pronounced for the models
with larger initial mass.
This result is very interesting considering the recent study by Fossati et al. (2016), who
proposed that the seemingly young age of the magnetic massive star population could be the
result of a decay of their surface magnetic fields that is more rapid than that obtained by a
simple magnetic flux conservation model, especially for higher mass stars. Our preliminary
results suggest that the inclusion of the change in stellar structure and evolutionary tracks for
stars with large-scale magnetic fields might in part explain such a rapid decrease in surface
field strength by a larger increase in stellar radius during the main sequence than would be
expected from non-magnetic evolution models. However, self-consistent age determination
with magnetic evolution tracks will be necessary to explore the magnetic flux conservation
or decay hypotheses further.

7.4.4

Mass evolution

Fig. 7.6 shows the evolution of the stellar mass as a function of the fractional MS age.
The curves are coloured as a function of the escaping wind fraction fB , with darker colours
corresponding to high magnetic confinement and therefore a lower fB . The break towards
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the end of the MS correspond to the increased mass-loss rate that occurs after the bi-stability
jump.
For the lowest initial magnetic flux value considered (second to bottom curve of each
mass group), magnetic confinement is unimportant throughout the MS evolution, as the
escaping wind fraction is always greater than ∼ 90 percent (light colours). For the two
higher initial magnetic flux values (top two curves of each mass group), typical for the
majority of known magnetic O-type stars, the magnetic confinement is important (dark
colours) for most of the main sequence. For the strongest initial magnetic flux value, which
corresponds to the strongest magnetic O-type star known, the magnetic confinement is still
important after the bi-stability jump, all the way to the TAMS. The growing difference in
stellar mass with age indicates that the mass evolution changes strongly as a function of
initial magnetic field strength, especially for higher initial masses.
Fig. 7.7 summarises our results by showing the TAMS mass versus the ZAMS mass of
our models. Increasing initial field strength is illustrated with increasing symbol size. From
low to high initial mass, the difference in masses at the TAMS between the non-magnetic
and the most magnetic models amount to 4 M , 10 M , and 20 M , respectively. This leads
to the TAMS mass of the most magnetic model being 11, 21, and 38 percent larger than the
TAMS mass of the non-magnetic model, respectively.
The points in Fig. 7.7 are coloured as a function of the total main sequence lifetime
relative to the lifetime of the non-magnetic model. The small difference in age at the TAMS
between models of the same initial mass group (< 5 percent) illustrates that the difference in
final mass is primarily due to the wind quenching from magnetic confinement, as opposed
to a very different MS lifetime.
Of course the final mass of a black hole produced by such a star will depend on subsequent
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post-main sequence evolution and core-collapse. But as pre-collapse progenitors of 40 M
or more should directly form black holes without a supernova (Fryer 1999), we nonetheless
can conclude that according to our models, massive stars with a strong dipolar magnetic
field will have a significant head start for the potential production of heavy stellar black
holes at Galactic metallicity.

7.5

Discussion and conclusions

In this paper, we set out to explore a new pathway for the formation of single, ‘heavy’
(> 25 M ) black holes – with masses such as those involved in the LIGO event GW150914
– through magnetic wind confinement. Although massive stars with large-scale, strong
magnetic fields only comprise ∼ 10 percent of the galactic OB star population, magnetic
confinement is still an effective way to quench mass-loss at galactic metallicity. This is
unlike the formation of heavy BH from single, non-magnetic stars that requires a mass-loss
reduction through a low metallicity environment. Our main conclusions are as follow:
(i) We first evaluated the current-day escaping wind fraction, fB , for known magnetic
O-type stars with large-scale, dipolar field, which describe the fraction of the stellar wind
that escapes through open field lines. For most magnetic O-type stars, fB is 10-30 percent.
For the most extreme case, the O-type star NGC 1624-2, fB is only 5 percent. These values
correspond to an upper limit to fB , as we only considered the change in mass loss due to the
material that is trapped in closed magnetic loops and falls back to the stellar surface; and
ignored the second order reduction of the wind-feeding rate at the base of the wind due to
the tilt of the magnetic field lines with respect to the radial direction.
(ii) When comparing these values with the mass-loss rate reduction due to a reduced
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metallicity, we found that most magnetic stars in our Galaxy have a reduction of their
mass-loss equivalent to that found for stars with a metallicity between that of the SMC
and 1/10 Z . Again for the most extreme case of NGC 1624-2, this corresponds to the
mass-loss of a non-magnetic star with a metallicity of 1/30 Z . Therefore, we estimated
that wind confinement by a realistic dipolar field would provide a mass-loss reduction of
the same order as the low metallicity (Z ∼ 1/10 Z ) required by a BH formation scenario
from single, non-magnetic stars.
(iii) As the strength of magnetic confinement is expected to change with time, due to
evolutionary changes in surface magnetic and wind properties, we explored the integrated
mass lost over the main sequence life time. We computed non-rotating, solar metallicity
evolution models in MESA using a mass loss calculation that is modified by the timedependent escaping wind fraction for a magnetized wind with a dipolar geometry at the
stellar surface. We found that stars with higher initial magnetic strength evolved at higher
luminosity, but at similar temperature, than their less/non-magnetic counterparts. The more
magnetic models reach the TAMS slightly quicker than the less magnetic models, but with
a difference between the MS lifetimes of less than 5 percent.
(iv) Our models show a significant difference in mass at the end of the main sequence
for the most massive and most magnetic stars. For the three initial masses considered (40,
60, and 80 M ), the difference in mass at the TAMS between the non-magnetic and the most
magnetic models (corresponding roughly to the magnetic flux of NGC 1624-2) amounts to
4 M , 10 M , and 20 M , respectively. This leads to the TAMS mass of the most magnetic
model being 11, 21, and 38 percent larger than the TAMS mass of the non-magnetic model.
Therefore according to our models, massive stars with a strong dipolar magnetic field will
have a significant head start for the potential production of heavy stellar black holes at
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Galactic metallicity.
In our study, we imposed two main simplifications to our evolution models:
(i) We imposed surface magnetic flux conservation as the models were allowed to evolve.
There is some evidence that the measured magnetic field at the surface of massive stars
might decrease more rapidly than what would be explained by the increase in stellar radius
with age (Fossati et al. 2016). A decay of the magnetic flux in time would modify the mass
evolution of the magnetic model by enabling more mass-loss.
(ii) We used non-rotating models under the assumption that the magnetic spin-down of
massive O-type stars occurs very rapidly, as suggested by their generally very long rotation
periods. According to the models of Meynet et al. (2011), however, the TAMS internal
structure of a 10 M star that was born with slow rotation would be different than that of a
similar star that was magnetically spun-down (assuming solid body rotation), the latter one
having a larger core. The effect of rotation in the evolution of massive magnetic O-type
stars will be explored in a subsequent publication.
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Summary and Conclusions

Stellar evolution model predictions improve incrementally by incorporating new model
ingredients and evaluating whether the computed models can self-consistently explain
observations. We have presented state-of-the-art stellar evolution models of massive stars
that, for the first time, contain a coherent, simple prescription of surface fossil magnetic
fields. The implementation of these fields is considered through their effects on stellar mass
loss and rotation. The developed module, which can be used in one-dimensional stellar
evolution model calculations, is among the key legacies of the Thesis.
The module relies on established scaling relations that we have detailed in Chapter 3. In
particular, we have shown that the equatorial angular momentum loss in a magnetized stellar
wind can be derived from first principles. The MHD simulations performed by ud-Doula
et al. (2009) confirmed that the dipole-modified Weber & Davis model yields an applicable
prescription of magnetic braking in the context of hot, massive stars. Furthermore, udDoula & Owocki (2002) also developed a scaling relation that takes into account the
mass-loss quenching caused by a dipolar surface magnetic field. These scaling relations,
augmented with an empirical magnetic field evolution scenario, provide the framework that
we implement in stellar evolution codes.
In Chapter 4, we have modelled the evolution of a typical massive star, using the Geneva
code, and we have detailed the consequences that arise from including the effects of surface
fossil magnetic fields. Subsequently, we have presented a small grid of models that were
computed with the mesa software instrument. We have elaborated on the implementation of
the used prescription, and have addressed caveats regarding the implementation of magnetic
braking. As an attempt to constrain the problem, we have tested two limiting cases to account
for angular momentum loss: in one case, decreasing the total angular momentum of the
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star; in the other, decreasing only the surface angular momentum reservoir.
Including surface magnetic fields in stellar evolution models may have far-reaching consequences – we have shown one particularly interesting application in Chapter 7. Namely,
we have detailed the impact of magnetic mass-loss quenching and its role in massive star
evolution. Using a grid of non-rotating models, we have identified a new evolutionary pathway that can produce progenitors of ‘heavy’ stellar-mass black holes even in high-metallicity
environments.
In order to improve our present-day understanding of known magnetic OB stars, we
have compared the computed models with observations (the B star models in Chapter 5;
the O star models in Chapters 6). To our knowledge, this study presents the first steps of
attempting to compare and self-consistently reconcile observations of known magnetic OB
stars with evolutionary models that account for the effects of surface fossil magnetic fields.
In Table 8.1, we summarize the computed models and their major characteristics. The
following major conclusions have been drawn in this work:
• Magnetic braking of massive stars was known to produce slowly-rotating nitrogenenriched stars (Meynet et al. 2011; Potter et al. 2012a) and has in fact been invoked
to explain observed Group 2 stars on the Hunter diagram (Brott et al. 2011b; Aerts
et al. 2014; Grin et al. 2017; Dufton et al. 2018). However, no clear predictions were
made on the observability of magnetic fields in those stars. With an improved implementation and an assumed magnetic flux conservation scenario, we have reinforced
that magnetic massive stars indeed become Group 2 stars during their main sequence
phase and we have placed constraints on their expected dipolar field strengths. Allowing for magnetic field evolution, we have also shown that a model with solid-body
rotation is able to produce nitrogen enrichment, although less than in models with
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Table 8.1: Summary of the computed models

evol. code
Mini [M ]
vrot [km s−1 ]
Ωini /Ωini,crit
rot. schemeb)
DST
AM lossc)
Magnetic
braking
scheme
Bp,ini [kG]
evol. code
Mini [M ]
Mini [M ]
vrot [km s−1 ]
Ωini /Ωini,crit
rot. scheme
DST
AM loss
Magnetic
braking
scheme
Bp,ini [kG]
Bp,ini [kG]
a)

Chapter 2
mesa

Chapter 4
genec

20, 30, 40, 60
0, 300
various
diff.
yes/no
winds

15
0, 200
0, 0.3
adv.-diff. / diff.
yes/no
winds + surf. fields

Chapter 5
mesa
parameter test
5, 10, 20, 30, 40, 60
variousa)
0.2, 0.4, 0.6, 0.8 , 1.0
diff.
no
winds + surf. fields

-

‘top layer’

SURF/INT

Chapter 5
mesa
B star sample
5, 10, 15

0, 4
Chapter 6
mesa
O star sample
15, 20, 25, 30, 35, 40, 60
25.0 25.8, 26.0, 27.0d)
a)
various
variousa)
0.2, 0.5, 0.8
0.2, 0.8
diff.
diff.
no
no
winds + surf. fields
winds + surf. fields

0, 1, 2, 5, 10, 20
Chapter 7
mesa
40, 60, 80
0
0
–
–
winds

SURF/INT

INT

–

1, 3, 10, 30

1, 3
35, 45d)

variouse)

The models were computed for given angular velocities. Therefore, for varying
initial mass, this results in different rotation rates.
b) Adopted schemes of stellar rotation: purely diffusive (diff.) vs. advecto-diffusive
(adv.-diff.).
c) Angular momentum loss due to mass loss by the stellar wind and/or by the surface
magnetic field.
d) Models representative of NGC 1624-2.
e) The models were computed for given magnetic flux. Therefore, for varying initial
mass, the initial magnetic field strengths are different in each case.
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radially differential rotation.
• The internal rotation profile of massive stars and the penetration depth of fossil fields
remain uncertain. To this extent, we have proposed that the application of the magnetic
braking formula needs to be carefully considered, and we have evaluated two limiting
cases of angular momentum loss.
• Furthermore, we have shown that the angular momentum loss does not remain constant
during the evolution of a star. As a consequence, presently-used spin-down formulas
need to be refined.
• Since the magnetic fields channel and return wind plasma to the stellar surface, massloss quenching allows the star to maintain more mass during its evolution. For a
typical magnetic field strength, the mass fraction that returns to the stellar surface can
be as high as 80-90% in O stars and 50-80% in B stars.
• Consequently, magnetic massive stars are identified to follow a novel evolutionary
path, determined by the mutual effects of mass-loss quenching and magnetic braking.
• The mass-loss rates of massive stars depend on their metallicity. Various astrophysical
phenomena are explained by massive star progenitors in low-metallicity environments,
because in those cases the stars lose less mass than in a Galactic environment. We
have identified that such progenitors can also exist in the Galaxy, if they possess a
sufficiently strong surface magnetic field.
• Given that the initial rotation rates of massive stars are not known, we have computed
models with various initial rotation rates. These models lead to a degeneracy on the
HRD: the initially more rapid rotators spin down and follow an evolutionary path that
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practically overlaps with the tracks of initially slow rotators (see Figures 5.5 and 5.6 in
Chapter 5). While the models appear to be similar on the HRD, their characteristics
are not entirely the same, and the initially fast rotators always have higher stellar ages.
Therefore, this can affect the age determination of magnetic stars. However, these
differences largely depend on the assumed internal rotational configuration of the star,
which can especially be significant when comparing surface abundances.

8.2

Final remarks

The first steps towards a new and exciting improvement of stellar evolution modelling
have been presented. However, several open questions remain, and the applicability of the
models crucially relies on further considerations and necessary additions. The adopted
scaling relations remain approximate and as such do not account for geometrical effects. It
is therefore a required next step to advance on the present formulation of the problem by
including the tilt of the magnetic axis compared to the axis of rotation. We have considered
magnetic flux conservation in our models to allow for the most simple case of magnetic
field evolution. Nonetheless, it seems quite likely that the field evolution is more complex
and that a possible decay mechanism exists. Our implementation allows for testing different
field evolution scenarios in future studies.
A logical extension of the present work is to couple our implementation with other
approaches that consider the effects of magnetic fields in stellar interiors. Even though
those approaches have usually considered a dynamo-driven field and not a fossil field, the
method of using suitable averages could be applicable to model fossil fields. Consequently,
the synthesis between this work and those studies should be considered and investigated in
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detail (e.g., Meynet & Maeder 2005; Heger et al. 2005; Denissenkov & Pinsonneault 2007;
Potter et al. 2012a; Rüdiger et al. 2015; Prat et al. 2019; Fuller et al. 2019).
In previous studies, known magnetic OB stars were analysed and interpreted by means
of non-magnetic evolutionary models. It is thus necessary to consider a comparison with
improved, more appropriate model calculations. To this extent, the computation of a grid
of models with surface fossil magnetic fields is required. Such a grid, however, needs
to answer some of the presently-open questions, for instance, regarding the value of core
overshooting and the width of the main sequence of magnetic massive stars.
In this Thesis we computed models with two different stellar evolution codes. It is
therefore a necessary next step to evaluate the code differences to be able to validate and
verify the applicability of the models. The major differences between mesa and genec are
expected to arise from the treatment of rotation, the former software instrument using a
purely diffusive scheme, whereas the latter adopting an advecto-diffusive scheme. These
schemes, although inherently different, need to be contrasted in great detail to ultimately
be able to compare the rotating magnetic models computed with the two codes. The
implementation of surface fossil magnetic field evolution and its mass-loss quenching effect
are treated similarly in the two codes. To account for magnetic braking, we developed a
simple, adjustable, parametric method in mesa by distributing the angular momentum loss
in different layers of the star, whereas in genec the angular momentum transport equations
obey a boundary condition at the stellar surface. We hope that the parametric method in
mesa will be a convenient tool once asteroseismology becomes available for many known
magnetic OB stars, and thus by measuring their rotation profiles the depth of the torqued
layers can be adjusted.
Spectropolarimetry appears currently to be practically limited to detecting magnetic
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fields in Galactic stars (Bagnulo et al. 2017). However, there is no reason to believe
that magnetic stars could not be present in other galaxies. Indeed, the Large Magellanic
Cloud contains many potential candidates on the grounds of i) characteristic spectral and
photometric variability (Nazé et al. 2015), and ii) the established classification of nitrogenenriched, slow-rotating Group 2 stars (Meynet et al. 2011; Potter et al. 2012a). Identifying
such suitable candidates is of great importance, and if spectropolarimetry becomes available
on 10m-class (or even larger) telescopes, then they should be considered as primary targets
for observations. In the next decade, it would be valuable to establish the incidence rate of
magnetism in extragalactic massive stars since this could help to answer some of the most
puzzling questions about the origin and nature of fossil fields.
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A. Subroutines to calculate the magnetic field evolution, mass-loss quenching, and magnetic braking
Here we provide the relevant parts of the implementation, noting that the full set of input
files are shared with the community on the mesa repository website (http://cococubed.
asu.edu/mesa_market/).
The modifications to the software take advantage of mesa’s modular design and structure. Namely, additional or replacing routines to account for new or different physics can be
easily introduced, using and modifying the original run_star_extras module (written by
B. Paxton). While along with the ‘software instrument papers’ (Paxton et al. 2011, 2013)
thorough documentation is available on the topic1, we shall outline here the major, key
points.
The run_star_extras module is called in before the main cycle of the code. This
module will overwrite and thus replace any necessary routines in the main part of the code.
Amongst others, a major advantage of this modular structure is that the entire code does not
have to be recompiled after changing this module. On the other hand, the disadvantage of
the run_star_extras module is that structure parameters at a current time-step are not
necessarily available, hence existing routines may need to be included (repeated) in this
module. The entire run_star_extras module that contains our implemented routines is
over 1000 lines.
1See, for example, https://yoshiyahu.org/mesa2013.html and
https://jschwab.github.io/mesa-2017, https://mesa.sourceforge.net/run_star_extras.
html
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To enable overwriting the ‘default routines’, in the inlist file the following options
need to be activated.
use_other_torque = .true.
use_other_wind = .true.
As well as, in the run_star_extras module, the following routines are specified to be
called by the inlist file.
s% other_torque => MAG_braking
s% other_wind => MAG_wind
This means that, for example, it is not sufficient to include a mass-loss quenching
calculation, but the mass-loss prescriptions need to be added too. Therefore, any new
mass-loss scaling relations needs to be part of the run_star_extras module, where the
Û With this ‘hook’, in
used mass-loss prescriptions also need to be calculated to obtain M.
practice, the default mass-loss calculation will be disabled, and the other_wind routine
in the run_star_extras module will calculate the mass loss in any time step. Similarly,
the implementation of magnetic braking takes advantage of the hook other_torque in the
run_star_extras module. This routine can change either the specific angular momentum
or the angular velocity. Given the nature of the problem, we calculate the total angular
momentum loss using the ud-Doula et al. formalism, and apply the torque to the userdefined layers of the star models, where thus the specific angular momentum is extracted
from.
To calculate magnetic field evolution via flux conservation (Equation 4.1) and to obtain
the basic scaling relations (Equations 3.11, 3.15, 3.32), the following routine is used. Here,
the initial magnetic field strength B0 is a module variable that can be set by the user.
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subroutine magnetic(id,ierr)
type (star_info), pointer :: s
integer, intent(in) :: id
integer, intent(out) :: ierr
integer :: h1
real(dp) :: L1, M1, T1, R1, core_h1
real(dp) :: logB0, logBp, logetastar
real(dp) :: logvesc, logvinf

call gammae(id,ierr)

! for vinf routine

call get_star_ptr(id,s,ierr)

! for stellar params.

! basic parameters in cgs units

L1 = s% photosphere_L
M1 = s% star_mass * Msun
T1 = s% Teff
R1 = s% photosphere_r * Rsun

h1 = s% net_iso(ih1)
core_h1 = s% xa(h1,s% nz)

! setting the ZAMS radius
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if (core_h1 <= (core_h1_init * 0.997d0) .AND. R_init <= 0.d0) then
R_init = s% photosphere_r * Rsun
end if

! start calc. after relax. phase

if (.not. s% doing_relax) then

! === Magnetic flux conservation ============

logBp = log10_cr(B0) + 2.d0 * log10_cr(R_init) &
- 2.d0 * log10_cr(R1)
Bp = exp10_cr(logBp)

! === Magnetic confinement parameter ===

logetastar = 2.d0 * logBp + 2.d0 * log10_cr(R1)
- log10_cr(Mdot_orig * Msun/secyer)

&
&

- log10_cr(vinf) - log10_cr(4.0d0)
etastar = exp10_cr(logetastar)

! === Alfven and closure radii in stellar radius units ===
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Ra = 1.0d0 + pow_cr(etastar + 0.25d0, 0.25d0) - pow_cr(0.25d0, 0.25d0)
Rc = 1.0d0 + 0.7d0 * (Ra - 1.0d0)

! === Mass-loss quenching parameter ===

f_B = 1.0d0 - sqrt(1.0d0 - 1.0d0/Rc)
logf_B = log10_cr(f_B)

endif

! for not doing relax.

end subroutine magnetic
Then the mass-loss quenching parameter fB is used (with the rotational enhancement
frot ) to scale the original (calculated for B = 0 and Ω = 0) mass-loss rates in the MAG_wind
routine. This routine contains default wind schemes, including the schemes from Vink
et al. 2000, 2001,de Jager et al. 1988, and Gräfener & Hamann 2008. We use the first two
schemes in our studies, but any user-defined scheme can be considered that is appropriate
for the context. In particular, we also contributed two additional wind routines that are
available at http://cococubed.asu.edu/mesa_market/.
The magnetic braking routine is as follows, with the key equations and methodology
outlined in Section 5.3 of Chapter 5.
subroutine MAG_braking(id, ierr)
integer, intent(in) :: id
real(dp) :: R1, M1, T1, Mdot, logvesc
real(dp) :: logBp, logvinf, logetastar, Omega
integer, intent(out) :: ierr
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type (star_info), pointer :: s
integer

:: k_max

integer

:: k, nz

real(dp)

:: J_lost, J_ex

ierr = 0
call star_ptr(id, s, ierr)
if (ierr /= 0) return

if (s% doing_relax) then
write(*,*) ’still relaxing a bit - you should do the same’
end if
!--------------------------------------------------------------------------if (.not. s% doing_relax .AND. R_init> 0._dp .AND. s%mstar_dot < 0._dp) then

R1 = s% photosphere_r * Rsun

! cgs

M1 = s% photosphere_m * Msun

! cgs

Mdot =

Mdot_orig * Msun / secyer

Omega = s% omega(1)

! this is the original mass-loss rate

! = s% omega_avg_surf

J_lost = s%angular_momentum_removed

! by the mass loss

!=== Total angular momentum loss due to magnetic fields ===
! This is dJ(field)/dt. Ra is in Rstar units, so now it is converted to cgs.
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! the negative sign will follow later to extract this quantity.

Jbrake = (2.0d0 / 3.0d0) * Mdot * Omega * (Ra*R1)**2.d0

J_ex = max(Jbrake * s% dt - J_lost,0._dp)

! avoid double scaling

if (J_ex < 0._dp) then
WRITE (*,*) ’J ex cannot be negative.’
WRITE (*,*) Mdot, Omega, s% v_rot_avg_surf, Ra, Jbrake, J_ex
ierr = -1
return
end if

if (J_ex >= 0._dp) then

k_max = s%k_const_mass

! number of constant mass zone

select case (torque_method)

! set in inlist.

! convert J_ex to extra_j throughout the entire star.
case (UNIFORM_TORQUE)

! Jbrake converted to specific AM via uniform scaling
scale = J_ex

/ s% total_angular_momentum
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if (scale < 1._dp .AND. scale > 1.d-15) then
do k = 1,s%nz
! negative sign added here to account for AM loss.
s%extra_jdot(k) = - s% j_rot(k) *

scale / s% dt

end do
else
do k = 1, s%nz
s% extra_jdot(k) = 0._dp
end do
end if

! convert J_ex to extra_j in the near-surface of the star.
case (SURFACE_TORQUE)

J_surf = DOT_PRODUCT(s%dm_bar(1:k_max), s%j_rot(1:k_max))
scale = J_ex

/ J_surf

if (scale < 1._dp .AND. scale > 1.d-15) then
do k = 1,k_max
s%extra_jdot(k) = - s% j_rot(k) *
end do
else
do k = 1,k_max

scale / s% dt
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s% extra_jdot(k) = 0._dp
end do
end if

case default
stop ’Invalid torque method’

end select

end if ! for Jbrake not zero
end if

! for not doing relaxation

end subroutine MAG_braking
These routines are only complete if supplemented with the following:
• a function that stores the initial stellar radius for magnetic flux conservation,
• a routine that calculates: Γe from scaling relations, an updated bi-stability partitioning,
and an alternative equation for frot ,
• and a time-step control routine.
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B. Subroutine to calculate the Krtička mass-loss
rates
This subroutine can be adopted to use the mass-loss formula derived by Krtička (2014).
This was routine was contributed to the scientific community and is available online at
http://cococubed.asu.edu/mesa\_market.

subroutine Krticka(id, L_phot, M_phot, R_phot, T_phot, w, ierr)
real(dp), intent(in) :: L_phot, M_phot, R_phot, T_phot
! photospheric values (cgs)
type (star_info), pointer :: s
integer, intent(in) :: id
integer, intent(out) :: ierr
logical, parameter :: dbg = .false.
real(dp), intent(out) :: w
real(dp) :: logMdot, logMdotcorr, logRmod, R1, logT, T1, T4
real(dp), parameter :: a = -22.7d0
real(dp), parameter :: b = 8.96d0
real(dp), parameter :: c = -1.42d0

call get_star_ptr(id,s,ierr)

T1 = T_phot
logT = log10_cr(T1)
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T4 = T1/1.d4
R1 = s% photosphere_r ! photospheric radius in Rsun units
logRmod = (((-0.8656627d0 * logT + 16.22018d0) * logT - 112.2303d0) * &
logT + 341.6602d0) * &
logT - 387.0969d0

! in

Rsun units, from Harmanec 1988 Eq. 3.

logMdot = a &
+ b * T4 &
+ c * pow_cr(T4,2.d0)

logMdotcorr = logMdot + 4.d0 * log10_cr(R1) - 4.d0 * logRmod
! Mdot corrected for radius dependence

w = exp10_cr(logMdotcorr)

if (dbg) write(*,*) ’Krticka wind’, w

end subroutine Krticka

