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Abstract
The detailed observational analysis of three massive B- and O-type stars was carried
out in this study in order to characterize their fundamental, magnetic, and variability
properties. The bulk of the data acquired were obtained with the high-resolution
ESPaDOnS spectropolarimeter at the Canada-France-Hawaii telescope, within the
context of the Magnetism in Massive Stars (MiMeS) project. Two of these stars
(HR 5907 and HD 57682) are newly detected magnetic stars, discovered from observations acquired as part of the broader survey component of the MiMeS program,
while the last star, ω Ori, was previously reported as magnetic in the literature.
The rotation periods of HR 5907 and HD 57682 were inferred from photometric,
Hα emission and longitudinal field variations. A period of 0.508276+0.000015
−0.000012 d was
inferred for HR 5907, making this the shortest period, non-degenerate, magnetic massive star identified to date. Furthermore, ultraviolet and optical spectroscopy were
combined to infer the fundamental properties of HR 5907 and HD 57682. Direct modelling of the Least-Squares Deconvolved line profiles and the longitudinal magnetic
field measurements were used to infer the magnetic properties of HR 5907, HD 57682,
and ω Ori. A detailed investigation of the newly obtained and archival polarimetric
data of ω Ori revealed no convincing evidence for a magnetic field, despite evidence
of variability in some emission quantities in this dataset, which had been previously
i

attributed to a large-scale magnetic field. The strength and variability of the optical
photospheric helium lines of HR 5907 suggests that this star is He-rich, with a nonuniform distribution of its surface chemistry. Lastly, the emission variations in the
hydrogen lines of HR 5907 suggest this star hosts a highly-structured, rigidly-rotating,
centrifugally supported magnetosphere. Similarly, line profile variations throughout
the optical spectrum of HD 57682 are attributed to emission variations caused by a
rotationally-modulated, dynamical magnetosphere.
As magnetism in massive stars is a relatively rare and poorly-studied phenomenon,
these studies comprise the bulk of the detailed investigations of magnetic massive
stars carried out to date. The results of these investigations are also discussed in the
context of addressing the current outstanding issues related to magnetism in massive
stars.
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Chapter 1
Introduction
1.1

Hot, Massive Stars

Hot, massive stars are those stars with initial masses ranging from about 8 solar
masses (M⊙ = 1.989 × 1030 kg) to upwards of several hundred M⊙ (e.g. Crowther
et al., 2010) with spectral types of early B and O. They are among the hottest
astrophysical radiators with effective temperatures (Teff ) of >15000 K (the sun has
⊙
=5780 K) and are highly luminous, with bolometric luminosities of 103 to 107
Teff

times the solar luminosity (L⊙ = 3.989 × 1033 erg s−1 ; e.g. Carroll & Ostlie, 2006).
Due to their hot temperatures, their spectral energy distributions peak in the blue
or ultraviolet (UV) spectral region giving them a blue or whitish-blue colour when
viewed in optical light. With such high luminosities, massive stars have relatively
short hydrogen-burning lifetimes (typically less than 1 million years, compared to
the 1010 y lifetime of the Sun) allowing several successive generations of massive stars
to occur during the lifetime of a low-mass star (e.g. Shore, 2002). Furthermore,
while massive stars comprise only a small fraction of the total population of stars in
1
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the Galaxy, they contribute a disproportionate amount of energy and momentum to
the Galactic environment from their strong, radiation-driven stellar outflows (winds)
and powerful radiation fields, and therefore dominate the ecology of the Universe
throughout their lives.
The life of a massive star begins in much the same way as any other star, from the
gravitational collapse of a molecular cloud that forms a fully convective protostellar
core (e.g. Shu et al., 1987). However, unlike lower-mass stars, massive stars do not
experience a long pre-main sequence phase1 . Instead, immediately following the fully
convective stage of its early evolution, a massive star is expected to emerge on the
main sequence where it spends the majority of its life undergoing the nuclear burning
of hydrogen as its main source of luminosity, in essentially hydrostatic equilibrium
(e.g. Palla & Stahler, 1993). Following the end of the main sequence phase with
exhaustion of core hydrogen, the stellar core contracts leading to the expansion and
cooling of the outer atmosphere. Unlike the Sun and other low-mass stars, massive
stars continue nuclear burning of heavier elements in their cores, until culminating
with the formation of an Fe core. As Fe fusion is endothermic, evolved massive stars
no longer produce the necessary radiation to support themselves against gravity and
therefore these stars end their lives in the gravitational collapse of their cores that
results in violent explosions called supernovae (e.g. Bresolin et al., 2008; Harper-Clark
& Murray, 2011).
The energy and momentum deposited by massive stars throughout their lives and
1

The pre-main sequence phase is the phase of evolution where the star is in quasi-hydrostatic
equilibrium, slowly contracting, with its main source of luminosity occurring from nuclear energy
coming from deuterium burning in the core and the gravitational potential energy released by the
contraction of the star (e.g. Shore, 2002).
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in their deaths have far reaching consequences affecting the formation of future generations of stars. In their deaths, massive stars enrich the interstellar medium (ISM)
by unleashing heavy elements that were formed deep in their cores. Furthermore,
the shockfronts released during their supernovae also impart a significant amount of
energy and compress the ISM, which triggers star formation (e.g. Carroll & Ostlie,
2006). Such a process may well have been responsible for initiating the formation of
the Sun.

1.2

Magnetism in Massive Stars

In the Sun and essentially all other cool, low-mass stars (stars with masses of <1.5 M⊙ ),
vigorous magnetic activity is ubiquitous. Magnetic fields are generated by means of
a contemporaneous dynamo process in which convective motions (occurring in their
outer convective envelope, extending from just beneath the stellar surface to a significant distance to the stellar centre) and rotational mechanical energy couple to
create highly magnetized flux loops (Parker, 1955). Magnetic buoyancy causes these
loops to rise to the stellar surface resulting in a highly structured and variable surface
magnetic topology. In the Sun the effects of these magnetic regions can be directly
observed through their influence on the solar outer atmosphere and wind (see Fig 1.1
for an example). Similar fields are inferred to exist in other cool, low-mass stars from
observations of photometric and line profile variations caused by star-spots as well as
optical, radio and X-ray emission from their magnetically-heated atmospheres2 (e.g.
Berdyugina, 2005). Observations of these types of stars show that these magnetic
2

Star-spots are interpreted as surface regions of intense magnetism that have inhibited convection
and are therefore cooler than the surrounding medium (e.g. Berdyugina, 2005)
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Figure 1.1: Observed solar magnetic loops due to the interaction of the Sun’s surface
magneto field with its outer atmosphere and wind. Magneto Image courtesy of the
TRACE (Transition Region And Coronal Explorer) satellite http://trace.lmsal.
com.
fields are variable on short timescales (with respect to the stellar rotation period)
and show characteristics that correlate strongly with stellar properties such as mass,
age and rotation rate (e.g. Donati & Landstreet, 2009). Although the details of this
dynamo mechanism are not fully understood, its basic principles are well established
(e.g. Dobler, 2005).
In contrast to the low-mass stars, more massive stars have a significantly different
internal structure. Instead of an outer convective envelope and inner radiative core,
these stars with masses > 1.5 M⊙ have an outer radiative envelope and an inner
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convective core. The relatively quiescent radiative envelopes of these stars are not
hypothesized to posses the necessary motions to drive a solar-like dynamo (e.g. Donati
& Landstreet, 2009). Remarkably, strong, stable magnetic fields are detected
in a significant fraction (5-10%) of higher-mass stars (e.g. Bagnulo et al.,
2006; Grunhut et al., 2012). Their lack of envelope convection implies
a fundamentally different field origin than that of low-mass stars. It is
generally accepted that these stable fields are the remnants of some fossil field a field accumulated or generated during an earlier stage of evolution (Mestel, 2001;
Moss, 2001; Ferrario & Wickramasinghe, 2006). Overwhelming evidence of magnetism
exists among the intermediate-mass magnetic Ap/Bp stars (e.g. Bagnulo et al., 2006;
Landstreet et al., 2007; Aurière et al., 2007), but similar fields have also recently been
found in more massive stars (e.g. σ Ori E (Landstreet & Borra 1978), β Cep (Donati
et al. 2001), θ1 Ori C (Donati et al. 2002)). The lack of information on magnetism
in massive stars reflects the fact that unlike intermediate-mass magnetic stars that
show strong and distinctive photospheric chemical peculiarities compared to nonmagnetic A- and B-type stars (and therefore can be used as a proxy for magnetism),
the properties of more massive stars generally inhibit these chemical peculiarities,
making them difficult to identify. Furthermore, the optical spectra of massive stars
contain relatively few spectral lines from which to directly diagnose the presence of
magnetism.
Strong, detectable surface magnetic fields in massive stars appear to be rather
rare. Nevertheless they have an important impact. Magnetic fields appear to be fundamentally responsible for the chemical peculiarities and stabilization of the stellar
atmosphere as observed in the early B-type He-strong stars (e.g. Bohlender et al.,
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1987; Kurtz & Martinez, 2000). Magnetic fields can confine and modulate the highly
ionized radiatively driven winds of massive stars (e.g. Donati et al., 2001; Wade et al.,
2006a; ud-Doula & Owocki, 2002; Howarth et al., 2007), and may very well be responsible for the production of high-energy X-ray emission observed in some hot OB
stars (e.g. Babel & Montmerle, 1997a). Evolutionary models (Maeder & Meynet,
2003, 2004) predict that magnetic fields have a significant influence on the internal
structure of massive stars, enforcing essentially solid-body rotation throughout the
radiative envelope. Furthermore, the interaction of the magnetic field with the circumstellar environment may enhance the shedding of angular momentum, and therefore
have a significant impact on the rotation rates of OB stars (e.g. Weber & Davis, 1967;
Stȩpień, 2000; Mikulášek et al., 2008). These effects have far-reaching consequences
on the evolution of massive stars, which has been shown to be strongly influenced by
stellar rotation (e.g. Maeder & Meynet, 2000, 2003, 2004).

1.3

Confronting Magnetism in Massive Stars

To confront the outstanding issues related to the puzzling characteristics of magnetism
in massive stars, the Magnetism in Massive Stars (MiMeS) Collaboration was formed
in 2008. The MiMeS Collaboration was first awarded “Large Program” (LP) status
by both Canada and France at the Canada-France-Hawaii Telescope (CFHT), where
the project was allocated 640 hours of dedicated observing time with the high resolution ESPaDOnS spectropolarimeter for 9 semesters from late 2008 through 2013.
Since then the MiMeS project has been further awarded LP status with the Narval
instrument at the Bernard Lyot Telescope in France and the HARPS instrument at
La Silla, Chile. The structure of the MiMeS LPs includes a “Targeted Component”
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(TC) to provide time-resolved high-resolution spectropolarimetry of known magnetic
massive stars in circularly polarized and unpolarized light (and for some targets also
in linear polarization), and a ∼400-target “Survey Component” (SC), with the goal to
detect more of these rare stars and to provide critical missing information about field
incidence, statistical field properties and to identify targets for detailed investigation
from a much larger sample of massive stars.
Prior to the start of the MiMeS project, approximately 29 magnetic massive stars
were known to exist. Sixteen of the 29 known magnetic massive stars consisted
of stars with spectral types B2 or later, while only 3 massive O-type stars were
known at the time (although recent observations suggest that one of these stars
was likely a false detection; Neiner, priv. comm.). After eight semesters of survey
observations, the MiMeS survey has amassed an extensive database of observations
for about 350 OB stars (e.g. Wade et al., 2012b). The SC of the MiMeS LPs alone is
responsible for discovering or confirming the detection of magnetic field in 20 massive
stars. In fact, the MiMeS era has been extraordinarily productive in searching for,
identifying and characterizing magnetic massive stars: the number of massive stars
with detected magnetic fields has almost doubled, while the number of magnetic Otype stars has more than tripled (confirmation now exists for 10 O-type stars; Petit
et al., submitted).

1.4

Purpose of this Thesis

The goal of this thesis is to carry out a detailed investigation of the magnetic, physical, and circumstellar properties of massive O- and B-type stars observed as part of
the MiMeS project. Detailed observational campaigns have been dedicated to these
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stars in order to characterize their fundamental properties (including the mass, temperature, luminosity, rotation period, wind properties), their magnetic field properties
(strength, structure, geometry), and to investigate the influence of the magnetic field
on their stellar winds and circumstellar environment.

Chapter 2
Literature Review
2.1

Magnetic Properties of Massive Stars

Unlike low-mass stars in which magnetism appears to be ubiquitous, magnetism
among more massive stars is rare. Among the more well-studied intermediate-mass
stars (1.5 to 8 M⊙ ), current estimates place the incidence fraction to be about ∼5% of
the total population (among open cluster stars; e.g. Bagnulo et al., 2006), although
studies demonstrate that the field incidence fraction varies significantly with stellar mass, from essentially nil at 1.5 M⊙ to perhaps 20% around 3 M⊙ (Power et al.,
2007). Preliminary results of the MiMeS survey suggest an incidence rate among
the more massive stars of 5-10% (e.g. Grunhut et al., 2012, in prep). Their rarity
notwithstanding, intermediate-mass and high-mass magnetic stars share similar magnetic characteristics. Therefore, while magnetism in massive stars is poorly studied,
much can be learned about the expected field characteristics from the well-studied
intermediate-mass, chemically peculiar Ap and Bp stars.
Since their initial discovery by Babcock (1947) from evidence of Zeeman circular
9
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polarization in stellar spectral lines, over 400 magnetic Ap/Bp stars have now been
identified (e.g. Bychkov et al., 2009). The majority of these stars present global, topologically simple magnetic fields, often characterized by a dipole or low-order multipole
(e.g. Landstreet, 1982; Leroy et al., 1995; Bagnulo et al., 2006; Donati & Landstreet,
2009), with surface polar field strengths ranging from hundreds to tens of thousands
of gauss (G) (e.g. Donati & Landstreet, 2009; Walder et al., 2012). The strongest
magnetic fields detected to date (not including the fields of degenerate objects, such
as neutron stars) are measured from the lower-mass Ap/Bp stars of order 10 kG: e.g.
HD 215411 (34 kG; Babcock 1960) and HD 75049 (30 kG; Freyhammer et al. 2008;
Elkin et al. 2010). All Ap/Bp stars with sufficient observations are demonstrated
to exhibit periodic variability of the line-of-sight component of their magnetic fields1
(e.g. Donati & Landstreet, 2009). The periodic variability is established to result
from modulation due to stellar rotation and reflects the fact that there often exists a
significant obliquity between the stellar axis of rotation and the axis of approximate
symmetry of the large-scale magnetic field, which leads to the rotational modulation
of the longitudinal field strength, as suggested by Stibbs (1950) in his Oblique Rotator Model (ORM). Observations suggest that the magnetic field is frozen into the star
and variations only occur due to rotational modulation (further discussed in §4.3), according to the ORM. The fields appear stable (only showing variations reflecting the
rotational modulation) over many rotational cycles as evidenced from observations
for some stars spanning several years or decades (e.g. Donati & Landstreet, 2009).
Therefore, as illustrated in Fig 2.1, measurements of individual stars acquired over a
large span of time can be phased according to the unique rotation period, and when
1

The surface-averaged, line-of-sight component of the magnetic field (or mean longitudinal magnetic field), is the field characteristic diagnosed via Zeeman circular polarization observations. This
will be discussed in Chap. 4.
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plotted, show smooth variations according to the rotational period.
Using only information about the line-of-sight (longitudinal) component of the
magnetic field strength, many early studies of Ap stars assumed that the fields were
well-characterized by a simple dipole model (e.g. Babcock, 1947; Stibbs, 1950). However, as more stars were observed and the precision of the measurements improved, it
became obvious that in a few cases the large-scale topology of the surface magnetic
field departed from pure dipole models (e.g. Preston, 1967, 1969; Landstreet, 1970,
1988). It was not until Ap/Bp stars were systematically studied in linear polarization
(e.g. Landolfi et al., 1993; Leroy et al., 1993, 1994; Bagnulo et al., 1995; Wade et al.,
1996) that these important non-dipolar departures could be modelled and quantified.
The results of these studies implied that while the global structure tends to be mostly
dipolar, a small-scale non-dipolar structure of the surface magnetic field is common.
The quality of observations has considerably improved with time-resolved, high
resolution spectropolarimetric observations of Ap stars in both circular and linear polarization (e.g. Wade et al., 2000; Silvester et al., 2012). These observations, coupled
with sophisticated Magnetic Doppler Imaging surface mapping techniques (Piskunov
& Kochukhov, 2002; Kochukhov et al., 2002), have enabled the construction of detailed maps of the surface magnetic field topology. An example of the magnetic field
map derived for the Ap star 53 Cam (Kochukhov et al., 2004) is shown in Fig 2.2. This
reconstructed MDI map reveals the small-scale structure that can only be resolved
with high-resolution, full polarimetric observations.
Recall that due to the scarcity of observations of magnetic fields in very massive
stars, the bulk of our observational knowledge is necessarily deduced from the Ap/Bp
stars, and the subset of cooler massive stars of early B spectral type. In fact, Table
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Figure 2.1: Variability of the longitudinal magnetic field (top panel), the helium
line strength (middle panel) and u-band photometric magnitude for the He-strong
star HD 184927. The measurements are phased with the rotational period of this
star (P = 9d .52961). Image courtesy of Wade et al. (1997) and reproduced with
c ESO.
permission °
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Figure 2.2: Surface magnetic field distribution of 53 Cam derived from circular and
linear polarization measurements from the 5169.03 Å Fe ii line. The reconstructed
map is shown at 5 rotational phases, with the upper panel illustrating the surface
field strength and the lower panel showing the magnetic field vectors. Image modified
c
from that presented by Kochukhov et al. (2004) and reproduced with permission °
ESO.
2.1 lists all the magnetic massive stars known at the start of this thesis, of which
the majority are of spectral type B2 and later. The prototype of this class was the
first-discovered magnetic early-type B2V star σ Ori E. From measurements of the
longitudinal magnetic field (which varied from -2300 G to +3100 G), Landstreet &
Borra (1978) inferred a stable, dipolar magnetic field, with a magnetic field axis that
is nearly perpendicular to the rotation axis, and a surface polar field strength of
∼10 kG. Further studies of magnetism in early B-type stars carried out by Bohlender
et al. (1987) found similar magnetic characteristics in an additional 9 early B-type
stars: the fields are well-described by the dipole ORM, with relatively strong surface
polar field strengths ranging from hundreds to thousands of G. Moreover, Bohlender
et al. (1987) concluded that “[these] stars have fields about 3 times larger than the
classical magnetic peculiar A stars”, and that the magnetic obliquities (i.e. the angle
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of the magnetic axis relative to the stellar axis) varied from star to star, but were
typically low in that only a single magnetic hemisphere was observed.
While the majority of early magnetic B-type stars are found to host mainly dipolar
fields (as evidenced by a smooth sinusoidal variation of the longitudinal magnetic
field), a few B-type stars have been detected over the years in which their longitudinal
magnetic variations deviate significantly from this trend. The most bizarre of this
group is the B2IV star HD 37776. This star was originally investigated by Thompson
& Landstreet (1985), who concluded that the longitudinal field measurements suggest
that this star hosted a significant quadrupolar component of the magnetic field. A
more recent analysis by Kochukhov et al. (2011) confirms the complex longitudinal
field variations, but by carrying out MDI of the circular polarization profiles from
the stellar spectral lines, they derive a complex field that is actually dominated by
an octopolar component, as shown in Fig 2.3. As evident from their analysis, this
star hosts an exceptionally strong field with significant departures from bipolarity,
reaching a total surface field strength of ∼30 kG in some regions.
Another star that shows a remarkably complex field is the B0.2V star τ Sco.
The characterization and detection of the field was originally reported by Donati
et al. (2006b). Their longitudinal field measurements (shown in the left panel of
Fig 2.4) show a weak and complex curve, unlike the curves shown in Fig 2.1 for
a star with a dipole field. After performing Doppler imaging on their observations
and extrapolating the surface field map into the circumstellar environment, Donati
et al. (2006b) derived a complex field structure as illustrated in Fig 2.4. Their results
suggest a significant toroidal component of the surface field, tilted roughly by 90◦ to
the rotation axis.
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Table 2.1: List of confirmed magnetic massive stars known at the start of this thesis.
Included is the star’s name, spectral type and reference of the detection. Reproduced
with permission courtesy of Veronique Petit.
Name
Alternative name Spec. Type
Reference
HD 37022
θ1 Ori C
O4-O6Vpe Donati et al. (2002)
HD 191612
Of?p
Donati et al. (2006a)
HD 37742
ζ Ori A
O9.5Ib
Bouret et al. (2008)
HD 149438
τ Sco
B0.2V
Donati et al. (2006b)
HD 37061
NU Ori
B0.5V
Petit et al. (2008)
HD 163472
V 2052 Oph
B1V
Neiner et al. (2003b)
HD 205021
β Cep
B1IV
Donati et al. (2001)
1
HD 46328
ξ CMa
B1III
Hubrig et al. (2006)
ALS 8988
NGC 2244-201
B1
Alecian et al. (2008b)
HD 36982
LP Ori
B1.5Vp
Petit et al. (2008)
HD 64740
B1.5Vp
Bohlender et al. (1987)
HD 37017
V 1046 Ori
B1.5Vp
Bohlender et al. (1987)
ALS 9522
W601
B1.5Ve
Alecian et al. (2008a)
HD 184927
V1671 Cyg
B2V
Wade et al. (1997)
HD 37776
V901 Ori
B2Vp
Borra & Landstreet (1979)
HD 96446
V430 Car
B2Vp
Bohlender et al. (1987)
HD 37479
σ Ori E
B2Vp
Landstreet & Borra (1978)
HD 125823
a Cen
B2-B8Vp
Borra et al. (1983)
HD 200775
V380 Cep
B2Ve
Alecian et al. (2008a)
HD 55522
V MM CMa
B2IV/V
Briquet et al. (2007)
HD 149277
B2IV/V
Bagnulo et al. (2006)
HD 3360
ζ Cas
B2 IV
Neiner et al. (2003a)
HD 66522
B2III
Borra et al. (1983)
HD 35298
B3Vw
Borra (1981)
HD 36485
δ Ori C
B3Vp
Borra et al. (1983)
HD 58260
B3Vp
Borra & Landstreet (1979)
HD 37058
V359 Ori
B3Vp
Borra et al. (1983)
HD 208057
16 Peg
B3Ve
Hubrig et al. (2006)
NGC 2244-334
B3
Bagnulo et al. (2004)
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Figure 2.3: Surface magnetic field distribution of HD 37776 derived from circular
polarization measurements from the He i 5876 Å line. The reconstructed map is shown
at 5 rotational phases, with the upper panel illustrating the surface field strength and
the lower panel showing the magnetic field vectors (red arrows correspond to positive
magnetic field vectors, while blue arrows are negative magnetic field vectors). Image
modified from that shown in Kochukhov et al. (2011) and reproduced by permission
of the AAS.

Figure 2.4: Longitudinal field measurements and extrapolated field structure of τ
Sco. The left panel shows the rotationally-phased longitudinal field measurements
(solid circles) with a best harmonic fit to the circular polarization measurements.
The middle and right panel show the extrapolated circumstellar field lines derived
from the surface magnetic field map. The middle panel only shows the open field
lines, while the right panel shows the closed magnetic field lines. Images courtesy of
Donati et al. (2006b).
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Prior to the start of the MiMeS project only a handful of O-type magnetic stars
were known. Of these massive stars, only three O-type stars had been well-studied.
The first discovered magnetic O-type star θ1 Ori C (Donati et al., 2002) was known
to have a mainly dipolar magnetic field with a surface polar field strength of ∼2 kG
and a magnetic obliquity of ∼ 50◦ . The next magnetic O-type star to be discovered
was the Of?p star HD 191612. Based on measurements obtained by Donati et al.
(2006a), a surface polar field strength of ∼1.5 kG was estimated. More recent MiMeS
observations (Wade et al., 2011) have refined these characteristics to a surface polar
field strength of ∼2.5 kG and an obliquity of ∼ 67◦ . Perhaps the most peculiar of
the magnetic O-type stars known prior to the start of this thesis was ζ Ori A. The
investigation by Bouret et al. (2008) concluded that this star has an abnormally weak
polar field strength of 50-100 G.
Since the start of this thesis, 7 additional magnetic O-type stars have been discovered. Their basic field properties are similar to other previously known magnetic
O and B-type stars - mainly dipolar, oblique, and stable. The majority of these stars
have surface polar field strengths ranging between 0.5-2.0 kG, with a median strength
of ∼1.5 kG, which is lower than the observed fields in the early B-type magnetic stars.
However, an exceptionally strong field was recently detected in the Of?p star NGC
1624-2. The analysis of Wade et al. (2012c) shows that this star has a likely surface
polar field strength exceeding 20 kG, making this the most strongly magnetic O-type
star known to date. Another O-type star that was recently discovered is the O7.5III
star HD 47129A1 (Plaskett’s star; Grunhut et al., submitted). This star is the secondary component of a massive binary system, with no evidence of a magnetic field
in the primary star. This star stands out in comparison to the other known magnetic
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O-type stars as it is also rapidly rotating, with a likely period on the order of days
compared to the very long periods (ranging from 1 week to 55 years!) for the other
detected O-type stars.
The discussion so far has concentrated on the magnetic properties of main sequence
intermediate- and high-mass stars. However, magnetic fields are also detected in
the pre-main sequence progenitors of these stars, the Herbig Ae/Be (HAeBe) stars.
Improvements in instrumentation and telescopes over the last few years have only
now made it possible to observe pre-main sequence stars with sufficient precision
to detect magnetic fields. Because of these improvements, systematic surveys have
been undertaken to detect magnetic fields in these stars through circular polarization
measurements (e.g. Wade et al., 2005). Similar to intermediate- and high-mass stars,
the incidence fraction of magnetism among the HAeBe stars is found to be 5-10%
(Alecian et al., submitted). One of the first HAeBe stars detected and modelled was
the young B2 star HD 200775 (Alecian et al., 2008a). This star shows longitudinal
field variations that are fully consistent with a dipole model, and modelling of this star
results in a field strength of ∼1 kG and an obliquity angle that is nearly perpendicular
to the rotation axis (Alecian et al., 2008a). Recent observations such as these have
established that the characteristics of the detected fields in HAeBe stars are similar to
those of the intermediate- and high-mass stars: the fields appear stable, topologically
simple, and strong.
Besides the subset of intermediate- and high-mass stars that host strong, global
fields, it has recently been discovered (e.g. Petit et al., 2010, 2011a) that some stars
host extraordinarily weak surface fields. While the intermediate-mass Ap/Bp stars
are known to host magnetic fields with surface field strengths ranging from hundreds
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to tens of thousands of G, recent circular polarization observations by Petit et al.
(2010) discovered a weak sub-gauss (< 1 G) field in the rapidly-rotating A0V star
Vega. Modelling of the surface field of Vega showed that the field is not globally
ordered, but is more confined to a spot near the visible rotational pole (with a peak
local strength of about 5 G). Moreover, their observations from two epochs separated
by about a year show the reconstructed field to vary. A similar discovery was also
made by Petit et al. (2011a) for the A1V star Sirius. Again, a very weak sub-gauss
field (∼0.2 G) was detected from circular polarization. While Petit et al. (2011a) did
not model the surface topology of Sirius, their analysis of the circular polarization
does suggest that, unlike Vega, the field is globally distributed. Furthermore, Petit
et al. (2011a) also argue that as the rotation period of Sirius is likely considerably
longer than that of Vega it is unlikely that weakly detected fields in these stars are a
result of dynamo processes (see next section for a further discussion). The relationship
of this new and poorly-studied mode of stellar magnetism to the large scale fields that
are studied in this thesis is not yet clear.

2.1.1

Magnetic Field Origin

Since intermediate- and high-mass stars lack a significant convective envelope they
are not expected to drive a solar-like dynamo. However, it has been suggested that
the convective cores of these stars can provide sufficient convective motion that when
combined with the internal differential rotation can drive a dynamo deep in the stellar
interior (e.g. Charbonneau & MacGregor, 2001; MacGregor & Cassinelli, 2003; Brun
et al., 2005). It has been shown that while the convective cores of massive stars are
capable of operating a dynamo, it is highly unlikely that these fields can reach the
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stellar surface, for a number of different reasons (e.g. Walder et al., 2012). For one,
Charbonneau & MacGregor (2001) argue that the strong meridional currents that are
required to carry a significant amount of magnetic flux to the surface, are also strong
enough to inhibit the dynamo process. Furthermore, MacGregor & Cassinelli (2003)
point out that the magnetic diffusion and buoyancy time that is required to carry the
magnetic field to the surface is longer than the typical life-time of massive stars.
Recent simulations (Cantiello et al., 2009; Cantiello & Braithwaite, 2011), however, suggest that convective motions in the thin iron convection zone could possibly
generate highly-structured, small-scale surface magnetic fields. However, this theory clearly cannot explain the strong, stable and globally-ordered magnetic fields
that are detected in magnetic massive stars, as dynamo generated fields tend to be
variable on short time-scales and topologically complex (as previously discussed for
low-mass stars, but not including fully convective stars that appear to have more
globally-ordered fields (e.g. Donati & Landstreet, 2009)). Furthermore, common to
all dynamo theories discussed here is the basic fact that the magnetic field strength
and topology correlate strongly with rotation rate, and there currently is no clear correlation between the magnetic field properties and the rotation rates, at least among
the well-studied intermediate-mass stars (e.g. Maeder & Meynet, 2005; Bagnulo et al.,
2006; Landstreet et al., 2007).
Another possibility lies with a shear-based, “Tayler-Spruit” dynamo process occurring in the radiative envelope. Common to all the dynamo processes discussed so
far is the basic fact that some form of convective motion is necessary to complete the
dynamo cycle (convert a mainly poloidal field into a toroidal field and back again)
and thereby continuously regenerate the magnetic field. However, as recognized by
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Spruit (1999) and Spruit (2002), it is possible that the Pitts-Tayler instability2 can
occur in the radiative envelope and therefore provide the necessary motion to drive
a dynamo. However, the work of Zahn et al. (2007) has raised doubts regarding the
efficiency of this process. In their more rigorous analysis, Zahn et al. (2007) show
(both analytically and numerically) that the Pitts-Tayler instability does not affect
the toroidal magnetic field and therefore is unable to complete the dynamo cycle.
However, as discussed by Walder et al. (2012), these discrepancies may be a result of
differences in the simulation codes used to investigate this behaviour. In any event, as
with the core dynamo theory previously discussed, a mechanism is still necessary to
carry the magnetic field to the surface, as the necessary differential rotation required
to efficiently operate a Tayler-Spruit dynamo occurs in sub-surface layers (Maeder &
Meynet, 2005), and no suitable transport mechanism has successfully been identified
(e.g. Walder et al., 2012).
The weight of opinion currently holds that the puzzling characteristics of magnetism in intermediate and massive stars are not a consequence of a contemporaneous
dynamo process. Rather, it is believed that they are primarily fossil fields - the frozen
remnants of a field accumulated or generated during an early stage of star formation
(e.g. Mestel, 2001; Moss, 2001; Ferrario & Wickramasinghe, 2006). In recent years
this hypothesis has gained considerable ground as numerical simulations by Braithwaite & Spruit (2004) and Braithwaite & Nordlund (2006) have successfully shown
that from initially un-ordered field configurations, relaxed, organized and quasi-stable
field configurations are possible, as illustrated in Fig 2.5. The predicted topology of
these fields show that a significant poloidal component of the field may present itself at the stellar surface, baring a striking resemblance to the majority of known
2

A pinch-instability driven by the free energy of the magnetic field (e.g. Walder et al., 2012).
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magnetic massive stars. However, the predicted fields also suggest that the relaxed
state contains a significant toroidal component to the magnetic field, which does not
appear to agree with the mainly dipolar fields observed in intermediate- and highmass stars. However, as Fig 2.5 shows, the toroidal component may remain hidden
within the stellar interior, while the poloidal component could dominate the field at
the stellar surface (e.g. Donati et al., 2006b; Walder et al., 2012). More recent numerical (Braithwaite, 2009, 2010) and analytical (Duez & Mathis, 2010) studies have
confirmed these initial findings, further establishing the likelihood that the magnetic
fields observed in massive stars are of fossil origin.
The detected fields previously discussed in pre-main sequence HAeBe stars place
relatively strong constraints on when such fossil fields must be generated. Considering
the fact that the magnetic characteristics of the detected HAeBe stars already appear
and similar to the more evolved A- and B-type stars, this suggests that the field is
generated during a much earlier stage of evolution (e.g. Alecian et al., 2008b). As
discussed by Walder et al. (2012), the fossil field model proposed by Tout et al.
(2004) and Ferrario & Wickramasinghe (2006) (where the stellar field is built by
the magnetic flux trapped in a collapsing molecular cloud) relies on the agreement
between the calculations of magnetic flux conservation at different evolutionary stages,
which, when evaluated for magnetic intermediate-mass stars and white dwarfs agree
quite well. However, in this framework it is difficult to understand the existence of
binary stars, presumably formed from the same molecular cloud, in which only one
component is found to be magnetic (e.g. HD 72106 (Folsom et al., 2008), HD 47129
(Grunhut et al., submitted)), or the diversity of magnetic properties of massive stars
in clusters (e.g. Petit et al., 2008).
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Figure 2.5: Predicted shape of the relaxed fossil magnetic field from the simulations
of Braithwaite (2009). The transparent surface represents the surface of the star.
Strong magnetic field lines are represented with yellow lines, while weak lines are
black. Note the prediction that the dominant toroidal component of the field may
remain hidden beneath the stellar surface, while the poloidal component does not.
The two panels show different views of the magnetic field configuration. Images
courtesy of Braithwaite (2009).
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Observational Characteristics of Magnetic Massive Stars

2.2.1

Effects on the Photosphere

In the intermediate-mass main sequence stars magnetism is essentially always associated with distinct surface chemical peculiarities, as diagnosed from optical spectral
absorption lines. While the outer atmospheres of most non-magnetic intermediatemass stars show chemical surface abundances similar to the Sun (e.g. Fossati et al.,
2009), the chemically peculiar Ap/Bp stars are often found to be overabundant in Fe
peak elements by more than a factor of 100 times the solar values, overabundant in
Si by more than a factor of 10 and significantly overabundant in rare earth elements,
often exceeding 1000 times the solar values (e.g. Folsom et al., 2007). These stars also
often show under-abundances of lighter metals as well as He. Periodic modulation
of the spectral and photometric properties of these stars has been attributed to nonuniform distributions of these chemical elements on the surfaces Ap/Bp stars. Much
like the magnetic field, these “patchy” over or under-abundant regions are considered
to be frozen into the star in the ORM (e.g. Bohlender et al., 1987; Kurtz & Martinez,
2000).
Similar to the intermediate-mass magnetic stars, the more massive magnetic stars
with spectral types of B2 show spectroscopic line strengths that indicate non-solar
abundances of He, C, N, O, Si and Fe compared to non-magnetic stars of similar spectral type (e.g. Bohlender et al., 1987). However, unlike their lower-mass analogues,
these stars all appear significantly overabundant in He, leading to their classification as He-strong stars. For instance, in their analysis of σ Ori E, Reiners et al.
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(2000) found that He was overabundant by 0.8 dex3 compared to solar values, while
C and Si were found to be under-abundant with respect to solar values (by 1.3 and
0.8 dex, respectively). Furthermore, periodic spectral and photometric modulation
is also observed in these and the intermediate-mass magnetic stars (e.g. Bohlender
et al., 1987; Kurtz & Martinez, 2000; Kochukhov et al., 2004; Folsom et al., 2008). As
illustrated in Fig 2.1, these modulations are all found to vary with the same period as
the magnetic measurements, which itself is interpreted as the rotation period within
the ORM. As the photometric and line profile variations are known to be stable over
many years, these variations are thought to be caused by the stable, non-uniform
distributions of different chemical elements in the stellar photosphere.
The He-strong phenomenon is again well-studied in intermediate-mass stars and
therefore allows connections to be drawn between the intermediate-mass stars and
the more massive He-strong stars. Only in recent years have the Doppler mapping
techniques used to reconstruct the distribution of chemical elements on the surface
of Ap/Bp stars been applied to the hotter He-strong stars. One such example is the
recently discovered rapidly-rotating B2V star HR 7355 (Oksala et al., 2010; Rivinius
et al., 2010). As shown in Fig 2.6 there exists strong correlations between the locations
of the ‘spots’ of these elements and the global distribution of the magnetic field. The
reconstructed distributions of He and C in this star clearly show that the He is found
overabundant near the magnetic poles (in fact, He is found to be overabundant by
more than a factor of 2 compared to H) , while C is overabundant near the magnetic
equator (Rivinius et al., 2012). These general characteristics are also consistent with
earlier, less sophisticated studies (e.g. Bohlender & Landstreet, 1988).
3

1 dex=1 order of magnitude; hence 0.8 dex overabundance ≃6.3 times overabundant.
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Figure 2.6: Reconstructed surface distribution of chemical elements of HR 7355. The
reconstructed map is shown at 5 rotational phases, with the upper panel illustrating
the distribution of C as measured from the C ii 4267 Å line, the middle panel showing
the distribution of He as measured from the He i 4713 Å line, and the lower panel
showing the dipolar magnetic field vectors, and strength inferred from longitudinal
field measurements. Note the clear apparent association between the He distribution
and the magnetic poles. Image modified from that shown by Rivinius et al. (2012).
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It is generally accepted that the surface abundance peculiarities in intermediatemass stars result from microscopic atomic diffusion - the competition between the
outward radiative forces and the inward force of gravity (e.g. Michaud, 1970; Watson,
1970, 1971; Peterson & Theys, 1981; Michaud et al., 1987; Donati & Landstreet,
2009). As stars more massive than ∼1.5 M⊙ lack a significant convective envelope
to provide for a well-mixed atmosphere, chemical mixing is usually carried out by
turbulence and meridional flows caused by rotation. However, in magnetic massive
stars, the large-scale magnetic fields stabilize the atmosphere against these motions
and thereby reduces chemical mixing. Naturally, the heavier elements would tend to
sink deeper into the star, but outward radiative acceleration also causes certain ions to
levitate. The peculiar surface chemical abundances and the non-uniform distributions
of these elements depend on the respective strength of these two forces (for each ionic
species), and also on the magnetic field characteristics (as shown in Fig 2.6).
More massive stars (of spectral types earlier than B2 on the main sequence) do not
appear to show these same chemical peculiarities (e.g. Donati et al., 2001, 2006b) likely
due to the fact that the stellar winds of these stars are sufficiently strong and turbulent
to inhibit the accumulation of strong chemical peculiarities in the stellar photosphere
(e.g. Michaud, 1986). Additionally, the spectra of massive stars are also strongly
influenced by non-local thermodynamic equilibrium (NLTE) effects produced in their
photospheres in addition to emission formed in their winds, generating complex and
variable line profiles that are challenging to interpret and model. In fact, Rivinius
et al. (2012) have already commented that their reconstructed surface map of He
required a latitudinally extended, strongly under-abundant He spot to reproduce a
narrow feature in the observed spectral line. However, it should be noted that this
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spot also coincides with a circumstellar feature and therefore may not be photospheric
in nature. While diffusion theory provides a qualitative explanation of the observed
chemical surface peculiarities, it currently fails to quantitatively reproduce existing
data (Donati & Landstreet, 2009).
Based on the current discussion it would appear that surface chemical peculiarities
are only found in magnetic stars. However, there also exists a subset of intermediatemass chemically peculiar stars that have no detectable fields. This includes the metallic line Am stars, the HgMn stars, and the λ Boo stars (e.g. Donati & Landstreet,
2009; Makaganiuk et al., 2011; Folsom et al., 2012). In fact, Kochukhov et al. (2007)
have shown the HgMn star α And to have a non-uniform distribution of Hg, similar to what is observed in magnetic chemically peculiar stars. However, Kochukhov
et al. (2007) have also remarkably shown that unlike the magnetic chemically peculiar
stars, the surface features change with time. Wade et al. (2006b) demonstrated that
this star has no organized magnetic field, indicating that peculiar and spotty surface
chemistry can be produced in stars that lack significant magnetic fields.
A similar challenge exists when attributing surface chemical peculiarities with
magnetic fields for massive stars. It has recently been discovered that a large population of massive stars appear N-enriched, and somewhat depleted in C and O (e.g.
Hunter et al., 2007, 2008; Brott et al., 2011). Models of massive stars (e.g. Maeder &
Meynet, 2001; Meynet & Maeder, 2002) have shown that rotational mixing is capable
of dredging up nuclear processed material (especially N) from the core to the surface,
and therefore can enhance the photospheric N abundance in rapidly-rotating stars.
In fact, Hunter et al. (2007) and Brott et al. (2011) have shown from their study of
massive B-type stars in the Small Magellanic Cloud (SMC) that rotational mixing is
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sufficient to explain the observed N abundances in that population. However, there
still exists a population of slowly-rotating, N-enriched stars that do not agree with
their stellar population models (Brott et al., 2011), which cannot be explained by
current evolutionary models.
Similarly, spectroscopic line variability cannot always be attributed to magnetism.
A subset of magnetic and non-magnetic intermediate- and high-mass stars are also
known to undergo pulsations - the periodic expansion and relaxation of their stellar
atmospheres (e.g. Carroll & Ostlie, 2006) - that causes periodic photometric and
spectroscopic line profile variations. While the exact cause of these pulsations is
not fully understood, they likely result from some internal instability (e.g. Shore,
2002; Carroll & Ostlie, 2006). Common among massive stars are the main sequence
β Cepheids and the less massive slowly pulsating B-type stars (SPBs). Both these
groups belong to a class of pulsating stars that undergo variability with periods on
the order of hours to a few days, and are typically characterized by non-radial, multiperiodic pulsations (e.g. Aerts et al., 2010). The corresponding observable phenomena
are usually characterized by weak photometric, radial velocity, and spectroscopic line
profile changes that are similar in all chemical elements (e.g. Waelkens, 1991; Aerts
et al., 2010).

2.2.2

Effects on the Stellar Wind

In addition to the photospheric peculiarities and variability discussed in the previous
section, magnetic massive stars also show evidence of periodic variations in H Balmer
line emission and other stellar wind diagnostics (e.g. Landstreet & Borra, 1978). With
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Figure 2.7: Phased longitudinal magnetic field, Hα emission, and Hβ emission variations of σ Ori E according to the 1.1908229 d period of Townsend et al. (2010). The
left panel shows the longitudinal field measurements obtained from circular polarization of optical spectral lines. The middle and right panels show equivalent width
measurements (see §5.5 for more details) of the Hα and Hβ Balmer line profiles, which
emphasize the emission variations. Note the strong correlation between the observed
magnetic variations and the emission variations, suggesting that the emission is rotationally modulated. Images courtesy of Oksala et al. (2012).
the detection of a magnetic field in the prototypical He-strong B2 star σ Ori E, Landstreet & Borra (1978) were the first to establish a relationship between the emission
and magnetic variations. As shown in Fig 2.7, the emission variations as probed by the
Hα and Hβ Balmer lines phase coherently with the magnetic field variations, which
are attributed to rotational modulation within the ORM. Therefore, as suggested by
Landstreet & Borra (1978), this was evidence of a rotationally coupled, magnetically
dominated region of the stellar wind, called the magnetosphere. Furthermore, σ Ori
E also shows rotational modulation of its photometry (Hesser et al., 1976), its UV
line strengths (Pedersen & Thomsen, 1977), and its radio emission (Leone & Umana,
1993).
Rotational modulation of Balmer line emission and in other optical spectral lines
is also observed in other magnetic massive stars such as θ1 Ori C (e.g. Stahl et al.,
1996; Reiners et al., 2000; Wade et al., 2006a), and HD 191612 (Donati et al., 2006a;
Howarth et al., 2007). However, there are also other massive magnetic stars that
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do not show variable hydrogen emission (e.g. β Cep and τ Sco; Donati et al., 2001,
2006b) in addition to many other stars that show cyclic (i.e. not strictly periodic)
variability in hydrogen Balmer lines that may or may not be a result of magnetic
fields (e.g. Kaper & Fullerton, 1998).
One of the best-studied O-type stars that shows evidence of periodic Balmer line
emission is θ1 Ori C (Stahl et al., 1996; Donati et al., 2002; Wade et al., 2006a).
Interestingly, θ1 Ori C is also known to show modulation of its X-ray emission with
the same period as found from optical line profiles (and magnetic measurements too)
(Gagne et al., 1997; Wade et al., 2006a).
Interest regarding the UV variability of massive stars has increased over the last
few years with the direct detection of magnetic fields in massive stars displaying such
variability (e.g. Shore & Brown, 1990; Henrichs et al., 2005; Schnerr et al., 2008).
These investigations were largely inspired by evidence of variability of wind-sensitive
UV lines as observed by Kaper & Fullerton (1998). As shown by Henrichs et al.
(2005), phased emission variations of the UV lines (such as the C iv 1548 Å line) of β
Cep appear consistent with the magnetic variations, suggesting rotational modulation
of the star’s wind in the ORM framework. However, rotational periods and datasets
of sufficient quality to allow unambiguous phasing of UV data do not exist for many
massive stars. This led Henrichs et al. (2005) and Schnerr et al. (2008) to search for
unique signatures of this variability in the UV lines of magnetic massive stars, which
do not require time-resolved datasets. As shown in Fig 2.8, the characteristics of
this variability result in unique signatures in these UV wind lines of magnetic B-type
stars. The variability is confined to a narrow region about the centre of the line profile
and the line intensity appears to increase and decrease throughout the rotation cycle.
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This type of variability is not seen in the UV lines of non-magnetic stars (Schnerr
et al., 2008), leading these authors to suggest that it is likely a result of the magnetic
confinement of the stellar wind.

2.3

Theoretical Investigations of the Interaction of
Magnetic Fields and the Stellar Wind

Modern theory investigating the interaction of magnetic fields with the stellar winds of
intermediate- and high-mass stars has significantly improved since the groundbreaking
work by Babel & Montmerle (1997a,b). In this work, they developed an analytical
prescription (the Magnetically Confined Wind Shock (MCWS) model) for how the
stellar wind would interact with magnetic fields in the circumstellar environment to
explain the X-ray emission and variability of the A0p star IQ Aur and the massive
O-type star θ1 Ori C. Their model assumed a fixed magnetic field, no effects due
to rotation, and that the wind had no effect on the magnetic field structure. By
solving for the equations of energy and momentum for gas that is forced to flow along
magnetic field lines, Babel & Montmerle (1997a,b) were able to model the X-ray
emission and variability of both IQ Aur and θ1 Ori C. As illustrated in Fig 2.9, their
models predicted that the highly-ionized, radiatively driven stellar wind is confined
by a large-scale magnetic field, which causes plasma emitted at the stellar surface
(and forced to flow along magnetic field lines) to collide at the tops of the magnetic
loops causing high-energy X-ray emission as the plasma cools and forms a disk-like
structure of wind plasma around the magnetic equator.
Motivated by this original model, ud-Doula & Owocki (2002) have developed full
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Figure 2.8: Example magnetic UV wind line signatures found in magnetic B-type
stars. The upper panel of each plot shows an overplot of all observed UV spectra for
the indicated C iv and S iv line profiles. The lower panel in each plot shows the ratio
of the observed variation relative to the noise level. Note that the unique signatures
observed in the profile variations are produced in all known magnetic B-type stars.
c ESO.
Image courtesy of Henrichs et al. (2012) and reproduced with permission °
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Figure 2.9: Schematic view of the Babel & Montmerle (1997b) model proposed for
the X-ray emission from IQ AUr. Image courtesy of Babel & Montmerle (1997b) and
c ESO.
reproduced with permission °
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2D magnetohydrodynamic (MHD) numerical models to simulate the interaction between the radiatively driven stellar winds of hot stars and dipole magnetic fields.
Perhaps the greatest outcome of this study was that ud-Doula & Owocki (2002) were
able to effectively determine the degree to which the wind was influenced by the magnetic field using a single parameter, the wind magnetic confinement parameter (η∗ ).
This parameter essentially characterizes the ratio of the magnetic and wind kinetic
energy density at the stellar surface, but can also be extended to greater distances.
As further discussed in §4.4 and illustrated in Fig 2.10, the conclusion of Babel &
Montmerle (1997b) and ud-Doula & Owocki (2002) was that in regions of higher magnetic energy density, the magnetic field will dominate the wind, forcing the plasma to
flow along field lines. In regions where the kinetic energy density is larger, the wind
dominates causing the magnetic field lines to be stretched. However, as illustrated
in Fig 2.11, the results of the MHD simulations of ud-Doula & Owocki (2002) were
also inconsistent with the proposed model of Babel & Montmerle (1997b): no stable
disks were formed for high magnetic confinement. Instead, unstable structures were
formed, with disk material eventually falling back onto the star. The one limitation of
the MHD models of ud-Doula & Owocki (2002) is that they did not take into account
stellar rotation. However, as θ1 Ori C is a slow rotator, these effects could be ignored.
It was soon recognized that σ Ori E is a cooler example of a hot star hosting a significant magnetosphere, but for which the effects of rotation could not be neglected.
Therefore, in an effort to better explain the Balmer line emission observed in σ Ori
E (as previously shown in Fig 2.7), Townsend & Owocki (2005) developed a semianalytical approach assuming the rigid-field limit to account for the effects of both
rapid stellar rotation and magnetic field on the circumstellar environment, closer to
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Figure 2.10: Comparison of MHD simulations of ud-Doula & Owocki (2002) for the
indicated parameters spanning a range of magnetic confinements (η∗ ; see §4.4 for
further details). Included are the magnetic field lines and Alfvén radius (bold lines)
in the left-most panels, followed by panels indicating the contours of log of density,
contours of radial velocity and contours of latitudinal velocity, respectively. Note that
a weak η∗ results in no build-up of plasma along the magnetic equator, while a strong
η∗ does (as exhibited by the density and radial velocity). Image courtesy of ud-Doula
& Owocki (2002) and reproduced by permission of the AAS.
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Figure 2.11: Contours of log of density for the MHD simulations of ud-Doula &
Owocki (2002) for different magnetic confinement parameters (see §4.4 for further
details). The top panel illustrates the log of density, while the bottom panel shows
the predicted magnetic field lines. Note that for low η∗ the magnetic field lines are
stretched, but a thin, unstable cooling disk is formed. For high η∗ the magnetic field
lines remain essentially unaffected, but a cooling disk is no longer formed. The arrows
indicate the direction of plasma flow. Image courtesy of ud-Doula & Owocki (2002)
and reproduced by permission of the AAS.
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the models proposed by Babel & Montmerle (1997a,b). As exhibited in Fig 2.12, the
results of their rigidly rotating magnetosphere (RRM) models showed that, under the
combined effects of rotation and strong magnetic confinement, the circumstellar environment essentially forms a rigidly-rotating, warped, tilted disk along the plane that
defines the potential minimum of centrifugal and gravitational forces, thus forming a
centrifugally-supported magnetosphere (or “centrifugal magnetospheres” CM). Two
regions of increased density and emission are typically formed in these types of magnetospheres, and are generally referred to as “clouds”. Also illustrated in this figure
is the fact that as the star rotates, the projection of the CM onto our line-of-sight
varies, producing distinct variations in the emission of the Hα Balmer line. Using this
fact, Townsend et al. (2005) attempted to constrain the magnetic parameters (using
the measurements of Landstreet & Borra (1978)) and model the CM emission of σ
Ori E. As shown by the ‘dynamic spectrum’ in Fig 2.13, the Hα emission contains a
wealth of information about the magnetospheric properties. The dynamic spectrum
provides a visual way to study the phased intensity variations, where individual spectra are represented as horizontal bands with intensity encoded by different colours
and are stacked vertically according to their phase to illustrate time variability. The
observed Hα dynamic spectrum (left panel) contains information about the phases
where the CM passes in front of the star (phases where the stellar disk appears in
absorption), as well as the velocity extent of the predicted emission. As shown in
the right panel of Fig 2.13, the emission characteristics predicted by the RRM model
are in good qualitative agreement with the observations, however inconsistencies still
exist in regards to the precise shape and emission levels of the model for most phases.
Building on their initial MHD models of non-rotating stars, ud-Doula et al. (2008)
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Figure 2.12: Example emission maps (top panels) and predicted Hα line profiles
(bottom panels) from the RRM model for a magnetic obliquity of 60◦ , observed at
eight different rotation phases. The rotation and magnetic axes are indicated by
the single and double-headed arrows respectively. A darker shading indicates higher
emission density. Image courtesy of Townsend & Owocki (2005).
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Figure 2.13: Comparison of observed (left panel) and simulated (right panel) Hα
dynamic spectrum of σ Ori E. Spectra are represented as horizontal bands with
emission intensity encoded by different colours and are stacked vertically according
to their phase to illustrate time variability. Emission (yellow to red in colour) is
observed for two regions of high density (clouds), similar to the picture described in
Fig 2.12. Starting with phase -0.25, one of the clouds appears in front of the star
(indicated by the vertically dotted lines) as evidenced by the absorption (blue to
black in colour) of light. As the star rotates (increasing in phase), the extent of the
projection of the clouds increases, as indicated by the increasing width of the emission
features. At phase ∼0.1, both clouds can be seen at opposite sides of the star (as
evidenced by two emission bands travelling with opposite velocities relative to the
star), reaching their maximum projection on the sky. By phase ∼0.5, the other cloud
can now be seen crossing the stellar disk. After this, the two emission features can be
seen travelling in opposite velocities from their motion during phases -0.25 to 0.25.
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presented new MHD models that included rotational effects. Their results were in
agreement with the predictions of Townsend & Owocki (2005): plasma was predicted
to accumulate and form a stable magnetosphere for stars with fast rotation and a
strong magnetic field. Therefore, as the models of Townsend & Owocki (2005) have
shown, the rigidly-rotating CM is forced to co-rotate with the star and can explain
well the periodic emission variations observed in stars like σ Ori E. These emission
characteristics are not expected for stars that do not host a rigidly-rotating CM.
However, stable, periodic variations are also observed in slowly rotating O-type
stars such as θ1 Ori C (e.g. Stahl et al., 1996) and HD 191612. As illustrated in
Fig 2.14, the emission of Hα varies in phase with the magnetic measurements and
photometry for HD 191612 according to a period of 538 d (Wade et al., 2011). Therefore, as with σ Ori E, the Balmer line emission must be rotationally modulated, even
though the results of ud-Doula et al. (2008) do not suggest that slowly rotating stars
could host rigidly-rotating CM. However, as proposed by Howarth et al. (2007) (and
illustrated in Fig 2.14), this emission is well-explained by the variable projection of a
stable, optically thick disk, even though stable disks are not expected for these stars
as the wind plasma is expected to fall back onto the star in regions of closed magnetic
loops.
This puzzle has only recently been successfully resolved using the MHD simulations of ud-Doula & Owocki (2002), for HD 191612 by Sundqvist et al. (2012). As
illustrated in Fig 2.15 and discussed by Sundqvist et al. (2012), although the wind
plasma is not expected to form a stable disk, the transient suspension of wind material at the tops of closed magnetic loops, leads to a statistically (over time) overdense, disk-like region along the magnetic equator. This pseudo-disk-like structure is
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Figure 2.14: Rotationally phased measurements for HD 191612. Included are the
longitudinal magnetic field measurements (Bz ; top panel), the Hα equivalent width
measurements (Wλ ; middle panel), and the Hipparcos photometry (bottom panel).
Also included are dipole model fits to the longitudinal field (solid line, top panel)
and ad hoc model fits to the Hα and photometric variations (solid lines, middle and
bottom panel). Note the coherent phasing between the magnetic measurements and
emission variations of Hα, suggesting that the emission is rotationally-modulated.
Image courtesy of Wade et al. (2011).
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required to be constantly fed by the stellar wind, and is therefore only likely to be detectable in stars with high mass-loss rates (Sundqvist et al., 2012). As these structures
are not stable, they are now referred to as dynamically suspended magnetospheres (or
“dynamical magnetospheres” (DM); e.g. Petit et al. 2011b; Sundqvist et al. 2012).
Thus theory and simulation suggest that stellar magnetospheres should be divided
into two general classes, depending on the stellar rotation: the unstable and dynamic
DM (corresponding to slowly-rotating stars), and the stable, highly-structured CM
(corresponding to rapidly-rotating magnetic stars). The characteristics of the Hα
emission profiles from these two regimes are illustrated in Fig 2.16.
Besides the confinement of the stellar wind by the magnetic field, the wind-field
interaction also has feedback effects on the stars themselves. The most important of
these effects is the fact that this coupling enhances the shedding of angular momentum
as first discussed for the Sun by Weber & Davis (1967). However, this rotational
angular momentum loss, or rotational spin-down, has only recently been investigated
in massive stars (e.g. Friend & MacGregor, 1984; ud-Doula et al., 2009), mainly
because magnetic fields are rare and previously unexpected in these stars, but are
nonetheless important as stellar evolution is strongly influenced by rotation rates (e.g.
Maeder & Meynet, 2000, 2003, 2004). ud-Doula et al. (2009) found the equations that
govern the angular momentum loss for high-mass stars to mainly be in agreement with
those determined for low-mass stars, except for one key point: the surface magnetic
fields of massive stars tend to be topologically simple, dipole fields, while the magnetic
fields in low-mass stars tend to be radially stretched at the stellar surface due to their
pressure driven winds and therefore resemble a split monopole. This results in a
longer spin-down time for massive stars than in low-mass stars.
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Figure 2.15: Contours of the density squared for two different snapshots (top panels)
and the time-averaged (lower left) of the MHD simulation for HD 191612. Note that
while the wind plasma is not stable (as illustrated by the top two panels), the timeaveraged view (bottom left panel) of the wind plasma suggests that a statistically
over-dense, dynamical magnetosphere is formed. Also shown is the radial velocity
predictions of this dynamical magnetosphere (lower right panel). Image courtesy of
Sundqvist et al. (2012).
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Figure 2.16: Example Hα profiles for a star with a centrifugal magnetosphere (CM;
left panel) and a dynamical magnetosphere (DM; right panel). Included are the
profiles at minimum (black) and maximum (grey) emission. For stars with centrifugal
magnetospheres the emission is extended, located at high velocities and shows modest
variations on the order of 10%. The emission from dynamical magnetospheres is
formed in a much narrower region, is located at low velocities, and shows variations
that are significantly larger than for centrifugal magnetospheres. Image courtesy of
Petit et al. (in prep).

Chapter 3
Summary and Scope
3.1

General Goals of this thesis

Due to the rarity of magnetic massive stars, very few detailed observational studies and characterizations have been performed. Those that do exist (e.g. θ1 Ori C
(Stahl et al. 1996; Donati et al. 2002), σ Ori E (Landstreet & Borra 1978), HD 191612
(Howarth et al. 2007; Wade et al. 2011)), are often rather rudimentary. As a consequence, the observational basis for detailed confirmation of theoretical case studies
(e.g. Babel & Montmerle, 1997a; Townsend et al., 2005; Sundqvist et al., 2012) is
very limited. Further detailed studies are required to fully understand the underlying
physics regarding the effects of magnetism on these stars and to confront current
models. The primary goal of this thesis is to provide such detailed observational characterizations for stars of particular interest spanning a large
range of fundamental, rotational, and magnetic properties.
Perhaps the most curious aspect of these magnetic massive stars’ underlying
physics is that of field generation. As previously discussed in §2.1.1, all dynamo
46
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theories predict strong correlations between the magnetic and physical properties
(such as mass and rotation rate) of the host stars. Furthermore, the characteristics of
these dynamo fields are topologically complex and the structure is variable on short
time-scales. Comparatively, fossil field theory predicts strong, stable, globally-ordered
surface fields composed of a poloidal component, with perhaps an equally important
toroidal component. To confront and validate these various theories, an accurate measure of the fundamental stellar physical properties and a detailed characterization of
the magnetic field strength and topology will be carried out.
A similar consensus is required in regards to atmospheric stability and structure. As discussed in §2.2, a strong, stable magnetic field can also have important
consequences on the atmospheric stability and structure. This is clearly observed
in intermediate-mass and He-strong stars, but is unexpected in more massive stars
due to the higher mass-loss rates that inhibit the accumulation of elements near the
surface. Rotational modulation of spectral lines has typically been attributed to nonuniform distribution of chemical elements in the atmospheres of magnetic stars, but
some O-type stars (e.g. θ1 Ori C; Wade et al., 2006a) also show this behaviour, possibly indicating the presence of stabilized atmospheres in hot, O-type stars, contrary
to expectations. Therefore, a goal of this thesis is to characterize the photospheric
line profile variability in other hot, massive stars and its relation to the magnetic
variability to further study this behaviour.
The last goal of this thesis is to investigate the interaction of the magnetic field
with the stellar wind. As already discussed in §2.3, the interplay between the massloss, the magnetic field strength and rotation have a significant impact on the circumstellar dynamics due to the magnetic confinement of the stellar wind. Specifically,
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§2.3 identified two regimes for magnetic stars: those with rapid rotation that lead to
rigidly-rotating, centrifugally supported magnetospheres (CM), and those stars with
slow rotation and strong magnetic fields that form unstable, dynamical magnetosphere (DM). Theoretical, semi-analytical (Townsend & Owocki, 2005) and numerical
MHD (e.g. ud-Doula & Owocki, 2002) models have existed for some time, but have
lacked the observational data to confront these models. At the start of this thesis
very few stars were known to host a CM or DM (e.g. σ Ori E and HD 191612), and
therefore new data were acquired to confront current models and to better understand
the observational characteristics of these two paradigms.

3.2

Specific Objectives

This thesis aims to address, for each star in the study, the outstanding issues discussed
in the previous section, via the following objectives:
1. To obtain state-of-the-art characterization of the fundamental physical parameters of magnetic massive stars (e.g. effective temperature, mass, radius, luminosity, wind parameters), for those stars with poorly determined properties.
2. To characterize the rotational properties and determine a unique rotation period
in the context of the ORM.
3. To characterize the magnetic field in the context of the dipole ORM and investigate possible deviations from this model.
4. To characterize and determine the origin of the spectroscopic variability of absorption lines and its correlation with the magnetic field.
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5. To characterize the emission line profile variability and correlations with the
magnetic field, and to compare these results with theoretical models.
In order to achieve these specific goals, a detailed observational investigation of
three stars is carried out. For each star, high-resolution spectroscopic observations are
combined with archival UV data to precisely characterize the fundamental parameters (e.g. effective temperature, mass, luminosity, wind parameters) for the stars with
poorly determined characteristics. Precise estimates of these parameters also allows
one to investigate the surface chemistry by comparing the data with state-of-the-art
synthetic spectra. Furthermore, high-resolution, circularly polarized spectropolarimetric data are used to determine the detailed characteristics of the magnetic field
strength, topology, and geometry. Additionally, for each star, a significant time-series
of observations was obtained to determine the rotational period and investigate the
correlation between the magnetic field and photospheric line variability. Lastly, the
spectroscopic time-series was also used to investigate the relationship between the
magnetic and emission line variability.

3.3

Summary of Targets

The three stars chosen for study in this thesis were observed as part of the MiMeS
project. Two of these stars were newly discovered magnetic stars (HR 5907, HD 57682),
while the third star, ω Ori, was previously reported in the literature (Neiner et al.,
2003c) to be magnetic. These three stars were chosen for inclusion in this work as
they represent a wide range of physical and spectroscopic properties, which provide
a wide range of parameter space to confront the identified issues.
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HR 5907 is a bright, B2.5 main sequence star. Archival observations of this star
suggested it is a rapid rotator (projected rotational velocity of 340 km s−1 ; Frémat
et al. 2005), and photometric variations suggested a ∼0.5 d rotation period (Hubert &
Floquet, 1998). A magnetic field was initially detected as part of the MiMeS survey on
February 24th, 2010, indicating that it had a strong magnetic field. Archival spectral
observations also suggested Hα emission that was observed to be morphologically
similar to σ Ori E, suggesting it has characteristics of a CM. The apparent strong
field and rapid rotation of this star make it an ideal candidate for studying the
effects of rotation on the magnetic field characteristics, the effects of rotation on the
atmospheric stabilization caused by the magnetic field, and the effects of the magnetic
field and rotation on the structure of the wind.
HD 57682 is an O9 sub-giant star with evidence of UV line variability. Observed
as part of the MiMeS survey, a magnetic field was first detected in this star on
December 6th, 2008, bringing the total number of known (at that time) magnetic
O-type stars to four. This observation showed the spectral lines to be mainly in
absorption and very sharp, suggesting that this star is a slow rotator. Additionally,
archival spectral observations (Walborn, 1980) already provided hints that the Hα
profile was unusual, showing strong emission confined to low velocities, similar to
HD 191612 and the most recent predictions of Sundqvist et al. (2012). The sharp
spectral lines and weak wind (Martins et al., 2005b) of this star make it an ideal
target to study line profile variability for a number of spectral lines at a level of
detail not obtainable for any other magnetic O-type star. Furthermore, based on its
presumed slow rotation and Hα emission characteristics, this is an ideal target for
studying the effects of magnetism on the stellar wind in the DM regime in which
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rotation is negligible.
The last star, ω Ori, is a well-known B2IIIe star. It was not detected as part of
the MiMeS survey, but rather included in this study as it was previously reported to
be magnetic based on reported variations of the longitudinal magnetic field measurements of Neiner et al. (2003c) that were consistent with a dipole model. Additionally,
Neiner et al. (2002, 2003c) reported periodic variations in emission quantities that
appear to vary with a similar period to the longitudinal field measurements, which led
Neiner et al. (2003c) to suggest that this star hosted a CM. However, observations of
this star are complicated by the fact that it is a known classical Be star - a star with
a detectable, quasi-stationary, circumstellar Keplerian disk of gas - and is also known
to undergo multi-periodic pulsations, making it difficult to understand and study the
direct correlations between the magnetic variations and line profile variations. In fact,
the Keplerian disk dominates the emission spectrum in most spectral lines. Despite
these complications, the periodic variations reported by Neiner et al. (2003c) place it
among a select few classical Be stars with reported rotationally-modulated emission
(see Porter & Rivinius, 2003), indirectly suggesting the presence of a magnetic field.
This would stand in strong contrast to the results obtained from the the MiMeS survey, which has not found evidence of a magnetic field in a single Be star among the
43 observed (Grunhut et al., 2012). The detection of a large-scale magnetic field in
this star would have important consequences regarding the Be phenomenon, as the
creation of the Keplerian disk is still a topic of great debate. One particular theory,
the magnetically torqued disk model (Cassinelli et al., 2002), has garnered a lot of
attention in the past decade with the discovery of magnetic fields in other B-type
stars. A detailed study of the magnetic properties of ω Ori will be used to address

CHAPTER 3. SUMMARY AND SCOPE

52

these questions.

3.4

Overview of this Thesis

The remainder of this thesis is structured as follows. Chap. 4 reviews relevant theoretical concepts discussed throughout this thesis. This includes a discussion of the
theoretical processes responsible for the generation of circular polarization signatures
within spectral lines that are used to diagnose and characterize magnetism in stars,
and specific theoretical details regarding massive star winds and their interaction with
magnetic fields. In Chap. 5 a review of the polarimetric instrumentation is given, in
addition to the numerical tools used to improve the S/N of the observations and other
tools used throughout this thesis to analyze the observed data. In Chap. 6, Chap. 7,
and Chap. 8 the detailed studies carried out for each star are presented. Lastly, in
Chap. 9 a summary and the connection between the individual studies are identified,
and the results are discussed in the broader context of massive star magnetism.

Chapter 4
Relevant Theoretical Concepts
This chapter reviews the key theoretical and conceptual principles required to understand the analysis carried out in this thesis.

4.1
4.1.1

Diagnosing and Measuring Magnetic Fields
The Zeeman Effect and Spectral Line Splitting

The primary method of detecting and diagnosing the presence of a magnetic field in
stars is based on the Zeeman effect. The Zeeman effect describes the behaviour of an
atom when placed in an external magnetic field as first observed by Zeeman (1897).
Quantum mechanics teaches us that due to the Coulomb force between the central
nucleus and the electron, a bound electron in an atom can be described by the following quantum numbers: the principle quantum number n = 1, 2, 3, ..., the azimuthal
or angular momentum quantum number j = 0, 1, 2, ..., n − 1, the spin s = ±1/2, and
the z−component of the total angular momentum mj = −j, −j + 1, ..., 0, ..., j − 1, j,
53
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where j = l ± 1/2 (e.g. Eisberg & Resnick, 1985; Haken et al., 1985). Since these
values cannot take on just any value, it is understood that the electron can only be
found in discrete energy states corresponding to the specific quantum numbers. Furthermore, there exists a 2mj + 1 degeneracy for each energy level when there is no
external perturbing force.
When an atom is placed in an external magnetic field, the magnetic dipole moment
of the electron will experience a torque causing a precession of the dipole axis about
the direction of the magnetic field. For field strengths typically on the order of 100 kG
or less the interaction can be described in the linear Zeeman regime, as the potential
energy difference compared to the zero-external field (or non-magnetic) case is found
to be:
~
∆E = −~µ · B,

(4.1)

where
µb ~
~
[gl L + gs S].
(4.2)
~
´
³
e~
In this equation µb is the Bohr magneton 2me , gl and gs are the orbital and spin
~µ = −

~ and S
~ represent the total orbital and total spin angular momentum
g-factors, and L

vectors of all the electrons. Russell-Saunders or LS coupling was invoked, which states
~ is the sum of the individual spins and L
~ is the sum of the individual orbital
that S
angular momenta (e.g. Eisberg & Resnick, 1985; Haken et al., 1985).
This equation can be further simplify in terms of the magnetic quantum number
such that
∆E = µb Bgmj ,

(4.3)
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where g is the Landé factor given by (e.g. del Toro Iniesta, 2003)

g =1+

j(j + 1) + s(s + 1) − l(l + 1)
.
2j(j + 1)

(4.4)

This equation for the Landé factor is only an approximation (and a good approximation for light atoms; e.g. Donati & Landstreet, 2009) of the true value, since it neglects
other important physics (such as relativistic effects and other interactions), making it
necessary to determine the correct value experimentally for detailed magnetic studies.
Due to the conservation of angular momentum, only select dipole energy transitions between electronic bound states with ∆mj = 0, ±1 are allowed. These energy
transitions can be observationally measured through spectroscopy and appear as spectral absorption or emission lines. Transitions occurring for ∆mj = ±1 are called σ
~ = 0,
components, while ∆mj = 0 are referred to as π components. For states where S
the Zeeman effect causes each energy level to split into three components consisting
of two symmetrically displaced σ components about a third π component with the
same frequency of the non-magnetic spectral line. For historical reasons, a photon
resulting from a transition from this type of state to a state with j = 0 is known as
~=
the normal Zeeman effect (Zeeman, 1897). The more general situation where S
6 0
is denoted as the so-called anomalous Zeeman effect, where more than three components to the energy level splitting are possible. A comparison between the normal
and anomalous Zeeman effect is shown in Fig 4.1, with the corresponding energy
transitions illustrated as well. Note that the line spacing in Fig 4.1 is given in Lorentz
units of ∆λ/λB = (mu gu − ml gl ), where mu and gu correspond to the upper values
of mj and g and likewise ml and gl for the lower values. λB is the wavelength shift
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measured in Å for a magnetic field strength B, relative to the zero-field limit:
λB = 4.67 × 10−13 λ20 ḡB,

(4.5)

for the wavelength λ0 in Å, the field strength B in gauss, and ḡ is the effective Landé
factor, which measures the average magnetic sensitivity of the line. ḡ is typically
∼1.2, but varies from 0 (a magnetically null line) up to 3 (e.g. Donati & Landstreet,
2009). Due to the λ20 term in Eq. 4.5, magnetic splitting in spectral lines is greater
at longer wavelengths.
In the study of magnetic fields in most non-degenerate objects, the magnetic
field strengths are generally weak enough such that the energy level splitting is welldescribed by the linear Zeeman effect, as described (generally on the order of 1 kG, but
can reach as high as tens of kG as previously discussed; e.g. Donati & Landstreet,
2009). When the magnetic field strength becomes larger the 100 kG, the Zeeman
effect enters the non-linear regime, where higher order terms (i.e. B 2 , etc.) must be
included in Eq. 4.3. This is called the Paschen-Back regime.

4.1.2

Polarization and the Stokes Parameters

Consider a monochromatic electromagnetic light wave in Cartesian coordinates with
components Ex,y,z travelling in the z-direction with angular frequency ω and a phase
lag δx,y . Due to the wave properties of light, each component of the electric field can
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Figure 4.1: Left: Zeeman splitting diagrams depicting the normal Zeeman effect
(top) for the 5 D1 → 5 D0 electron transition and the Zeeman diagram depicting the
anomalous Zeeman effect (bottom) for the 7 D3 → 5 D2 electron transition. Note
that in the normal Zeeman effect, only three spectral lines are visible relating to the
∆mj = 0 (green) transition, the ∆mj = −1 (red) transition and ∆mj = +1 (blue)
transition. In the anomalous Zeeman effect, multiple transitions exist for each ∆mj
component. The ∆mj = ±1 lines have been been inverted for easier viewing. Right:
Transition diagram depicting the normal Zeeman effect (top) and the anomalous
Zeeman effect (bottom) for same transitions discussed above. The different mj values
of each sub-level are indicated on the right.
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be described as a single wave satisfying
Ex = Ax e−i(ωt−δx )

(4.6)

Ey = Ay e−i(ωt−δy )

(4.7)

Ez = 0,

(4.8)

where Ax,y is the complex amplitude of a wave. That is, light is composed of oscillating
electric field vectors.
The polarization of light describes the situation when there is a preferred orientation of the electric field of the beam of light. Therefore, light is considered unpolarized
when there is no specific orientation of the electric field, or put another way, unpolarized light is composed of many randomly oriented, perfectly polarized waves of light.
Since a beam of light is a travelling transverse wave, the wave is linearly polarized if
the orientation of the plane of the electric field does not vary with time (i.e. no phase
offset between the x and y components of the field vector). When the orientation
of the plane of the electric field rotates with time the beam is considered circularly
(if the amplitude of different components are equal and the phase offset between the
waves is exactly π/2) or more generally elliptically polarized if the phase offset is
non-zero.
It is possible to fully define the polarization state of a wave using the Stokes
parameters (e.g. del Toro Iniesta, 2003). The Stokes parameters are defined with
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respect to the previous electric field components of light as follows:
I ≡ κ(A2x + A2y )

(4.9a)

Q ≡ κ(A2x − A2y )

(4.9b)

U ≡ 2κAx Ay cos δ

(4.9c)

V ≡ 2κAx Ay sin δ,

(4.9d)

where κ is a constant that translates the Stokes parameters into units of intensity.
These Stokes parameters refer to natural or unpolarized light (I), linearly polarized
light (Q, U ) and circularly polarized light (V ). It is also customary to combine the
different Stokes parameters into a Stokes vector I~ where
I~ ≡ (I, Q, U, V )T ,

(4.10)

and T denotes the transpose of the vector. Fig. 4.2 presents a comparison between
the predicted emitted local line profile determined from polarized radiative transfer
of light through a simple absorbing medium characterized by a linear source function
Unno-Rachkovsky solution (Unno, 1956; Rachkovsky, 1971) for the different Stokes
parameters, for a specific orientation of the magnetic field relative to our line-of-sight.
Instead of using a Cartesian basis to describe the electromagnetic wave, one can
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Figure 4.2: Example of the emergent Stokes profiles determined from polarized radiative transfer of light through a simple absorbing medium characterized by a linear
source function. The profile is computed for a complex Zeeman splitting corresponding to a 7 D3 → 5 D2 line transition, with ḡ = 1.2, and λ0 = 5000 Å with a magnetic
field strength of B = 2 kG, oriented at 45◦ to the vertical axis and 45◦ to the horizontal axis. Note that even with a large number of sub-levels resulting from this
transition, the Stokes V profile is rather simple.
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also choose the following basis vectors:
ˆl ≡ √1 (x̂ + iŷ)
2
1
r̂ ≡ √ (x̂ − iŷ)
2
ẑ ≡ ẑ,

(4.11a)
(4.11b)
(4.11c)

where the new basis vectors correspond to the left- and right-handed circular polarization (ˆl, r̂). Using this fact a more general electric field wave can be defined
as
~
E(t)
= Er (t)r̂ + El (t)ˆl,

(4.12)

where Er (t) and El (t) represent the time-dependent left and right-handed components
of the electromagnetic wave. From this, the Stokes parameters are then given by
I = κh|Er |2 + |El |2 i

(4.13a)

Q = κ(hEr El∗ i + hEl Er∗ i)

(4.13b)

U = iκ(hEl Er∗ i − hEr El∗ i)

(4.13c)

V = κh|Er |2 − |El |2 i.

(4.13d)

In this basis, it is easy to see that the Stokes V parameter is simply the difference
between the left- and right-handed polarized light (e.g. Shurcliff, 1963). An illustration of this is included in Fig 4.3. Usually, it is not necessary to determine κ since
the polarization is usually measured relative to unpolarized light (I) or relative to
the unpolarized continuum light (Ic ) (e.g. V /I or V /Ic ).
One can also show that photons corresponding to the π and σ components that are
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Figure 4.3: Illustration of the derivation of the Stokes V profile (solid green) as
the difference between the right, red-shifted (dashed red curve) and left, blue-shifted
(dashed blue curve) circularly polarized Zeeman line profiles. Also shown is the
unpolarized line profile (solid black) that is the sum of the two circularly polarized
components.
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respectively polarized linearly along and perpendicular to the transverse components
of the field. The σ component photons are also circularly polarized by the longitudinal
component of the magnetic field (e.g. del Toro Iniesta, 2003). In particular, transitions
for which ∆mj = +1 are right-hand circularly polarized, while ∆mj = −1 transitions
are left-hand circularly polarized. It is this circular polarization that serves as the
basis for the detection and measurement of magnetic fields employed in this thesis.

4.2

The Oblique Rotator Model

As previously discussed, the majority of magnetic intermediate- and high-mass stars
host stable, topologically simple magnetic fields that can usually be well-approximated
by a simple centred dipole or as a combination of a dipole and lower order multipoles,
and are well-described in the framework of the Oblique Rotator Model (ORM; Stibbs,
1950). In this framework, a stable magnetic field is frozen into the star. The magnetic
axis is oblique to the rotation axis by an angle β, as illustrated in Fig 4.4. The resultant asymmetry of the magnetic field with respect to the rotation axis is responsible
for observed variations of the field properties. The dipole ORM is characterized by
four parameters: the phase of closest approach of the magnetic pole (typically chosen
to be the positive pole) relative to the line of sight φ0 , the inclination of the stellar
rotation axis i to the line-of-sight, the obliquity angle between the magnetic axis and
the rotation axis β, and the polar field strength Bd .
At any given moment, the magnetic axis makes an angle ρ with the line-of-sight,
and therefore for a given i, β and rotation phase φ (φ = 2π × phase relative to φ0 ), ρ
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Figure 4.4: Cartoon illustrating the geometry of the Oblique Rotator Model (ORM).
The inclination i is defined as the angle between the line-of-sight and the rotation
axis and the obliquity angle β is defined as the angle between the rotation axis and
the magnetic axis (increasing towards the line-of-sight).
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can be computed by (Stibbs, 1950)

cos ρ = cos i cos β + sin i sin β cos φ.

(4.14)

Therefore, for a given i and β, ρ will typically vary throughout the rotation cycle of
the star, and therefore its observable characteristics will also vary, resulting in the
rotational modulation of our view of the magnetic field.
The observed variations of the longitudinal field therefore encode information
about the strength (Bd ) and geometry (i, β) of the magnetic field. As discussed by
Preston (1967), the relation between i and β can be found by taking the ratio of the
extrema of the longitudinal field variation:
cos (β + i)
Bℓ,min
.
=
Bℓ,max
cos (β − i)

(4.15)

With a priori knowledge of either i or β, the other value can be determined from this
equation. Finally, the polar field strength (Bd ) can be estimated assuming a linear
limb-darkening law, with a limb-darkening coefficient µ, by (Stibbs, 1950; Preston,
1967):
Bd =

4.3

µ

¶−1
15 + µ
(cos i cos β + sin i sin β)
Bℓ,max .
20(3 − µ)

(4.16)

Observed Stokes V Signatures in the ORM
Framework

The expected spectral line splitting due to the Zeeman effect is only approximately
1 km s−1 per kG of surface field (for a spectral line at 5000 Å, with a Landé factor of 1.2;
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e.g. Donati & Landstreet, 2009), therefore making it challenging to reliably detect
Zeeman splitting in the spectrum of massive stars when rotational and turbulent
broadening can be substantially stronger. For example, in OB stars with 100 km s−1
rotational broadening, a typical observed line depth of 2% the continuum and a dipole
magnetic field with a surface polar field strength of 1 kG, the expected semi-amplitude
of the Stokes V profile is approximately 0.013% the continuum level, or roughly
∼150 times smaller than the depth of the Stokes I profile. Therefore, detection and
diagnosis of magnetic fields in these stars requires high precision data with typical
signal-to-noise ratios (S/N) of 20000 or greater to detect the signature at the 3σ
level. As the amplitude of the polarization signal is significantly greater in circular
than linear polarization (as exhibited in Fig 4.2; e.g. Kochukhov et al. 2004), circular
polarization is the primary choice for detection and characterization of magnetic fields.
In a rotating stellar atmosphere, the Stokes V profile also encodes information
about the the distribution of the magnetic field over the stellar disk due to the
Doppler effect and the fact that in the framework of the ORM, the velocity is directly related to the distance from the rotation axis. As illustrated in Fig 4.5, the
characteristic morphology of the Stokes V profile can undergo significant changes as
the star rotates. It therefore provides a more sensitive diagnosis of the magnetic field
properties compared to the Bℓ curve.

4.4

Stellar Winds and Magnetic Confinement

As previously mentioned, the winds of massive stars are accelerated by radiation pressure. Such radiation driven winds result from the bound-bound absorption of photons
by ions in the outer atmospheres of stars (e.g. Lamers & Cassinelli, 1999). As the ions
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Figure 4.5: Rotational modulation of Stokes V profile in the ORM framework. Illustrated are ten rotational phases increasing in time (clockwise) for a dipole ORM
with i = 60◦ , β = 60◦ , and a surface polar field strength of 1 kG. Colour represents
the local longitudinal field strength. Image courtesy of Matt Shultz.

CHAPTER 4. RELEVANT THEORETICAL CONCEPTS

68

absorb the energy and momentum from the radiation field, they are accelerated to
higher velocities. However, because of the Doppler shift, these accelerated photons no
longer absorb photons of the same energy as before and instead absorb lower energy,
redshifted photons (the photons appear redshifted with respect to the comoving gas).
The acceleration of the wind results in a systematically-increasing Doppler shift of
the wind plasma relative to the radiation field. This enables the wind to make more
efficient use of the available radiation, compared to the static case where line absorption would quickly saturate and the ions would not be continuously accelerated (e.g.
Lamers & Cassinelli, 1999).
The efficiency of this process results in hot stars having correspondingly high massloss rates (Ṁ ) of 10−10 to 10−5 M⊙ per year (M⊙ yr−1 ) (compared to the Sun where
Ṁ ∼10−14 M⊙ yr−1 ). Most models (e.g. Hillier & Miller, 1998) assume the winds of
massive stars to be spherically symmetric and time-independent. In this framework,
the one-dimensional radial velocity structure (v) of the wind as a function of radial
distance (r) from the stellar centre is approximately described by

v(r) = v∞

µ

R⋆
1−
r

¶β

,

(4.17)

where v∞ is the terminal velocity of the wind (the saturation velocity where photons
can no longer be absorbed and provide further acceleration to the out-flowing material), R⋆ is the stellar radius, and β is the exponent that sets the relative acceleration
of the wind (e.g. Lamers & Cassinelli, 1999)1 .
In the case of a star with a magnetic field, the field will necessarily interact with
1

Note that the magnetic obliquity angle β and the wind acceleration exponent β share the same
symbol; coherence with historical precedent requires that we retain this symbology here, notwithstanding its ambiguity.
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the highly ionized plasma that is ejected from the star. The details of this interaction,
in particular the competition between the magnetic field and the wind, dictates the
relative dynamical importance of the magnetic field, and the degree to which the wind
stream lines are modified by its presence. For the case of a dipole magnetic field, the
ratio of the magnetic energy density (B 2 /8π) to the wind kinetic energy density
(assuming a spherically symmetric mass-loss rate of Ṁ = 4πr2 ρ(r)v(r), where v(r) is
given by Eq. 4.17, for an assumed β ∼ 1, which is typical for massive stars, and ρ(r)
is the mass density of the wind), is given by the parameter η where

η=

B 2 r2
B 2 /8π
.
∼
1/2ρ(r)v(r)2
Ṁ v

(4.18)

In particular, for η > 1 the magnetic energy density is superior to that of the wind
and therefore locally dominates and confines the flow at this radius. For η < 1,
the wind dominates the magnetic field, causing the field to be stretched with the
outflowing plasma (ud-Doula & Owocki, 2002). The radius at which η = 1 is defined
as the Alfvén radius (RA ) and represents the radius at which the energy densities are
balanced. One can also define the ‘wind magnetic confinement parameter’ (ud-Doula
& Owocki, 2002) as

η∗ =

2
Beq
R∗2

Ṁ v∞

,

(4.19)

which represents the value of η at the stellar surface, for a star with an equatorial
magnetic field strength Beq . As illustrated in Fig 2.10 when the magnetic confinement
is strong, the wind is funnelled into a compressed region of higher density about the
magnetic equator.
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As illustrated in Fig 4.6, if the star is rotating fast enough, then it is possible that
the wind could be both gravitationally and centrifugally balanced beyond the Kepler
co-rotation radius (RK )2 (e.g. ud-Doula et al., 2008). In fact, Townsend & Owocki
(2005) have shown that if the Alfvén radius is further out than the Kepler co-rotation
radius, a rigidly-rotating, centrifugally supported magnetically dominated region of
the circumstellar matter (a magnetosphere; Landstreet & Borra, 1978) is supported.
This corresponds to the centrifugal magnetosphere (CM) discussed in Chap. 2 in the
context of σ Ori E. For slower rotators where RK > RA , the wind plasma is not
centrifugally supported and therefore it is expected that plasma closer to the star
(i.e. within RA ) will fall back onto the star, while plasma further away from the
star (i.e. outside RA ) will continue to flow along stretched magnetic field lines. This
produces a more dynamically flowing magnetosphere, corresponding to the dynamical
magnetosphere (DM) discussed in Chap. 2 (e.g. Petit et al., 2011b; Sundqvist et al.,
2012).

2

RK = 3/2ω 2/3 Rpole , where ω is the ratio of the stellar angular velocity and the critical angular velocity at which the velocity is greater than the escape velocity and matter is no longer
gravitationally bound to the star, and Rpole is the stellar radius at the pole
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Figure 4.6: Sketch of the regimes for a dynamical vs. centrifugal magnetosphere
(DM vs. CM). The top panel illustrates the situation where a slowly rotating star
with the Kepler radius (RK ) beyond the Alfvén radius (RA ). The lack of centrifugal
support results in material falling back onto the star in a dynamical time, forming
a DM. The lower panel illustrates the case for a more rapidly rotating star where
RK < RA , leading to a region between the two radii where the material is forced into
rigid rotation. Image courtesy of Petit et al. (in prep).

Chapter 5
Observational and Numerical Tools
This chapter reviews the details of the instrumentation and data reduction used for
the high resolution spectropolarimetric observations, which comprises the majority
of the data used in this thesis. Additionally, the tools and procedures that are used
throughout the analysis are described.

5.1

Spectropolarimetric Instrumentation and Data
Reduction

5.1.1

ESPaDOnS and Narval

The majority of the spectropolarimetric data used within this thesis was obtained with
the Echelle SpectroPolarimetric Device for the Observation of Stars (ESPaDOnS) and
its twin instrument Narval. These instruments are bench-mounted spectrographs
located beneath their telescopes, in thermally controlled rooms. The instruments
are fed by a fibre-optic cable attached to the Cassegrain focus of the telescope (the
72
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3.6 m Canada-France-Hawaii Telescope (CFHT) located atop the Mauna Kea volcano
summit on the Big Island of Hawaii in the case of ESPaDOnS, and the 2 m Bernard
Lyot Telescope (TBL) located atop the Pic du Midi in the French Pyrenees in the
case of Narval). The entrance aperture to the instruments are a 1.6 arcsecond (′′ )
pinhole for ESPaDOnS, and a 2′′ pinhole in the case of Narval, with a physical size
of 0.22 mm (Donati, 2008; Silvester et al., 2012).
These instruments actually consist of two separate units: the calibration, guiding,
and polarimeter unit mounted at the telescope Cassegrain focus, and the actual benchmounted spectroscopic unit in the Coudé room. Mounting the spectroscopic unit in a
separate room greatly improves the instrumental stability, as vibrational and thermal
instabilities are minimized. As the two instruments are essentially identical, only
ESPaDOnS is specifically discussed below.
The Polarimeter
The polarimetric module consists of the atmospheric dispersion corrector, a compact
1024 by 1024 (1k × 1k) pixel Charged-Coupled Device (CCD) used for guiding, and a
calibration wheel that contains optics that can be used for calibrating the instrument
(Donati, 2008).
The atmospheric dispersion corrector (ADC) is constructed from a pair of rotatable prisms designed to cancel (in real time) atmospheric refraction; light passing
through the earth’s atmosphere undergoes differential refraction causing wavelengthdependent distortion of astronomical images. The ADC corrects for this distortion,
ensuring that light is not systematically lost outside of the pinhole (e.g. Donati, 2008).
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Prior to the fall of 2009 it was found that the ADC unit was an important, temporally variable and unrecognized source of crosstalk1 in the polarimetric module. As
discussed by Silvester et al. (2012) and Barrick et al. (in prep), the crosstalk level
(corresponding to the leakage from Stokes V into Q or U ) was at about the 2-3% level.
After replacing the ADC in the fall of 2009 the crosstalk was reduced to ∼0.1-0.2%
level. However, as discussed in the previous chapter, the typical Stokes V signal is
considerably stronger than Stokes Q or U and therefore the higher crosstalk levels
of the old ADC are demonstrated not to contribute any significant fashion to the
Stokes V signal and should have no measurable effect on the measurements used in
this thesis (Silvester et al., 2012).
The guiding CCD works by collecting light that is reflected off of a tilted mirror
surrounding the pinhole. The guide images are obtained from relatively short exposures (0.5 − 2 seconds), allowing for near real-time guiding corrections to reduce
the amount of light not collected through the pinhole. The guiding computer and/or
observer can ensure that the target star remains centred on the pinhole by ensuring
that the amount of light escaping around the edge of the pinhole remains symmetric.
The calibration optics consists of different sources of light such as a featureless
tungsten lamp used for flat fielding, a Thorium-Argon (ThAr) lamp used for wavelength calibration, and a well-known polarized light source.
The polarimeter is composed of one quarter-wave and two half-wave Fresnel rhombs,
which are coupled to a Wollaston prism. The half-wave rhombs are placed on either
side of the quarter-wave rhomb, and are rotatable about the optical axis of the instrument. The half-wave rhombs provide a π/2 phase retardation to the incoming light,
1
The leakage of circular polarization signal into linear, such as Stokes V into Stokes Q or U or
vice versa.
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which, for instance, could change right circular polarization to left circular polarization. The quarter-wave Fresnel rhombs impart a π/4 phase retardation, which could
change circularly polarized light to linearly polarized light (e.g. Shurcliff, 1963). This
setup provides an achromatic polarization analysis over the complete optical wavelength range and reduces spectral interference.
Only the half-wave rhombs are rotatable about their axis, while the quarter-wave
rhomb and the Wollaston prism are fixed. The choice of rotation allows the optics to
provide any desired retardation to the incoming beam of light, allowing the transformation of any initial orthogonal pair of polarization states into any other orthogonal
pair, before the light passes into the Wollaston prism. This allows one to easily analyze light, so as to produce Stokes I, Q, U or V spectra, without having to add or
remove optical components from the path of the beam.
The light enters the Wollaston prism after exiting the last Fresnel rhomb. The
Wollaston prism produces two beams of light by splitting the linearly polarized light
into its orthogonal states (Shurcliff, 1963). For the analysis of circular polarization
the light is first converted into linear polarization (π/4 retardation) with the Fresnel
rhombs, then the Wollaston prism produces one (linearly polarized) beam containing
light that was originally left circularly polarized, and another (linearly polarized)
beam that was originally right circularly polarized. These beams are then refocused
onto two separate optical fibres for transmission to the spectrograph.
The optical fibres are approximately 30 m long, with a 0.1 mm core diameter
and 0.11 mm diameter including cladding. ESPaDOnS uses low-OH H-treated fibres
produced by CeramOptec, allowing for very good throughput over a wide spectral
domain (Donati, 2008). Peak throughput of the fibres is around 90%.
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Figure 5.1: Illustration of the ESPaDOnS polarimeter module. Image courtesy
of M. Oksala and adapted from http://www.ast.obs-mip.fr/projets/espadons/
espadons_new/configs.html.
An illustration of the polarimeter unit is provided in Fig 5.1.
The Spectrograph
Light exiting the optical fibres first encounters a Bowen-Walraven image slicer, which
transforms the round images of the two fibre heads into a set of three slits, when in
spectropolarimetric mode.
The light is then collimated with a parabolic collimator before entering the diffraction grating (an R2 echelle grating with a 204x408 mm ruled area, 79 lines/mm, and
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a 63.4 degree blaze angle). Next, the light re-encounters a collimator before reflecting
off of a flat mirror and a second collimator. The dispersed light then passes through
a prism cross-disperser to separate the spectral orders. Finally, the light enters the
f/2 camera and is projected onto the detector.
Prior to 2011, a thinned backside-illuminated, 2k × 4.5k pixel CCD with 13.5
µm square pixels was the detector used with ESPaDOnS (Donati, 2008). In 2011,
CFHT replaced that detector with a new deep-depletion CCD with better cosmetics
(fewer dead pixels). In addition to better cosmetics, the new CCD provides a slightly
higher resolving power, much less fringing at higher wavelengths, and an improved
quantum efficiency, particularly at higher wavelengths where it is about twice as
efficient (CFHT ESPaDOnS Website, 2012).
This design of the spectrograph provides a total of 40 orders projected onto the
CCD. Wavelength coverage runs from 372 nm to 1029 nm with three small gaps
at 922.4 - 923.4 nm, 960.8 - 963.6 nm, and 1002.6 - 1007.4 nm. The CCD pixels
correspond to 2.6 km s−1 and are extracted at 1.8 km s−1 (that is 0.6923 CCD pixels
per spectral pixel) (Donati, 2008).
Overall, the spectrograph has a peak throughput of about 40% to 45%, giving the
total peak throughput of the telescope and instrument of 15% to 20% (Donati, 2008).
An illustration of the spectrograph is provided in Fig 5.2.
The greatest drawback of the ESPaDOnS spectra, and for that matter any crossdispersed echelle spectrograph, is the short echelle orders. The main consequence of
this characteristic is large uncertainties introduced in the profiles of hydrogen or other
broad lines during continuum normalization.
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Figure 5.2: Illustration of the ESPaDOnS spectrograph. Image adapted from http:
//www.ast.obs-mip.fr/projets/espadons/espadons_new/configs.html

5.1.2

Reduction and Normalization

Reduction
The acquisition of a single polarimetric sequence consists of four sub-exposures that
are combined in such a way to produce two spectra, one polarized spectrum (Stokes
V ) and one natural light (Stokes I). Recall, that a single exposure actually consists of
two orthogonally polarized spectra so the natural light spectrum Stokes I is computed
from the four sub-exposures as:

I = i1,⊥ + i1,k + i2,⊥ + i2,k + i3,⊥ + i3,k + i4,⊥ + i4,k ,

(5.1)
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where ik,⊥ and ik,k are the two spectra of orthogonal polarization obtained in subexposure k (Bagnulo et al., 2009). The polarized spectrum V /I is given by
V
R−1
=
I
R+1

(5.2)

i1,⊥ /i1,k i4,⊥ /i4,k
,
i2,⊥ /i2,k i3,⊥ /i3,k

(5.3)

where
RV4 =

as discussed by Donati et al. (1997) and references therein. This procedure actually requires double the minimum number of sub-exposures to produce a polarized
spectrum, but does allow for the correction of first-order instrumental or optical systematics (such as spurious polarization signals resulting from variations in the optical
path and CCD sensitivity, as well as some first-order time dependent effects; Semel
et al., 1993; Donati et al., 1997).
A ‘null polarization’ spectrum (referred to as N/I), which can used to check for
spurious signal that is not removed during the reduction process, is given by (e.g.
Donati et al., 1997; Bagnulo et al., 2009)
4
RN
=

i1,⊥ /i1,k i2,⊥ /i2,k
.
i4,⊥ /i4,k i3,⊥ /i3,k

(5.4)

All of the reduction and calibration of the ESPaDOnS observations were performed
automatically using the Libre-ESpRIT data reduction package that is hosted and
run at CFHT (Donati et al., 1997). The reduction package requires a sequence of
calibration frames obtained during the observing night in order to properly calibrate
each observation. The usual set of calibrations consists of one bias frame, one thoriumargon (ThAr) comparison arc lamp exposure, about 10 internal tungsten lamp flat
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field frames, and four Fabry-Perot exposures (Donati et al., 1997; Donati, 2008).
The bias frames are zero-second exposures used to remove background noise inherent to the CCD and any additional systematic readout noise. The flat field images
are combined to create a mean flat field, which is then used to perform the geometrical analysis of the different echelle orders in the image. This involves determining
the position and shape of each order to allow for correct extraction. The flat field
frames are also used to correct for variations in the sensitivity over the entire CCD.
Next, the Fabry-Perot calibrations are used to fit and correct for the shape and orientation of the projected slit image on the CCD (Donati, 2008). The ThAr arc lamp
frames provide a set of well-known emission lines to convert the spectrum from pixel
to wavelength coordinates. Additionally, terrestrial atmospheric absorption lines (telluric lines) due to water vapour present in the Earth’s atmosphere are used to further
velocity correct each observation to the heliocentric reference frame (Donati, 2008).
Examples of typical calibration frames are shown in Fig 5.3 (Donati, 2008).
Normalization
This section describes the procedure used to produce continuum-normalized spectra by removing the large-scale continuum variations of the reduced ESPaDOnS and
NARVAL observations used throughout this thesis. This is necessary as interstellar
reddening, modifications by the transmission function of the telescope, the polarimeter optics, and the spectrograph change the broadband shape of the stellar spectrum
in ways that are difficult to predict and model. Therefore, the spectrum is normalized
by a low-order function to remove these large-scale variations, but leaves the detailed
shape of the sharp spectral lines intact.
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Figure 5.3: Typical calibration frames obtained with ESPaDOnS. The ThAr calibration frame (top left) is used for wavelength calibration, while the Fabry-Perot frames
(top right) are used to correct for the shape and orientation of the slit. Lastly, a
rotated flat field frame (bottom) is shown for the entire detector, as well as a magnified portion of the detector. Note that in each image two spectra are shown for each
order. This results from the two different orthogonal polarization states simultaneously imaged. The adopted colour schemes correspond to the intensity of light. Images courtesy of http://www.ast.obs-mip.fr/projets/espadons/espadons_new/
frames.html
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The normalization of the ESPaDOnS spectra were conducted using a modified
version of the interactive IDL program norm gui, written by Veronique Petit. The
program was modified from its original form to improve the display of the spectrum,
and to output the Stokes V spectrum relative to the continuum, instead of relative
to the Stokes I profile (V /Ic instead of V /I). The procedure continuum-normalizes
each spectral order independently. The code first attempts to identify the continuum
points by fitting a low-order polynomial (typically of 3rd order, but this is userselectable) to points that it identifies as continuum pixels. These points are identified
as the pixels with the maximum flux from a group of about 200 pixels (a typical
spectral order contains about 2000 pixels over ∼100 Å). Once these continuum points
are identified, a higher order polynomial (typically 3rd to 6th) is then fit to a new
selection of continuum pixels that now belong to a group of 50 pixels. In identifying
these new pixels, a σ-clipping algorithm is used to reject pixels that are found to be
higher or lower than 2σ from the previous continuum fit. A least-squares algorithm
is used to determine the parameters of both continuum fits.
By default all pixels in the spectral order are used in this procedure. However, this
method is considerably improved when the user interactively rejects spectral regions
that contain absorption or emission lines or other broad lines, such as the H Balmer
lines, and therefore only spectral regions that represent the true continuum are used
for the fitting. Since only single spectral orders can be fit at a time, it is challenging
to normalize very broad Balmer lines that typically span multiple spectral orders. In
these cases, a low-order polynomial is also used for the second round of normalization
to reduce the possibility of over-normalizing (fitting to the broad wings of the spectral
line) these regions. When an acceptable fit is achieved throughout the spectrum, the
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Figure 5.4: Screenshot showing the interactive IDL procedure norm gui that is used
to normalize the ESPaDOnS spectra. Shown in each panel is the observed spectrum
in the given spectral order (solid black), the continuum fit (solid red), the continuum
level (solid green), the continuum points (green circles) used for the fit, and the
rejected points (blue crosses). The top panel contains the original un-normalized
spectrum showing the initial fit to the continuum. The panel directly below shows
the resulting normalized spectrum after dividing the spectrum by the first continuum
fit. The next panel shows the second iteration of the continuum fitting that uses more
continuum points, the rejection algorithm, and typically a higher order polynomial.
The bottom frame shows the final normalized spectral order.
normalized spectra are obtained by dividing the observation by the polynomial fit as
shown in Fig 5.4.

5.1.3

The Final Data

The final product of the reduction and normalization procedure is a one-dimensional,
wavelength calibrated, continuum normalized spectrum for unpolarized light (Stokes
I), circularly polarized light (Stokes V ) and a diagnostic null spectrum (N ). An
additional data product is errorbars. The 1σ error bars corresponding to these spectra
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Figure 5.5: Example normalized ESPaDOnS spectrum of HD 57682. The full spectrum is shown in the top panel, while subsequent panels show successively shorter
spectral windows. Telluric bands and major spectral lines are also indicated throughout the spectrum.
at each pixel are determined from photon statistics of the original observations and
standard error propagation. An example of the unpolarized ESPaDOnS spectrum is
shown in Fig. 5.5.
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Least-Squares Deconvolution

As previously discussed, in order to detect and characterize the typically weak Stokes
V signatures, high signal-to-noise ratios (S/Ns) are required. This requires long
exposures (i.e. to reduce the contribution from photon/instrumental noise), but this
is not always feasible for stars with an actively variable magnetic field, or a rapidly
rotating star where the orientation of the field relative to the line-of-sight is rapidly
changing and therefore the polarization signature changes too much over the required
integration time.
A novel way to improve the S/N from a single observation is to extract a mean
profile from all the lines in the observed spectrum (e.g. Donati et al., 1997). Using
the weak field approximation, as given in Eq. 4.5, and assuming that the intensity
profile I is similar in shape (in velocity coordinates) for all lines and simply scales in
depth (d), the local Stokes V profile Vloc of a line with a Landé factor g and central
wavelength λ can be approximated by

Vloc = gλdkB (v),

(5.5)

where kB (v) is a proportionality function (which is the same for all lines in an optically thin medium). While this approximation is obviously unrealistic for a real
stellar atmosphere, the model is not too bad for rotationally broadened line profiles
if very strong, and therefore saturated lines are ignored (e.g. Balmer lines; Donati
et al., 1997). These lines typically have a different shape than the weaker lines and
therefore the assumption of self-similarity breaks down. This equation can further be
extended to account for integrating the local line profile over the entire visible disk if a
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wavelength-independent limb darkening is assumed, resulting in the following simple
equation:

V (v) =

Z Z

bm Vloc (v − vm ) dS
Z Z
= gλd
bm kB (v − vm )dS

= wZ(v),

(5.6)
(5.7)
(5.8)

where bm is the brightness of an infinitesimal surface element m with radial velocity
vm and surface area dS, Z(v) is the LSD mean profile and

w = d × λ × g,

(5.9)

is the weighting applied to each line used in the analysis. A similar process is used
to extract the LSD I profile, however the adopted line weighting is d (as opposed to
gλd).
One can construct a line mask M(v), where

M(v) =

X
i

wi δ(v − vi ).

(5.10)

The mask can be thought of as a collection of delta functions with varying line weights
at the location of different spectral lines. From this, the circularly polarized spectrum
can be reconstructed from the convolution of M and Z, or written as a linear system
V = M · Z. This assumes that the line intensities add linearly, which is far from
the truth, especially for strong lines. However, if these strong lines are ignored,
the resulting convolution spectrum gives a fairly good representation of the observed
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spectrum (Kochukhov et al., 2010).
Using a linear least-squares solution (e.g. Press et al., 1992) to solve for Z gives

Z=

¡t

M · S2 · M

¢−1

t

M · S2 · V,

(5.11)

where S is the square diagonal matrix with elements representing the inverse error
bars of the spectral pixels. The term t M · S2 · V is actually a cross-correlation of
V with M representing a weighted mean of all selected lines. Due to the nature of
using a linear least-squares technique to obtain a deconvolved spectrum, this method
is called Least-Squares Deconvolution (LSD).
An LSD model spectrum can be produced by convolving the mask with the LSD
profile. The I spectrum is obtained by convolving the LSD I profile with the line
mask using a weighting d. The V spectrum is obtained by convolving the LSD V
profile with the line mask and the weighting factor stated in Eq. 5.9. An example
comparing the LSD model spectrum to the observed spectrum for the MiMeS TC
target ξ 1 CMa is shown in Fig 5.6.
The uncertainties of the extracted profiles can be estimated from the diagonal elements of the t M · S2 · M matrix, which is the auto-correlation matrix. As described
by Donati et al. (1997), in situations where blending of lines is minimal and photon
noise dominates the uncertainties (which is often the case for the Stokes V spectrum)
the estimated uncertainties from the auto-correlation matrix provide a good representation of the real uncertainties. However, when the photon noise is small and
many line blends and other systematic limitations of the LSD model dominate, the
inferred uncertainties are typically underestimated, resulting a large quality-of-fit χ2
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Figure 5.6: Comparison between the observed spectrum (black line, large frame) and
the corresponding LSD model (red line, large frame) created from the convolution of
the line mask with the LSD profiles (inset) for the star ξ 1 CMa. The inset shows the
extracted LSD Stokes I profile (black) and the Stokes V profile (red). The Stokes V
profiles are expanded and vertically offset for display purposes.
parameter, where
χ2 =

n
X
(V (λi ) − µ(λi ))2
i=1

σi2

,

(5.12)

where V (λi ) is the Stokes V measurement at pixel i with a corresponding 1σ uncertainty of that pixel of σi , and µ(λi ) is the LSD model at pixel i. The χ2 provides a
quantitative measure of the agreement between the observation and the LSD model.
For situations of high χ2 , the uncertainties in the LSD profile are scaled to ensure
that the reduced χ2r = χ2 /n = 1.0 (where n is the total number of pixels; Wade et al.,
2000).
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Figure 5.7: Comparison between the Stokes profiles of the observed He i line (left
panel) and the extracted Stokes profiles of the LSD profile (right panel). The Stokes
V profile (solid red) is expanded by the indicated factor and offset for display purposes.
Note the improvement of the LSD profile.
As shown by Donati et al. (1997), the increase in the S/N of the LSD profile
relative to the observed spectrum is dependent on the number of lines, and is roughly
√
proportional to N , where N is the number of lines used in analysis. In Fig 5.7 a
comparison between the observed He i 6678 Å line profile in a spectrum of the O-type
star HD 57682 and the corresponding mean profiles extracted using LSD from this
spectrum is shown. This figure clearly highlights the S/N improvement provided by
LSD (observed S/N of 738, LSD S/N of 5229).
The line mask used to extract the LSD profiles contains information on the predicted central wavelength λ, the predicted depth d of the line assuming LTE, and the
predicted or measured (depending on availability) Landé factor g. The information
contained in the mask is dependent on the input atmospheric parameters (the effective temperature Teff , the surface gravity log(g), and the chemical abundances of all
elements).
The LSD code of Donati et al. (1997) was exclusively used in all the analysis
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presented in this thesis. This method and code has been used in many studies of
magnetic stars, ranging from cool, low-mass pre-main sequence stars (e.g. Donati &
Landstreet, 2009), to intermediate-mass, pre-main sequence and main sequence stars
(e.g. Wade et al., 2006a; Alecian et al., 2008b), and for high-mass stars (e.g. Donati
& Wade, 1999; Martins et al., 2010). This method also tends to be much more robust
than other methods used for magnetic field detection (e.g. Sennhauser & Berdyugina,
2010), since it makes no a priori assumption about the characteristics of the underlying
profile. Another particular advantage of this method is that, when combined with
high-resolution spectropolarimetry, one can observe a magnetic Zeeman signature
even when the configuration would result in a net zero longitudinal field (see §5.6),
making it an ideal method for detecting magnetic fields in stars. The fully resolved
signature is also useful for detailed modelling of the surface topology as the profile
changes, for example, due to stellar rotation (see §4.3 for further details).

5.3

Detection Probability

In order to evaluate the detection significance of a signal in Stokes V the χ2 probability
function as discussed by Donati et al. (1992) can be utilized. The LSD Stokes V profile
is compared to the null field model (µ(v) = 0) and the reduced χ2 value quantifies
this deviation. The χ2 probability function p (χ2r |ν) is given by
p

¡

χ2r |ν

¢

=P

µ

ν χ2r
,ν
2 2

¶

,

(5.13)

where P is the Incomplete Gamma Function, and ν is the number of resolved elements
in the observed spectrum (Donati et al., 1992). The function quantifies the probability

CHAPTER 5. OBSERVATIONAL AND NUMERICAL TOOLS

91

that the null-field model µ(λ) = 0 cannot account for the observed excess signal from
V (v) (and therefore resulting high χ2r ).
From this value, the False Alarm Probability (FAP) can also be defined, where

FAP = 1 − p.

(5.14)

In the work presented in this thesis, the criteria of Donati et al. (1997) were
adopted to quantify the detection of an excess signal (and therefore the likely detection
of a magnetic signature). Excess signal is definitely detected if the FAP is < 10−5
(corresponding to the detection of excess signal at the 4 − 5σ relative to the noise
level). If the FAP is found in the range of 10−5 < FAP < 10−3 (corresponding to
a 3 − 4σ level), then this is defined as a marginal detection. No excess signal is
considered to be detected if the FAP > 10−3 . Fig 5.8 provides a comparison between
the same Stokes V profile with varying S/N to illustrate the precision required to
obtain a detection.
An excess signal in Stokes V on its own is not sufficient to be certain that the
signal is a result of a magnetic field. In order for a signal to be confidently detected
we also require the following:
• The excess signal needs to be located within the line profile, as determined from
the span of the corresponding Stokes I profile.
• No excess signal exists outside of the line profile (i.e. that the FAP > 10−3
when computed using pixels outside of the line profile).
• No signal is found within the corresponding diagnostic null profile.
If all of the above conditions are met, one can usually be satisfied to have confidently
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Figure 5.8: Comparison of synthetic LSD Stokes V profiles with added random Gaussian noise to illustrate the level of precision required to detect a magnetic signature.
Shown are profiles with a S/N of 200, for which a FAP=4.0 × 10−2 is measured (left
panel), a profile for which the S/N is 400 and a FAP=4.1 × 10−4 is measured that
corresponds to a marginal detection (middle panel), and a profile for which the S/N
is 1000 and FAP < 10−18 is obtained, corresponding to a definite detection (right
panel). The profiles are obtained from a dipole model with a line depth of 15% the
continuum, a v sin i = 50 km s−1 , a surface polar field strength of 1 kG and a geometry
with i = 90◦ and β = 90◦ , observed at phase 0. Also shown is a line corresponding to
zero signal (horizontal dotted line) and lines indicating the extent of the line profile
(vertical dotted lines).
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detected excess signal in Stokes V (although supplementary observations are obtained
before a definite claim is made).

5.4

Customization of the LSD Masks

As discussed in §5.2, the LSD technique is effectively used to increase the S/N of a
spectropolarimetric observation, which enhances one’s ability to detect weak Zeeman
signatures. The quality of the derived LSD profiles depends on the details of the
mask and the goal when extracting a profile is to:
1. Produce the LSD profile that is most representative of the observations.
2. Increase the sensitivity to detecting weak Zeeman signatures and therefore improve the prospects of detection.
If the information contained in the mask does not represent the observation well,
then, as discussed §5.2, this leads to a larger discrepancy between the observation
and the LSD model, and therefore larger error bars associated with the LSD profiles.
Possible reasons for such discrepancies could be incorrect atomic data used to construct the mask, incorrect assumptions about the chemical composition of the star,
or an incorrect temperature or surface gravity that leads to the presence of lines in
the mask that are not present in the observation.
The initial masks used to extract the LSD profiles are obtained based on the
spectral classification of the star. The procedure used to improve the agreement
between the LSD model and the observed spectrum requires that the mask undergo
two major adjustments. The first step involves the ‘cleaning’ of the mask, which
removes lines from the mask that should not be used in the LSD analysis as they are
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unrepresentative of the bulk of metallic lines, such as the Stark broadened hydrogen
lines, and/or other lines that are blended with these lines. Additionally, weak lines
that are indistinguishable from the noise, and lines the are heavily blended with
atmospheric telluric lines are also removed.
Once these lines are removed an updated LSD profile is extracted to represent an
average of the newly adopted line list. An example of the improvement from cleaning
the mask is illustrated in Fig 5.9.
With the updated LSD profiles we then proceed with the second task of ‘tweaking’
the line mask. This involves adjusting the relative depths of all spectral lines remaining in the mask to improve the agreement between the LSD modelled I spectrum and
observed I spectrum. An example is shown in Fig 5.10.
To this end, an interactive graphical user interface (GUI) program called mask gui
was written in IDL to carry out both tasks. This program allows for easy manipulation of the line mask with intuitive interactions with the display. The input required
for the code includes the mask used to extract the LSD profiles, the extracted LSD
profiles, and the observed spectrum. The program displays a small window of the
spectrum (by default it is 10 Å window, but this is user-adjustable) and, by default,
only the Stokes I spectrum, but the Stokes V spectrum can also be displayed. Also
shown in the program is the LSD model spectrum and the line mask (delta functions
at the locations of predicted central wavelengths with depths corresponding to the
depth in the mask). A sample screen shot is provided in Fig 5.11.
To clean the mask the user selects a region with the mouse (by clicking and
dragging the mouse), or can choose to clean all lines in the displayed window. The
LSD model is continuously updated in real-time after the completion of the process
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Figure 5.9: Illustration showing improvement of LSD model after ‘cleaning’ the mask.
The top panels show the LSD Stokes V (top red curve) and Stokes I (bottom black
curve) profiles extracted from the region indicated in the lower panels using a mask
with all the lines (left panel) and a cleaned mask (right panel). The bottom left
panel shows a comparison between the Hγ spectral region of an observation of ξ 1
CMa (solid black) in comparison to the LSD model(solid red) when using all available
lines (including those that are a poor representation of the majority of spectral lines).
The right panel shows the same observation, but compared to an improved model
that excludes the broad hydrogen line and lines blended with this line. Note the
improvement in the continuum level of the cleaned Stokes I profile (indicated by a
horizontal dashed line) and the improvement between the model and the fit.
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Figure 5.10: Illustration showing improvement of LSD model after ‘tweaking’ the
mask. The top panels show the LSD Stokes V (top red curve) and Stokes I (bottom
black curve) profiles extracted from the region indicated in the lower panels using a
mask with all the lines (left panel) and a tweaked mask (right panel). The bottom
left panel shows a comparison between an observation of ξ 1 CMa (solid black) with
the LSD model (solid red) when using the un-tweaked mask. The right panel shows
the same observation, but compared to an improved model where the depths of all
the lines have been adjusted to best-match the observation. Note the improvement
of the tweaked LSD profile, which shows a flatter continuum level in Stokes I and a
somewhat larger amplitude of the Stokes V profile compared to the un-tweaked LSD
profiles.
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Figure 5.11: Sample screen shot of the graphical mask editing tool developed in this
thesis. Shown is a comparison between the observation (solid black curve) and the
LSD model spectrum (solid red curve) for both Stokes I (lower frame) and Stokes V
(upper frame). Also included are the line labels and the corresponding depths of the
line, illustrated as vertical delta functions (solid blue lines). The buttons on the left
control the current enabled task and control the display options. The buttons on the
top control the overall model and location and size of the displayed spectral region.
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to allow the user to view the changes. Lines that have been cleaned from the mask
are displayed as dashed lines (as opposed to solid lines). Note however that while the
LSD model is updated in real-time, the LSD profiles themselves are not (this may
change in a future version), and therefore the LSD model does not properly reflect
the modified LSD profiles, until new LSD profiles are extracted using the updated
mask.
The task of tweaking the mask is very similar. First, the user selects a region
that contains the lines that need to be adjusted. Once these lines are selected, the
user drags the mouse and the line depths are adjusted depending on the vertical
coordinates of the mouse. The LSD model is still updated in real-time, allowing the
user to view the result of the tweaking.
Tweaking of individual lines is generally straightforward, but often a region contains many close overlapping lines that are difficult to distinguish and therefore difficult to adjust individually. In these situations the relative depths of the lines are
kept the same and the entire line blend is adjusted as if it were one single line. In
most situations this provides satisfactory results and any minor adjustments can be
made by tweaking individual lines.

5.4.1

Validating Improvements

Recall that the reason for modifying the line masks is to improve the agreement between the LSD model and the observation, and to consequently improve the sensitivity
of detecting weak Zeeman signatures in the LSD profile. To quantify the agreement
between the LSD model and the observation we can compute the root-mean-square
difference (RMS) between both spectra in Stokes I and Stokes V . The RMS is defined
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as
n

RMS =

1X
(LSDi − OBSi )2 ,
n i=1

(5.15)

where LSDi is the LSD model flux computed at pixel i, OBSi is the observed spectrum flux at pixel i, and n is the total number of pixels being compared. Note that
when computing the RMS, we are careful to only include pixels that are part of both
the observed and LSD modelled line profiles (i.e. continuum pixels and lines that
have been specifically removed from the model are excluded).
The cleaning and tweaking procedures are carried out with the main goal of improving the agreement between the observed Stokes I spectrum and the LSD modelled I spectrum. To quantify the improvement we can compute the ratio of the
RMS values of the original uncleaned and un-tweaked mask (defined as old) and the
final cleaned and tweaked mask (defined as new). A smaller RMS value denotes an
improved agreement between the observation and LSD model, and therefore when
looking at the ratio of RMS values (RMSnew /RMSold ) a smaller number indicates an
improved fit of the new mask.
In Fig 5.12 the cumulative distribution of the RMS ratio calculated from every
observed I spectrum that is part of the MiMeS CFHT survey (e.g. Wade et al., 2012b;
Grunhut et al., 2012, in prep) for which a magnetic field was detected (i.e. a FAP
< 10−3 ) is shown. Analysis of this distribution shows that approximately 50% of the
spectra showed an improvement by about a factor 5 in RMS, while essentially 100%
of the sample showed an improvement by a factor of 2.5 or more after the line masks
were cleaned and tweaked. Therefore, it is clearly seen that cleaning and tweaking the
mask considerably improves the agreement between the observed Stokes I spectrum
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Figure 5.12: Cumulative distribution of the ratio of RMS differences between the
observations and the LSD models for Stokes I from all MiMeS CFHT SC spectra
in which a magnetic field was detected (FAP < 10−3 ). An RMS ratio less than
one indicates that the cleaned/tweaked (new) mask was an improvement over the
uncleaned/un-tweaked mask (old). Note that the apparent structure (two plateaus)
likely results from the fact that there are more spectra from two stars (HR 5907 and
HD 57682) that likely dominate the statistics.
and the LSD Stokes I model.
The signal in Stokes V is often considerably weaker than in Stokes I and, for
the majority of observations, cannot be visually confirmed during the modification
process. This is one reason why only fitting the LSD Stokes I model to the observed
Stokes I spectrum was performed. However, one can still quantify the improvement
between the LSD modelled Stokes V and observed Stokes V spectrum by investigating
the ratio of RMS values obtained from the new cleaned and tweaked mask relative to
the old uncleaned and un-tweaked mask.
The cumulative distribution for the Stokes V measurements from the same sample
of spectra used to create Fig 5.12 is shown in Fig 5.13. Similar to the results from the
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Figure 5.13: Cumulative distribution of the ratio of RMS differences between the
observations and the LSD models for Stokes V from all MiMeS CFHT SC spectra
in which a magnetic field was detected (FAP < 10−3 ). An RMS ratio less than
one indicates that the cleaned/tweaked (new) mask was an improvement over the
unclean/un-tweaked mask (old).
Stokes I profile a considerable improvement is also seen in the agreement between the
observed Stokes V spectrum and the LSD modelled Stokes V spectrum. However,
the improvement is not as significant for Stokes V as it was for Stokes I spectra.
For Stokes V approximately 60% of the sample shows an improvement by a factor of
∼1.5, while 100% of the sample shows an improvement by a factor of 1.3. This likely
reflects the higher relative noise level of the Stokes V spectrum, compared to the
Stokes I spectrum. However, it does confirm the basic point that by improving the
agreement between the observed Stokes I and the LSD modelled Stokes I spectrum,
there is also a measurable improvement in the agreement between the observed and
LSD modelled Stokes V spectrum.
Besides improving the agreement between the LSD model and the observation, the
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other major goal of these procedures is to improve the ability to detect weak Zeeman
signatures. As discussed in §5.3, the False Alarm Probability (FAP) is a quantifiable
measure of the detection significance (a measurement of the excess signal in Stokes
V ). For this analysis all spectra that were acquired within the context of the MiMeS
survey, and for which the stars were detected to be magnetic, were used.
In Fig 5.14 a comparison between the cumulative distribution of FAPs obtained
from the original mask and the modified mask is shown for all stars with magnetic
field detections that were observed as part of the MiMeS CFHT survey (e.g. Grunhut
et al., 2012; Wade et al., 2012b). It should be noted, that although a magnetic field
is detected in these stars, it is not detected in all observations and therefore this
distribution contains Stokes V profiles that were marginally, or in some cases not
detected at all. This comparison indicates that the modified mask does not result in
a significant increase in the number of detected profiles, but does show that there is
a measurable difference. It is found that approximately 20% of the spectra from the
original mask do not result in the detection of a signal in Stokes V (FAP > 10−3 ).
On the other hand, the modified mask only shows ∼7% of the spectra do not result
in a detection and that ∼90% of the spectra are definitely detected (FAP < 10−5 ), as
opposed to < 80% from the original mask. Furthermore, the distributions shows that
∼92% of the spectra from the modified mask result in a detection, while this value is
only ∼77% from the original mask.
It is interesting to note that this result is achieved despite the fact that the cleaned
masks contain fewer lines and therefore the expected S/N of the extracted LSD profile
should be reduced (recall that the S/N approximately varies as the square-root of the
number lines in the mask). However, as discussed in §5.2, the scaling of the LSD
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uncertainties is also dependent on the quality of fit between the observed and LSD
modelled spectra. In Figs. 5.15, 5.16 and 5.17 a comparison between the unmodified
LSD profile and modified LSD profile is shown for three different stars. Fig 5.15
illustrates the improvement obtained for a slowly rotating star (the half-width of the
Stokes I profile ∼30 km s−1 ) HD 57682, for which the FAP improved from a nondetection (FAP = 4.9 × 10−3 ) to a definite detection (FAP = 6.9 × 10−10 ). In Fig 5.16
the comparison is shown for a rapidly-rotating (half-width of the Stokes I profile
∼300 km s−1 ) star HR 5907, for which the FAP improved from a non-detection (2.8 ×
10−3 ) to a definite detection (1 × 10−7 ). Lastly, Fig 5.17 shows a comparison for a
star (half-width of the Stokes I profile ∼75 km s−1 ), for which the FAP went from
a near detection (FAP = 1.3 × 10−3 ) to a marginal detection (FAP = 2.3 × 10−5 ).
As exhibited from these figures a reduction of the LSD pixel uncertainties is not
significant, but the amplitude of the Stokes V signature is usually increased, likely
resulting from the improved weighting of the individual lines. Therefore, the results
of these tests indicate that the process of cleaning and tweaking also improves the
ability to detect weak Zeeman signatures. This is important for detection of signal
very close to the noise level in the broader MiMeS survey.

5.5

Equivalent Width Measurement

The equivalent width (EW) is a measurement of the total area contained within a
line profile. More specifically, it is the effective width a line profile would have if its
depth there was 100% absorption of the continuum:

EWλ =

Z

(Ic − Iλ )
dλ,
Ic

(5.16)
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Figure 5.14: Comparison of the cumulative distribution of FAPs between the
cleaned/tweaked and unmodified masks. Also included are the thresholds corresponding to a marginal detection (FAP < 10−3 ) and definite detection (FAP < 10−5 ).

Figure 5.15: Example LSD profiles highlighting the detection improvement for
HD 57682. The profile on the left was obtained from the original unmodified mask
that resulted in a non-detection of a Stokes V signature (FAP = 4.9 × 10−3 ). The
profile on the right was obtained from a cleaned/tweaked mask and resulted in a
definite detection of a Stokes V signature (FAP = 6.9 × 10−10 ). Note the increased
amplitude of the Stokes V profile from the modified mask (total peak to peak amplitude of ∼0.1 on the scale shown) compared to the amplitude of the unmodified LSD
profile (peak to peak amplitude of .0.075), which resulted in the definite detection
of a signal from the modified LSD profile, even though the pixel uncertainties of this
profile were generally larger.
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Figure 5.16: Example LSD profiles highlighting the detection improvement for
HR 5907. The profiles on the left wereS obtained from the original unmodified mask
that resulted in a non-detection of a Stokes V signature (FAP = 2.8 × 10−3 ). The
profiles on the right were obtained from a cleaned/tweaked mask and resulted in a
definite detection of a Stokes V signature (FAP = 1.0 × 10−7 ).

Figure 5.17: Example LSD profiles highlighting the detection improvement for
HD 127381. The profiles on the left were obtained from the original unmodified mask
that resulted in a non-detection of a Stokes V signature (FAP = 1.3 × 10−3 ). The
profiles on the right were obtained from a cleaned/tweaked mask and resulted in a
marginal detection of a Stokes V signature (FAP = 2.3 × 10−5 ).
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where Iλ is the line intensity at wavelength λ, and Ic is the continuum intensity at the
same wavelength. In practice, the equivalent width is usually computed numerically
from a discrete normalized spectrum and therefore the equivalent width becomes:

EW =

n
X
i=1

(1 − Ii )∆λi ,

(5.17)

where Ii is the continuum-normalized intensity at pixel i, with wavelength spacing
∆λi over a total of n pixels.
In this thesis the calculation of the EW is carried out via an IDL routine to
numerically integrate the observed line profile over a specific wavelength range. For
reduced data with per pixel uncertainty estimates, the uncertainty in the EW σEW
is computed using the usual error propagation rules by adding the uncertainties in
quadrature:
2
σEW
=

X

σi2 ,

(5.18)

where σi is the continuum-normalized flux uncertainty for pixel i. For data without
estimated uncertainties, a single uncertainty value is estimated from the variance of
pixels in the neighbouring continuum of a spectral line and assigned to each pixel.

5.6

Longitudinal Field Measurement

From the information contained within the Stokes V profile, one can compute the
net, surface averaged, line-of-sight component of the magnetic field - the longitudinal
magnetic field Bℓ .
Using the fact that the first-order moment of the Stokes V profile is proportional
to Bℓ (Rees & Semel, 1979; Mathys, 1989; Donati et al., 1997; Wade et al., 2000) we
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find that for Bℓ in gauss we have:
12

Bℓ = −2.14 × 10

R

(v − v0 )V (v)dv
R
,
λgc [1 − I(v)] dv

(5.19)

where v is the velocity (in km s−1 ), v0 is the centre of gravity of V , V (v) is the Stokes
V profile, λ is the central wavelength of the line of interest (in Å), g is the Landé
factor, and I(v) is the Stokes I profile. Essentially, this equation tells us that the
centre-of-gravity of the Stokes V profile (or the first-order moment of Stokes V ),
normalized to the equivalent width of Stokes I is proportional to Bℓ .
Likewise, an analogous value can also be computed from the diagnostic null profile
by replacing the Stokes V profile (V (v)) by the diagnostic null profile (N (v)). This
value allows one to assess the potential contribution to Stokes V from a spurious
signal.
Computation of the longitudinal field is carried out using a numerical integration
code within IDL. This code is based on the bell multi code developed by G.A.
Wade, and independently computes the numerator and denominator of Eq. 5.19. Uncertainties are derived using standard error propagation rules, using the independent
uncertainty estimates from Stokes I and Stokes V .

5.7

Fourier Transform Analysis of Line Profiles

The Fourier transform method used to investigate the broadening of spectral lines
in this thesis is based on the method of Gray (1981) and further described in Gray
(2005), and is implemented in IDL. The extracted line profile of the input spectra
are first interpolated onto a linear wavelength grid and the array is ‘padded’ with
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zeros to increase the effective frequency resolution of the resulting Fourier transform.
The Fourier transform of the line profile is then computed using IDL’s built-in Fast
Fourier Transform procedure.
As discussed by Gray (2005), the Fourier transform of a line profile reveals information about the broadening of the line profile. In fact, distinct characteristics due
to rotational broadening are easily identifiable in the Fourier spectrum, making it an
ideal tool for estimating the rotational velocity of a spectral line.

5.8

Period Analysis Tools

Three main tools are used in this thesis for determining the period content of variable
data.
The first method uses the modified (by G.A. Wade) FORTRAN code fsrch, and
consists of phasing the data with a given period and then using a least-squares fit to
determine the best-fitting sinusoid (that varies in relative phase, amplitude and offset)
to the data. A χ2 value is then computed from this fit and this procedure is repeated
for a grid of periods over a specified range, with a specified period spacing. This
method also allows non-sinusoidally varying data to be fit by an arbitrary number
sinusoids of different harmonics, which is useful for non-sinusoidal variations. The
best-fit period can then be determined by comparing the χ2 values of the best-fit
sinusoids for the different periods (the periodogram), while the uncertainties can be
determined from standard χ2 relations, assuming the noise is Gaussian (e.g. Press
et al., 1992). The advantage of this method is that it appears to be quite robust for
un-evenly sampled datasets, and provides a simple way to determine uncertainties
based on standard χ2 statistics.
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It has also been shown that this method is nearly equivalent to the well-known, and
more conventional Lomb-Scargle approach, for datasets with no time delay (e.g. Press
et al., 1992). However, the Lomb-Scargle approach is better able to deal with datasets
of arbitrary time delays and therefore is also used for period analysis. Unlike the
previous procedure for which the periodogram comprised of the χ2 value at different
periods, the normalized periodogram (Pn ) at a frequency f , for a time measurements
Xj (tj ) at a time tj for the Lomb-Scargle approach is given by (e.g. Townsend, 2010):
h
i2 h P
i2 
P



j Xj cos ω (tj − τ )
j Xj sin ω (tj − τ )
1
P
P
,
+
Pn (f ) =
2
2

2


j cos ω (tj − τ )
j sin ω (tj − τ )

(5.20)

for a frequency-dependent time offset τ , where

P
j sin 2ωtj
,
tan 2ωτ = P
j cos 2ωtj

(5.21)

and ω = 2πf = 2π/P . In particular, the LSP code of Townsend (2010) is the
primary code used in this thesis. Note that while Townsend (2010) discusses an
implementation using graphical processing units, the CPU version was strictly used
in this work. An extension of the Lomb-Scargle approach to multiple harmonics is
the method of Schwarzenberg-Czerny (1996), which is also used in this work. The
challenge of either of these approaches is estimating the uncertainties, although many
cite the full width at half maximum of the peak in the periodogram as the uncertainty.
In all cases discussed in this thesis, the uncertainties have been estimated using the
fsrch code.
The last method used in this thesis is the clean-ng code, a modified version of
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the CLEAN method of Roberts et al. (1987) (see also Gutiérrez-Soto et al., 2009).
This method computes the discrete Fourier transform of the input time series, but the
CLEAN method is particularly useful for data with unequally spaced time intervals
(i.e. without a complete data window). The goal of this method is to compute and
deconvolve the frequency spectrum resulting from the unequal timing of the observations from the normal Fourier spectrum of the time series (Roberts et al., 1987).
The result should be a Fourier spectrum that is essentially free of artifacts related to
the timing of the observations, making it more robust for the period determination of
datasets with weak variability and where the timing of the observations can introduce
significant signal into the periodogram (Roberts et al., 1987).

5.9

Spectrum Fitting and Fundamental Parameter
Measurements

To determine the fundamental parameters of the stars studied in this thesis, the
spectra of each star were compared to synthetic spectra derived from either cmfgen
(Hillier & Miller, 1998), or the bruce/kylie software suit (Townsend, 1997). Each
code solves the radiative transfer equation to compute the predicted spectrum for
comparison with observations.
The bruce/kylie software suit is a computer modelling code designed to simulate the spectra of hot stars. Its strengths lie in the fact that it is able to properly
calculate the spectra for models with pulsations (radial and non-radial) as well as
rapid rotation, taking into account temperature differences across the stellar disk
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and gravity darkening (Townsend, 1997). The code uses previously computed, planeparallel model atmospheres to independently compute the emerging spectrum from
a grid of surface areas across the visible stellar hemisphere. These spectra are then
combined to form the final total emergent spectrum. The bruce/kylie suite is
capable of producing theoretical spectra from either atlas9 LTE atmospheres (Kurucz, 1992), which are suitable for cooler main sequence stars, or from NLTE tlusty
atmospheres (Lanz & Hubeny, 2007), which are better suited for hotter stars where
departures from LTE are more significant.
cmfgen solves the radiative transfer and statistical equilibrium equations for an
expanding atmosphere. This is necessary for hot stars with strong winds (e.g. O-type
stars), where the mass-loss rates are sufficiently high that the emission generated from
the wind significantly influences the emergent stellar spectrum. In the models used
here, the photospheric structure is taken from a NLTE tlusty model atmosphere
(Lanz & Hubeny, 2003).

5.10

Modelling Stokes V Profiles and the Longitudinal Field Variation

The modelling of the Stokes V profiles carried out in this thesis is based on the IDL
synthesis code discussed by Petit & Wade (2012). The Stokes V profile is modelled
using the weak-field approximation, where the local polarization signal is proportional
to the first derivative of I:

V (v) = −

dI(v)
e
cḡλ0 Bℓ
,
2
4πmc
dv

(5.22)
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where Bℓ is the longitudinal component of the local magnetic field and I(v) is the
local profile emitted from some surface element of the star.
The local Stokes I profile is taken to be a Gaussian profile with some ad hoc
width (usually taken to be the sum of the spectral resolution and some other userdefined turbulent broadening). The total observed profile emitted from the full visible
stellar disk is then computed by carrying out a disk integration of many local profiles
populating the surface, assuming a standard wavelength-independent limb-darkening
law (e.g. Gray, 2005).
When rotation is introduced, each local profile will be Doppler shifted by an
amount that is dependent on its distance from the rotation axis. These Doppler
shifts of the local profiles are taken into account during the disk integration and
result in an broader line profile.
The magnetic field is characterized by the dipole ORM with an obliquity β relative
to the rotation axis. As stated in Eq. 5.22 the only important aspect for determining
the local Stokes V profiles is the longitudinal field component of the field, which can
be computed at each point, and the local Stokes I profile. Like the Stokes I profile,
the full-disk Stokes V profile is also computed by adding the brightness-weighted
local profiles across the disk. Rotation of the field geometry relative to the line-ofsight is achieved through a rotation matrix. As illustrated in Fig 4.5, the fact that
the projection of the field varies as function of rotation allows one to fit different
magnetic geometries to the observations and therefore infer the characteristics of the
field.
Computation of the mean longitudinal field is inherently simpler as it does not
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require computation of the Stokes profiles. In this thesis, all modelling of the longitudinal field was computed using the FORTRAN code fldcurv, originally written
by J.D. Landstreet and later modified by G.A. Wade. This code works in a very
similar fashion as just described by determining the local longitudinal field at many
grid points covering the entire stellar disk. The net Bℓ value is then computed by
obtaining the brightness-weighted longitudinal field values of all grid points, assuming
the same wavelength-independent limb-darkening law previously discussed.

5.10.1

Bayesian Analysis

A Bayesian analysis was used throughout this work to infer the characteristics of the
magnetic field for stars with multiple observations. The Bayesian method employed
is that discussed by Petit & Wade (2012). Bayes’ theorem, as discussed by Gregory
(2005), allows one to determine the posterior probability density p(Hi |D, I) for some
dataset D, a certain hypothesis Hi , and the current state of knowledge I. Bayes’ theorem states that p(Hi |D, I) is obtained from some prior knowledge of the plausibility
of the hypothesis p(Hi |I) and the likelihood p(D|Hi , I), as given by:
p(Hi |D, I) =

p(Hi |I)p(D|Hi , I)
,
p(D|I)

(5.23)

where p(D|I) is the global likelihood that acts as a normalization. In the implementation used here, the hypothesis is that a centred dipole model characterizes the
magnetic field and is parameterized by the dipole field strength Bd , the rotation axis
inclination i, the positive magnetic axis obliquity β and the rotation phase φ. The
prior probability density can be separated for each parameter, and the choice of priors
is listed by Petit & Wade (2012).
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The numerical implementation of the Bayesian code works by comparing the observed Stokes V profiles to a grid of models characterized by the dipole ORM and
determining the quality of fit χ2 for each model. The code is written in IDL and the
likelihood function for a given observation D with M data points is computed as:

p(D|H, I) = (2π)−M/2 (b)M/2

"M
Y

k=1

s−1
k

#

M
b X (dk − fk )2
exp −
2 k=1
s2k

(

)

,

(5.24)

where dk is one of the M data points, fk is the model prediction, and sk is the
P (dk −fk )2
is the χ2 value. The total likeuncertainty for this data point. Note that
s2
k

lihood is found by multiplying the likelihood of each observation together. Inherent
to this implementation is the noise scaling parameter b that is used to ensure that
the per pixel uncertainties of the input data represent realistic uncertainties for the
parameter estimation. One of the main benefits of using the Bayesian approach is
that ‘nuisance’ parameters can be marginalized, allowing one to obtain estimates of
individual desired parameters. For stars for which a rotation period is known, a modified version of the Bayesian algorithm implemented by Petit & Wade (2012) is used.
This modified version assumes no uncertainty in the phasing and therefore does not
include this parameter in the grid-based search. For stars where a rotation period
is unknown, the phase parameter is included. The final parameter estimates are obtained by marginalizing over the noise scaling parameter and the phase parameter
(where applicable) to obtain estimates of the i, β and Bd . A detailed discussion of
the Bayesian implementation is given by Petit & Wade (2012).

Chapter 6
HR 5907: Discovery and
Characterization of the Most
Rapidly-Spinning Magnetic B-type
Star
This chapter represents a modified version of the material published by Grunhut,
Rivinius, Wade, Townsend, Marcolino, Bohlender, Szeifert, Petit, Matthews, Rowe,
Moffat, Kallinger, Kuschnig, Guenther, Rucinski, Sasselov, Weiss and the MiMeS
Collaboration, 2012, Monthly Notices of the Royal Astronomical Society, 419, 1610.

6.1

Introduction

The chemically peculiar, intermediate mass Ap/Bp stars have been known for over
half a century to host strong, globally organized magnetic fields with surface strengths
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of up to tens of kG (e.g. Borra & Landstreet, 1973). At the hotter end of the Bp
star class are He-strong stars (e.g. Bohlender et al., 1987), main sequence objects
that show significant enhancement and often variability in their helium lines, as is
found in the archetypical B2V star σ Ori E (e.g. Landstreet & Borra, 1978) and the
recently discovered B2V star HR 7355 (Oksala et al., 2010; Rivinius et al., 2010).
In addition to the helium variability, some He-strong stars show emission variability
in Balmer lines, photometric brightness variations, variable UV resonance lines, and
non-thermal radio emission, most of which vary with a single period, interpreted to
be the rotational period of the star (e.g. Pedersen & Thomsen, 1977; Walborn, 1982;
Shore & Brown, 1990; Leone & Umana, 1993). Many of these phenomena are thought
to be due to the presence of a rigidly rotating, centrifugally supported magnetosphere
- a region in the circumstellar environment where the outflowing stellar wind couples
strongly to the magnetic field and is forced to co-rotate with the star (e.g. Shore &
Brown, 1990; Townsend & Owocki, 2005).
The subject of this study, HR 5907 (HD 142184, V1040 Sco), is a bright (V=5.4),
early type B2.5V (Hoffleit & Jaschek, 1991), emission line star with a high projected
rotational velocity (v sin i = 340 km s−1 ; Frémat et al., 2005). HR 5907 is located
in the nearby Upper Scorpius OB association at a distance of ∼145 pc (Hernández
et al., 2005).
This star was originally brought to the attention of the MiMeS collaboration
because of P ∼ 0.5 d photometric variations as discovered by the space-based, High
precision parallex collecting satellite (Hipparcos; Hubert & Floquet, 1998), which
would be in good agreement with the expected rotation period for a star of this
spectral type and v sin i. Additionally, archival Fibre-fed, Extended Range, Echelle
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Spectrograph (FEROS) spectra suggested that the observed Hα spectral line profile
is morphologically more similar to the profiles of other magnetic He-strong stars (such
as σ Ori E or HR 7355) than to classical Be stars, as previously discussed in §3.2.
In this study we report on the discovery and first detailed investigation of the
magnetic field and spectral variability properties of HR 5907. In §6.2 we discuss
the details of the observed spectroscopic, spectropolarimetric and photometric data,
while in §6.3 we re-examine the photometric and Hα variability to refine the period.
The fundamental parameters are evaluated in §6.4 and the spectral variability is
analyzed in §6.5. In §6.6 we constrain the magnetic field strength and geometry using
the polarimetric data. In §6.7 we examine the properties of the magnetosphere and
present a discussion of this study in §6.8.

6.2
6.2.1

Observations
Polarimetry

Between 2010 February and 2011 March, 27 high-resolution (R ∼ 68 000) spectropolarimetric (Stokes I and V ) observations of HR 5907 were collected with the ESPaDOnS spectropolarimeter at the CFHT as part of the Survey Component of the
MiMeS Large Program. Each spectropolarimetric observation consisted of four individual sub-exposures that were processed using the upena pipeline running libreesprit, following the double-ratio procedure as described by Donati et al. (1997), to
produce the Stokes I and V spectra. Null polarization spectra were also produced
by combining the individual four sub-exposures in such a way that the polarization
should cancel out (Donati et al., 1997). This allows us to verify whether spurious
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Table 6.1: Journal of polarimetric observations listing the date, the heliocentric Julian
date (HJD; 2,455,000+), the phase according to Eq. 6.1, and the derived Stokes V
longitudinal field (Bℓ ) and longitudinal field detection significance zB = Bℓ /σB , and
corresponding diagnostic null measurements Nℓ and zN . All ESPaDOnS observations,
except the profiles obtained on 2011-03-16, have a definite detection of a signal in
Stokes V (FAP < 10−5 ) while no detection of a signal in the diagnostic null profile is
found (FAP > 10−3 ).
Date

HJD
(2455000+)

2010-02-24
2010-02-24
2010-02-24
2010-02-24
2010-02-24
2010-02-25
2010-02-25
2010-02-25
2010-02-25
2010-02-27
2010-02-27
2010-02-27
2010-02-27
2010-02-28
2010-02-28
2010-03-03
2010-03-08
2010-03-08
2010-07-23
2010-07-23
2010-07-30
2011-02-19
2011-02-19
2011-03-12
2011-03-12
2011-03-16
2011-03-16

252.0980
252.1174
252.1358
252.1541
252.1730
253.0788
253.0972
253.1155
253.1338
255.1211
255.1395
255.1579
255.1764
256.1063
256.1246
259.1164
264.0532
264.1429
400.7455
400.8317
407.7708
612.1578
612.1662
632.9651
632.9736
636.9714
636.9798

2010-03-30
2010-04-18
2010-04-20
2010-04-25
2010-04-26
2010-05-04

285.6680
304.7476
306.8728
311.6637
312.7446
320.6415

V
Phase
Bℓ ± σB
ESPaDOnS
0.8244
−1573 ± 134
0.8626
−1201 ± 128
0.8988
−1013 ± 115
0.9348
−1115 ± 125
0.9719
−740 ± 110
0.7542
−1686 ± 122
0.7902
−1733 ± 124
0.8262
−1554 ± 118
0.8623
−1322 ± 122
0.7723
−1845 ± 123
0.8084
−1663 ± 123
0.8446
−1444 ± 121
0.8810
−1301 ± 121
0.7104
−1841 ± 119
0.7466
−1782 ± 128
0.6328
−1709 ± 150
0.3455
−1708 ± 196
0.5221
−1821 ± 155
0.2786
−1665 ± 117
0.4481
−1708 ± 176
0.1003
−1367 ± 122
0.2183
−1552 ± 186
0.2348
−1656 ± 171
0.1554
−980 ± 386
0.1720
−1346 ± 189
0.0374
−877 ± 182
0.0539
−852 ± 197
FORS
0.8712
−750 ± 251
0.4091
−2330 ± 257
0.5903
−1661 ± 218
0.0160
−1389 ± 194
0.1426
−1739 ± 208
0.6793
−2048 ± 258

N
Nℓ ± σN

zN

11.8
9.4
8.8
8.9
6.7
13.9
14.0
13.1
10.8
15.0
13.5
11.9
10.8
15.4
13.9
11.4
8.7
11.7
14.2
9.7
11.2
8.3
9.7
2.5
7.1
4.8
4.3

−111 ± 133
184 ± 128
−54 ± 115
101 ± 124
94 ± 110
−1 ± 121
−141 ± 123
75 ± 118
−55 ± 122
−114 ± 123
−167 ± 123
55 ± 121
35 ± 120
−20 ± 119
42 ± 128
89 ± 150
−296 ± 196
−31 ± 155
42 ± 116
41 ± 175
14 ± 122
1 ± 187
33 ± 170
−3 ± 387
−187 ± 188
172 ± 179
−98 ± 196

0.8
1.4
0.5
0.8
0.9
0.0
1.1
0.6
0.5
0.9
1.4
0.5
0.3
0.2
0.3
0.6
1.5
0.2
0.4
0.2
0.1
0.0
0.2
0.0
1.0
1.0
0.5

3.0
9.1
7.6
7.2
8.4
7.9

441 ± 266
−46 ± 281
−225 ± 184
221 ± 180
−207 ± 207
147 ± 199

1.7
0.2
1.2
1.2
1.0
0.7

zB
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signals are present in our reduced data.
Low-resolution (R ∼ 5 000) spectropolarimetric observations were also collected
with the FORS2 spectropolarimeter at the European Southern Observatories’ (ESO)
Very Large Telescope (VLT). Over six nights between February and May 2010, fortyeight exposures were collected, eight exposures per night, yielding six individual observations. The sequences of eight exposures were taken with the retarder plate positioned at angles of −45◦ , −45◦ , +45◦ , +45◦ , −45◦ , −45◦ , +45◦ , +45◦ with respect to
the axis of the Wollaston prism. The Stokes V parameter was extracted for each observation following the method of Bagnulo et al. (2002). A log of all our polarimetric
observations is given in Table 6.1.
To increase the signal-to-noise ratio (S/N) of our ESPaDOnS spectra, we applied
the LSD procedure of Donati et al. (1997) to all ESPaDOnS polarimetric data. As a
starting point, our mask was based on a simple B2.5V star template containing only
lines with intrinsic line depths greater than 10 percent of the continuum. We then
proceeded to remove all lines that were blended with hydrogen lines and any that
were too weak to be visible in the spectrum of HR 5907 due to the high rotational
broadening. What remained is a mask of 88 lines, most of which are helium lines.
The resulting LSD profiles were computed on a spectral grid with a velocity bin of
9.0 km s−1 , an example of which is shown in Fig 6.1. The LSD method improved our
sensitivity to weak Zeeman signatures by increasing the S/N by a factor of about 11
times compared to the peak S/N. We also list the LSD S/Ns for each observation
in Table 6.1. We find that each observation shows a clear Zeeman signature in the
Stokes V profile and all but the profiles obtained on 2011-03-16 correspond to a
definite detection (FAP < 10−5 ) according to the criteria of Donati et al. (1997). The
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two profiles from 2011-03-16 have FAPs of 1.677 × 10−3 and 7.744 × 10−3 . In no case
do we detect a significant signal in the null profile for any of our extracted mean
profiles (i.e. all FAP > 10−3 ).
The longitudinal magnetic field (Bℓ ) and null measurements from the ESPaDOnS
spectra were computed from each LSD Stokes V and diagnostic null profile in a
manner similar to that described by Silvester et al. (2009), and as discussed in §5.6,
using an integration range from -400 to 400 km s−1 . We find that the Bℓ varies between
-740 and -1845 G with a typical uncertainty of ∼120 G. The longitudinal magnetic
field was measured from the helium lines in the FORS data and was obtained in
a manner similar to Rivinius et al. (2010) and Bagnulo et al. (2009, Appendix 2)
using a χ2 minimization technique. The uncertainties were computed following the
method outlined by Rivinius et al. (2010) using a bootstrap Monte Carlo approach.
We find a very similar range of values from -750 to -2048 G, but with typically larger
uncertainties of ∼250 G. The longitudinal field measurements from each polarimetric
observation are also listed in Table 6.1.

6.2.2

Spectroscopy

A number of high-resolution spectra were acquired with the Ultraviolet and Visual
Echelle Spectrograph (UVES) at the VLT. The instrument was used in its DIC2
437/760 setting giving us blue spectra from 3750 to 4980 Å and nearly continuous
red spectra from 5700 to 9500 Å. A slit width of 0.8” was used resulting in a resolving
power of R = 50 000 over the entire spectrum. The details of these observations are
listed in Table 6.2.
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Figure 6.1: Mean LSD Stokes V (top), diagnostic null (middle) and Stokes I profiles
(bottom) of HR 5907 from 2010 February 24. The V and N profiles are expanded
by the indicated factor and shifted upwards for display purposes. A clear Zeeman
signature is detected in the Stokes V profiles, while the null profile shows no signal.
The error bars shown in the Stokes V and diagnostic null profiles represent the 1σ
uncertainties. The integration limits used to measure the longitudinal field in the
ESPaDOnS LSD profiles are indicated by the dotted lines.
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Table 6.2: Journal of UVES observations listing the date, the heliocentric Julian date
(HJD; 2,455,000+), the exposure time (texp ), the phase according to Eq. 6.1, and the
peak signal-to-noise ratio (S/N) per 2.4 km s−1 velocity bin.
Date
2010-04-11
2010-04-11
2010-04-11
2010-04-11
2010-04-11
2010-04-12
2010-04-12
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-05-30
2010-05-30
2010-05-30
2010-05-30
2010-06-08

HJD
texp
(2455000+)
(s)
Phase
UVES 760L/760U
297.6922
12
0.5280
297.6939
18
0.5315
297.7972
18
0.7347
297.7994
18
0.7389
297.9246
18
0.9852
298.6796
18
0.4706
298.6805
18
0.4725
299.6495
18
0.3789
299.6504
18
0.3807
299.7506
18
0.5777
299.7515
18
0.5795
299.8095
18
0.6937
299.8104
18
0.6954
299.9188
18
0.9088
299.9196
18
0.9103
299.9204
18
0.9119
299.9216
40
0.9142
299.9227
40
0.9163
299.9237
40
0.9183
299.9248
40
0.9205
299.9258
40
0.9225
299.9268
40
0.9245
346.7541
18
0.0540
346.8314
18
0.2061
346.8322
18
0.2077
346.8330
18
0.2092
356.4791
18
0.1873

Peak
S/N

Date

348 / 284
423 / 328
231 / 13
446 / 329
349 / 295
345 / 383
310 / 321
511 / 318
384 / 274
373 / 283
395 / 422
447 / 312
389 / 304
263 / 216
343 / 281
269 / 209
451 / 304
405 / 291
399 / 260
507 / 310
494 / 290
477 / 314
281 / 186
221 / 183
255 / 185
291 / 161
465 / 224

2010-04-11
2010-04-11
2010-04-11
2010-04-11
2010-04-12
2010-04-12
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-04-13
2010-05-30
2010-05-30
2010-05-30
2010-05-30
2010-06-08

HJD
texp
(2455000+)
(s)
UVES 437
297.6923
12
297.6940
18
297.7995
18
297.9246
18
298.6796
18
298.6806
18
299.6495
18
299.6505
18
299.7506
18
299.7516
18
299.8096
18
299.8104
18
299.9189
18
299.9196
18
299.9204
18
299.9216
40
299.9227
40
299.9237
40
299.9248
40
299.9258
40
299.9266
40
346.7542
18
346.8314
18
346.8322
18
346.8330
18
356.4791
18

Phase

Peak
S/N

0.5281
0.5315
0.7391
0.9853
0.4707
0.4727
0.3789
0.3809
0.5778
0.5798
0.6938
0.6955
0.9089
0.9104
0.9119
0.9143
0.9163
0.9183
0.9206
0.9226
0.9246
0.0542
0.2062
0.2077
0.2092
0.1874

444
488
452
475
436
531
384
354
465
485
440
537
344
359
335
592
500
494
491
489
490
290
271
230
215
328
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In addition to the observations already described, archival International Ultraviolet Explorer (IUE) UV data obtained via the NASA Mikulski Archive for Space
Telescopes (MAST) archive were also used to constrain the fundamental parameters of
HR 5907 (see §6.4). High-resolution and low-resolution observations exist from both
the Short-Wavelength Prime (SWP) and Long-Wavelength Prime (LWP) cameras,
both taken in large aperture mode. The high-resolution and low-resolution spectra
are in good mutual agreement, but we have only used the low-resolution spectra (both
obtained on the night of 1989-07-26) here due to their higher S/N.

6.2.3

Photometry

Between 2011 April 15 and 2011 May 03 we obtained approximately uniform sampling of the photometric brightness variations of HR 5907 using the Microvariability
and Oscillations of STars (MOST) space telescope. The observations were obtained
with the MOST satellite in switched-target mode, meaning that observations were
scheduled such that multiple targets were observed during each MOST orbit. During
our observing run, half of the orbit was shared with observations of the K giant star
Arcturus. Each observation of HR 5907 consisted of 157 stacked 0.18 s exposures,
resulting in a total of 9846 observations.
Photometric measurements of HR 5907 were obtained by performing aperture photometry on 20 × 20 pixel subrasters obtained from the MOST CCD photometer. We
used a radius of 3 pixels for the photometric radius and a sky annulus of 8 pixels. Centroids were measured by fitting a Gaussian point spread function (PSF). As with all
MOST photometric studies, the raw photometry shows strong photometric variations
correlated to the 101 minute MOST orbital period. The variations are attributed to
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an increase in the measured background level of ∼200 ADU and to centroid shifts
that map out intrapixel sensitivity changes across a CCD pixel. The photometric
variations attributed to changes in the background level were measured to be ∼2 percent and changes in centroid position to be 0.3 percent. HR 5907 also shows intrinsic
periodic variations of ∼4 percent. In order to extract photometry free of instrumental
effects a simultaneous fit was performed. The stray light was modelled with a third
order polynomial, the intrapixel variations were modelled as a linear trend and intrinsic variations were modelled as a sinusoidal function with five additional harmonics.
The fit was iterated after removing values of the centroid position and the FWHM of
the PSF beyond the 90th percentile. All data was excluded when the satellite passed
through the South Atlantic Anomaly due to the large number of cosmic ray hits on
the detector. The final reduced data set had an effective duty cycle of 26 percent
with 6062 photometric points.
The 18 days of observations cover roughly 36 cycles of the star, as illustrated in
Fig 6.2. These observations clearly demonstrate the approximately 0.5 day rotational
cycle (see §6.3 and Fig 6.3 for further details). Also shown in Fig 6.2 is an expansion
of a few cycles that emphasizes the non-sinusoidal, but periodic brightness variations.
The sharpness of the photometric minimum is not consistent with brightness patches
or other surface features and requires a structure that is geometrically thin, likely
of circumstellar origin. We note that the observed photometric variations are consistent from cycle to cycle, but that there are additional small intrinsic variations
beyond the expected scatter about the uncertainty, which cannot be attributed to
any instrumental or orbital effects.
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Figure 6.2: Brightness variations of HR 5907 as measured by the MOST satellite
(black circles). The symbol size is chosen to represent the mean uncertainty of the
data. The inset shows an expansion of the MOST data over a few nights to highlight
the cycle to cycle variability and the clear periodicity. Also included is a red curve
that corresponds to a best fit to the phased data (see §6.3 for further details).
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Ephemeris

HR 5907 was first identified as a photometric variable star with a period of 0.508 d
based on Hipparcos data (Hubert & Floquet, 1998). Lefèvre et al. (2009) later confirmed this variability but adopted a period that was twice as long (1.017 d), since
they assumed it was due to binary effects. We re-analyzed the Hipparcos dataset
using a Lomb-Scargle like technique (Press et al., 1992) and confirm a best-fit period
of 0.50831 ± 0.00003 d. We also confirm that the current epoch of longitudinal magnetic field measurements, Hα equivalent width (EW) variations (see §6.5) and MOST
photometry phase well with this period. However, because of the long baseline between the Hipparcos era photometry and the current MOST photometry, choosing
any period within the uncertainty range can lead to a phase shift between the phased
Hipparcos and MOST photometry of upwards of 0.5 cycles. Unfortunately, as the
MOST data only covers about 36 rotation cycles, we cannot obtain a more precise
period from this dataset. Applying the Lomb-Scargle like technique to our extensive
Hα EW dataset does provide a more precise period of 0.50825 ± 0.00001 d, but this
period is inconsistent (at about the 2σ level) with the Hipparcos period. In either
case, we believe that the periodic variations are sufficiently non-sinusoidal that the
Lomb-Scargle technique (which is most accurate for sinusoidal variations) is inadequate.
We proceeded by adopting a multi-harmonic fitting technique similar to SchwarzenbergCzerny (1996), which is ideal for non-sinusoidal periodic variations. After including
contributions from the first three harmonics to both the Hα EW variations and the
Hipparcos photometry we find a best-fit period of 0.508274+0.000010
−0.000012 d from the EW
variations and a best-fit period of 0.508276+0.000015
−0.000012 d from the Hipparcos photometry.
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Figure 6.3: Phased observational data according to ephemeris given in Eq. 6.1: Upper panel: MOST (black triangles) and Hipparcos (red squares) photometry. The
MOST data have been binned in 0.01 phase bins and shifted to the Hipparcos magnitude for display purposes. Middle panel: longitudinal magnetic field variation
measured from ESPaDOnS (black circles) and FORS (red diamonds) data. Lower
panel: Hα equivalent width variation measured from ESPaDOnS (black circles) and
UVES (green triangles). We have also drawn dotted lines indicating phases 0.0 and
0.5, and dashed lines indicating phases 0.25 and 0.75.
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A similar analysis of the MOST data results in a best-fit period of 0.508269+0.000021
−0.000040 d
period. The uncertainties on these newly derived periods are still large enough that
the phasing uncertainty between the Hipparcos-era and current epoch of data is not
resolved. In any event, we adopt the Hipparcos period as it provides good agreement between the Hipparcos and MOST photometry, as is expected unless significant
rotational braking has occurred (see §6.8 for further details). Therefore, within the
context of an oblique rotator model, we adopt this period as the rotational period
of HR 5907, which results in this star having the shortest known rotational period
of any non-degenerate, magnetic massive star. Taking the Hα EW maximum as the
origin of the ephemeris (T0 ) we derive the following ephemeris:
+15
HJDmax
Hα = 2447913.694(1) + 0.508276(−12 ) · E,

(6.1)

where the uncertainties in the last digits are indicated in brackets. Unless otherwise
stated, all data used in the following analysis are phased according to this ephemeris.

6.4

Fundamental Parameters

In order to investigate the fundamental parameters of HR 5907 we utilized the third revision of the bruce and kylie software suite (hereafter referred to as BK3; Townsend,
1997). While BK3 is capable of producing theoretical spectra in both absolute flux
and continuum normalized flux from either atlas9 LTE atmospheres (Kurucz, 1992)
or from NLTE tlusty atmospheres of Lanz & Hubeny (2007), only solar abundance
LTE atmospheres were used in this study. This was decided due to the fact that
we found a much better overall agreement between the line strengths of C ii and Si ii
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lines in the blue region with solar abundance LTE atmospheres in comparison to solar
abundance NLTE atmospheres. In our analysis, both the observed spectra and synthetic spectra were renormalized to the continuum regions surrounding the individual
line profiles before they were compared.
In the following discussion, we assume that modelling the spectrum of a rapidly
rotating star depends on five independent parameters, which we choose to be the
equatorial velocity veq sin i, the inclination angle of the rotation axis relative to the
line-of-sight i, the effective temperature Teff , the stellar mass M⋆ , and the stellar
equatorial radius Req . As input, BK3 uses our estimated period P = 0.508276 d
to constrain the equatorial values for relevant parameters. In order to determine the
properties of HR 5907, the observations were compared to a grid of models that varied
the previously listed fundamental parameters for a fixed P .

6.4.1

Effective Temperature

Our primary method to constrain the Teff of HR 5907 was from a de-reddened spectral
energy distribution (SED). We note that BK3 uses Teff in the sense that it is the solid
angle integrated, uniform black-body temperature that a star of the same surface area
would need to have, such that the total luminosity is the same as the actual gravity
darkened star. In this context, BK3 allows for different local temperatures over the
surface of the star.
We constructed an SED for HR 5907 by combining the IUE UV data with flux
calibrated UBV photometry (Jaschek & Egret, 1982; Kharchenko & Roeser, 2009),
using calibrations of Hynes (2011). To de-redden our spectra we adopted a dereddened SED colour difference between the Johnson photometric B and V band
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(B − V )0 = −0.18 corresponding to an effective temperature between 17 to 18 kK.
This temperature, as suggested by our initial fits to the C ii 4267 Å line, is cooler
than otherwise suggested by HR 5907’s B2.5 spectral classification. However, based
on our initial temperature fits and the stronger-than-predicted helium absorption
lines, HR 5907 may in fact be a He-strong star. The cooler temperature would therefore be justified because the B2 spectral type is mainly determined by the strength
of helium absorption lines. With this (B − V )0 we find that the observed coloured
excess E(B − V ) = (B − V )observed − (B − V )0 = 0.14, which is slightly lower than the
value determined by Papaj et al. (1991) (E(B − V ) = 0.155) who adopted a standard
B2 star template for their analysis. We do not find any significant differences in our
results if we adopt this slightly higher value.
The SED was then corrected for interstellar extinction using the parametric law
of Cardelli et al. (1989), with the total visual (AV ) to selective extinction RV =
AV /E(B − V ) = 3.1, and we then normalized the SED to the flux at 5500 Å so
that we could constrain the temperature by fitting the slope of the UV spectrum,
removing the need for any distance or luminosity corrections. Recall, that as the
peak of the SED for hot, massive stars is in the UV, the slope is particularly sensitive
to small changes in Teff . As illustrated in the top panel of Fig 6.4, we find a bestfit Teff = 17000 ± 1000 K when fitting the 1250-2000 Å range of the SED. We note
that if we adopt an RV = 3.9 as found by Lewis et al. (2009), we find a slightly
cooler temperature of 16500 K, but still within our uncertainty. We also confirm that
adopting a NLTE model atmosphere results in a best-fit Teff within our uncertainty.
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Figure 6.4: Comparison between BK3 model and observed data: Upper panel:
IUE UV spectrum normalized to flux at 5500 Å and best-fit model with Teff of 17000
K (red) along with models corresponding to 16000/18000 K (blue/green). Middle
panel: IUE UV SED and Johnson UBV photometry (black) with best overall global
model with Teff = 17000 K, M⋆ = 5.5 M⊙ , Req = 3.1 R⊙ and an inclination of i =
70◦ . Bottom panel: ESPaDOnS normalized spectrum (corresponding to observation
with the least emission (24 February 2010; black)) with best-fit overall model (red).
Note that the poor fit to the Balmer wings (bottom panel) is likely due to the overnormalization of the ESPaDOnS spectrum.
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Projected Rotational Velocity and Radius

As previously mentioned, we could also independently constrain the Teff by fitting
the line depth of the C ii 4267 Å line profile, as i and M⋆ have very little effect on the
shape of this line and it only varies slightly with Req . However, there is still a strong
dependence of the line depth from the rotational broadening.
We simultaneously fit the Teff and the projected rotational velocity veq sin i of the
star by searching for the model that provided the best overall fit to the C ii profile. We
first constructed a mean profile from all of our ESPaDOnS spectra before comparing
this profile to our grid of models. The ESPaDOnS profile was best fit by a model
with Teff = 17000 ± 1000 K and veq sin i = 290 ± 10 km s−1 .
As a check, we also compared our models with a mean profile constructed from the
UVES data that resulted in a best-fit Teff = 17000 K, and a slightly lower veq sin i =
285 km s−1 , which is still consistent with our findings from the ESPaDOnS spectra.
We adopt veq sin i = 290 ± 10 km s−1 since our mean ESPaDOnS profile is constructed
from a set of observations that better span the entire rotational cycle. A comparison
between our best-fit model and our mean ESPaDOnS profile is shown in Fig 6.5.
By combining our best-fit veq sin i and rotational period P , we find that R⋆,eq sin i =
2.91 R⊙ .

6.4.3

Stellar Mass and Inclination

With veq sin i and Teff determined, the remaining unknown model parameters are M⋆
and i, since Req is constrained by P and veq sin i. To infer the mass of HR 5907 we
made use of the revised parallax from the Hipparcos catalogue (π = 7.64 ± 0.37; van
Leeuwen, 2007) to obtain the absolute magnitude MV and therefore obtain HR 5907’s
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Figure 6.5: Comparison between the mean profile from ESPaDOnS data (black) and
best-fit model with Teff = 17000 K, v sin i = 290 km s−1 (red) and v sin i = 280 and
300 km s−1 (dashed blue and green, respectively).
placement on a Hertzsprung-Russell (HR) diagram. The visual extinction AV and
magnitude V were taken to be 0.43 (this work) and 5.4 (Kharchenko & Roeser,
2009), respectively. Using a bolometric correction corresponding to Teff from our
model (BC = −1.6 ± 0.2;

Lanz & Hubeny, 2007) we computed the bolometric

magnitude (MBOL = MV + BC) and finally the luminosity L⋆ . Our final luminosity
is found to be log(L⋆ /L⊙ ) = 2.78 ± 0.14 (using the absolute bolometric corrected
solar magnitude M⊙ = 4.74), with the uncertainty found through propagation of the
uncertainty in the distance and the bolometric correction.
As shown in Fig 6.6, we compared HR 5907’s placement with available Padova
evolutionary tracks (for He mass fraction Y=0.26; Bertelli et al., 2009) and find
that HR 5907 has a mass of 5.2 M⊙ . Also included in Fig 6.6 are the results of
Hernández et al. (2005) who find HR 5907 slightly hotter and more luminous, but still
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consistent with our findings. Their analysis is similar to one used in this study with
the luminosity derived from the Hipparcos V magnitude, extinction corrected based
on the Hipparcos B−V colour, and bolometric corrections based on pre-main sequence
measurements of Kenyon & Hartmann (1995). As previously discussed in Chap. 2,
rotation has a significant effect evolution of massive stars. The Padova evolutionary
tracks lack any effects due to rotation, but according to the work of Maeder & Meynet
(2010), the inclusion of rotation would shift the evolutionary track such that a star of a
particular mass and age would be slightly cooler and slightly brighter when rotation is
included. Therefore, if we used tracks that included rotation, then based on HR 5907’s
position we would only expect to find small changes (within our uncertainty) that
would result in this star being slightly closer to the main sequence and having a
slightly higher mass.
We can also constrain the mass and inclination from fits to the Balmer wings,
which are sensitive to surface gravity (g = G M⋆ /R⋆2 ). Unfortunately, this can be
quite problematic with HR 5907 as there is considerable emission in the wings of the
Balmer lines due to circumstellar plasma (see §6.7). However, we still attempted
to constrain the surface gravity using the FORS spectrum from 25 April 2011 that
showed the least emission in the Balmer wings. The long-slit FORS spectra are ideal
since they are less susceptible to the over-normalization of the Balmer lines that
can occur with the multi-order ESPaDOnS and UVES spectra. We proceeded by
searching for the model (at a fixed Teff , but varying mass and radius) that provided
the best fit to the wings of the Hδ line profile, since lower Balmer series lines (Hγ,
Hβ, Hα) are more affected by the circumstellar plasma, and higher Balmer series
lines (Hǫ, Hζ, Hη, ...) were mutually blended, and so were more difficult to ensure
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Figure 6.6: Left panel: Hertzsprung-Russell diagram showing the position of
HR 5907 as found in this work (black square) and as found by Hernández et al.
(2005) (red circle). Also shown are stellar evolutionary tracks (dashed) and the zeroage main sequence (solid) from Bertelli et al. (2009). Right panel: Comparison
of our best-fit model (Teff = 17 kK, M⋆ = 5.5 M⊙ , Req = 3.1 R⊙ ) with the FORS
observation from 25 April 2011 showing the least emission, for the Hδ region.
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consistent normalization between the model and observed spectrum. An overall bestfit model was found with M⋆ = 5.5 ± 0.5 M⊙ and Req = 3.1 ± 0.1 R⊙ (a comparison
is shown in the right panel of Fig 6.6), consistent with the mass estimates derived
from HR 5907’s placement on the HR diagram. If we adopt M⋆ = 5.5 ± 0.5 M⊙ and
Req = 3.1 ± 0.1 R⊙ , then using sin i = P veq sin i/(50.6Req ) (e.g. Landstreet & Borra,
◦
1978) values of i = 70+20
−10 are allowed.

Independently, we can also use the BK3 models to fit the absolute, extinctioncorrected SED of HR 5907, as the models are sensitive to the inclination (due to the
projection of the oblate stellar disk). Using the previously stated parallax value, we
first corrected the SED to an absolute distance consistent with the BK3 models. We
then proceeded by fitting the IUE UV spectra (between 1250-2000 Å) with the BK3
models. From this method we also find a best-fit Req = 3.1 ± 0.1 R⊙ and i = 70 ± 10◦
for masses around 5 M⊙ , as shown in the middle panel of Fig 6.4. However, if we
use the RV value of Lewis et al. (2009) and the somewhat cooler temperature that
results from those fits, we would find a slightly smaller equatorial radius of 2.9 R⊙ . We
therefore adopt a higher uncertainty of 0.2 R⊙ to be more conservative. A summary
of the fundamental stellar parameters is listed in §6.8. A comparison between our
best-fit model and the ESPaDOnS spectrum with the lowest emission is included in
the bottom panel of Fig 6.4.

6.5

Line Variability

Because of HR 5907’s rapid rotation and the need to sample fast photospheric variations, we opted to use the individual sub-exposures that make up the polarimetric
ESPaDOnS observations for all our line profile variability analysis. The majority of
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the ESPaDOnS polarimetric spectra were acquired with 4 × 350 s exposure times,
therefore the individual sub-exposures improves the observing cadence. The individual sub-exposures are still of sufficient quality, with S/Ns comparable to the UVES
data.
To begin, we characterized the variability from variations in the equivalent widths
(EWs) of the spectral lines, as described in §5.5. Before measuring the EW, each
spectral line was re-normalized to the surrounding continuum, and a telluric correction algorithm was applied to regions redward of 5790 Å. The EWs were then obtained
by numerically integrating over the line profile. The 1σ uncertainties were computed
by adding the individual pixel uncertainties in quadrature. For the UVES data, a
single uncertainty value was assigned to each pixel, determined from the RMS scatter in the continuum regions surrounding the line profile. The EW variations for a
large number of representative spectral lines were measured and then phased with
the ephemeris given in Eq. 6.1, with the results presented in Figs. 6.3, 6.7 and 6.8.
We find small systematic offsets between the EWs measured from the UVES data
and the ESPaDOnS data on the order 0.01 Å for most helium and metallic lines.
However, a larger offset is found in the broader Balmer and Paschen lines. We do not
find any significant differences in the morphology of the line profiles between the two
datasets at the same phase, but we do find weak but broad systematic differences.
We attribute these systematic offsets to inconsistencies in the normalization between
the two datasets, which is common due to the complexity of extraction and normalization of echelle spectra. Therefore, the UVES EW values have all been corrected
to best match the ESPaDOnS measurements by subtracting fixed offsets equal to the
differences in the means of the two datasets.
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As depicted in Fig 6.7, helium lines show obvious EW variations, consistent with
the inferred rotational period, as measured from our high-resolution spectra. The
observed EW variations do not vary in a manner similar to the circumstellar Hα
variations depicted in Fig 6.3 and we speculate that they are due principally to
photospheric abundance patches, consistent with findings from investigations of other
He-strong/variable stars (e.g. Bohlender & Landstreet, 1988).
The clearest variability is seen in the He i 4920 Å line, which reaches maximum
absorption (corresponding to a minimum EW in Fig 6.7) around phase 0.25 and minimum absorption around phase 0.55. Another local minimum is found around phase
0.85, suggesting a relatively complex helium abundance pattern in the photosphere
of HR 5907. In contrast to the large EW variations seen in He i 4920 Å, very little
variability is observed in the forbidden [He i] 4045 Å line. In the other helium lines
shown in Fig 6.7, we see a variability pattern similar to the 4920 Å line, but with
a smaller amplitude. In comparison to other He-strong stars such as σ Ori E (e.g.
Landstreet & Borra, 1978; Reiners et al., 2000; Smith & Bohlender, 2007) or HR 7355
(Rivinius et al., 2010) we find that HR 5907 shows relatively weak variability in its
helium lines, of ∼20 percent in EW.
We also investigated the EW variability of a number of other photospheric absorption lines, the results of which are displayed in Fig 6.8. In comparison to the helium
lines, very little variability is seen in these lines. Only the lines of carbon and nitrogen, as evidenced in Fig 6.8 (top left and top right panels) show any obvious signs
of periodic variations. The EW curve for carbon is approximately sinusoidal, with
maximum absorption around phase 0.2 and minimum absorption at about phase 0.7
(i.e. qualitatively similar to He). The nitrogen EW curve is also simple, but appears
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Figure 6.7: Phased equivalent width variations of selected helium lines in the spectrum
of HR 5907, measured from ESPaDOnS (black circles) and UVES (red triangles) data.
Note that the units of measurement are in Å, and the vertical axis is inverted such
that maximum absorption appears at the bottom.
to be a non-sinusoidal variation.
We can further investigate the photospheric variations by examining the phased
intensity variations of these line profiles, commonly referred to as “dynamic spectra”,
as shown in Figs. 6.9 and 6.10. In these figures, individual spectra are represented
as horizontal bands with intensity encoded by different colours and are stacked vertically according to their phase to illustrate time variability. To further highlight any
variations, we have also subtracted from each profile the mean spectrum formed by
averaging all the profiles.
The dynamic spectrum of the [He i] 4045 Å line (Fig 6.9 upper left panel) shows a
very weak but simple pattern with one clear enhanced absorption feature travelling
from negative to positive velocities, crossing vsys = 0 km s−1 at about phase 0.75
(where vsys represents the systemic velocity of HR 5907). The absorption feature is
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Figure 6.8: Phased equivalent width variations of selected metal lines in the spectrum
of HR 5907, measured from ESPaDOnS (black) and UVES (red) data.
likely a region of the stellar photosphere where helium is over-abundant compared to
the mean helium surface distribution. Although, the possibility exists for this feature
to be circumstellar in nature and is discussed in a future section. This feature is
also present in all the other helium lines shown in Fig 6.9, but appears to be the less
prominent absorption feature in the other helium lines. A significantly larger and
more absorptive feature is found to cross vsys = 0 km s−1 at about phase 0.25 in all
the other helium lines. Additionally, these stronger helium lines also show a clearly
more complex dynamic spectrum. In these lines there also appears to be the presence
of a strong pseudo-emission feature (this feature only appears in emission relative
to the mean profile and likely represents a region of the stellar photosphere where
helium is under-abundant with respect to the mean helium surface distribution),
which crosses vsys = 0 km s−1 around phase 0.6. In some of the lines (e.g. He i
4713, 5015, and 6678 Å) additional pseudo-emission features can been found, with
one crossing vsys = 0 km s−1 around phase 0.8 and the other around phase 0.0. These
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Figure 6.9: Phased variations of photospheric helium lines.
two features are much narrower than the feature that crosses at phase 0.6, and do
not reach the same intensity of pseudo-emission.
If we look at the dynamic spectra of the metallic lines (Fig 6.10), we find a single
extremely weak pseudo-emission feature that crosses vsys = 0 km s−1 around phase
0.2 in C ii or an enhanced absorption feature crossing vsys = 0 km s−1 around phase
0.6 (upper left panel). We have also tentatively identified a weak absorption feature
in N ii and Ne i crossing vsys = 0 km s−1 around phase 0.2, which appears to be in
anti-phase with the absorption feature found in the C ii line. However, these lines are
very weak, making it difficult to distinguish any features relative to the noise level. In
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Figure 6.10: Phased variations of selected metallic photospheric lines.
the dynamic spectrum of Si iii 4553 Å (bottom panel), we find two absorption features
closely spaced in phase, with one crossing vsys = 0 km s−1 around phase 0.65 and the
other crossing around phase 0.8. These variations appear to occur approximately in
phase with the C ii variations.

6.6

Magnetic Field Geometry

To investigate the magnetic field geometry of HR 5907 we begin by assuming that the
field can be described by the dipole Oblique Rotator Model (ORM). As described in
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§4.3, this model is characterized by four parameters: the phase of closest approach
of the magnetic pole to the line of sight φ0 , the inclination of the stellar rotation
axis i, the obliquity angle between the magnetic axis and the rotation axis β and
the dipole polar strength Bd . Our first approach was to model the longitudinal field
curve, as shown in Fig 6.3. This was carried out using a χ2 minimization to compare
the observed longitudinal field curve to a grid of computed longitudinal field curves
to determine Bd and β. For this analysis we have assumed i = 70◦ (as determined in
§6.4.3) and a limb darkening coefficient of 0.4.
The resulting χ2 landscape from our fits is shown in Fig 6.11. Our results indicate
that we are viewing the negative (southern) hemisphere of the magnetic field and
that HR 5907 hosts a field with a polar surface strength of Bd = 15700+800
−900 G, an
◦
obliquity angle of β = 7+1
−2 and that φ0 = 0.48. Despite relatively small formal

uncertainties our best-fit model is not capable of fitting the measured longitudinal
field measurements at all phases particularly well, as illustrated in Fig 6.12, and as
indicated by the best-fit reduced χ2 = 2.0 from the FORS and ESPaDOnS datasets
combined, or 2.1 from ESPaDOnS data alone.
Still within the framework of the ORM, our second procedure compares the observed mean LSD Stokes V profiles to a large grid of synthetic profiles that are
parametrized by Bd , β, the phase φ and i. The models are computed by performing a
disk integration of local Stokes V profiles assuming the weak field approximation and
a uniform surface abundance, as discussed in §5.10.1. The parameters of the Stokes
V profiles were chosen to fit the mean LSD Stokes I profile created from the average
of all our observations. We adopted the φ0 we obtained from our longitudinal field
curve fits, but find that the derived value of β is not very sensitive to small changes
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in φ0 and that the derived values of Bd vary only by a few hundred gauss. For each
Stokes V profile we found the parameters that provided the lowest χ2 for each observation. Using the Bayesian framework discussed in §5.10.1, we then combined the χ2
distributions obtained for each observation to find the maximum likelihood model. In
Fig 6.13 we compare the synthetic profiles of our maximum likelihood model (dotted
red) with the best-fit model for each observation (dashed blue). The quality of the fits
are similar, showing that a single dipole configuration can, for most phases, roughly
reproduce the observed mean profiles. However, as with our fits to the longitudinal
field curve, some phases are rather poorly fit by the ORM model.
◦
The maximum likelihood model was found with Bd = 10400+280
−350 G and β = 7 ± 1 ,

where the uncertainties represent the 95 percentile range. While the formal uncertainties are once again quite low, we note that the individual best fits to each observation
have a large range of associated parameters ranging from Bd ∼ 4000 − 25000 G and
β ∼ 0 − 15◦ .
Therefore, modelling of the longitudinal field curve and Stokes V profiles indicates
a strong magnetic field nearly aligned with the rotation axis. However, the observations at different phases imply field parameters that differ quite significantly from the
overall best-fit model. This significant issue will be further discussed in §6.8.

6.7

The Magnetosphere of HR 5907

As previously discussed in §2.3, rotationally-modulated hydrogen emission is key
evidence of a magnetosphere. Moreover, the fact that the observed rotationallymodulated Hα emission of HR 5907 is found at high velocities is further evidence that
it not only satisfies the basic criteria for a magnetosphere, but likely a centrifugally
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Figure 6.11: χ2 landscape of dipole field strength Bd versus magnetic obliquity β
permitted by the longitudinal field variation of HR 5907, assuming i = 70◦ .
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Figure 6.12: Longitudinal field variations of HR 5907 from ESPaDOnS (black circles)
and FORS (red triangles) compared to our best-fit model curve (dashed) with Bd =
15700 G and β = 7◦ . The dotted lines indicated the 1σ limits permitted by our fits.
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Figure 6.13: Selected mean circularly polarized LSD Stokes V profiles (grey circles)
obtained from the ESPaDOnS dataset sampling the rotational cycle of HR 5907. The
error bars represent the 1σ uncertainties for each pixel. Also shown are the individual
best-fit model profiles for each phase (blue dashed) in addition to profiles corresponding to the model that provides the global maximum likelihood (red dotted) obtained
from fits to the mean Stokes V profiles, with Bd = 10200 G and β = 7◦ . The phase
and best-fit parameters are also indicated for each observation.
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supported magnetosphere (CM). The common picture is that the outflowing plasma
is confined into high density regions (typically referred to as clouds) about the potential minimum of the magnetic and gravitational forces, and forced to co-rotate with
the host star (e.g. Shore & Brown, 1990; Shore et al., 1990; Shore, 1993; Townsend
& Owocki, 2005; ud-Doula et al., 2008). The circumstellar gas is seen in emission
(usually in hydrogen lines and a few other lines) at quadrature phases (phases when
the clouds are on either side of the star), and in absorption when passing in front of
(or occulting) the star.
As with the photospheric variability, we begin by first analyzing the EW variations
of the hydrogen Paschen and Balmer series lines. As discussed in §6.3, HR 5907 shows
strong EW variations due to the circumstellar emission in Hα. In Fig 6.14 the EW
variations for a number of Paschen and Balmer lines are also depicted. The strongest
variation and simplest pattern is that of Hα (Fig 6.14 bottom left panel and Fig 6.3
bottom panel), which shows a single emission peak at phase 0.5. This basic pattern
is also present in the higher Balmer lines such as Hβ and Hγ (Fig 6.14 bottom
panels), but with much less signal. However, there also appears to be a second,
smaller absorption dip in the Hβ EW variations at phase 0.6 that is not present
in the other Balmer EW variations. Examining the Paschen lines, which probe the
magnetosphere at a different optical depth (Fig 6.14 top panels), we see a much more
complex EW curve, composed of many smaller local absorption dips in addition to
the single large emission peak. The overall structure of the EW curve for the Paschen
lines is similar, but the amplitude of the local absorption variability varies significantly
among the different lines available in the ESPaDOnS/UVES spectral range. We find
the Pa15 line to show the strongest overall variability, but Pa14 has less scatter in the
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EW variations showing a local maximum emission at phase 0.18, followed by a local
minimum emission at phase 0.33. Another local maximum in the emission is found at
phase 0.69, but there also appears to be some additional structure to the EW curve
between phases 0.33 and 0.69 that is poorly sampled by our data. This suggests the
possibility of a complex structure of HR 5907’s magnetosphere.
We can further our understanding of the magnetospheric structure by studying the
dynamic spectra shown in Figs. 6.15 and 6.16. However, unlike the dynamic spectra
shown in §6.5, these include only contributions from the emission, as a theoretical
photospheric profile has been subtracted from each observation. In Fig 6.15, we
subtracted profiles corresponding to the best-fit BK3 model determined in §6.4. Since
these models don’t extend into the Paschen region, we found the TLUSTY model
(Lanz & Hubeny, 2007) that provided the best fit to the Balmer lines of our BK3
model. This best-fit model (Teff = 19 kK and log(g) = 4.25) was found to reproduce
the wings of the BK3 model Balmer lines well, but has a core that is less deep than
the same BK3 model.
From the Hα dynamic spectra we find that the main occultation occurs at phase
0.0, travelling redward (i.e. towards higher positive velocities). If we interpret this
feature as a dense cloud in the circumstellar environment, then the fact that the
occultation occupies a relatively broad velocity range during the eclipse indicates the
cloud is azimuthally extended. Immediately following the broad absorption feature
is a narrower feature that is still in emission in Hα (as highlighted in the bottom
panel of Fig 6.15), but is in absorption in Hγ and the Paschen lines of Fig 6.16. This
feature is travelling blueward and crosses vsys = 0 km s−1 at phase 0.21. Another
occultation is clearly visible in the dynamic spectrum of Hγ moving redward and
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crossing vsys = 0 km s−1 at phase 0.59. Two clear emission peaks are also visible; the
first feature appears at positive velocities, with the centre of the feature occurring
at phase 0.36. A second blueward feature occurs at phase 0.62. We have included
curves in Figs. 6.15 and 6.16 that indicate the potential orbit for a given cloud if it is
in rigid rotation. The curves were selected such that they pass through the bluewardmigrating occultations and reach the same velocity extrema as the brightest emission
features in the Paschen lines (which are inferred to be located at distances from
the star that approximately correspond to the Kepler radius; see §6.8 for further
details). From these orbital curves it seems likely that these two features are the
same cloud viewed at opposite sides of the star, but the expected phase difference
should be 0.5 and not 0.31 as measured. The mismatch between these curves and
the migrating features seen in the dynamical spectra suggests that the features do
not trace single, discrete clouds in the rigidly rotating magnetosphere, but rather
arise from the combined effects of multiple, optically thick clouds distributed over a
range of azimuths. The observed discrepancy between the maximum emission of this
cloud at opposite quadratures is also qualitatively explained if the cloud is optically
thick. Another redward emission feature is also visible, reaching a maximum redward
velocity at phase 0.90 in Hα and Hγ. This feature appears to be related to the
blueward emission feature that is more visible in Hγ at phase 0.38. If we interpret
the emission features resulting from two distinct emission clouds in the circumstellar
disk, it would imply that the clouds have a phase separation of ∼0.6.
In the dynamic spectra of the Paschen lines (Fig 6.16) we still see the same basic
features as found in the dynamic spectra of the Balmer lines - two strong emission
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features, followed by a third weaker feature. However, the phases at which the emission features occur are not consistent with the phases as observed in the Balmer lines.
The centre of the first redward emission feature is observed at phase 0.23, the blueward feature is found to occur at phase 0.66, and the last redward feature is found
at phase 0.91. The differences in the relative phasing of the features may be a result
of subtracting the TLUSTY model rather than the corresponding BK3 model, but
this is unexpected as the locations of these emission peaks are far in the wings where
the TLUSTY models provide the correspondence with the BK3 models. There also
appears to be a large disagreement in the phase difference between maximum emission, which cannot be due to using a TLUSTY model, as this is a constant spectrum
subtracted from all models. The phase difference between the first redward feature
and the blueward feature is 0.31 for the Balmer lines, but 0.43 in the Paschen lines.
The phase difference between the blueward feature and the second redward emission
peak is only 0.25 from the Paschen lines, compared to 0.28 from the Balmer lines.
We believe the differences between the Balmer and Paschen dynamic spectra reflect
their differing optical depths; the Paschen lines are (relatively) less optically thick,
and therefore come closer to tracing individual clouds in the magnetosphere.
Since we know the circumstellar material is bound in co-rotation, we can unambiguously map radial velocity onto the projected stellar surface, as indicated by the
upper horizontal axis in Figs. 6.15 and 6.16. With this information, we can now
measure the furthest extent of the magnetospheric emission from the centre of the
star. We find that the emission extends out to a maximum distance of 3.8 Req at
phase 0.39, 4.4 Req at phase 0.59, and 4.2 Req at phase 0.93, as measured from the
Hα dynamic spectrum. The middle of both redward features is found to occur at a
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distance of ∼1.7 Req , while the blueward feature is found to occur at a distance of
1.9 Req .
We also estimated the density in the circumstellar environment following the procedure of Štefl et al. (2003). Using the BK3 model as a good approximation of the
photospheric profiles, we estimated the Balmer decrements (a standard diagnostic for
temperature and density), using the ratio of the absolute emission flux between Hα
and Hβ (D34 = EW (Hα)f⋆ (Hα)/EW(Hβ)f⋆ (Hβ) ) and the ratio between Hγ and
Hβ (D54 = EW (Hγ)f⋆ (Hγ)/EW(Hβ)f⋆ (Hβ)) during phases where there is no apparent absorption in the dynamic spectra of Hα (φ = 0.45, 0.72). The contribution
from pure emission was calculated from the residuals of the observed minus theoretical equivalent widths, corrected to absolute flux using f⋆ (Hα)/f⋆ (Hβ) = 0.36 and
f⋆ (Hγ)/f⋆ (Hβ) = 1.44, as measured from the BK3 model. The Balmer decrements
were then converted to densities using the theoretical computations of Williams &
Shipman (1988), which were derived for an isothermal, pure hydrogen accretion disk
of 10 000 K (the derived densities are weakly dependent on the temperature), which
is optically thin in the continuum.
From these measurements, we find that the logarithmic density of hydrogen ranges
from 11.3 to 13.5 particles per cm3 . There is a large discrepancy between the logarithmic densities derived using D34 , which give a value of 13.5 at both phases, compared
to values computed from D54 (11.3, 11.6). We speculate that the difference may be
due to the poor normalization of the blue wing of the Hβ line and that the EW
measurements of this line do not span the same velocity range as the other Balmer
lines, since part of the blue wing of this line is not covered by a single order in the
ESPaDOnS spectra. Another possibility is that the magnetospheric densities are very

CHAPTER 6. HR 5907

152

Figure 6.14: Phased equivalent width variations of hydrogen lines. Black circles correspond to ESPaDOnS measurements, while red triangles are FORS measurements.
near the optically thick limit, or more likely straddling this limit, above which the
measured Balmer decrements become independent of the density.

6.8

Discussion & Conclusions

This paper reports extensive spectroscopic and magnetic monitoring of the rapidlyrotating, early B-type star HR 5907, based on UVES and FORS data obtained at the
VLT, ESPaDOnS data from the CFHT, and MOST photometry. These observations
and their analysis were undertaken within the context of the Magnetism in Massive
Stars (MiMeS) Project.
We combined newly measured MOST photometry with archival Hipparcos measurements to refine the photometric period of this star to ∼0.508276 d. A period
search on the spectropolarimetric data confirms this period is also present in the

CHAPTER 6. HR 5907

153

Figure 6.15: Phased variations of the spectral diagnostics of the circumstellar magnetosphere. Shown are the variations in the indicated Balmer lines after subtracting
the best-fit BK3 photospheric model (dashed red). The upper panels have a colour
scheme chosen to show the full dynamic range of the emission variation, while the
dynamic range in the lower panels are chosen to highlight the emission (green to red)
features versus absorption (blue to black) features. Also shown are dashed vertical
lines to indicate the rotational velocity (and radius) of HR 5907 and dashed curves to
highlight the motion of the emission features as discussed in the text.

CHAPTER 6. HR 5907

154

Figure 6.16: Phased observational variations of the circumstellar magnetosphere.
Shown are the variations in the indicated Paschen lines after subtracting the best-fit
TLUSTY photospheric model (dashed red). The upper panels have a colour scheme
chosen to show the full dynamic range of the emission variation, while the dynamic
range in the lower panels are chosen to highlight the emission (green to red) features
versus absorption (blue to black) features. Also shown are dashed vertical lines to indicate the rotational velocity (and radius) of HR 5907 and dashed curves to highlight
the motion of the emission features as discussed in the text.
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Table 6.3: Summary of stellar, magnetic, wind, and magnetospheric properties of
HR 5907 derived in this work.
Stellar Parameters
Stellar Mass (M⊙ )
5.5 ± 0.5
Teff (K)
17 000 ± 1000
log(L⋆ /L⊙ )
2.78 ± 0.14
Prot (days)
0.508276+0.000015
−0.000012
veq sin i (km s−1 )
290 ± 10
Inclination (◦ )
70 ± 10
Mass (M⊙ )
5.5 ± 0.5
Equatorial Radius (R⊙ )
3.1 ± 0.2
E(B − V )
0.14
ω (Ω/Ωcrit )
0.80
veq (km s−1 )
309
Polar radius (R⊙ )
2.72
Polar temperature (K)
18550
Equatorial temperature (K)
15920
Log polar gravity (cm s−2 )
4.31
−2
Log equatorial gravity (cm s )
4.20
Magnetic Parameters
Bd (from Bℓ ) (kG)
−15.7+0.9
−0.8
Bd (from LSD Stokes V ) (kG)
−10.4+0.4
−0.3
β (◦ )
7+1
−2
Wind Properties
log Ṁ (M⊙ yr−1 )
-10
−1
v∞ (km s )
850
Magnetosphere Properties
η∗
∼106
RK (Req )
2.0
RA (Req )
∼31
Min extent of Hα Emission (Req )
∼1.2
Max extent of Hα Emission (Req )
4.4
−3
Log particle density (cm )
11.3-13.5
τspin (Myr)
8
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equivalent width variations of Hα as well as the longitudinal magnetic field measurements. If we interpret these observations within the context of the ORM with
a rigidly-rotating magnetosphere, then this period represents the rotation period of
the star. A comparison of the Hα EW curve and photometric lightcurve suggests
that there is ∼0.05 phase offset between the minima. This phase offset is not a result of a potentially incorrect period, as this would only affect the relative phasing
between the Hipparcos photometry and the current epoch of observations and this
offset is still present between the MOST photometry and Hα EW curve, indicating
that there is a real phase shift between the observed minima. As with the differences
between the Balmer and Paschen line profile variability, the phase shift likely arises
from differences in optical depths of the continuum versus the Hα line.
Using the optical spectroscopic data, archival IUE UV observations and the estimated rotation period, we were able to constrain the stellar physical parameters by
comparing the spectra to a grid of bruce/kylie models (Townsend, 1997), which
properly reflect the oblateness of the star due to rapid rotation. The Teff we find
(∼17 kK) is cooler than may otherwise be suggested by HR 5907’s B2.5 spectral type,
but can be understood if this star is actually a He-strong star. We believe this to be
the case as the observed helium line depths are significantly deeper than the modelled helium lines computed using solar abundances (as illustrated in Fig 6.17). This
would make HR 5907 similar to other magnetic early B-type stars of the He-strong
class. We speculate that the helium over-abundance in HR 5907’s photosphere is likely
the reason that other recent studies (Frémat et al., 2005) that use helium lines as a
primary temperature indicator (even when taking into account rapid rotation) derive
a much higher effective temperature (∼21 250 K). We also investigated whether the
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discrepancy between the observed and modelled He lines was due to the assumption
of LTE. Calculations using NLTE atmospheres (also displayed in Fig 6.17) are not
able to resolve the discrepancy.
As a final test, we determined the effective temperature that would be necessary
to approximately fit the observed He line depths. The derived value is about 2 kK
hotter than our adopted temperature (i.e. 19 kK). Such a temperature results in the
C ii 4267 Å line being about 25 percent deeper, and the absolute flux of the UV SED
being about 20 percent larger. Carbon abundances as measured from optical lines are
poorly studied in Bp stars, but are typically found to be underabundant in cooler Ap
stars (e.g. Roby & Lambert, 1990). If Teff = 19 kK is adopted this would suggest that
the carbon abundance would need to be reduced by 0.4 dex to fit the observed line
depth, but this discrepancy will be somewhat mitigated if we use NLTE models, as
the C ii 4267 Å line is predicted to be weaker in NLTE, which would then increase the
abundance necessary to fit the observed profile. However, adopting a NLTE model
does not significantly affect the SED and the higher Teff would provide a poorer fit to
the UV SED. A future self-consistent analysis that takes into account rapid rotation,
NLTE effects, and non-solar He abundance is necessary to remove any ambiguity.
From the low-resolution FORS and high-resolution ESPaDOnS circular polarization measurements, we find that the mean, surface averaged, longitudinal magnetic
field values are consistently negative. From the variation of these measurements we
infer a dipolar magnetic field with a ∼16 kG field strength at the pole and a magnetic
axis nearly aligned with the rotation axis (β ∼ 7◦ ). However, direct modelling of the
mean LSD profiles of the velocity-resolved Stokes V signatures suggests a lower dipole
polar field strength of ∼10 kG. In any event, modelling of the circular polarization
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Figure 6.17: Comparison of observed helium lines (solid black; from 24 February 2010)
with our best-fit solar abundance model (Teff = 17 kK, M⋆ = 5.5 M⊙ , Req = 3.1 R⊙ )
computed in LTE (dashed red) and NLTE (dotted green). As the Teff is independently
constrained by the SED, this implies that HR 5907 is a He-strong star.
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data shows large deviations from the simple dipole model at several rotational phases.
These important deviations may indicate a more complex topology to the magnetic
field structure, similar to what is seen in some other magnetic B-type stars. However,
the observed deviations could also be due to the strongly variable helium lines that
dominate our mean LSD profiles. In fact, the lower Bℓ measurements around phase
0.5 are completely consistent with what is expected if helium is less abundant at
the pole and therefore more weighted towards the equatorial regions where the helium lines are stronger. A self-consistent He-abundance and magnetic field mapping
of the stellar surface, similar to HD 37776 (Kochukhov et al., 2011), is required to
unambiguously determine the detailed magnetic field topology of HR 5907.
Comparing the observed lightcurve with the photometric predictions of Townsend
(2008), using our inferred inclination and magnetic obliquity, shows the two to be
in good qualitative agreement. A lower inclination would not result in a perceivable
dip in the lightcurve, unless the magnetic obliquity was about 30◦ or higher. On the
other hand, if the inclination were higher, we would expect to see two dips in the
lightcuve as opposed to the single dip that we do observe with our ∼0.5 d period.
This is only possible if the current photometric data was phased with a ∼1 d period,
which would be inconsistent with the variations observed with the Bℓ measurements.
If the magnetic obliquity was much larger, we would expect to see two dips in the
lightcurve, unless the inclination was lower.
As shown in Sect. 6.5, there appear to be significant chemical abundance variations across the stellar photosphere. Helium appears to have the strongest contrast,
with equivalent width variations on the order of 20 percent, which is actually much
smaller than observed in other rapidly-rotating He-strong stars such as σ Ori E or
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HR 7355. Carbon, silicon, and nitrogen are also found to vary weakly. In other Hevariable stars the locations of these abundance spots are correlated with the magnetic
field (e.g. Bohlender & Landstreet, 1988) and are usually distributed in an approximately axisymmetric fashion about the magnetic equator. Therefore the weak helium
variability may well reflect the observed magnetic geometry - we are nearly always
viewing the same orientation of the magnetic hemispheres and would expect only
small rotational modulation since the magnetic axis is nearly aligned with the rotation axis. While the absolute helium variability might be weak compared to other
rapidly-rotating He-strong stars, the helium surface distribution may vary enough
to cause photometric fluctuations. The small dip that is evident in the photometric lightcurve (at about phase 0.65) also coincides with a small increase in helium
absorption at this phase, as shown in Fig 6.7.
Using the stellar parameters as derived in this paper and wind parameters estimated from these stellar parameters (included in Table 6.3 and obtained using formulae from Castor et al. (1975) and Vink et al. (2001)) , we find that the wind magnetic
2
confinement parameter (ud-Doula & Owocki, 2002) η∗ = Beq
R2 /Ṁ V∞ ∼ 106 , which

indicates that the circumstellar material is strongly confined out to large distances
1/4

from the star (RA = η∗

∼ 30 − 40 Req ). The Kepler, or co-rotation, radius (ud-

Doula et al., 2008) RK = 3/2 ω −2/3 Rpole = 2.0 Req , implying that beyond this radius,
the material is centrifugally supported. We find that the locations of the emission
peaks in Balmer and Paschen lines agree well with this value. We also computed the
predicted spin-down time using Eq. (25) of ud-Doula et al. (2009), τspin ∼ 8 Myr,
which is considerably longer than the estimated main sequence age of HR 5907, based
on its position on the HR diagram.
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The emission variations in the Balmer and Paschen series lines indicate that
HR 5907 may host a highly-structured magnetosphere. Furthermore, based on the
measured emission flux in the Balmer lines, it is likely that the magnetosphere is
almost optically thick. However, the observed emission characteristics of the Paschen
series lines likely indicates that the magnetosphere is optically thin at these wavelengths.
In summary, this study reports the detection of a large-scale, organized magnetic
field with a polar surface intensity of 10-16 kG in HR 5907. Interpreted within the
context of the ORM, we find photometric, Hα and longitudinal magnetic field variations consistent with a 0.508276 d rotational period, making this the shortest period,
non-degenerate, magnetic massive star known to date. We find evidence of surface
abundance variations in helium, carbon, silicon, and nitrogen.
This is one of only a few known rapidly-rotating magnetic massive stars that
show strong emission variations due to a magnetosphere. The only other massive star
with a comparable rotation period is HR 7355, which is believed to have a magnetic
geometry more similar to σ Ori E (a magnetic obliquity closer to 90◦ ), which is very
different from this star. HR 5907 is therefore an ideal target for comparison with
the predictions of rigidly rotating magnetosphere models (Townsend & Owocki, 2005;
Townsend, 2008) and a great testbed for studying the effects of the magnetic field
orientation on angular momentum loss and magnetic spin-down.

Chapter 7
HD 57682: Discovery and
Characterization of a Sharp-lined
Magnetic O-type Star
This chapter represents a modified version of the material published by Grunhut,
Wade, Marcolino, Petit, Henrichs, Cohen, Alecian, Bohlender, Bouret, Kochukhov,
Neiner, St-Louis, Townsend, and the MiMeS Collaboration, Monthly Notices of the
Royal Astronomical Society 400, L94, and the material accepted for publication by
Grunhut, Wade, Sundqvist, ud-Doula, Neiner, Ignace, Marcolino, Rivinius, Fullerton, Kaper, Mauclaire, Buil, Garrel, Ribeiro, Ubaud, and the MiMeS Collaboration,
Monthly Notices of the Royal Astronomical Society, in press.
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Introduction

The phenomenon of magnetism in O-type stars is not well studied. As previously
discussed, prior to the start of this thesis, the repeated detection of circular polarization within line profiles had only been established in three O-type stars. However,
since the start of this thesis, repeated detections of circular polarization within line
profiles have firmly established the presence of magnetic fields in only eight O-type
stars: the zero-age main sequence (ZAMS) O7V star θ1 Ori C=HD 37022 (Donati
et al., 2002; Wade et al., 2006a), the more evolved Of?p stars HD 108 (Martins et al.,
2010), HD 148937 (Hubrig et al., 2008; Wade et al., 2012a), HD 191612 (Donati et al.,
2006a; Wade et al., 2011), NGC 1624-2 (Wade et al., 2012c) and CPD -28 2561
(Hubrig et al., 2011b; Wade et al., 2012b), the recently detected Carina nebula star
Tr16-22 (Nazé et al., 2012), and HD 57682. In addition, a small number of other
O-type stars have been tentatively reported to be magnetic in modern literature (e.g.
Bouret et al., 2008; Hubrig et al., 2008, 2011a,b). These stars have either been found
through independent observation and/or analysis to be non-magnetic (e.g. Fullerton
et al., 2011; Bagnulo et al., 2012), or have yet to be independently re-observed or
re-analyzed. These small numbers are likely both a reflection of the rarity of Otype stars with detectable magnetic fields, and the challenge of detecting such fields
when present. Such objects represent vital targets for the study of stellar magnetism.
Their strong, radiatively-driven winds couple to magnetic fields, generating complex
and dynamic magnetospheric structures (e.g. ud-Doula & Owocki, 2002), which modify mass loss, and may enhance the shedding of angular momentum via magnetic
braking (e.g. ud-Doula et al., 2008). The presence of even a relatively weak magnetic
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field can profoundly influence the evolution of massive stars and their feedback effects, such as mechanical energy deposition in the ISM and supernova explosions (e.g.
Ekström et al., 2008). For these reasons, the MiMeS Large Program is exploiting the
unique spectropolarimetric characteristics of ESPaDOnS at the CFHT and Narval at
the Télescope Bernard Lyot (TBL) to obtain critical missing information about the
poorly-studied magnetic properties of these important stars.
One of the MiMeS targets is HD 57682, an O9 sub-giant star. HD 57682 is reported
to be a runaway star (Comeron et al., 1998) with no known companions (e.g. de Wit
et al., 2005; Turner et al., 2008) and shows no photometric variability (e.g. Balona,
1992). However, HD 57682 exhibits variability of UV lines characteristic of magnetic
OB stars (e.g. Schnerr et al., 2008), and this is the primary reason it was included in
the MiMeS target list.
In §7.2 we report the detection of a magnetic field and discuss the new and archival
observations used in our analysis, including extraction of LSD mean profiles and
measurement of the longitudinal magnetic field. In §7.3 we perform a period analysis
of the Hα and longitudinal field data and demonstrate that a single period of ∼63 d
is required to reproduce the periodic variations of the measurements, which span over
15 years. §7.4 presents the derived stellar parameters. In §7.5 we discuss the inferred
rotation period and the estimated projected rotational velocity of 4.6 km s−1 . In §7.6
we constrain the magnetic field properties using the longitudinal field measurements
and direct fits to the observed LSD Stokes V profiles. In §7.7 we present an extensive
overview of the variability of the UV line profiles and the optical lines of H, He and
metals. In §7.8 we interpret the emission variability in a magnetospheric framework,
and in §7.9 we discuss our results and present our conclusions.
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Observations
Polarimetric data and measurements

A total of 38 polarimetric observations were collected with the high-resolution (R ∼
68 000) ESPaDOnS spectropolarimeter mounted on the Canada-France-Hawaii telescope (CFHT). The observations were obtained in the context of the Magnetism in
Massive Stars (MiMeS) CFHT Large Program on 20 different nights over a period
of two years from 2008 December to 2010 December. Each observation consists of
a sequence of four sub-exposures that were processed using the upena pipeline running libre-esprit, as described by Donati et al. (1997). The final reduced products
consist of an unpolarized Stokes I and circularly polarized Stokes V spectrum. The
individual sub-exposures are also combined in such a way that the polarization should
cancel out, resulting in a diagnostic null spectrum N that is used to test for spurious
signals in the data. During most nights two polarimetric sequences were obtained and
the un-normalized spectra were combined to produce 20 distinct observations. The
details of the observations are listed in Table 7.1. In Fig 7.1 we show spectra for selected spectral regions at a few different rotational phases to highlight the variability
observed in almost all spectral lines (see §7.3 for further details).
From each observation we extracted LSD profiles using the technique described
in §5.2. The mask used in this study was derived from the Vienna Atomic Line
Database (VALD; Piskunov et al., 1995) for a Teff = 35 000 K, log(g) = 4.0 model
atmosphere. Only lines with intrinsic depths greater than 1 percent of the continuum
were included in the line list over the full ESPaDOnS spectral range (370 to 10500 Å),
resulting in 1648 He and metallic lines. The line list was further reduced by removing

CHAPTER 7. HD 57682

166

all intrinsically broad He and H lines, all lines that are blended with these lines,
in addition to all lines blended with atmospheric telluric lines. This resulted in a
final list of 571 metallic lines used to extract the final LSD profiles computed on a
1.8 km s−1 velocity grid, as illustrated in Fig 7.2. The detection probability for each
LSD spectrum was computed according to the criteria of Donati et al. (1997). Each
observation resulted in a definite detection (DD) of an excess signal in Stokes V within
the line profile (FAP < 10−5 ), except for the observations obtained on the nights of
2008-12-05 and 2009-05-07, which were non-detections (ND).
We calculated the longitudinal magnetic field (Bℓ ) and null measurements (Nℓ )
from each LSD profile using the first-order moment method discussed by Rees &
Semel (1979), using an integration range between -25 and 75 km s−1 (see Table 7.1).
This range was adopted to encompass the full profile range of the Stokes V signature.
The resulting Bℓ measurements range from -170 to -350 G with a median uncertainty
of 20 G.

7.2.2

Spectroscopic data and measurements

In addition to the polarimetric spectra, we also utilized archival spectroscopic observations to analyze the line profile variability (LPV) of Hα. Seven spectra were
obtained with the Coudé Auxiliary Telescope (CAT) using the Coudé Echelle Spectrograph (CES, R ∼ 45 000) at the European Southern Observatory (ESO), La Silla,
Chile in 1996 February. These observations were obtained as part of a large monitoring campaign of bright O-type stars, as described by Kaper & Fullerton (1998). Eight
spectra were obtained with the Ultraviolet and Visual Echelle Spectrograph (UVES,
R ∼ 50, 000) mounted on ESO’s Very Large Telescope (VLT) on 2002-12-13. These

Date
2008-12-05
2008-12-06
2009-05-04
2009-05-05
2009-05-07
2009-05-08
2009-05-09
2009-12-31
2010-01-03
2010-01-23
2010-01-29
2010-01-31
2010-02-01
2010-02-24
2010-02-28
2010-03-04
2010-03-08
2010-11-28
2010-12-24
2010-12-30

HJD
(2 450 000+)
4806.0798
4807.1081
4955.7675
4956.7498
4958.7805
4959.7489
4960.7480
5197.0957
5201.0427
5219.9545
5225.9836
5228.0015
5228.9032
5251.9131
5255.9891
5259.9420
5263.9096
5529.0352
5555.0639
5561.0731

texp
(s)
1 × 4 × 500
1 × 4 × 500
1 × 4 × 540
2 × 4 × 600
2 × 4 × 540
1 × 4 × 540
2 × 4 × 540
2 × 4 × 540
2 × 4 × 540
2 × 4 × 540
2 × 4 × 540
2 × 4 × 540
2 × 4 × 540
2 × 4 × 414
2 × 4 × 414
2 × 4 × 414
2 × 4 × 414
2 × 4 × 415
2 × 4 × 415
2 × 4 × 415

Phase
0.9408
0.9570
0.2955
0.3109
0.3429
0.3581
0.3738
0.0917
0.1538
0.4512
0.5461
0.5779
0.5920
0.9540
0.0181
0.0803
0.1427
0.3133
0.7227
0.8172

PK
S/N
311
949
1463
1388
653
1094
900
1566
1110
1376
1610
1179
1250
1198
932
1163
878
1224
1083
995

LSD
S/N
2186
8339
12769
12192
5546
9515
7634
14309
10354
12569
14758
10817
8088
10940
7208
10477
7921
10980
9567
8850

Det.
Flag
ND
DD
DD
DD
ND
DD
DD
DD
DD
DD
DD
DD
DD
DD
DD
DD
DD
DD
DD
DD

V
Bℓ ± σB (G)
354 ± 93
248 ± 24
−42 ± 17
−64 ± 18
−78 ± 39
−153 ± 23
−126 ± 29
233 ± 14
133 ± 20
−169 ± 18
−174 ± 15
−172 ± 20
−162 ± 27
234 ± 18
190 ± 28
208 ± 20
187 ± 26
−60 ± 19
−13 ± 22
89 ± 23

zB
3.8
10.3
2.5
3.6
2.0
6.7
4.4
16.2
6.6
9.6
11.5
8.5
6.0
12.7
6.8
10.6
7.1
3.1
0.6
3.8

N
Nℓ ± σN (G)
−59 ± 93
−11 ± 24
−19 ± 17
−23 ± 18
−17 ± 39
9 ± 23
−7 ± 29
−7 ± 14
−1 ± 20
−13 ± 18
12 ± 15
−33 ± 20
−8 ± 27
34 ± 18
−33 ± 28
−10 ± 20
−4 ± 26
−5 ± 20
−27 ± 22
20 ± 23
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Table 7.1: Journal of polarimetric observations listing the date, the heliocentric Julian date (2 450 000+), the
number of sub-exposures and the exposure time per individual sub-exposure, the phase according to Eq. 7.1, the
peak signal-to-noise (S/N) ratio (per 1.8 km s−1 velocity bin) in the V -band, the mean S/N in LSD Stokes V
profile, the evaluation of the detection level of the Stokes V Zeeman signature according to Donati et al. (1997)
(DD=definite detection, ND=no detection), and the derived longitudinal field and longitudinal field detection
significance z from both V and N .
zN
0.6
0.5
1.1
1.3
0.4
0.4
0.2
0.5
0.0
0.8
0.8
1.6
0.3
1.9
1.2
0.5
0.2
0.3
1.2
0.9
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Figure 7.1: Selected regions of optical spectra of ESPaDOnS. Spectra at different
rotational phases are shown to highlight the observed variability in almost all lines
(0.02 - solid black, 0.30 - dashed red, 0.45 - dotted blue, 0.72 - dash-dotted green; see
§7.7 for further details). The ions with the most significant contribution to each line
are also labelled.
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Figure 7.2: Mean LSD Stokes V (top), diagnostic null (middle) and Stokes I profiles
(bottom) of HD 57682 from observations obtained at four different rotational phases
(see §7.3; 0.02 - solid black, 0.30 - dashed red, 0.45 - dotted blue, 0.72 - dash-dotted
green). The V and N profiles are expanded by the indicated factor and shifted
upwards, and smoothed with 3 pixel boxcar for display purposes. A clear Zeeman
signature is detected at most phases in the Stokes V profiles, while the null profile
shows no signal. The integration limits used to measure the longitudinal field are
indicated by the dotted lines and the mean 1σ pixel uncertainty for each profile is
also shown.
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spectra were combined to yield a single observation. Five spectra were obtained with
the Fibre-fed Extended Range Optical Spectrograph (FEROS, R ∼ 48, 000) mounted
on ESO’s 2.2 m telescope at La Silla: four observations between 2004-02-07 and 200402-10 (on three separate nights), and another observation on 2004-12-22. Between
2009-10-07 and 2009-10-09 ten spectra were obtained with the Echelle spectrograph
(R ∼ 40, 000) on the 2.5 m Du Pont telescope at the Las Campanas Observatory
(LCO). The nightly spectra were combined to produce three distinct observations.
Lastly, we also used spectra from the BeSS database obtained between 2008 November and 2011 April. Fifty-one spectra were collected, primarily with a LHIRES3
spectrograph (R ∼ 15 000) using various telescopes with diameters between 0.2 to 0.3
m. A summary of all of these spectroscopic observations is listed in Table 7.2.
From the spectroscopic datasets we measured the equivalent width (EW) variations of Hα (in addition to several additional spectral lines present in the ESPaDOnS
dataset - see §7.7 for further details), following the same procedure as described in
§5.5.
Additionally, archival IUE data were used to constrain the fundamental parameters of HD 57682 (see §7.4) and investigate its UV and optical line variability (see
§7.7). Three high-dispersion, SWP IUE spectra were obtained over a period of 5
years, one on 1978-12-12 and the other two on 1983-11-20. The first observation was
obtained with the small aperture, while the latter were with the large aperture.

7.2.3

Photometric data

Photometric observations were also utilized to study the optical variability (see §7.3)
and to characterize the stellar and circumstellar emission properties (see §7.8.2).
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Table 7.2: Journal of spectroscopic observations listing the identification of the
dataset, the typical resolving power of the instrument, the epoch of the observations, the number of spectra obtained within the given dataset, the resulting number
of distinct observations, and the median per pixel signal-to-noise (S/N) ratio in the
Hα region for the dataset.
Res.
Num Num Median
Name Power
Epoch
Spec Obs
S/N
CES
45 000
1996
7
7
540
UVES 50 000
2002
8
1
160
FEROS 48 000
2004
5
5
170
LCO
40 000
2009
10
3
360
BeSS
15 000 2008-2011
51
51
70
The optical photometric time series corresponds to 85 measurements from Hipparcos (Perryman & ESA, 1997) collected on 64 different nights between 1990-04-03
and 1993-06-06.
Additional photometric observations used to construct the spectral energy distribution (SED) consists of optical data obtained from the Centre de Données astronomiques de Strasbourg (CDS), and infrared measurements from the Two Micron
All Sky Survey (2MASS), the Deep Near Infrared Survey (DENIS), the Infrared Astronomical Satellite (IRAS), the Akari satellite and the Wide-field Infrared Survey
Explorer (WISE), which were all obtained from NASA’s Infrared Science Archive
(IRSA). Additionally, we also used photometry from Thé et al. (1986).
The optical and infrared magnitudes were converted to flux measurements at the
zero-point of the associated photometric filters using conventional methods.
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Figure 7.3: Periodograms obtained from the Bℓ measurements (solid black) and from
the Hα EW variations including contributions from the first harmonic (dashed red).
Note the strong power present in the Hα periodogram at P = 31.7927 d but the lack
of power from the Bℓ measurements at this period. However, a consistent period is
found at P = 63.5708 d from both datasets.
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Period Analysis

Using a Lomb-Scargle technique (Press et al., 1992), we analyzed the longitudinal
magnetic field variations Bℓ and the EW measurements of Hα. The periodograms
obtained from these analyses are displayed in Fig 7.3. The results obtained from the
Bℓ measurements show a clear peak in the periodogram at a period of 63.52+0.18
−0.17 d,
where the uncertainties represent the 1σ limits. When phased with this period, the Bℓ
measurements show a clear sinusoidal variation. However, the periodogram obtained
from the Hα measurements shows a clear peak occurring at 31.7929+0.0029
−0.0014 d, roughly
half the period that is obtained from the Bℓ measurements. If we phase the Hα EW
measurements to the 31.7929 d period, we obtain a roughly sinusoidal variation, but
with a relatively broad dispersion. On the other hand, the Bℓ measurements cannot
be reasonably phased with this period. We proceeded to obtain a periodogram of the
Hα data using the multi-harmonic fitting technique of Schwarzenberg-Czerny (1996),
including contributions from the first harmonic only. The resulting periodogram
shows two peaks, one occurring at about 31 d and the other occurring at 63.5708 ±
0.0057 d. This second peak is consistent with the period found from the magnetic
measurements. Therefore, adopting this period as the stellar rotation period and the
phase of maximum positive Bℓ as HJD0 we derive the following ephemeris:
HJDmax
Bℓ = 2453347.71(35) + 63.5708(57) · E,

(7.1)

where the uncertainties (1σ limits) in the last digits are indicated in brackets. Unless
otherwise stated, all further data are phased according to this ephemeris.
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Figure 7.4: Phased observational data using the ephemeris of Eq. 7.1. Upper: Longitudinal magnetic field variations measured from LSD profiles of the ESPaDOnS
spectra. Middle: Hα equivalent width variations measured from ESPaDOnS (black
circles), CES (red squares), FEROS (blue Xs), Las Campanas Observatory (turquoise
diamonds), UVES (pink up-facing triangles), and BeSS (green down-facing triangles)
datasets. Lower: Hipparcos photometry. The dashed curve in the upper frame
represents a least-squares sinusoidal fit to the data.
In Fig 7.4 we show the phased Bℓ measurements, Hα EW variations, and Hipparcos photometry of HD 57682. The Bℓ measurements follow a simple, sinusoidal
variation with maximum positive Bℓ occurring at phase 0.0 and maximum negative
Bℓ occurring at phase 0.5. The Hα EW measurements show a double peaked variation with maximum emission occurring at phases 0.0 and 0.5, and minimum emission
occurring at phases 0.25 and 0.75. This is further discussed in §7.8. The Hipparcos
measurements do not show any significant variations when phased with the rotation
period. Furthermore, the periodogram of the photometry shows no significant power
at this or any other period and the scatter of the photometric variations and their
associated uncertainties are fully consistent with no variability.
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Figure 7.5: Modelling of the He ii 4541 Å line with atmospheric models corresponding to different Teff values (left panel; log g = 4.0), and the Hγ line with models
corresponding to different log g values (right panel; Teff = 34, 500 K) for the night of
2009-05-04. Note that only the wings of the Hγ profile are used; the core is likely
contaminated by circumstellar material (see §7.7).

7.4

Stellar Parameters

Non-LTE, expanding atmosphere models calculated with the cmfgen code were used
in our analysis (see Hillier & Miller (1998) for details). A summary of the fundamental
parameters obtained is reported in Table 7.3. The surface gravity (log g) and effective
temperature (Teff ) were derived from the optical spectrum. The Hδ and Hγ wings
provided a measurement of log g, while the He i 4470 Å and He ii 4540 Å transitions
were used as the main diagnostic for Teff . However, fits to other helium transitions
were also checked for consistency. Model fits to the He ii 4540 Å line and Hγ are
shown in Fig 7.5. The uncertainties quoted in Table 7.3 already take into account the
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observed temporal variability. The stellar luminosity L⋆ was assumed to be typical
of other late O-type stars (see Martins et al. (2005a), Table 4). Therefore, through
the analysis of IUE spectra we derived a distance of ∼ 1.3 kpc and a corresponding
reddening parameter E(B−V ) of 0.07 from the fit to the observed UV continuum. The
obtained values are in good agreement with other modern literature estimates (e.g.
4
1/2
Wegner, 2002). The stellar radius was directly computed from R⋆ = (L⋆ /4πσTef
f)

and the stellar mass follows from M⋆ = gR⋆2 /G. Standard errors for R⋆ and M⋆
were computed assuming an error in the luminosity of ±0.25 dex (see Martins et al.
(2005b)). Test models were also investigated with different abundances for the CNO
elements, but precise values were difficult to determine and we found no clear evidence
of chemical enrichment or depletion with respect to the solar abundances of either
Grevesse & Sauval (1998) or the more recent Grevesse et al. (2007). A deeper study
is necessary, but beyond the scope of this analysis.
The wind parameters Ṁ and v∞ were determined from the fit to the C iv 1548,
1551 Å profile, from IUE observation SWP21590, and this fit appears consistent with
all IUE data available. A standard β-velocity law was considered, with β = 1. Due
to the lack of wind diagnostic lines, clumping was not included in our analysis. Auger
ionizations from X-rays were taken into account in the models, since they are essential
in stars with spectral types similar to HD 57682 (see Martins et al. (2005b)). The level
of X-ray emission used in our cmfgen models is taken from ROSAT measurements
(Berghoefer et al., 1996), scaled to the distance determined in this work.
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Table 7.3: Summary of stellar and wind properties of HD 57682.
Spectral type
O9IV (Walborn 1972)
Teff (K)
34 500 ± 1000
log g (cgs)
4.0 ± 0.2
R⋆ (R⊙ )
7.0 +2.4
−1.8
log(L⋆ /L⊙ )
4.79 ± 0.25∗
M⋆ (M⊙ )
17 +19
−9
log Ṁ (M⊙ yr−1 ) -8.85 ± 0.50
v∞ (km s−1 )
1200 +500
−200
log(LX /LBol )
-6.34
*Assumed to be typical of other late O-type stars.

7.5

Rotational Broadening

If we assume rigid rotation and take the radius as inferred in §7.4 (R⋆ = 7.0+2.4
−1.8 R⊙ )
and the period obtained in this work (P = 63.5708 d), we find a maximum allowed
v sin i (i.e. for sin i = 1) ∼7.5 km s−1 , which is inconsistent with width of the metallic
line profiles (∼30 km s−1 ). This implies that contributions from non-rotational broadening significantly affect the Fourier spectrum resulting in the incorrect interpretation
of the first node representing the rotational broadening.
In our endeavour to constrain the rotational broadening, we analyzed the spectra with a particular focus on the spectra obtained at phases where the lines appeared their narrowest and therefore were least affected by macroturbulence (see
§7.7 for further details). We identified lines from a theoretical synth3 (Kochukhov,
2007) spectrum for which the resulting Fourier spectrum was minimally affected when
significant contributions of macroturbulence were included. We then compared the
Fourier spectrum obtained from a theoretical profile with 5 km s−1 rotational broadening to that obtained from the observed spectrum and measured the difference between the positions of the first nodes to obtain the v sin i of the spectral line. Using
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this procedure on several lines from the spectrum obtained on 2009-12-31 indicate a
v sin i = 6.1 ± 1.9 km s−1 , consistent with the range implied by the rotation period
and estimated radius of HD 57682. However, we note that this period is sufficiently
imprecise that it cannot be used to usefully constrain the inclination of the rotation
axis. We also found that the C iv λ5801 line was one of the lines least affected by
the addition of macroturbulence and therefore also used this single line to determine
a unique v sin i, as illustrated in Fig 7.6. From measurements of this line at several
rotation phases we find a best-fit v sin i = 4.6 ± 0.6 km s−1 , where the uncertainties
represent the 1σ limits. Given the range of v sin i obtained from the C iv λ5801, our
◦
adopted R⋆ and Prot , implies that i ∼ 56+35
−23 , or that we can place a lower limit on

i such that i > 30◦ , at a 1σ confidence. However, at ∼4.6 km s−1 we are approaching the spectral resolution of ESPaDOnS (∼4.4 km s−1 ) and therefore one must be
cautious to not over interpret these results.

7.6

Magnetic Field Geometry

The magnetic field geometry of HD 57682 was investigated assuming the field is well
described by the dipole Oblique Rotator Model (ORM), which is characterized by
four parameters: the phase of closest approach of the magnetic pole to the line-ofsight φ0 , the inclination of the stellar rotation axis i, the obliquity angle between
the magnetic axis and the rotation axis β and the dipole polar strength Bd . This
model naturally predicts the simple sinusoidal variation of the longitudinal magnetic
field measurements as shown in Fig 7.4, implying that the longitudinal field curve of
HD 57682 is well described by a global dipolar topology of its global magnetic field.
We first attempted to infer the characteristics of the magnetic field based on the
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Figure 7.6: Fourier spectrum of the C iv λ5801 line (black) compared to a theoretical
line profile with v sin i = 5 km s−1 with an additional macroturbulent velocity of
20 km s−1 (red), which we find necessary to provide a good fit to the observed line
profile. The difference in the positions of the first nodes (as indicated by the vertical
lines) are used to determine the best-fit v sin i = 4.2 km s−1 for this observation. σ is
the Fourier transform of the velocity.

CHAPTER 7. HD 57682

180

Figure 7.7: Reduced χ2 contours of dipole field strength Bd versus magnetic obliquity
β permitted by the longitudinal field variation of HD 57682 for varying inclinations.
Bℓ measurements. These measurements are nearly symmetric about 0 G and we can
therefore infer that either i or β (or both) is (are) close to 90◦ . This is similar to the
Bℓ variation of β Cephei (e.g. Donati et al., 2001), and similar to this star, Bd and β
are well-constrained except as i approaches 0 or 90◦ . As i approaches 0◦ , Bd becomes
unconstrained, while as i approaches 90◦ , β becomes unconstrained. To infer the
characteristics of the magnetic field, we carried out a χ2 minimization, comparing the
observed Bℓ curve to a grid of computed longitudinal field curves to determine Bd and
β for a fixed linear limb darkening coefficient of 0.35 (Claret, 2000) and various fixed
inclinations. Unlike HR 5907 discussed in Chap. 6, we cannot confidently determine
i independently from the magnetic data, due to the challenges interpreting the line
broadening (as discussed in §7.5).
The resulting χ2 distributions from our fits are shown in Fig 7.7. For an assumed
i = 60◦ we find that Bd = 880 ± 50 G and β = 79 ± 4◦ . If we take i = 30◦ , we infer
that Bd = 1500 ± 90 G and β = 86 ± 2◦ , which places an upper limit on the dipole
field strength if i > 30◦ as implied from the constraints derived in §7.5. Also shown
in Fig 7.7 are χ2 distribution for other inclinations to illustrate how the distribution
varies as a function of inclination.
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We also attempted to constrain the magnetic field characteristics based on fits
to the individual LSD Stokes V profiles by comparing our profiles to a large grid
of synthetic profiles, also characterized by the ORM. The models were computed
by performing a disk integration of local Stokes V profiles assuming the weak field
approximation and uniform surface abundance. The parameters of the Stokes V
profiles were chosen to provide the best fit to the width of the average of all the
observed I profiles, and the best fit to the depths of each individual observed I
profile. For each observation we found the parameters that provided the lowest χ2
value and inferred the maximum likelihood by combining these results in a Bayesian
framework.
We conducted our fits for varying inclinations and found that the maximum likelihood model for i ∼ 80◦ provided the lowest combined total χ2 , but this value was
not significantly different from those obtained for other inclinations. However, as
i increased we did find increasing deviations between the best Bℓ -fit and profile-fit
model parameters; at i = 30◦ we found a best Bℓ -fit β = 86◦ and a profile-fit β = 80◦ ;
at i = 80◦ we found a best Bℓ -fit β = 56◦ but β = 34◦ from the profile fits. We therefore conclude that we are unable to constrain the inclination from fits to the LSD
profiles and continue to adopt i = 60◦ for the remainder of this discussion as this is
the inclination inferred from the v sin i measurements and provides similar magnetic
parameters from both the Bℓ and profile fits.
The maximum likelihood profile-fit model for i = 60◦ was found with Bd = 700 ±
30 G, where the uncertainty corresponds to the 95.6 percent significance level, and
β = 68 ± 2◦ , with the uncertainty corresponding to the 98.2 percent confidence
limits. While the formal uncertainties are very low, we note that individual best-fit
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parameters to each observation range from Bd ∼ 400 − 2000 G and β ∼ 0 − 150◦ .
However, while the fits to Bd and β are not well constrained from fits to the individual
observations at most phases, the maximum likelihood model is well constrained.
In Fig 7.8 we compare the observed Stokes V profiles (grey circles) with the best
profile-fit model for the given observation (dash-dotted blue), the maximum likelihood
LSD model (dotted red) and the model corresponding to the best-fit parameters that
were obtained from the Bℓ measurements for i = 60◦ (Bd = 880 G and β = 79◦ ; solid
green). The quality of the fits of the best-fit and maximum likelihood models are
similar, which shows that a single dipole configuration can reasonably reproduce the
observed Stokes V profiles. However, systematic differences, particularly in the wings
of the profiles, are evident between the models and the observations, resulting from
the fact that our simple model cannot reproduce the extended wings in the observed
I or V profiles. It is also evident that the model corresponding to the best-fit to the
Bℓ curve does a poorer job of fitting the observed Stokes V profiles at several phases,
possibly indicating that there may be an issue with the way we chose to model the
line profiles.
We investigated this potential issue by re-conducting our fits, but neglecting the
varying line depths for each observation as was done in the original procedure. Instead
we adopted a line depth as determined from the average of all our observations. From
the new fits for i = 60◦ we found a best-fit Bd ∼ 900 G, which is consistent with the
results of the Bℓ measurements. However, we find a larger disagreement between the
inferred magnetic obliquity as β was found to be ∼60◦ (compared to β = 79 ± 4◦ for
the Bℓ fit). We also note that the overall combined total χ2 value was slightly worse
from these fits.

CHAPTER 7. HD 57682

183

Another possibility is that the global magnetic topology contains significant contributions from higher order multipoles. The Bℓ curve is rather insensitive to these
higher order moments, in contrast to the velocity-resolved Stokes V profiles. We
investigated this possibility by applying our fitting procedure to a time series of synthetic profiles calculated assuming our original dipole, supplemented by a significant
aligned quadrupolar field moment. This model yields a longitudinal field curve essentially indistinguishable from that produced by the pure dipole. Our tests indicate that
by trying to fit a pure dipole model to the dipole+quadrupole profiles, the procedure
would systematically infer dipole field strengths that were strongly incompatible with
the results obtained from the Bℓ curve. Specifically, our tests showed a systematic
over-estimation of the dipole field strength at most phases. This trend is inconsistent
with the measurements presented in Fig 7.8 and we therefore conclude that our polarimetric observations do not suggest any significant detectable contributions from
higher order multipoles. Therefore, the observations are consistent with the adopted
magnetic geometry.

7.7

Line Variability

7.7.1

Ultra-violet Lines

The IUE UV spectroscopy shows significant variations of the 139.4, 1402 Å Si iv
doublet (see Fig 7.9) - a phenomenon that is not observed in other UV lines and that
occurs exclusively in magnetic B-type stars, e.g. ζ Cas (Neiner et al., 2003a) and all
magnetic He-strong stars.
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Figure 7.8: Mean circularly polarized LSD Stokes V profiles (grey circles). The error
bars represent the 1σ uncertainties of each pixel. Also shown are the individual bestfit model profiles for each phase (dash-dotted blue), the model that provides the global
maximum likelihood (dotted red; Bd = 700 G, β = 68◦ ) and the model corresponding
to the best-fit to the Bℓ measurements (Bd = 880 G, β = 79◦ ; solid green), all for
an assumed inclination of 60◦ . The phase and best-fit parameters of the individual
observations are also indicated.
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Figure 7.9: Overplot of the Si iv line profiles of the three high-resolution IUE spectra
of HD 57682. The two doublet rest wavelengths are indicated by vertical dashed
lines. The lower part displays the significance of the variability, expressed as the
square root of the ratio of the measured to the expected variances. Note that the
variability observed at 1398 Å is well known and due to small differences in the echelle
order overlap corrections.
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Equivalent width and radial velocity measurements

HD 57682 stands out from the sample of magnetic O-type stars due to its sharp
spectral lines and the apparently limited contamination of its spectrum by wind and
circumstellar plasma emission. Detection and measurement of the line profile variations (e.g. Stahl et al., 1996) can therefore be performed more sensitively for a much
larger sample of lines than for any other magnetic O-type star. It therefore represents
a uniquely suited target for understanding the general influence of magnetized winds
of O-type stars on their spectrum and spectral variability.
To quantify the variability, we used the EW variations for numerous spectral lines.
We also measured the radial velocities of each spectral line by fitting a Gaussian to the
cores of the profiles to determine the central wavelength at each phase. A number
of other methods were investigated, but we ultimately settled on fitting the cores
using a Gaussian as it provided less scatter in the measurements. However, since Hα
displayed too much emission to carry out this fitting, we quantified the radial velocity
of Hα by measuring the centre of gravity (or centroid) of the line profile.
Our observations reveal that HD 57682 displays a rich variety of line profile variability. In addition to the double-wave variations of the Hα line discussed in §7.3, we
observe variations in essentially every line present in the stellar spectrum, including
other H Balmer lines, lines of neutral and ionized He, and lines of metals: C iii and
iv, N iii, O ii, Mg ii, and Si iii and iv. The EW and radial velocities of all lines vary
coherently when phased according to the rotational ephemeris (Eq. 7.1).
The line variations can be approximately grouped into two categories. The first
represents lines (mostly metals and some neutral He lines) with EW measurements
that vary sinusoidally, as displayed in Fig 7.10. The second includes those, like Hα,
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that display EW phase variations that are distinctly non-sinusoidal (as shown in
Fig 7.11), and likely directly reflect, to varying degrees, the variable projection of a
flattened equatorial magnetospheric plasma density enhancement, as further discussed
in §7.8. These groups are discussed in more detail below.
Except for C iv λ5801, 5812, all lines with sinusoidally varying EW measurements
show minimum emission (or maximum absorption) at about phase 0.0 and maximum
emission (or minimum absorption) at phase 0.5. At phase 0.5, these lines are shallower
and broader than at phase 0.0, as illustrated in Fig 7.1. The difference in line width
and depth is quite significant. Most lines have an extended red wing at phase 0.5
that disappears at phase 0.0.
The Hα line shows variable emission with two maxima per rotation cycle. The
phases of the emission extrema, 0.0 and 0.5, correspond to the phases of longitudinal
magnetic field extrema and therefore closest approach of the magnetic poles to the
line-of-sight. In addition, the Hα EW curve exhibits two emission minima at phases
0.25 and 0.75, corresponding to the phases where the magnetic equator crosses the
line-of-sight. These phenomena are usually interpreted (e.g. Donati et al., 2001) as the
consequence of the variable projection of a flattened distribution of magnetospheric
plasma trapped in closed loops near the magnetic equatorial plane, and possibly the
occultation of the stellar disk by this plasma at phases 0.25 and 0.75. Only three other
lines - He i λ5876, Heii λ4686 and Hβ (see Fig 7.11) - show clear evidence of similar
reversals at phases 0.25 and 0.75, although a marginal contribution is suspected for
He i λ4921 and He i λ4471. The emission level in Hα at phase 0.5 is roughly 10 percent
larger than at phase 0.0. Likewise, the emission minimum at phase 0.75 appears 20
percent less than the corresponding emission minimum at phase 0.25. However, these
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measurements are primarily measured from BeSS spectra with limited S/N.
In almost all the spectral lines that show sinusoidally varying phased EW measurements, we find approximately sinusoidally varying radial velocity measurements.
These variations reach a maximum radial velocity between phases 0.2-0.3 and show a
peak-to-peak amplitude of about 2 km s−1 , with a mean radial velocity of ∼22 km s−1 .
This is not the case for Hγ, which reaches a maximum radial velocity at phase 0.0 and
minimum at phase 0.5, and shows a peak-to-peak difference of ∼8 km s−1 . Other than
Hβ, we see non-sinusoidal variations in the radial velocity measurements for the lines
that show clear, non-sinusoidal EW variations, which often mirror the EW variations
with maximum radial velocity occurring at minimum emission and minimum radial
velocity occurring at maximum emission. The radial velocity measurements for Hβ
phase in a similar manner with Hγ - they are nearly sinusoidal, reach maximum radial
velocity at phase 0.0 and appear flat-topped.

7.7.3

Line profile variations

In Figs. 7.12 and 7.13 we plot the phased line profile variations, or dynamic spectra.
In these figures, we have subtracted the profile obtained on 24 December 2010 to
highlight the variability. This spectrum was obtained at phase 0.72 and corresponds
to the observation where the magnetic equator is passing our line-of-sight and, as
previously discussed, when the flattened distribution of magnetospheric plasma is
viewed nearly edge-on, and therefore provides the lowest contribution of emission.
Our dynamic spectra indicate that a single pseudo-emission feature (a feature that
appears in emission relative to the 24 December 2010 profile) occurs once per cycle,
and is centred at phase 0.5 in the dynamic spectra of the lines with sinusoidally
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Figure 7.10: Rotationally phased EW measurements (top panels) and radial velocity
measurements (bottom panels) for selected spectral absorption lines that appear to
have sinusoidally varying EW measurements. Note that while the EW variations of
Hγ are consistent with the other lines, the radial velocity variations are out of phase
with the rest of the lines. Least-squares sinusoidal fits to the data are also shown
(dashed curves).
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Figure 7.10: Continued
varying EW measurements (Fig 7.12). In almost all these lines, we find that the
pseudo-emission is mostly confined to the inner core region and extends further out
in the blue wing than the red wing. During phases of maximum emission we also
find increased pseudo-absorption in the red wing, except for He i λ4471, which does
not appear to show additional pseudo-absorption, but does show strong evidence of
pseudo-emission during phases of maximum absorption, which is centred at phase 0.0.
Other lines show varying amounts of pseudo-emission during this phase as well, but
this feature is most prominent in the He lines shown in Fig 7.12.
The dynamic spectra for the C iv lines appear different. Maximum emission still
occurs once per cycle, centred at phase 0.5, but the emission feature is mainly constrained to the inner core region and does not extend into the blue wing as it does for
other lines. During phases of maximum emission, there appears to be an increase in
pseudo-absorption in both wings, but the absorption in the red wing appears stronger.
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Figure 7.11: Rotationally phased EW measurements (top panels) and radial velocity
measurements (bottom panels) for selected spectral absorption lines with clearly nonsinusoidal EW variations. Hα measurements from ESPaDOnS (black circles), CES
(red squares), FEROS (blue Xs), Las Campanas Observatory (turquoise diamonds),
UVES (pink up-facing triangles), and BeSS (green down-facing triangles) datasets.
The BeSS Hα radial velocity measurements are shown as grey triangles. The large
scatter of these measurements with respect to the other datasets likely results from
their poor S/N and low spectral resolution.
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A similar dynamic spectrum is also found for the He ii λ4686 line, as shown in the
left panel of Fig 7.13. In almost all the lines shown in Figs. 7.12 and 7.13 we find that
the features all appear at low velocities with the centres of the features increasing in
velocity with increasing phase. However, this does not appear to be the case with the
He lines, which appear more symmetric, except for the extended pseudo-absorption
into the blue wing, which is likely caused by the forbidden transitions in these He
lines.
In Fig 7.14 we show the dynamic spectra of the other lines with non-sinusoidally
varying EW variations. A NLTE tlusty (Lanz & Hubeny, 2003) synthetic profile was
subtracted from the Balmer lines in this figure to highlight the circumstellar emission
contribution. As was found in the EW variations, we see two emission features per
rotation cycle, one centred around phase 0.0 and the other centred around phase 0.5.
In the He i λ5876, Hγ and Hβ line we find the lines to be mainly in absorption and the
emission feature at phase 0.0 to be narrower and weaker in emission than the feature
at phase 0.5. In the He i line shown, both emission features appear redshifted with
respect to the systemic velocity of HD 57682; the narrower feature is found to have
a central velocity of ∼75 km s−1 while the broader feature has a central velocity of
∼65 km s−1 . There also appears to be an additional weak emission feature occurring
at phase 0.0 that is blueshifted with respect to the systemic velocity. Hβ and Hγ
appear similar to the He i λ5876 line. Both show a strong and broad emission feature
at phase 0.5, and a weaker, narrower emission feature at phase 0.0. This is not the
case for Hα, which shows both emission features with nearly the same width and
same emission level; it is evident that the strength of the weaker emission feature
at phase 0.0 is decreasing for higher Balmer lines. Unlike the He i λ5876 line, the
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emission features of the Balmer lines have their central velocities alternating about
the systemic velocity; the feature at phase 0.0 appears blueshifted, while the feature
at phase 0.5 is redshifted.

7.8
7.8.1

Circumstellar Environment
Magnetosphere

As discussed in the previous section, the Hα emission variation is often qualitatively
attributed to the variable projection of a flattened distribution of magnetospheric
plasma trapped in closed loops near the magnetic equatorial plane (e.g. Sundqvist
et al., 2012). To this end, we explored the potential of using a “Toy” model, similar to
that described by Howarth et al. (2007), to fit the observed Hα EW variations. This
model assumes that the Hα emission is formed in a centred, tilted, infinitely thin,
optically thick disc, in which the relative emission is only a function of the projected
area of the disc, taking into account occultation by the star. The code used to model
the emission variation is implemented in IDL, but is only able to model the relative
emission as the emission variation is computed relative to the maximum achieved
emission level. Our model indicates that if we assume the inclination angle between
the disk axis and the rotation axis (α) is the same as the magnetic obliquity (β)
then only subtle variations are predicted in the EW curve for different inclinations
(assuming the relationship between i and β is constrained by the ORM), which are
indistinguishable with the precision of our current measurements. We also find that
higher α values provide much better fits and therefore we adopt the α = β = 79◦
as derived from the Bℓ measurements as our disk inclination. Using this value, we
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Figure 7.12: Phased variations in selected spectral lines with sinusoidal equivalent
width variations. Plotted is the difference between the observed profiles and the
profile obtained on 24 December 2010 (dashed-red, top panel), which occurred at
phase ∼0.75, corresponding to when the magnetic equator crosses the line-of-sight.

195

CHAPTER 7. HD 57682

Figure 7.12: Continued

Figure 7.13: Same as Fig 7.12 but for selected spectral lines with clearly non-sinusoidal
EW variations or EW variations that appear anti-phased with the other lines. Plotted
is the difference between the observed profiles and the profile obtained on 24 December
2010 (dashed-red, top panel), which occurred at phase ∼0.75, corresponding to when
the magnetic equator crosses the line-of-sight.
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Figure 7.14: Same as Fig 7.12 but for spectral lines that show evidence of two emission
features per rotation cycle. The Balmer lines are plotted as the difference between
the observed profiles and a NLTE tlusty model profile (top panel, dashed-red) to
highlight the circumstellar emission. The He i λ5876 lines is plotted as the difference
between the observed profiles and the profile obtained on 24 December 2010 (dashedred, top panel).
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Figure 7.15: Illustration of our “Toy” model for the Hα emission disk. The left panel
provides an example schematic diagram showing the orientation of the plane of the
disk for a given disk inclination α relative to the rotation axis. The other panels
represent projections of the disk (solid black) and central star (solid red) onto our
line-of-sight during phases 0.0, 0.33, and 0.66. The thin green arrow in these panels
represents the projected rotation axis relative to our line-of-sight (taken to be 60◦ ),
while the thick blue arrow represents the disk axis of 79◦ relative to the rotation axis.
attempted to constrain the inner and outer disk radii but realized that the inner
(Rin ) and outer (Rout ) radii of the disk are poorly constrained by the precision of
our observations. However, a best-fit Rin = 1.3 ± 0.3 R⋆ and Rout = 1.8+0.3
−0.2 R⋆ (as
measured from the centre of the star, i.e. a distance of 0.3 ± 0.3 R⋆ and 0.8+0.3
−0.2 R⋆
from the stellar surface) are found, where the uncertainties represent the 1σ limits.
An illustration of this model is presented in Fig 7.15.
A comparison between the predicted EW variations from our “Toy” model and
the observed EW variations is shown in Fig 7.16. As illustrated, the model is able to
qualitatively reproduce the general features of the observed EW variations including
the sharp emission minima, the smooth variation during maximum emission, and the
double peaked nature of the variability, suggesting that the Hα emission does form
in an optically thick, flattened distribution of circumstellar plasma with a disk-like
structure. However, our model predicts a lower-than-observed emission level between
phases 0.0 to 0.25 and 0.75 to 1.0 and a higher-than-observed emission level between
phases 0.25 to 0.4 and 0.6 to 0.75, and there is a visible offset between the phases of
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Figure 7.16: “Toy” model calculations compared to phased Hα equivalent width
measurements (black circles). The solid red curve represents a model with an α =
79◦ between the rotation axis and the disk axis, as inferred from the fits to the Bℓ
variations, while the dashed blue curve represents the best-fit model with an α = 88◦ .
Both models assume i = 60◦ .
emission minima; our model predicts the minima to occur at phases 0.23 and 0.77, not
0.25 and 0.75 as observed. To investigate these discrepancies, we conducted another
search allowing the disk axis inclination to vary. Our results show that α = 88 ± 1◦
(and a corresponding Rin = 1.0 R⋆ and Rout = 1.6 R⋆ ) provides a better overall fit
to the observations, but is inconsistent with our derived value of β = 79 ± 4◦ . This
disk orientation is better able to reproduce the emission level throughout the rotation
cycle and correctly predicts the phases of minimum emission as illustrated in Fig 7.16.
In addition to investigating the magnetospheric properties via the “Toy” model,
we also used the method of Sundqvist et al. (2012) to quantitatively study the Hα
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line profile variability. As discussed in §2.3 Sundqvist et al. (2012) showed that in a
slow rotator such as HD 57682, the transient suspension of wind material in closed
magnetic loops, which is constantly fed by the quasi-steady wind outflow, leads to
a statistically overdense, low-velocity region in the vicinity of the magnetic equator
that causes persistent, periodic variations of Balmer lines. This method utilizes the
2D MHD wind simulations of ud-Doula et al. (2008) and the magnetic parameters
determined from the Bℓ measurements to determine the properties of the magnetically
confined plasma. We note however that the original MHD models were computed for
an O-type supergiant. Therefore, in the Hα synthesis here, we have re-scaled the Hα
scaling invariant Q = (Ṁ × fcl2 )/(v∞ × R⋆ )3/2 (Puls et al., 2008) from the original
value used in the simulation to the values obtained for HD 57682 using the parameters
listed in Table 7.3. These properties are then used to synthesize the expected Hα line
profile as viewed from our line-of-sight as the star rotates. Unlike the “Toy” model,
these simulations are sensitive to the adopted mass-loss rate. We characterize the
mass-loss rate as the product of the stellar mass-loss rate and the square-root of a
wind clumping factor, which we assume to be about 4-10 as suggested by several
recent studies (e.g. Bouret et al., 2003; Najarro et al., 2011; Sundqvist et al., 2011b).
We attempted to constrain the wind properties by fitting the observed Hα profile
during phases that have the lowest contributions from the disk emission. As already
noted in §7.4, the Hα line profile cannot be fit using the mass-loss rate as derived
from the UV lines (log Ṁ ∼ −8.85 M⊙ yr−1 ). The additional emission resulting from
the wind is too low at phases 0.25 or 0.75 (minimum emission), which results in a
line profile that is mainly in absorption, contrary to what is actually observed (see
Fig 7.17).
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Our results (based on fits to the Hα profile) suggest that the lack of emission is
either due to an underestimated stellar mass-loss rate (by a factor of 10 to 30), or
that the wind is very clumpy (note that clumping was not taken into account in §7.4).
This is consistent with many recent studies that find large discrepancies between UV
and optical mass-loss rates (see Sundqvist et al. (2011a) and references therein).
Furthermore, according to Figs. 7.18 and 7.19, we find that the model using the UVderived mass-loss rate produces little-to-no emission with any significant variability.
In fact, the amplitude and the offset of the EW variations shown in Fig 7.18 are
remarkably sensitive to the adopted mass-loss rate. If we choose a mass-loss rate
that best fits the profiles at minimum emission phases, we obtain a mass-loss rate
of ∼15 times the suggested UV mass-loss rate (see Fig 7.17). However, while the
predicted minimum emission of the EW variations is well-fit, the maximum emission
is underestimated. A mass-loss rate of ∼20 times the previous estimate provides
a better fit to the EW variations, by underestimating the maximum emission and
over-estimating the minimum emission. A mass-loss rate of ∼30 times the previously
estimated value is needed to provide the correct amplitude of the EW variation, but,
as the wind emission is predicted to be significantly higher, there exists a significant
offset between the predicted and observed EW values. The characteristics of the
MHD EW curves are similar to the predictions of our “Toy” model; the phases of
minimum emission are not at phases 0.25 and 0.75 and the relative amplitude of the
emission is slightly lower when using α = 79◦ (note that the pseudo-disk naturally
forms along the magnetic equator in these MHD simulations, i.e. α = β). Just as
was found with the “Toy” model, a higher β = 88◦ provides a better agreement with
observations. Of particular interest, is the fact that the synthesized emission variation
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in Fig 7.19 is predicted to be symmetric about the systemic velocity of HD 57682 with
the adopted high β. However, a lower β does provide increased occultation of the
disk and therefore necessarily results in a more asymmetric line profile variation at
some phases, similar to the observations.
In any case, our MHD simulations indicate that a significantly higher mass-loss
rate than implied by the UV data is necessary in order to produce significant variability, with similar characteristics to the observed Hα dynamic spectrum (Fig 7.19).
The predicted dynamic spectrum of the Hα emission using the UV-derived mass-loss
rate (left panel) clearly shows no variations (consistent with the EW variations). The
spectrum obtained from a higher mass-loss rate of 21 times the UV-derived value
(middle panel) provides a much better qualitative agreement with the observed spectrum (right panel). It correctly predicts the general phasing and width of the emission
features, but there are details of the line profile variations that are not predicted by
the MHD models, which are further discussed in §7.9.

7.8.2

Greater circumstellar region

We continued our investigation of the circumstellar environment to larger distances as
probed at infrared wavelengths. Our original intention was to investigate the infrared
properties of HD 57682’s SED to address the uncertain classification of HD 57682 as
a classical Oe star by the BeSS catalogue and to potentially probe the extent of the
magnetosphere.
In Fig 7.20, we show the SED of HD 57682 from the ultraviolet to infrared wavelengths. The data were collected from the IUE database and the available photometric
archives discussed in §7.2. Also included in this figure are theoretical SEDs computed
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Figure 7.17: Comparison between observed Hα profile (solid black) from 2010-12-24,
corresponding to a phase of 0.72, and synthetic profiles following the procedure of
Sundqvist et al. (2012) at this same phase. The model profiles were created with the
adopted UV mass-loss rate as determined in §7.4 (10−8.85 M⊙ yr−1 ; dotted blue), a
mass-loss rate of 17 times this value (solid green; best-fit) and 21 times this value
(dashed red) to highlight the sensitivity of the predicted Hα emission.
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Figure 7.18: Comparison between the measured EW variations of HD 57682 (black
circles) and the theoretical EW variations of our MHD model for different mass-loss
rates as labelled (UV corresponds to the UV mass-loss rate derived in §7.4). While
the absolute EW variations of the Ṁ /M⊙ = 30× UV (dash-dotted blue) model does
not fit the observed EW curve, the amplitude of the predicted variations from this
model does provide a good fit, as illustrated for the same model but vertically shifted
to better match the variations implied by the observations (black dotted line).
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Figure 7.19: Rotationally phased variations in observed (right panel) and modelled
Hα profiles. The model in the left panel shows the predicted variations assuming the
UV mass-loss rate from §7.4, while the central panel uses an adopted mass-loss rate
of 21 times this value. Note the lack of predicted variations of the model adopting
the UV mass-loss rate and the predicted emission symmetry.
using cmfgen and based on the original stellar parameters listed in Table 7.3 and
updated values taking into account the extended IR SED. A comparison between the
cmfgen (Hillier & Miller, 1998) model with the newly inferred parameters and the
IUE data is also presented in the lower panel of this figure, illustrating the agreement
between the observations and the model. We note that we have still adopted the lower
UV mass-loss rate from §7.4 in this cmfgen model. The new model has revised the
distance and reddening parameters listed in §7.4 (d ∼ 1.3 kpc, E(B − V ) = 0.07),
which were only derived from the IUE data and do not provide a good fit to the
photometric measurements blue-ward of 50 000 Å (5 µm). Our revised parameters are
d ∼ 1.0 kpc and E(B − V ) = 0.12. The SED also shows a large disagreement between the IRAS and WISE datapoints, but this reflects the variation in the aperture
sizes of the different instruments; the IRAS aperture is about five times larger and
therefore includes more contribution of circumstellar emission (as further discussed
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below), while the WISE measurements represent more of the true “stellar” flux, and
appears consistent with the other infrared measurements. Nevertheless, even using
WISE data, the observed SED does show a large disagreement with the theoretical
SED for measurements red-ward of 1×105 Å (10 µm). The observed infrared emission
appears to be increasing with increasing wavelength and not decreasing as predicted
by contributions from pure stellar flux, and therefore represents an additional source
of emission.
In order to better understand the characteristics of the infrared excess we utilized
the procedure of Ignace & Churchwell (2004) to model the free-free emission that
would be emitted from a spherical cloud; Infrared excess is common amongst Be/Oe
stars and is caused by free-free emission from the circumstellar disk. Using this
procedure we find that we can qualitatively match the characteristics of the infrared
excess by varying the properties of the cloud. A brief investigation of this model
shows that the location of the infrared bump is mainly controlled by the temperature
of the cloud (we find T ∼ 20000 K to be sufficient), but the size of the bump is
controlled by the relative sizes of the cloud and star. For simplicity we assume that
the cloud is of constant density, which then requires a cloud of approximately 100 R⋆
to reproduce the observations. If we instead adopt a cloud with many large clumps
of different densities and at different radii (as is done by Ignace & Churchwell, 2004)
we can achieve similar results without the need for a 100 R⋆ cloud. However, if we
assume that the cloud is not highly clumped and results from stellar mass lost by
HD 57682, this would imply an unreasonable mass for the cloud. This suggests that
HD 57682 is in fact not a classical Oe star.
In light of this conclusion we further investigated the IRAS photometry. In the
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end we suspect that the additional emission is a result of HD 57682’s illumination of
the IC 2177 nebula (Halbedel, 1993). A look at the HIRES/IRAS maps, as shown
in Fig 7.21, shows significant infrared emission centred on HD 57682 at 25 µm and
60 µm, with the size of the emission cloud larger at 60 µm. Emission is also evident
at 12 µm, but does not reach the same spatial extent as found at 25 or 60 µm. At
100 µm the cloud overwhelms the field of view (30 × 30 arcmin), but appears to be a
blend of several clouds. It is also evident from these images that the majority of the
point sources in the field of view are illuminating the nebula at these wavelengths,
further corroborating our suggestion that the infrared emission does not result from
a circumstellar disk or even the extended magnetosphere of HD 57682.

7.9

Discussion & Conclusions

In this study we reported on our ongoing work towards understanding the magnetic
properties and variability of the magnetic O9 subgiant star HD 57682. Our current analysis is based on an extensive dataset spanning almost 15 years, including
archival spectra from ESO’s CES, UVES and FEROS spectrographs, and from the
echelle spectrograph at LCO. In addition numerous low-resolution spectra were acquired and accessed from the BeSS database. Furthermore, we also present 13 newlyobtained, high-resolution spectropolarimetric observations acquired with ESPaDOnS
at the CFHT within the context of the MiMeS project.
A period analysis performed on the spectroscopic Hα EW variations and the polarimetric Bℓ measurements resulted in a single, consistent period between the polarimetric and Hα variations of 63.5708 ± 0.0057 d, which we infer to be the rotational
period of this star. We found that the C iv λ5801 photospheric line was the least
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Figure 7.20: Upper: Observed IUE observations and infrared flux measurements
from the indicated sources. Also included are stellar models corresponding to the
parameters derived in §7.4 (d = 1.3 kpc and E(B − V ) = 0.07; dotted blue) and
the revised model presented here (d = 1.0 kpc and E(B − V ) = 0.12; dashed red).
The larger flux of the IRAS datapoints compared to the WISE measurements reflects
the significantly larger aperture and therefore increased contribution from the surrounding emission. Lower: Comparison between the observed IUE spectrum (solid
black) and the cmfgen model with the parameters inferred in this work (dashed red)
in the wavelength range of 1380-1730 Å. The cmfgen model still adopts the lower
mass-loss rate from §7.4 and not the higher value needed to fit Hα (Fig 7.17; see §7.8
for further discussion). Both the model and observed spectrum were smoothed for
display purposes.
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Figure 7.21: Infrared emission as detected by IRAS/HIRES at different wavelengths
(top left - 12 µm, top right - 25 µm, bottom left - 60 µm, bottom right - 100 µm).
Each image represents a 30 × 30 arcminute scale. Point sources are indicated by the
red circles and the field of view is centred on HD 57682. Note that the elliptical shape
of the point sources is a result of the scanning direction of the IRAS detector.
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susceptible to additional macroturbulence in the line profile and therefore were able
to estimate a new v sin i = 4.6 ± 0.6 km s−1 , which is now consistent with the ∼63 d
period. This period also implies that the inclination of the rotation axis i > 30◦ with
◦
a best-fit value i ∼ 56+34
−26 .

From fits to the rotationally phased Bℓ measurements we were able to constrain
the magnetic dipole parameters of HD 57682, assuming that the magnetic field is well
characterized by the ORM. Taking i = 60◦ , the data imply that Bd = 880 ± 50 G and
β = 79 ± 4◦ . However, direct modelling of the individual mean LSD profiles suggests
a somewhat weaker dipole field strength of ∼700-900 G and a smaller obliquity angle
of ∼60-68◦ . However, the results are strongly dependent on the adopted depth and
width of the modelled LSD Stokes I and V profiles, as discussed in §7.6. Therefore,
it is likely that improved modelling of the observed line profiles that correctly takes
into account the profile variations could reduce the disagreement and we therefore
suggest that the real magnetic dipole parameters are closer to the parameters implied
by the Bℓ variation.
The profile variations of nearly all observable lines in the high-resolution ESPaDonS spectra were also investigated (Figs. 7.10 and 7.11). Our analysis suggests
that we can essentially separate all lines into one of two categories as determined by
the rotationally-phased EW variations of the spectral line. There are those lines that
show clear evidence of double-peaked variations similar to Hα, while the rest show
single-peaked, sinusoidal variations. The LPV of these lines, as described in §7.7, show
rotationally phased velocity variations of the pseudo-absorption or pseudo-emission
components, and the pattern of this variability is generally consistent amongst all the
lines.
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In §7.8, we clearly showed that the double-peaked variations of the Hα EW is well
explained by the variable projection of a flattened distribution of magnetospheric
plasma trapped in closed loops near the magnetic equatorial plane. This flattened
distribution is also predicted by MHD simulations using the stellar and magnetic
properties as determined here, although we find that a mass-loss rate that is 20-30
times greater than the value inferred from the UV lines is necessary to produce the
level of emission that is observed. However, at present we are not able to model
UV resonance lines using our MHD wind simulation and therefore must resort to
modelling these lines using a spherically symmetric wind model. The predicted UV
spectrum, as modelled using cmfgen, indicates the presence of several intense spectral emission lines that are observed mainly in absorption in the IUE spectrum (e.g.
Si iv λ1400 and N iv λ1718) or that the observed lines are too weak (e.g. N v λ1240
and C iv λ1550). However, the IUE spectrum is well reproduced when adopting the
lower mass-loss rate, as illustrated in the lower panel of Fig 7.20. Note that cmfgen
assumes a spherically symmetric wind, whereas the MHD wind simulations predict
a highly non-spherical wind with important consequences for spectral line diagnostics (ud-Doula & Owocki, 2002; Sundqvist et al., 2012). Furthermore, the UV lines
are very sensitive to the ionization structure of the wind, which may also be largely
affected by a non-spherically symmetric wind. This is not the case for Hα as it is a
recombination-based optical emission line, which is insensitive to the exact modelling
of the ionization structure (e.g. Sundqvist et al., 2012). Therefore it is not surprising that there is a disagreement between the mass-loss rates inferred by our optical
and UV analyses. Future MHD UV line modelling will be necessary to resolve this
discrepancy.
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The MHD model provides not only an independent analysis of the stellar mass-loss
rate, but also of the magnetic geometry, which is constrained by the characteristics of
the Hα EW variations. Using the higher mass-loss rate shows that the Hα emission
variation can be reasonably modelled, however there are several inconsistencies between the models and observed data that reflect our uncertainty in the mass-loss rate
and potentially the magnetic geometry. Our results show that the inclination of the
disk relative to the rotation axis must be greater than the inferred magnetic obliquity
(as measured from our polarimetric data), since a higher disk inclination provides
a much better fit to the observed EW variations. This may also be attributed to
warping of the disk, or may even reflect the fact that the disk does not necessarily lie
in the magnetic equatorial plane as predicted by MHD simulations.
As with the LPV for the sinusoidally varying lines, there also appears to be rotationally phased velocity variations in the position of the central emission component
in the Hα line profile that is not predicted by the MHD simulations. We discuss a
few potential explanations. If the disk structure is not vertically symmetric along the
rotation axis (i.e. not symmetric about the equatorial rotation plane) the resulting
line profiles would be asymmetric and would result in velocity shifting of the disk
emission. Likewise, enhanced emission from a non-uniform velocity flow where the
velocity flow occurs at high magnetic latitudes could also explain our observations.
For example, during phases where the disk is viewed nearly face on, the emission
could appear systematically offset from the systemic velocity if there is an additional
outflow or inflow, for instance, due to the stellar wind or circumstellar plasma falling
back onto the star. This would result in no velocity offset during phases where the

CHAPTER 7. HD 57682

212

disk is viewed nearly edge on as the additional outflow or inflow would appear perpendicular to our line-of-sight. However, it is difficult to understand a scenario where
there would be a preference for outflow or inflow of plasma at one magnetic hemisphere compared to the other. This is required to explain the velocity shifting of the
emission that occurs as our line-of-sight rotates from one magnetic hemisphere to the
other. Another possible solution is to introduce an offset of the dipole relative to the
centre of the star. Our preliminary tests suggest that a small offset of ∼0.2 R⋆ along
the rotation axis could explain the velocity shifting of the emission that is observed
in Hα, although MHD models implementing this offset are necessary to confirm this
phenomenon, which will be the subject of future studies.
In addition to the LPV, we also measure RV variability in nearly all spectral lines
and find that all lines with sinusoidally varying EW measurements show approximately sinusoidally varying RV measurements. Turner et al. (2008) investigated the
binarity of this star and found no evidence of a companion in either their I-band
adaptive optics or RV measurements. If we assume that the RV variations are due to
a binary companion, a least-squares analysis of the RV measurements obtained from
the mean LSD I profile would suggest a mass function f (M/M⊙ ) = 2.2±0.9×10−6 for
the companion star. For reasonable orbital inclinations, this would require the companion to be a very low-mass (and presumably a low-luminosity) star, and therefore
should only affect the radial velocity measurements and not the morphology of the
observed line profiles, which has clearly been shown to be variable. Taking this into
account, it is therefore unlikely that the RV variations are due to a binary companion.
We propose that the RV variations are likely a result of the variable asymmetry of
the line profiles and simply reflects the varying location of the centre-of-gravity in the
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profiles. This is clearly evident in the lines that show a double-wave EW curve since
the RV measurements also show a more complex double-wave pattern. Furthermore,
there also appears to be more of a direct relationship between between the RV and
EW measurements in these lines, while the majority of the sinusoidally varying lines
show a ∼0.25 phase offset between the RV and EW variations.
The root cause of the LPV in the sinusoidally varying lines is still an outstanding
issue. It is highly unlikely that these variations are caused by surface features (e.g.
non-uniform distribution of chemical elements or “spots” as observed in magnetic
intermediate-mass Ap/Bp stars) as the observed variability between multiple ions of
a given species does not behave as predicted by LTE or NLTE spectrum synthesis.
For example, our observations demonstrate that the weak N iv λ4058 line exhibits
the same relative EW variation as the strong N iii λ4523 line, but spectral modelling
of these lines show that the weaker line should show 30 percent stronger variation if
due to abundance changes. Furthermore, the strong Si iv λ4115 line and the weak
Si iv λ4403 line show nearly the same level of EW modulation, but the weak Si iv
line should show a 60 percent larger amplitude in the EW variation if resulting from
abundance changes. The weak Si iv λ4667 line is also predicted to show the same
relative EW variation as the λ4403 line, but our observations show a significantly
greater level of variability (about 50 percent larger) in the λ4667 line. Moreover,
abundance spots require that all spectral lines of a given species vary in phase. This
is clearly not the case for the C iv lines (5801 Å, 5811 Å) that vary in antiphase with
the C iii lines (as shown in Fig 7.10), or the N iv λ4058 and N iii λ4523 lines, which
appear shifted relative to one another by a quarter of a cycle. The interpretation of the
variability in terms of surface spots would also imply that all elements (except perhaps
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C) are concentrated at the same general region on the stellar surface, which would be
a remarkable new phenomenon. Another possibility is that the variations may result
from pulsations; however, pulsations should occur on much shorter time-scales (e.g.
Aerts et al., 2010). The rotationally-phased, double-peaked EW variations are well
explained by the variable projection of a flattened distribution of magnetospheric
plasma, and at first glance it is difficult to apply this same disk model to explain
the variations in the other lines. Occultation or variable emission from a symmetric
disk would presumably result in double-peaked variations in all lines and not the
single-peaked emission that we observe. However, the LPV of the higher Balmer lines
(Fig 7.14) likely provides the link between the double-peaked variability and singlepeaked variability; a decrease in the strength of the emission feature at phase 0.25
and 0.75 compared to the emission feature at phase 0 is clearly observed in higher
Balmer lines. Furthermore, this is also illustrated in the EW variations of the Balmer
lines (Figs. 7.10 and 7.11), which show a clear transition from the double-peaked
EW curve at Hα to a single-peaked curve at Hγ. Therefore, we tentatively conclude
that all line profile variability observed in HD 57682 is a result of variations of the
flattened distribution of magnetospheric plasma. The details of the variable emission
for different lines likely reflects the fact that each line probes a different region of
what is likely an asymmetric spatial or velocity distribution of the magnetospheric
plasma and that the disk is not completely optically thick for all lines-of-sight, for
all wavelengths. We suspect that full 3D MHD models (Ud-Doula et al., submitted)
and an extension of the line profile synthesis techniques of Sundqvist et al. (2012) to
lines other than Hα are necessary to properly model these properties.
In summary, the narrow-lined photospheric spectrum and weak wind of HD 57682
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have allowed us to study its magnetic and magnetospheric properties at a level of
detail not currently achievable for any other magnetic O-type star. The results of
our analysis indicate a highly complex behaviour that can be used as a testbed for
future more sophisticated 3D MHD simulations to better understand the physics of
dynamical magnetospheres of hot stars.

Chapter 8
ω Ori: Investigating the Magnetic
and Emission Properties of a
Classical Be Star
This chapter represents a modified version of the material accepted for publication by
Neiner, Grunhut, Petit, ud-Doula, Wade, Landstreet, de Batz, Cochard, GutiérrezSoto, Huat, and the MiMeS Collaboration, Monthly Notices of the Royal Astronomical Society, in press.

8.1

Introduction

Be stars are defined as non-supergiant B stars whose spectrum have, or have had at
some time, one or more Balmer lines in emission (Collins, 1987). More recently the
term ‘classical Be star’ has been introduced to exclude the distinct Herbig AeBe and
Algol systems from the definition (e.g. Porter & Rivinius, 2003).
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Classical Be stars exhibit strongly variable winds evidenced by rapidly variable
UV resonance lines of highly ionized species, as well as spectral and photometric variations on timescales from hours to decades. Intermittently, these stars develop easily
detectable, quasi-stationary circumstellar Keplerian disks, due to episodic ejections
of mass called ‘outbursts’. Such disks are photoionized by radiation from the central
star, and naturally produce strong recombination lines in emission, particularly lines
of hydrogen and helium in the optical and IR domains. The phases of emission are
known as the ‘Be phenomenon’. The main changes in the emission line profiles reveal
changes in the structure of the circumstellar envelope due to subsequent outbursts
(e.g. Porter & Rivinius, 2003).
The ejections and consequently the existence of the flattened envelope are thought
to be related to the typically high rotational velocities of Be stars. However, rotation
by itself cannot explain the formation of the disk. Indeed, Be stars rotate on average
at roughly 88% of the critical angular velocity in our galaxy (Frémat et al., 2005), and
significantly subcritical rotation speeds were found for early-type Be stars (Cranmer,
2005). Huat et al. (2009) recently confirmed that outbursts are directly correlated to
amplitude changes of the pulsation modes in Be stars and are therefore the probable
provider of the additional angular momentum required to eject material from the
surface of the star. However, Neiner et al. (2012a) showed that the additional angular
momentum probably arises from stochastically excited waves in the stellar convective
regions rather than from a beating of κ-driven modes as suggested by Rivinius et al.
(2001) for µ Cen. The presence of stochastic pulsation modes has indeed been recently
confirmed in a hot Be star (Neiner et al., 2012b).
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Historical searches for magnetic fields in Be stars have not led to the direct detection of magnetic fields (Barker et al., 1985; Silvester et al., 2009). In the last few
years, claims of direct detections of magnetic fields in Be stars have been published
(e.g. Yudin et al., 2011). However, these claims were later shown to likely be spurious,
and the result of poorly-controlled systematic instrumental and reduction errors (e.g.
Bagnulo et al., 2012). The general absence of fields in Be stars is supported by the
MiMeS Survey (Grunhut et al., 2012), in which high-precision polarimetric observations of 43 Be stars have yielded no Zeeman detections. Consequently, as of today,
there exists no firm direct detection of a magnetic field in any classical Be star.
ω Ori (HD 37490) is quite possibly the most compelling example of a classical Be
star in which a magnetic field is suggested by indirect measurements. ω Ori is a wellstudied rapidly rotating classical Be star with spectral type B2IIIe, Teff ∼ 20000 K,
log g ∼ 3.5. These parameters were determined from detailed spectral modelling
by both Neiner et al. (2002) and Neiner et al. (2003c, hereafter N03). In addition,
Neiner et al. (2002) determined that the rotation axis inclination is i ∼ 35◦ but with
a large uncertainty, while Neiner et al. (2003c) determined the more precise value
i = 42 ± 7◦ . Finally, Neiner et al. (2002) obtained a projected rotational velocity
v sin i = 179 ± 4 km s−1 (while N03 found 172 km s−1 but with a larger uncertainty).
ω Ori is known to undergo multi-periodic short-term spectroscopic and photometric variations attributed to non-radial pulsations with P = 0.97 d and transient
orbiting material (Neiner et al., 2002). In addition N03 found that UV resonance
lines, sensitive to the stellar wind, as well as several optical quantities, in particular
emission in hydrogen and helium lines, show variations with P ∼ 1.3 d, which was
suggested to be the stellar rotation period. In addition, N03 showed weak evidence
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Figure 8.1: Phased variations of the MuSiCoS longitudinal magnetic field measurement as reported by Neiner et al. (2003c). The solid line represents the fit to the
data, while the dashed line represents a null field. Image courtesy of Neiner et al.
c ESO.
(2003c) and reproduced with permission °
that their longitudinal magnetic field measurements varied with a similar ∼1.3 d period (as illustrated in Fig 8.1), although no excess signal was detected in their LSD
Stokes V profiles, nor were any of their Bℓ measurements inconsistent with 0 G at
> 3σ level. However, it was suggested by N03 that the Bℓ and wind variations were
the result of the presence of a dipolar magnetic field with surface polar field strength
Bd = 530±230 G and an obliquity angle between the magnetic axis and the rotational
axis of β = 50 ± 26◦ . They proposed that the H and He emission variability resulted
from co-rotating, magnetically confined clouds. Therefore, while there is no direct
evidence of the detection of a magnetic field in this star, the correlation between the
potential magnetic and spectroscopic variations motivates further study.
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In this investigation, we present an extensive spectropolarimetric monitoring of
ω Ori obtained with the new generation of spectropolarimeters ESPaDOnS and Narval
(Sect. 8.2), with the aim of confronting the proposed magnetic model reported by N03.
In Sect. 8.3 we discuss the observed long-term and short-term emission variability of
ω Ori. We analyze the new spectropolarimetric data in Sect. 8.4, and re-analyze the
data from N03 in Sect. 8.5. Finally, we discuss our results in Sect. 8.6.

8.2

Observations

High-resolution (R∼68 000) circular polarization (Stokes V ) spectra of ω Ori were
obtained with the ESPaDOnS spectropolarimeter, mounted on the 3.6-m CFHT in
Hawaii, and the Narval spectropolarimeter mounted on the 2-m TBL in France, as
part of the commissioning ESPaDOnS runs (04BE80, 04BE37, and 04BD51), PI
programs (Neiner on Narval L062N05 and L072N08, and Landstreet on ESPaDOnS
07BC08) and of the MiMeS project (Wade on ESPaDOnS 08BP13). Six different
epochs of spectropolarimetric data were obtained in 2004, 2007 January, 2007 November, 2008 January, 2008 October and 2009 January that resulted in 125 polarimetric
observations. A log of the observations is provided in Table 8.1.
The ESPaDOnS and Narval twin instruments are optical echelle spectropolarimeters covering a wide wavelength range (3700 to 10500 Å). The details of the observing
procedure are the same as already discussed for HR 5907 and HD 57682. The mean
signal-to-noise (S/N) of the data per 1.8 km s−1 pixel is ∼1250.
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Spectral and Emission Variations
Long-Term Disk Evolution and Outbursts

ω Ori is a Be star for which emission is known to vary significantly from one epoch
to another, changing from B phases (i.e. with no emission) to Be phases (HubertDelplace & Hubert, 1979). ω Ori is known to show recurrent small outbursts every
∼11 months (Bergin et al., 1989; McDavid et al., 1996) in addition to the few major
outbursts that have also been observed, e.g. in 1992, as indicated by the Hα maximum
intensity enhancement, as shown in Fig 8.2. During the observations presented here,
another major outburst occurred at the end of 2004 and, for the first time, lines
of several ions such as Fe ii were also observed in emission, as exhibited in Fig 8.3.
Another relatively strong outburst occurred in 2008 and enhanced emission can also
be seen in our 2008 observations.

8.3.2

Short-Term Spectral Variations

Known Frequencies
Short-term variations in line profiles of ω Ori have been detected (e.g. Neiner et al.,
2002) and attributed to non-radial pulsations. The main pulsation period is Ppuls =
0.97 d and corresponds to an l=2 or 3 and |m|=2 pulsation mode.
Transient periods have also been detected and attributed to orbiting material due
to the recurrent ejections of material from the star.
The rotation period of ω Ori was estimated to be Prot = 1.37 d by Neiner et al.
(2002). N03 found variations in the equivalent widths of UV resonance lines sensitive
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Figure 8.2: Evolution of the maximum Hα emission intensity. Data used in this plot
also includes the spectra presented by Neiner et al. (2002), and spectra available from
the BeSS database. The epochs of ESPaDOnS and Narval observations are indicated
with red diamonds. The time when emission is present in Fe ii lines is indicated. A
thin solid line is provided for display purposes.
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Figure 8.3: Example of lines that were observed in emission in the spectrum of ω Ori
obtained on 2004 September 25 with ESPaDOnS during a major outburst. Examples
of Fe ii, Mg ii, O i emission lines as well as hydrogen lines of the Paschen series are
labelled.

to the wind with a period of Pwind = 1.286 d and, assuming that the wind is rotationally modulated, N03 proposed this to be a more precise determination of the rotation
period. In addition, N03 found that spectropolarimetric quantities, as measured from
MuSiCoS spectra, also varied with a similar period PB = 1.29 d, and that some emission quantities varied with half the period (Pem ∼ 0.65 d). Therefore, N03 concluded
that the UV period and spectropolarimetric quantities represent the rotation period
Prot ∼ 1.3 d.
Variation of Spectral Quantities with Rotation
The new data presented here have not been acquired with a sampling rate that allows
for the precise investigation of short-term variations. It is however possible to measure
spectral quantities and fold them with previously identified periods to evaluate their
presence in the data.
Fig 8.4 shows the variation of the violet (V) over red (R) peak intensities for
the Hα, Hβ, and He i 6678 Å lines observed in 2007 January, folded with the period
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P = 1.37 d (f = 0.765 d−1 ) as proposed by N03 from their analysis of the same
quantities. The He i 6678 Å data appear to coherently phase with this frequency and
we therefore infer that this frequency is present in the 2007 January data. We also
find it in the 2007 November data. Coherent variations in Hα and Hβ are also clearly
present when phased with this period, but with a different shape. The sawtooth
shape of the variations visible for the He i 6678 Å line may indicate that the emitting
material in the He i line is closer to the star than the Hα emitting material and
undergoes occultation by the star, as suggested by N03.
The variations observed in 2007 indicate that the circumstellar emission is consistent with the results found by N03, i.e. that underlying cause for these emission
variations is present at both epochs. Both datasets (in 2007 and in N03) correspond
to epochs of low emission. However, we could not detect these variations in the
2004-2005 data, nor in the most recent 2008 data, when the emission was strong.
V/R emission variations in Be stars are attributed to overdensities in the circumstellar environment. That these overdensities vary with the proposed rotation
period, and with two maxima per period, was interpreted by N03 as evidence for
two co-rotating clouds located on opposite sides of the star. Such a circumstellar
geometry is reminiscent of a centrifugal magnetosphere, similar to σ Ori E.

8.4
8.4.1

Magnetic Field Analysis
LSD Analysis

Before analyzing the spectropolarimetric observations, multiple spectra were combined to increase the S/N of our observations. The number of spectra combined per
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Figure 8.4: Variations of the V (Violet) over R (Red) peak intensities for various
lines observed in 2007 January, folded with the rotation period of P = 1.307 d (f =
0.765 d−1 ) as determined in N03. Colour/symbol coding is used for each night of
observations.
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Table 8.1: Magnetic measurements of ω Ori. Indicated are the instrument used, the run ID, the date of the
observation, the heliocentric Julian date of mid exposure, the number of exposures and exposure time, the potential
phase coverage assuming a period of 1.307 d, the mean S/N achieved in the LSD Stokes V profile, the FAP as
measured from the observed Stokes V spectrum, the longitudinal field measurement obtained from Stokes V (Bℓ )
and the diagnostic null (Nℓ ) profiles, the uncertainty in these field measurements (σB and σN ), and the significance
of the measurements (zB = Bℓ /σB and zN = Nℓ /σN ).
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night was chosen to maximize the S/N, but also to limit the total phase spanned
by the binned observations to .0.15 cycles, to reduce the smearing of any potential Zeeman signature. In imposing this criterion, we have implicitly assumed the
P ∼ 1.3 d rotational period proposed by N03. The properties of the combined spectra are presented in Table 8.1. The exposure times listed in Table 8.1 indicate the
total exposure time of the combined observations, but since some of the sequences of
combined observations were not obtained consecutively, we also list the total phase
spanned by each sequence of observations.
In order to improve our ability to detect weak Zeeman signatures, we applied the
LSD procedure of Donati et al. (1997) to the combined spectra. The line mask was
extracted from the Vienna Atomic Line Database (VALD; Piskunov et al., 1995) for a
Teff = 20000 K and log g = 3.5 atmosphere model, covering the full spectral range from
3700 to 10500 Å. When measured Landé factors were unavailable they were computed
from L-S coupling. This list resulted in 2672 helium and metal lines. However, this
list also included lines that were blended with hydrogen lines (which are not included
in the LSD procedure) and telluric bands as well as lines that are often observed
to be in emission. The inclusion of these lines diminishes the agreement between
the observed spectra and the LSD modelled unpolarized spectra (obtained from the
convolution of the line mask and LSD I profile). We therefore proceeded to remove
all lines blended with hydrogen or telluric regions and limited the line list to include
only lines with intrinsic line depths greater than 10% of the continuum (to reduce the
contribution from weak lines that are invisible in our spectra). Lastly, we removed all
lines that showed any emission in any of our post 2004 era spectra, resulting in 328
lines remaining in our adopted mask. As a last step we also interactively adjusted the
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depths of each line in our mask to improve the quality of the fit between the observed
spectra and the LSD modelled spectrum. This method has been tested on several
magnetic stars: the results from these analyzes suggest that the agreement between
the LSD V model and the observed spectrum improves when the agreement with the
LSD I model improves (see §5.4.1). However, this makes the basic assumption that
depths of the observed unpolarized spectral lines are inconsistent with the line mask
due to incorrect data in the line mask (e.g. non-solar abundances, NLTE effects, or
incorrect atomic data), or is a result of continuum emission that would affect the
polarized light in a similar fashion as the unpolarized light. This assumption may
not be correct in Be stars as the line emission may affect the unpolarized light but
not necessarily the circularly polarized light. In light of this possibility, we conducted
our analysis using several variations of this adopted mask, some of which did not
include the modified line depths or removed lines. All LSD profiles were computed on
a spectral grid with a velocity bin of 10.8 km s−1 . This value was chosen to maximize
the ability to detect a magnetic signature in Stokes V , but to provide enough spectral
resolution to study the detailed characteristics of the line profile.
According to the detection criteria of Donati et al. (1997), none of our LSD profiles yield a significant detection of Stokes V signal (i.e. FAP of < 10−3 ). This is
despite the fact that the new observations presented here have improved the S/N by
approximately a factor of ∼10. We therefore conclude that the new polarimetric data
provide no direct evidence for the presence of a magnetic field in ω Ori.
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Analysis of the Longitudinal Magnetic Field

Following the procedure of N03, we proceeded to measure the longitudinal magnetic
field (Bℓ ) and equivalent measurements Nℓ extracted from the diagnostic null. These
measurements were computed for each LSD profile in the manner described in Chap. 5,
using an integration range from -197 to 197 km s−1 about the centre of gravity of the
LSD I profile, consistent with the method used by N03. The Bℓ measurements range
from -100 to 90 G, with a typical uncertainty of σ ≃ 30 G. Note that the measurements
of N03 have a median error bar of ∼300 G. All of the new measurements are consistent
with a null longitudinal magnetic field (i.e. |Bℓ | < 3σ). LSD profiles extracted using
variations of our adopted line mask yield longitudinal field measurements consistent
within their error bars with those obtained using the adopted mask. The longitudinal
field and null measurements from each of the combined polarimetric observations, the
mean S/N of the LSD Stokes V profiles, and the FAPs measured from the LSD profiles
extracted using the adopted mask are listed in Table 8.1.
Period Search
A period search was performed on the Bℓ measurements using the clean-ng algorithm (based on Högbom 1974 and Roberts et al. 1987, see also Gutiérrez-Soto et al.
2009). The cleaned periodogram contains about a dozen periods (as illustrated in
Fig 8.5), the strongest of which is located at about 0.66 d. The only period near
1.3 d is located at 1.2755 d; however, this is only the 8th most significant period in
the periodogram, with a power corresponding to just 3.5% that of the most significant period. Our strongest period, 0.66 d, however, is about one-half 1.3 d. This half
period was also found by N03 as the dominating period in the emission quantities.
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Figure 8.5: Periodogram of the ESPaDOnS Bℓ measurements. The clean-ng periodogram is shown in black, and the dashed red line indicates the P = 1.2755 d period
identified here. Note that while the periodogram shows signal about this period, it is
only the 8th strongest peak in the periodogram.
However, phasing the Bℓ measurements according to any of these periods yields no
coherent variation (see e.g. Fig 8.6), and fitting the resultant variations with sinusoids
yields reduced χ2 s that are comparable to a straight-line fit to the data, and similar
to the reduced χ2 s achieved using many other periods in the range 0.1-5 d.
Since we are unable to confirm the period reported by N03 in our current dataset,
we adopted their period P = 1.307 d, as inferred from their analysis of the emission
quantities, as the rotation period for the following analysis in which we attempt to test
their proposed model. In the bottom panel of Fig 8.6 we show the Bℓ measurements
phased with this period. The phased measurements appear qualitatively similar to
those phased with the 1.2755 d period, as illustrated in Fig 8.6 (left panel), with no
clear pattern to the variability and a comparable reduced χ2 .
However, the error bar associated with the (adopted) period of N03 (±0.1 d)
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Figure 8.6: Bℓ measurements from different epochs of observation phased with our
period of 1.2755 d (left panel) and the period P = 1.307 d of N03 (right panel).
Included are the measurements with ESPaDOnS from 2004 (red triangles), Narval
from January 2007 (blue circles), Narval from November 2007 (green diamonds),
and ESPaDOnS from 2007-2009 (black squares). Also shown is a best-fit sinusoidal
curve to the entire dataset (dashed curve) and a line representing a null-field model
(solid curve). The error bars represent the 1σ uncertainties. Note the similar lack of
coherent phasing with either period.
introduces significant phase offsets between datasets separated by long periods of
time, making it impossible to correctly phase all of our data obtained at different
epochs. Therefore, in order to investigate the Bℓ measurements in the context of the
proposed model of N03, we continued by only attempting to phase Bℓ measurements
of individual datasets with sufficient measurements to carry out sinusoidal fits to the
data and therefore determine potential phase offsets. The sinusoidal fits to the data
(included in Fig 8.7) illustrate the potential phase offset between the two datasets
(φ0 = −0.10 ± 0.18 for the 2007 January dataset and φ0 = 0.70 ± 0.36 for the 2007
November dataset) when using the HJD0 of N03 and φ0 as the phase of maximum
positive Bℓ . However, it should be emphasized that the uncertainties on the derived
phase offsets are large illustrating the weak (or non-existent) sinusoidal variation.
After correcting the two individual datasets to a common φ0 = 0, we computed
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Figure 8.7: Bℓ measurements from the 2007 January (top) and 2007 November (middle) Narval datasets, phased with P = 1.307 d. Also included are sinusoidal fits to
the individual datasets (dashed curve) and a line representing a null-field model (solid
curve). The bottom panel shows the same two datasets but phase-corrected such that
phase 0.0 occurs at maximum positive Bℓ .
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a new best-fit sinusoid to the combined datasets (as illustrated in the bottom panel
of Fig 8.7). The results of our best fit and of a null-field model indicate a reduced
χ2 = 0.58 and 0.54, respectively, indicating that the two models are equivalent.
In addition, analogous analysis using the diagnostic null Nℓ measurements provides
similar results. We note that the value of the reduced χ2 are somewhat low, suggesting
that σℓ uncertainties may be overestimated. This will be discussed below (Sect. 8.4.3).
Dipole Field Upper Limit
To investigate the upper limits on the possible magnetic field of ω Ori, we assume
that the field can be described by the dipole Oblique Rotator Model (ORM), as was
also done by N03. Only the phased Narval measurements discussed in §8.4.2 were
modelled by comparing the observations to longitudinal field curves computed for a
grid of Bd and β values. We adopted i = 42 ± 7◦ , and a limb darkening coefficient
of 0.4, as employed by N03 in their analysis. The phase of closest approach φ0 of the
positive magnetic pole was left as a free parameter, and determined by a least-squares
fit of a sinusoid to the data. The values of the reduced χ2 as a function of Bd and β
that characterize this comparison are illustrated in Fig 8.8.
Our results indicate that the inferred surface dipole field strength Bd is consistent
with a null field model (Bd = 40 ± 110 G, for 1σ limits) and β is unconstrained
◦
◦
(β = 76+104
−76 ) for i = 42 ± 7 . The 3σ contour places an upper limit of 180 G on

the dipole strength Bd . This result is formally inconsistent with the field reported
by N03 (Bd = 530+760
−300 G). Analogous modelling of the Nℓ measurements results in a
+15 ◦
best-fit Nd = −40+150
−90 G and βN = 165−165 . Therefore, the Bℓ and Nℓ measurements

yield consistent results for Bd and Nd with compatible uncertainties.
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Figure 8.8: χ2 landscape as a function of dipole field strength Bd and obliquity angle
β for an inclination of i = 42◦ as measured from the Bℓ measurements using our
adopted mask (left) and the mask of N03 (right).
To better understand the relationship between these results and those of N03, we
calculated a second set of LSD profiles and Bℓ measurements using the line mask
of N03, and re-performed the analysis described above. This mask differs from our
adopted mask in that it contains fewer (80) lines, distributed over a more limited
(4510-6580 Å) wavelength range (corresponding to the bandpass of the MuSiCoS
instrument). The χ2 landscape using the N03 mask favours a model with a best-fit
+75 ◦
Bd = 120+170
−160 G and β = 105−105 (see bottom panel of Fig 8.8). Although the best fit

value of Bd is higher than with our adopted mask, it is still consistent with a null field
model. Therefore, it can be concluded that the Bℓ measurements are fully consistent
with no magnetic field.
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Figure 8.9: Comparison of a select number of the observed Narval Stokes V profiles
(black circles) compared with synthetic Stokes V profile (dashed red) corresponding
to the parameters given in N03. Included for each profile is the FAP, calculated for
both the observed and synthetic profiles for the red curves. A FAP between 10−5
and 10−3 indicates a marginal detection and <10−5 indicates a definite detection.
Note that the synthetic profiles following N03 (dashed red curves) would result in the
detection of a magnetic signature at several phases, while no signal is ever detected
in our observations.
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Analysis of the Stokes V Profiles

Detectability of the Magnetic Signal
To further constrain the magnetic field characteristics, we proceeded to analyze the
LSD Stokes V profiles extracted from the Narval spectra.
We first compared the observed LSD Stokes V profiles to synthetic profiles computed assuming the rotational period and the magnetic configuration reported by
N03 (Bd = 530 G, β = 50◦ ), as shown in Fig 8.9. The model profiles are computed
by performing a disk integration of local Stokes V profiles, assuming the weak field
approximation (e.g. Landstreet & Borra, 1978), as discussed in §5.10. The characteristics of the LSD I profiles were chosen to provide the best fit to the individual
observed LSD I profiles, but do not take into account asymmetries in the observed
line profiles. In particular we adopted v sin i = 179 km s−1 , and varied the line depth
to best match the mean Stokes I LSD profile. The wavelength and Landé factor of
the line corresponded to the scaling factors of the lines in the line mask. We adopted
the φ0 determined from the sinusoidal fits to the Bℓ measurements of the individual
Narval runs to provide the most consistency with the N03 model.
As illustrated in Fig 8.9, we find significant disagreements between the N03 model
(red curves) and the Narval observations (black dots). We can quantify this by
comparing the FAP as computed from the observations with the FAP computed from
the N03 model profiles, to which we have added random Gaussian noise corresponding
to the mean S/N of the real LSD profiles. These FAP values are indicated in Fig 8.9.
According to these results, our observations should have resulted in the detection of a
significant signal in Stokes V for 60% of our observations if a field with the parameters
inferred by N03 were present.
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Figure 8.10: Cumulative distribution of FAPs. Distributions are derived from the
FAP as measured from the diagnostic null profiles (thick dashed red), the Stokes V
profiles (solid black), synthetic null N profiles (thin dashed green), a Bd = 530 G
model (dotted blue, corresponding to the model of N03), and a Bd = 90 G model
(dot-dashed magenta, using the geometry of N03). Also included are vertical lines
corresponding to the threshold for a definite detection and a marginal detection.
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To further quantify this point, we compared the cumulative distribution of FAPs
as derived from our observations and synthetic models, as presented in Fig 8.10.
The modelled cumulative distributions were derived from FAPs obtained from 100
different variations of the random noise for each model. In Fig 8.10 we compare the
observed Stokes V distribution (solid black) to distributions computed using different
magnetic field strengths and the geometry proposed by N03. The distribution that
is obtained from the N03 model indicates that 65% of the LSD profiles should have
resulted in a detection of a Stokes V signature, which is not consistent with the
observations. Also included in Fig 8.10 (dash-dotted magenta) is the distribution
obtained from a Bd = 90 G model, with the same magnetic geometry as suggested
by N03. This distribution highlights the fact that the S/N of the Narval data is
insufficient to detect a field with a 90 G surface field strength (assuming the magnetic
geometry of N03). Furthermore, while small differences exist between the distribution
of the V and N profiles, they are mostly consistent with the predicted distribution of
the non-magnetic model (and for that matter, the 90 G model). Therefore, analysis
of the Stokes V signatures also indicates that the new data is inconsistent with the
magnetic model proposed by N03.
Bayesian Analysis
As a final approach we analyzed all the new LSD profiles using the Bayesian statistical
method of Petit & Wade (2012), as discussed in §5.10.1. One limitation to all of the
analyzes performed in §8.4.2 and §8.4.3 is that they implicitly assumed a phasing of
the measurements with the 1.307 d period of N03. The Petit & Wade (2012) approach
has the implicit advantage that it makes no assumptions about the phasing of the
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data, allowing us to use all of our new spectropolarimetric measurements. In addition,
this approach inherently addresses issues arising from the imprecise period and the
uncertain inclination in the modelled profiles. The method compares each individual
observation to a large grid of synthetic ORM Stokes V profiles corresponding to a
particular (Bd , β, i) configuration, as well as all possible rotational phases φ of the
observation. The parameters of the modelled Stokes I profile were chosen to provide
the best overall fit to the average LSD I profile of our full dataset, in particular we
used v sin i = 185 km s−1 (which is close to the v sin i = 179 km s−1 used above and
taken from Neiner et al. (2002)). We assume that only φ can change between different
observations and we search for the goodness-of-fit of a given (Bd , i, β) magnetic
configuration using the overall best posterior probability density as computed from
all observed Stokes V profiles using Bayesian inference techniques.
As described by Petit & Wade (2012), the ‘odds ratio’ compares the relative overall likelihood of two models: in this case, the null field model, and a magnetic model
in which the field is described by an oblique dipole configuration. The computed
odds ratios for all the individual observations are in favour of the null field model,
with a few exceptions where both the null field model and magnetic dipole models
are equally likely. This is not sufficient to justify the use of the ORM model. Furthermore, although some individual observations can be fit slightly better with a dipole
model, these deviations cannot be attributed to a single dipole geometry when all
the observations are considered together. Finally, considering all of the observations
together, the odds ratio is a factor of 2 in favour of the non-magnetic model. Therefore, the odds ratio analysis does not provide evidence for the presence of a dipole
magnetic signal in these observations.
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The posterior probability density derived from our analysis (shown in Fig 8.11)
can provide an estimate of the dipole field strength admissible by our dataset. As
explained by Petit & Wade (2012) and illustrated in Fig 8.8, no meaningful constraints
can be put on the geometry angles i and β in the case of a non-detection. We can
however place strong constraints on the allowed dipole field strength Bd . Within the
68.3, 95.4 and 99.7% credible regions, we compute allowed upper limits of 32 G, 80 G
and 283 G respectively for Bd from the Stokes V profiles. According to Petit & Wade
(2012), a field near the 95.4% limit (80 G) should in general have been detected with
our current dataset; however, a weaker field could remain undetected.
The probability density distribution shown in Fig 8.11 peaks at 0 G. However,
the distribution is not monotonic: a second peak is observed at about 20 G. This
peak is probably not related to the presence of a magnetic field, since the analogous
probability distribution derived from the N profiles (also shown in Fig 8.11) shows
a similar structure at about 35 G. A close examination of individual and combined
likelihoods and the marginalized posterior probability distribution shows that this
feature is not produced by the fit to a single or small number of the LSD profiles,
i.e. it is representative of the entire data set. For the moment, we are not able to
identify its source, although we propose that it may be related to very weak spurious
signatures in the V and N profiles caused by the star’s line profile variability related to
non-radial pulsations. In the end, we conclude that our observations allow us to place
a firm upper limit of 80 G (consistent with the analysis of the Narval Stokes V profiles)
on the polar field strength of any dipole magnetic field present in the photosphere of
ω Ori. Larger polar field values are only admissible for aligned geometries with large
i angle, which are unlikely.
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Figure 8.11: Marginalized probability density functions (PDFs) for the dipole field
strength derived from our Bayesian analysis of the LSD profiles of all the highresolution spectra. The PDFs have been normalized by their peak values in order
to facilitate graphical representation. The parameter evaluation for the dipole model
treats any difference with the model as additional Gaussian noise that is marginalized, leading to the most conservative estimate of the parameters. Three detection
confidence regions (at 68.3, 95.4 and 99.7%) are indicated in greyscale.
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Re-Analysis of the MuSiCoS Dataset

Given that our new results do not recover the magnetic field proposed by N03, we
decided to re-analyze the N03 MuSiCoS spectra. This was accomplished through
the re-analysis of the original MuSiCoS LSD profiles calculated by N03, as well as
computation of new LSD profiles that were calculated after re-reduction of the original
MuSiCoS raw data with the newest version of esprit. In agreement with N03, we find
that none of the MuSiCoS LSD Stokes V profiles results in a detection of significant
signal. We then measured the longitudinal fields Bℓ and Nℓ from both sets of MuSiCoS
LSD profiles in the manner described above. We find Bℓ and Nℓ values that are fully
consistent with those of N03 but with slight differences, mainly due to the slightly
different weighting of the lines in the LSD profiles and normalization. None of the
MuSiCoS Bℓ measurements is significant at more than 3σ, and only one measurement
is significant at greater than 2σ.
We first attempted to confirm the periodicity of the Bℓ measurements discussed
by N03. Using the clean-ng algorithm we were unable to detect any significant
period near 1.3 d in the Bℓ measurements. However, a Lomb-Scargle periodogram of
the Bℓ measurements (as shown in Fig 8.12) does show signal about 1.307 d, and this
period does not appear to be associated with the window function (as determined from
clean-ng) and is not present in the Nℓ measurements. However, this period is only
the 7th most significant period identified in the periodogram and does not constitute
a significant improvement in the quality-of-fit (according to Gaussian statistics) that
would characterize the formal detection of variability. A sine fit with this period is
shown in Fig 8.13 for the Bℓ and Nℓ measurements.
Finally, we derived the constraints on the ORM parameters using the MuSiCoS
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Figure 8.12: Periodogram of the MuSiCoS Bℓ measurements. The Lomb-Scargle
periodogram is shown in black, and the solid red line indicates the P = 1.307 d
period identified by N03. Note that while the periodogram shows signal about the
N03 period, it is only the 7th strongest peak in the periodogram.
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Figure 8.13: Phased Bℓ measurements of the MuSiCoS observations, with sinusoidal
fits to each dataset (dashed line) and a zero-field model (solid line). The left panel
represents the Bℓ variations obtained with the mask of N03 (and is thus similar to
Fig. 11 of N03), while the right panel represents the Nℓ measurements using this
same mask.
Bℓ measurements and the same procedure as previously discussed, phasing the measurements using the period of N03. Our re-analysis of the original MuSiCoS LSD
+41 ◦
profiles used by N03 results in a best-fit model Bd = 850+1050
−750 G with β = 54−54 (see

Fig 8.14). The results from the re-calculated MuSiCoS LSD profiles are consistent
+47 ◦
with these results, with a best-fit Bd = 800+1050
−700 G and β = 51−51 . These results are
+78 ◦
formally consistent with those obtained by N03 (Bd = 530+760
−300 G and β = 50−17 ) but

also with a null field hypothesis to within ∼ 1.2σ. The diagnostic null Nℓ results for
the MuSiCoS data are fully consistent with a null field, as illustrated in the right panel
of Fig 8.14. Thus, while we formally recover the results of N03, our analysis leads to
a different conclusion: that the MuSiCoS data shows no evidence of a magnetic field.
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Figure 8.14: χ2 landscape as a function of dipole field strength Bd and obliquity angle
β for an inclination of i = 42◦ as measured from the Bℓ measurements of the MuSiCoS
spectra (left) and the Nℓ measurements using the mask presented by N03 (right).

8.6
8.6.1

Discussion
Magnetic Confinement

Models of Centrifugal Magnetospheres (CM; Townsend & Owocki, 2005) or Dynamical Magnetospheres (DM; ud-Doula et al. 2008; Sundqvist et al. 2012) have been
developed in the last decade to explain the rotational modulation of several observed
quantities (such as Hα emission or X-ray emission) in magnetic massive stars (Petit
et al., 2011b). The details of the confinement depend on the interplay between radiative, magnetic, and Coriolis forces. As discussed in §4.4, the magnetic confinement
2
parameter, η∗ = Beq
R⋆2 /Ṁ v∞ (ud-Doula & Owocki, 2002), indicates whether wind

plasma can or cannot be magnetically confined above the stellar surface: if η∗ > 1
material is confined at the top of magnetic loops in the circumstellar environment,
whereas if η∗ < 1 material is not confined. The location of the Alfvén radius RA
with respect to the Kepler co-rotation radius RK provides the distinction of whether
the circumstellar plasma can be centrifugally supported: if RA > RK , the plasma
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Figure 8.15: Sketch of ω Ori showing the Keplerian disk as well as one of the magnetically confined clouds close to the star (the other cloud is behind the star in this
configuration). We used β = 76◦ in this sketch following Sect.8.4.2, however we caution that β is loosely constrained in our analysis, in particular N03 found β = 50◦ .
As the star rotates, the magnetic axis precesses around the rotation axis and the two
clouds pass in the line of sight of the observer.
is supported and the material is trapped above RK out to RA (i.e. there is a CM),
whereas if RK > RA the transient suspension of trapped material establishes a DM
below RA .
While no magnetic field is formally detected, we can still explore the potential
phenomena that could result from a field that is present, but below our detection
threshold. Therefore, we computed η∗ , RA and RK for ω Ori using the terminal wind
velocity V∞ = 600 km s−1 , as inferred from the IUE spectra of ω Ori, a typical massloss rate for Be stars Ṁ = 10−8 M⊙ yr−1 , the stellar equatorial radius R⋆ = 9.35 R⊙ ,
the stellar mass M⋆ = 9.91 M⊙ , the projected rotational velocity v sin i = 179 km s−1 ,
and inclination i = 42◦ from Neiner et al. (2002). In this calculation we assumed that
the rotation and magnetic axes are aligned. With the upper limit of the magnetic
field determined from our Bayesian analysis Bd = 80 G, we find η∗ = 28, RA = 1.8 R⋆
and RK = 1.4 R⋆ (note that these values neglect the uncertainties of the stellar
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parameters). Therefore, magnetic confinement of the circumstellar matter is possible:
actually we only require Bd > 19 G for η∗ > 1, but in the case of a DM the emission
measure would be very low and probably not detectable, due to the low mass-loss rate
and weak confinement. A CM could exist if RA > RK i.e. for Bd > 38 G. However,
the confinement is not especially strong (for example, for σ Ori E η∗ goes up to ∼ 106 ;
for pulsating early B stars, such as β Cep or ζ Cas, η∗ ∼ 200) and the small difference
between RA and RK implies a very small CM. In addition, the rotation and magnetic
axes are probably not aligned and this would lead to more diffuse material than in
the aligned case considered here.
Fig 8.15 shows a sketch of the possible centrifugally supported magnetosphere and
circumstellar clouds, close to the star. In this scenario the Keplerian disk is further
out than the magnetosphere and, consequently, the magnetic field would have no
significant impact on the Keplerian disk itself. Indeed the field energy B 2 falls off
as 1/r6 i.e. faster than the wind energy (typically 1/r4 far from the star) and, at
the distance of the Keplerian disk (2R∗ just after a major outburst but 8R∗ during
quiescent epochs), it is weak enough that it should not dynamically affect the disk.

8.6.2

Polarimetric and Spectroscopic Results

Observations of ω Ori suggest this star to be among a select few classical Be stars
that show evidence of both a Keplerian disk and rotationally modulated circumstellar
emission (see e.g. Porter & Rivinius, 2003, for a review). ud-Doula & Owocki (2002)
have already shown that the magnetically torqued disks produced from their simulations are inconsistent with observations of the disks of classical Be stars. Furthermore,
no single magnetic detection has been found among the 43 Be stars observed as part
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of the MiMeS survey (Grunhut et al., 2012). It can therefore be concluded that the
Be phenomenon cannot be a result of large-scale magnetic confinement of the stellar
wind. However, it is possible that ω Ori could host both a CM close to the star
and an extended Keplerian disk further out, as evidenced by observations of the circumstellar emission (as well as the rotational modulation of wind sensitive lines in
the UV, see N03) and our previous discussion that a weak surface field is capable of
magnetically confining the wind plasma. In the next subsections we examine three
possible scenarios to explain the observations of ω Ori.
Scenario 1: ω Ori Does Not Host a Simple, Large-Scale Magnetic Field
The new spectropolarimetric data presented here are of higher resolution and higher
S/N than those obtained with MuSiCoS by N03. However, the data still do not allow
us to directly detect the presence of a Stokes V signature in the lines of ω Ori, even
when using the LSD technique. The results presented in this study contradict the
dipole magnetic field strength inferred by N03, and our likely upper limit of Bd ∼ 80 G
implies that the N03 model and the MuSiCoS data significantly overestimated the
field strength by a factor of (at least) 7. Modelling of the Stokes V signatures, as
expected from the N03 dipole field model, shows that excess signal in Stokes V should
have been detected with ESPaDOnS and Narval with the S/N that we have obtained.
Since these signatures are not detected, we conclude that a field with Bd = 530+700
−300 G
as proposed by N03 is not present at the surface of this star. It seems that weak fields
have been systematically mis-estimated from the noisy MuSiCoS observations, as
shown e.g. by the confirmation of the measurement of a magnetic field in V2052 Oph
with Narval data with Bd ∼ 400 G (Neiner et al., 2012a) rather than the 250 G found
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with MuSiCoS (Neiner et al., 2003b), or that of ζ Cas with Bd = 56 G from Narval
data (Briquet et al., in prep) compared to the 335 G from MuSiCoS (Neiner et al.,
2003a).
Nevertheless, a Bayesian analysis of the Stokes V profiles suggests that a dipole
magnetic field with Bd < 80 G is possible. In the case of a small number of particular
geometries, fields as strong as 283 G could even be present. These larger field strengths
would require geometries with large i angles, which are unlikely according to the
results of spectral modelling by Neiner et al. (2002). Therefore we cannot rule out
the presence of a weak magnetic field in ω Ori, that, according to our earlier discussion,
is sufficiently strong to establish a small CM.
Increasing the exposure time of spectropolarimetric measurements much above
our maximum exposure time of 4 × 900 seconds (1 hour) is not an option to try to
detect a magnetic signature in the Stokes V profiles of ω Ori, as its pulsation period
is 0.97 d (∼23 hours) and the line profile variations due to pulsations during the
exposure would smear the polarimetric signature. In addition, accumulating many
subsequent series of maximum 4 × 900 seconds is also not an option as the rotation
period is ∼ 1.3 d and this would result in rotational phase smearing. The only viable
observing strategy would be to observe ω Ori with 4 × 900 second exposures but
with an intense coverage over a couple of weeks. The various measurements could
then be folded in phase even with the poor precision of the rotation period and thus
measurements could be averaged in rotational phase bins to improve the S/N and
improve our level of detectability. This technique cannot be applied to our current
dataset because it has been obtained over several years and the uncertainty on the
rotation period makes it impossible to determine consistent phasing between various
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observing runs. Moreover, the new dataset would have to be obtained during a
well-chosen quiescent phase of stellar activity to maximize our ability to detect the
field and emission variations. However, we should keep in mind that the region of
unexplored parameter space is extremely small and therefore it is rather unlikely that
a large-scale, dipole field would be detected in ω Ori.
Finally, N03 reported that several spectral quantities showed variations with the
proposed rotation period. Such variations are also present in our 2007 data. These
variations could be qualitatively explained by the presence of two opposite clouds
at the intersection of the magnetic and rotation equators. If ω Ori does not host
a dipolar magnetic field, the variations observed in the emission peaks, when the
emission is not too strong in the spectra, as well as in the UV wind lines, cannot be
explained by magnetically confined circumstellar plasma. One possibility that could
potentially explain this emission is that a 1.3 d period is the typical Keplerian orbital
timescale for plasma in a stable, low stellar orbit (Rivinius priv. comm). These stable
orbits do not require a magnetic field and could also explain similar observations in
other Be stars (e.g. Stefl et al., 1998).
Scenario 2: ω Ori Hosts an Intermittent Magnetic Field
The rotational modulation reported by N03 and present in our 2007 data is not detected in the 2004-2005 data nor in the 2008 data, during which the emission resulting
from stellar outbursts in the spectral lines is found to be stronger. If the variations
are interpreted as magnetically confined clouds, it is probable that the matter is no
longer confined during episodes of outbursts and consequently the emission variability
is not detectable. Although, the presence of emission variability in 2007 may indicate
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that new clouds may reappear during quiescent phases. Therefore, one could consider
that the magnetic field of ω Ori is intermittent.
In this case a simple, large-scale, stable magnetic field, likely of fossil origin, would
need to be rejected. One could then speculate that the field could be of dynamo origin.
However, as of today, we do not have any valid theory to create a dynamo loop in a
radiative envelope (Zahn et al., 2007), and a dynamo in the convective core would take
too much time to become visible at the surface (Charbonneau & MacGregor, 2001).
In very rapidly-rotating B-type stars, such as Be stars, a thin convective surface
layer at the rotation equator can exist where a dynamo could possibly develop on
dynamical timescales. Cantiello et al. (2009) predicted that magnetic fields produced
in the iron convection zone could appear at the surface of OB stars (see also Cantiello
& Braithwaite, 2011). In addition, during major Be outbursts, the surface layer is
ejected by the star into its circumstellar environment. Therefore, if this layer is the
place where the magnetic field develops, the magnetic field would disappear with
the occurrence of outbursts. The convective layer however recreates rapidly after an
outburst, and thus the dynamo-driven magnetic field should reappear and reconfine
matter rapidly as well. In the observations presented here, potential evidence of newly
formed clouds are visible about two years after the major 2004-5 outburst. However,
the field generated that way would be highly non-axisymmetric, i.e. not structured
on a large scale. On one hand, it would thus be more difficult to detect (which would
explain the non-detection of the field in our observations), but on the other hand it
would not have the dipolar configuration needed to form two opposite circumstellar
clouds at the equator. For this reason, this scenario seems rather unlikely.
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Scenario 3: ω Ori Hosts a Weak, Stable, Large-Scale Magnetic Field, and
Outbursts Wipe Off Confined Clouds
Regular observations, in spectropolarimetry and spectroscopy, of ω Ori during the
last decade have allowed us to follow the occurrence of major outbursts and the
associated evolution of the disk. During quiescent epochs, such as in the data from
2001 published by N03 and in our 2007 data, variations with the period P ∼ 1.3 d
are observed and associated with the rotation period of ω Ori. This also observed
in the variations of UV wind lines. The commonly suggested explanation for these
variations is the presence of co-rotating clouds due to a magnetic field that confines
circumstellar plasma close to the star (N03). During active phases, such as 20042005 and 2008, evidence for these clouds is not detected, and the proposed rotation
period (P ∼ 1.3 d) does not appear in spectral emission quantities. We suggest
that new material ejected by the star into the Keplerian disk during the outbursts
could be responsible for wiping off the clouds, which are only able to slowly rebuild
once the outburst is over. The weak magnetic confinement parameter allows for
the possibility of a weak magnetic dipole and values of RA and RK imply that any
potential magnetically-confined clouds are rather weak, and must be relatively close
to the star. These clouds would therefore be easily destroyed by powerful outbursts.
Note that the Be disk, however, is in a Keplerian orbit further away from the
star. According to the Hα line profiles, the bulk of the disk is situated between 2
and 8 R⋆ depending on epochs, i.e. depending on the latest disk feeding events or
gradual dissipation of the disk, and therefore, in general, it would not be significantly
affected by the possible presence of a magnetic field. At epochs of recent strong
material ejections however, the disk can extend down to the stellar surface and during
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these specific moments, there might be interactions between the Keplerian disk and
magnetic forces. In addition, the Keplerian disk is found in the rotational equatorial
plane (and not in the equatorial magnetic plane). Only co-rotating clouds would be
confined by the magnetic field close to the star, at the intersection of the rotation
and magnetic equators. See Fig 8.15.
The potential detection of the clouds in 2007, a few years after the major outburst
of 2004, suggests that the time for the reappearance of the signature of the clouds in
spectral quantities is less than 2 years, which would correspond to the time needed by
the magnetic field to reconfine material into clouds. This timescale corresponds to the
breakout time described by Townsend & Owocki (2005) and could be tested further
with advanced MHD modelling. However, the allowed CM region is extremely small
and therefore modelling is required to establish if sufficient emission can be generated.

8.7

Conclusions

Our new spectropolarimetric ESPaDOnS and Narval measurements show no direct
evidence of a magnetic signature in ω Ori and reject the Bd = 530 ± 230 G value for
the surface dipole field strength proposed by N03 from MuSiCoS data. Analysis of
our LSD Stokes V profiles places an upper limit on the allowed dipole field strength
at about 80 G, i.e. the S/N of our current data can not exclude fields with Bd <
80 G. In addition, we found that Bd > 19 G would be sufficient for ω Ori to host
a dynamical magnetosphere, and that Bd > 38 G would allow for a centrifugally
supported magnetosphere between the Alfvén radius and the Keplerian co-rotation
radius. In both cases, the magnetosphere would be close to the star. Therefore,
our upper limit of Bd < 80 G still allows the star to hosts co-rotating clouds, as

CHAPTER 8. ω ORI

254

suggested by N03. Our analysis of the circumstellar emission suggests that in 2007,
when the circumstellar activity was relatively low, we were able to detect modulation
of emission quantities that could be interpreted as the presence of such co-rotating
clouds, as also observed by N03 in their 2001 data. The presence of these clouds is
often considered as an indirect indicator of the presence of magnetic field.
In addition, during the phases of intense activity, such as the major outburst
observed in 2004-2005, in which emission was observed in several lines such as Fe ii
and Paschen lines, the signatures for co-rotating clouds were not detected. If the
emission variations are interpreted as a result of co-rotating clouds, then there is no
evidence that these clouds are present during epochs of outbursts. This suggests that
the clouds are wiped off by the outburst and take less than 2 years to reappear in
the spectral emission quantities. We stress that, while outbursts apparently disrupt
the magnetically confined clouds, the weak magnetic field has no significant impact
on the Keplerian Be disk which is located further out, apart from being fed by the
small amount of material which was confined in the clouds in addition to the more
important quantity of material ejected during the outburst.
Alternatively we could consider that the potential surface field of ω Ori is not
stable over long periods of time and therefore not likely of fossil origin (contrary to
what is commonly thought for other magnetic massive stars). However a dynamo field
created in the subsurface convective zone would not be dipolar and would thus not
create two opposite clouds. Therefore this scenario seems unlikely. It is however worth
pointing out that Robinson et al. (2002) invoked a complex magnetic field in the Be
star γ Cas. γ Cas analogs are a subclass of Be stars that show strong variable X-ray
emission, for which rotational modulation is clearly detected (e.g. Robinson et al.,
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2002). However, the magnetic field required to explain the observations of γ Cas is
very strong and no field could be detected to date with an upper limit significantly
below the required field (Bouret & Cidale, 2011).
Finally, the more likely scenario is that ω Ori does not host a global magnetic
field. In this case other physical processes need to be seriously investigated to explain
the emission variation.

Chapter 9
Discussion
This thesis describes detailed investigations of three OB stars of particular interest,
spanning a large range of fundamental, rotational, and magnetic parameters. The
purpose of these studies was to characterize the fundamental, magnetic, and spectroscopic properties of each star using extensive new high resolution spectropolarimetric
observations in addition to other supplementary and archival data.

9.1
9.1.1

Summary and Comparison of Results
Fundamental Properties

Rotation
In this thesis the rotation periods of HR 5907 and HD 57682 were determined using
the photometric variations, longitudinal field (Bℓ ) variations and Hα equivalent width
(EW) variations. Space-based Hipparcos photometry of HR 5907 acquired over a
2.5 year span enabled an accurate determination of the photometric periodicity of
256
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0.508276+0.000021
−0.000040 d. As the Bℓ measurements phased coherently with this same period,
it was adopted as the rotation period of this star, within the framework of the ORM.
Hipparcos photometry for HD 57682 also exists, but no quantifiable variations
could be determined from this dataset. Instead, ∼15 years of Hα EW measurements
were used to determine a period of 63.5708±0.0057 d. As with HR 5907, it was shown
that this period was consistent with the period determined from the Bℓ measurements,
and according to the ORM model, was adopted as the rotation period.
A spectroscopic analysis of the periodicity of ω Ori was already carried out by
Neiner et al. (2002) and Neiner et al. (2003c), and therefore was not repeated in this
study. In the investigations of Neiner et al. (2002) and Neiner et al. (2003c) a period
of ∼1.3 d was identified as the rotation period, as this period was consistent with the
inferred radius and v sin i. Neiner et al. (2003c) also note that this period could not
be attributed with any other phenomenon.
The observed broad spectral lines of HR 5907 and its short rotation period lead
to the conclusion that HR 5907 is a rapidly spinning star. In fact, our analysis has
established that this is the most rapidly-spinning, non-degenerate, magnetic massive
star known to date. Comparing the observed spectral lines to rotationally-broadened
synthetic spectra indicated that this star is well-fit by a model with v sin i = 290 ±
10 km s−1 .
As discussed in Chap. 7, interpretation of the rotational broadening from the
spectral lines of HD 57682 was considerably more challenging. Based on the inferred
stellar parameters and determined rotation period, the width of the observed spectral
lines were inconsistent with being dominated by rotational broadening, and therefore
determining v sin i through comparison with synthetic models could not be achieved.
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Therefore, an alternative method was pursued to quantify the rotational broadening
by studying spectral lines in Fourier space. Although this method provides results
consistent with solid-body rotation of a star with the measured radius (v sin i =
4.6 ± 0.6 km s−1 ), this v sin i is approaching the spectral resolution of the instruments
used in this work and therefore could be overestimated.
Neiner et al. (2003c) already carried out an accurate determination of the rotational broadening of ω Ori, and therefore this was not performed in this work. Their
analysis resulted in a v sin i = 172 ± 11 km s−1 .
Temperature, Mass, Radius and Luminosity
The fundamental properties of HR 5907 were inferred from theoretical spectra specifically designed to take into account rapid rotation. The peak of the SED for massive
stars is found in the UV spectral region, and therefore UV data are particularly
sensitive to small changes in Teff . Using this fact, it was shown in Chap. 6 that a
Teff of 17 ± 1 kK provided a good fit to the UV SED of HR 5907. NLTE, expanding atmosphere models were used to model the high temperature and strong wind
of HD 57682. Because the UV spectrum in O-type stars can be dominated by the
wind, the depths of the He optical spectral lines were instead used to infer the Teff of
this star, resulting in a best-fit value of 34.5 ± 1 kK. Neiner et al. (2003c) carried out
similar investigations of the optical spectrum of ω Ori. Their analysis deduced a Teff
of 20.0 ± 0.7 kK.
As the rotational velocity and period are well established for HR 5907, these values
can be used to infer the projected equatorial radius. Furthermore, the rapid rotation
of HR 5907 is expected to deform the shape of the star. In particular, the star is
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expected to be oblate, a property which can be used to constrain information about
the inclination of the star’s rotation axis relative to our line-of-sight. Simultaneous
determination of the mass and inclination of this star was carried out by comparing its
absolute SED to models. With the inclination estimated (i = 70±10◦ ), the equatorial
stellar parameters were determined to be M⋆ = 5.0 ± 0.5 M⊙ , Req = 3.1 ± 0.2R⊙ , and
the total luminosity log(L⋆ /L⊙ ) = 2.78 ± 0.14.
Unlike HR 5907, the v sin i of HD 57682 is not well constrained. Furthermore, the
star is not rotating fast enough to expect any measurable deformation or temperature
differences between the pole and equator. The absolute luminosity of this star (which
is unaffected by the inclination) was taken to be similar to other O-type of similar
spectral classification: log(L⋆ /L⊙ ) = 4.79 ± 0.25, or 100 times brighter than HR 5907.
Using this luminosity and the inferred Teff , the mass and radius were estimated to be
+2.4
17+19
−9 M⊙ and 7.0−1.8 R⊙ , respectively.

Being of similar spectral type to HR 5907 but hotter, ω Ori also has similar fundamental parameters. Neiner et al. (2002) characterized the stellar parameters, finding
+20
a mass of 9+12
−5 M⊙ , a radius of 10−7 R⊙ , and a luminosity of log(L⋆ /L⊙ ) = 4.1 ± 0.2.

9.1.2

Magnetic Fields

In the investigations carried out in this thesis, the characteristics of the magnetic field
have all been interpreted within the context of the centred dipole ORM. Within this
framework, the magnetic field parameters can be determined from both the variation
of the longitudinal field and from direct modelling of the Stokes V profiles.
In the case of the two stars for which a clear detection of a magnetic field was
found at multiple rotation phases, the characteristics of the field could be determined
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from modelling. While the longitudinal field curve of HR 5907 was relatively poorly
fit by the dipole ORM, the inferred characteristics from this fit still suggested an
extremely strong field nearly aligned with the rotation axis (Bd ∼ 16 kG). Compared
to other magnetic massive stars, this star is found to have an unusually strong field.
Direct modelling of the individual Stokes V profiles also showed that the deduced
global model obtained from fits to all the observations does not match the observed
morphology of the profiles at each phase. The best-fit model from the Stokes V
profiles results in an inferred field strength that was smaller than the Bℓ -derived
value (in this case about 2/3 the value).
Unlike HR 5907, it was shown that the longitudinal field curve for HD 57682 was
well-fit by the variations expected by a dipole ORM. With the adopted rotational
inclination axis of 60◦ , an inferred Bd = 880 ± 50 G and β = 79 ± 4◦ was obtained.
This field strength is comparable to the average field strength obtained for massive
magnetic stars (e.g. Donati & Landstreet, 2009). However, direct modelling of the
individual Stokes V profiles showed that the inferred Bℓ -measured field parameters
predicted a higher amplitude and incorrect profile morphology at most phases. A
better fit to Stokes V profiles was obtained with a weaker field of 700 ± 30 G, and a
lower obliquity of β = 68 ± 2◦ . Although, while the formal uncertainty of the best-fit
parameters are small, the best fit parameters acquired from fits to the individual
observations spanned a much larger range.
The observations of ω Ori did not result in the detection of a Zeeman signature,
nor did the variations of the longitudinal field convincingly support a dipole ORM
field. Therefore, the precision of the data only provide a conservative upper limit of
the maximum allowed surface dipole field strength, which was found to be 80 G.
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The inconsistency between the model fits and measurements of both stars can
be interpreted in several ways. One possibility is that a more complex field topology is required. In the case of HD 57682, contributions from a higher-order field
were investigated. The conclusion was that a significant contribution from an aligned
quadrupolar field was inconsistent with the observations, suggesting that HD 57682’s
field is dominated by a dipole field component. On the other hand, a more complex
field is entirely possible for HR 5907, as suggested by the field topologies of other
He-strong stars (e.g. HD 37776 (Kochukhov et al. e.g. 2011), σ Ori E (Oksala et al.
2012)). However, in the case of HR 5907 it was also shown that the strongly variable He lines could have a significant effect on the measured values, a phenomenon
which was not take into account in the models. A similar issue arose with the model
fitting for HD 57682, as significant line profile variations (presumably caused by variable emission) are also observed in this star. In fact, as discussed in Chap. 7, crude
attempts to include the effects of line profile variations improved somewhat the agreement between the Bℓ -inferred and Stokes V -modelled field strength, but this exercise
also resulted in a larger discrepancy between the inferred obliquities.
The main conclusion from the investigation of the magnetic properties of HR 5907
and HD 57682 is that important characteristics of the observations are not reproduced
by the models. This might due to the fact that the fits were performed on average
LSD profiles, which are typically acquired from a diversity of spectral lines that may
not all behave in a similar fashion, and therefore likely introduce further uncertainties
that are not taken into account. It is also likely that these stars show additional smallscale structure in their field topology, as is often found in magnetic intermediate-mass
stars (e.g. Kochukhov et al., 2004). This could also explain some of the discrepancies.
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However, our understanding of the physical origin of these discrepancies is currently
sufficiently poor that the models represent the state-of-the-art.

9.1.3

Line Profile Variability

Absorption Line Profile Variability
In all three stars, line profile variability is clearly observed in optical spectral lines.
In HR 5907, this variability is only clearly distinguishable from the noise level in a
few spectral lines, the clearest of which are the deep He i lines. Weak variability is
however also observed in C ii, N ii, Ne i and Si iii lines. It was shown that the line
profile variability is rotationally modulated and the pattern of variability is rather
complex in the case of the He lines, but appears more simple for the metallic lines.
The details of the absorption line profile variations, especially as highlighted by the
dynamic spectrum, are similar to other He-strong stars, such as σ Ori E (e.g. Oksala
et al., 2012). Investigation of the dynamic spectrum for these lines shows band-like
structures stretching from approximately -v sin i to +v sin i, and are always inclined
towards increasing phase. This is consistent with the non-uniform surface distribution of chemical elements that appear variable due to rotational modulation, in a
manner consistent with the observations of Ap/Bp stars discussed in Chap. 2. It was
also noted that the degree of variability of these lines was weak compared to other
rapidly-rotating He-strong stars such as σ Ori E (e.g. Oksala et al., 2012), or HR 7355
(e.g. Rivinius et al., 2012), but this likely reflects the strong correlation between the
magnetic field geometry and abundance distribution (e.g. Bohlender & Landstreet,
1988).
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In contrast to HR 5907, HD 57682 shows evidence for line profile variability in essentially all lines, but this may just reflect the fact that the spectral lines of HD 57682
are considerably sharper and therefore variability is easier to detect. Much like
HR 5907, this line profile variability is also rotationally modulated, but unlike HR 5907
the pattern of variability can be organized into two distinct categories: those that
show simple, sinusoidal variability of their EW measurements, and those that showed
more complex, double-wave variability similar to Hα. It was noted that all the simple, sinusoidally varying lines essentially varied in phase (except the C iv lines), and
were accompanied by radial velocity variations. The dynamic spectra do not show
band-like features as are found in HR 5907, but instead highlight patterns of emission followed by absorption, mostly confined to the cores of these spectral lines. In
some lines, additional absorption or emission (relative to the mean profile) can also
be found in the wings.
As discussed in Chap. 7, interpretation of the absorption line profiles is challenging
for HD 57682. These lines do not show any obvious signs of circumstellar contamination, and therefore one would presume the variations to be photospheric in nature.
However, as previously discussed a comparison of the dynamic spectra obtained for
the absorption lines of HR 5907 and HD 57682 shows clear differences suggesting that
the variations are not due to non-uniform surface distributions of chemical elements.
Furthermore, as discussed in Chap. 7, the EW variations of lines of the same atoms
do not vary in a way that is compatible with these variations being consistent with
chemical surface features. As also argued in Chap. 7, these variations cannot be attributed to pulsations like in ω Ori, as no stable pulsation mechanism is known to
operate at such long periods (e.g. Aerts et al., 2010). As previously argued, it is most
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likely that the variability observed in these absorption lines is actually a result of
circumstellar emission. It is only because of the high precision and the extensive temporal sampling of the spectroscopic data that this connection could be made. This is
an important result, as θ1 Ori C is the only other O-type star that has been observed
with sufficient detail to draw similar conclusions (Wade et al., 2006a).
As noted by Neiner et al. (2002) and Neiner et al. (2003c), ω Ori is known to
undergo complex line profile variability in many lines. Multi-periodic variations across
the line profile were found by Neiner et al. (2002) in lines of He, C, Mg, and Si. The
strongest period found in this analysis was shown to be fully consistent with nonradial pulsations. Neiner et al. (2003c) identified variability in the He i 5876 Å line,
with a very weak power in the periodogram, which they identify as the rotation
period. However, Neiner et al. (2003c) note that this period is not always present in
the periodograms, and is always found with a weak power.
Emission Line Profile Variability
Clear emission variability is observed in both wings of Hα and several Paschen lines
for HR 5907. While not as obvious, when compared to predicted models, there is
evidence for emission variability (at the same velocities as observed in Hα), in both
wings of Hβ and Hγ. The EW variations of these lines appear rotationally-modulated,
showing that maximum emission is reached once during a rotation cycle in Hα. However, the Paschen lines and Hβ show clear evidence for another local emission peak,
approximately 0.1 rotation cycles later. As illustrated in the dynamic spectra of these
lines, the location of the emission appears to move in a sinusoidal fashion similar to
observations of σ Ori E, as presented in §2.3. It is therefore concluded that HR 5907
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hosts a rigidly-rotating CM.
In HD 57682, emission is only clearly observed in Hα; however, comparison of Hβ
and Hγ to NLTE models also suggests evidence of emission in these lines too. The
emission appears rotationally modulated, and, for Hα, the EW variations show two
peaks during a single rotation cycle. However, as previously stated, there are other
lines (e.g. He ii 4686 Å, He i 5876 Å) which also share similar EW variations to Hα
and therefore it is probable that the variations in these lines also reflect variations
in emission. The dynamic spectrum of Hα shows that the emission is confined to
a narrow region near the line core, and appears that the emission increases and
decreases uniformly, but is offset from the line core twice per rotation cycle. The
centroid of the emission appears to vary from one side of the line core to the other.
The dynamic spectra of Hβ and Hγ reveal that one emission peak is considerably
stronger than the other. No evidence for emission in the Paschen lines is found in
this star. Rotational modulation of the emission is observed in the Balmer lines, but,
as previously discussed, this emission cannot be attributed to the rigid rotation of
circumstellar plasma. Instead, the emission variation of Hα is well explained as the
rotational modulation of a dynamical magnetosphere.
In ω Ori, emission is observed throughout the spectrum, presumably dominated
by the Keplerian disk, as discussed in Chap. 8. However, variations in the UV C iv
and Si iv wind lines and emission variation in the wings of optical He and H lines do
show periodic modulation, consistent with the rotation period identified by Neiner
et al. (2002) and Neiner et al. (2003c). However, these variations do not appear during
all epochs of observations. The physical explanation for the emission variability in
ω Ori is not obvious. Evidence exists for rotational modulation of Balmer emission,
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but it cannot be investigated in the same manner as the other two stars due to the
overwhelming emission resulting from the extended Keplerian disk. However, it is
noted that unlike the HD 57682 and HR 5907, which show strictly periodic emission
behaviour over many rotation cycles, the emission measures for ω Ori do not appear
completely consistent (or even present) from one epoch to another. It was proposed
in Chap. 8 that this may simply reflect the fact that any confined material cannot
survive the extreme Be outbursts and therefore the emitting material is not present
at each epoch. However, a non-magnetic origin of the emission variability is more
likely.

9.2

Comparison With Other Stars

As discussed in Chap. 1, only 29 magnetic massive stars were known at the start
of this thesis. Of these 29 stars, only 3 were O-type stars. The last 4 years have
been remarkably productive for the study of magnetism in massive stars. As listed
in Table 9.1 (presented in a recent compilation by Petit et al. (in prep)), 55 massive
stars (i.e. earlier than spectral type B3) have now been identified as magnetic. This
highlights the fact that the number of known magnetic massive stars has almost
doubled in the last 4 years. The majority of these magnetic stars are B-type stars,
but our observational knowledge of magnetism in O-type stars has improved at an
even greater rate than the general population of magnetic massive stars, with the
discovery of 7 new magnetic stars since the start of this thesis. Nevertheless, even with
the growing number of confirmed magnetic massive stars, very few characterizations
of the fundamental, physical, and magnetic properties of these stars have been carried
out at the level of detail presented here. In fact, the work presented in this thesis
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Table 9.1: Table of properties of currently known magnetic stars. Listed are the
names of the star, the spectral type, special remarks, the effective temperature (Teff ),
the surface gravity (log(g)), the luminosity, the stellar radius, the stellar mass, the
rotation period (if unknown, the v sin i is listed in square brackets), and the known
polar surface field strength. Reproduced from Petit et al. (in prep).
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represents a significant fraction of the detailed investigations of magnetic hot, massive
stars. Nevertheless, the general characteristics of the physical and magnetic properties
of this larger sample of stars (combined with the studies presented here) are necessary
to address some of the outstanding issues identified in this thesis.

9.2.1

Connection Between Magnetism and Fundamental Properties

One of the outstanding puzzles regarding magnetism in massive stars is the source
of these fields. In particular, dynamo models and observations of dynamos in lowmass stars show a very strong correlation between magnetic field properties and the
fundamental parameters of these stars. The strongest of these correlations is the
connection between the rotation rate, mass and magnetic field strength (e.g. Donati
& Landstreet, 2009). To address the possible connection between the magnetic and
fundamental properties in massive stars, we can compare the stars studied here to
the larger sample of massive stars, as listed in Table 9.1.
The comparison can be done in the context of the magnetic field strength. HR 5907
is found to host a magnetic field with a field strength of 10 − 16 kG. The massive
stars with similar (or stronger) field strengths include: NGC 1624-2 (20 kG; Wade
et al. 2012c), HD 64740 (16 kG; Peralta et al., in prep), σ Ori E (10 kG; Oksala
et al. 2012), HD 37776 (15 kG; Kochukhov et al. 2011), HR 7355 (11 kG; Rivinius
et al. 2012), HD 58260 (7 kG; Cidale et al. 2007), δ Ori C (10 kG; Leone et al. 2010),
HD 35298 (9 kG; Yakunin et al. 2011). Of these stars, only σ Ori E (5.1 M⊙ ), HD 37776
(5.5 M⊙ ), HR 7355 (6 M⊙ ), HD 35298 (5.6 M⊙ ) have similar masses. NGC 1624-2 is
found to have a mass approximately 6 times larger (34 M⊙ ), HD 64740 has a mass
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approximately double (11 M⊙ ), HD 58260 is just less than double (9.5 M⊙ ) and δ Ori
C is somewhat more massive (7.1 M⊙ ). Of the stars with similar mass, only HR 7355
has a similar rotation period (0.52144040 d). This comparison highlights the fact that
of the massive stars with a similarly strong magnetic field to HR 5907, only one star
shares a similar mass and rotation period. The other stars that do not share all the
same properties show a wide range of mass (5.1-34 M⊙ ) and a wide range of rotation
periods (∼1.2-158.0 d). However, it should be noted that the majority of these stars
have a rotation period of ∼1.5 d.
Carrying out this same comparison for HD 57682 (with its field strength of ∼0.9 kG),
the following massive stars are found to have similar field strengths: HD 148937
(1.0 kG; Wade et al. 2012a), θ1 Ori C (1.1 kG; Wade et al. 2006a), LP Ori (0.9 kG;
Petit & Wade 2012), HD 200775 (1.0 kG; Alecian et al. 2008a), HD 66522 (0.9 kG; Alecian, priv. com). The estimated mass of HD 57682 is rather uncertain (17+19
−9 M⊙ ),
however stars with similar mass can still be identified: HD 200775 (10 M⊙ ), HD 66522
(8.2 M⊙ ). The other stars with similar field strengths are considerably more massive,
even taking into account the large uncertainty on the estimated mass of HD 57682.
On this note, the two stars identified with similar masses are near the lower limits
of HD 57682’s mass. None of the stars with a similar field strength to HD 57682
have a rotation period near 64 d. In fact, the stars belonging to this sample with
estimated rotation periods all have rotation periods considerably shorter (∼4-15 d).
Assuming solid-body rotation and the radius and v sin i estimates for LP Ori, a maximum P < 2 d is obtained. Likewise, a maximum P < 24 d is obtained for HD 66522.
Therefore, no other star with a similar field to HD 57682 is found to have a similar
rotation period.
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In respect to ω Ori (Bd < 80 G), no other star is found to be magnetic with a
polar surface field strength of < 150 G (HD 25558; Wade et al. 2012b). However, it
is interesting to note, that like ω Ori, the stars with the lowest field strengths are all
also well-known pulsating stars: β Cep (360 G; Donati et al. 2001), β Cen (250 G;
Alecian et al. 2011), V2052 Oph (400 G; Neiner et al. 2012a), ǫ Lup (600 G; Hubrig
et al. 2009), HD 25558.
It is clear that no correlation can be made between stars with magnetic strengths
and their physical properties, at least in respect to mass and rotation period. While
not explicitly detailed here, a similar conclusion can be drawn for correlations between
the Teff of these stars and the magnetic field strength, as stars included in Table 9.1
with similar Teff also have a wide range of magnetic properties. Therefore, a lack of
any strong correlation between fundamental and magnetic properties does not agree
with the expectations of dynamo generated fields, lending further support to fossil
field theories.

9.2.2

Comparison of Magnetospheric Properties

As previously discussed, very few investigations of magnetism in massive stars have
been carried out at the level of detail presented in this thesis. This is no more true
than in regards to characterizing the interaction of the magnetic field and stellar wind.
Despite the lack of detailed studies in these other stars, the general qualitative properties provide a basis for comparison. As discussed in §4.4, the two most important
characteristics governing the properties of the magnetosphere are the Alfvén (RA )
and Kepler co-rotation (RK ) radii. Fig 9.1 presents a graph of the RA -RK plane,
which naturally can be used to investigate the expected magnetospheric properties.
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Figure 9.1: Parameter plane representing the rotation with respect to critical rotation (W ) versus the magnetic confinement parameter η∗ for all confirmed magnetic
massive stars. Also indicated are the Alfvén (RA ) and Kepler (RK ) radius (further
discussed in §4.4). The boundary indicating RA = RK is indicated by the diagonal
line, while the boundary indicating weakly magnetized winds (η∗ < 1) is indicated
by the vertical line. The lower left-hand region of the diagram contains stars with
predicted dynamical magnetospheres (DM), while the upper region contains stars for
which centrifugal magnetospheres (CM) are predicted. The three stars studied in this
thesis are indicated by the coloured circles (Red = HR 5907, blue = HD 57682, green
= ω Ori). Image is a modified version courtesy of Petit et al. (in prep).
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As shown in Fig 9.1, the three stars studied in this thesis occupy different regions of
RA -RK parameter space. As the observations have already shown, HR 5907 falls in
the regime of a CM, while HD 57682 is in the DM regime. Lastly, while ω Ori is also
predicted to host a CM (which could explain the periodic emission variations), the
low upper limit of the allowed dipole field strength places this star in an interesting
region of parameter space, that is not occupied by any other known magnetic star.
However, the other two stars are found in regions of parameter space occupied by
several other stars, which can be compared to these stars.
Despite the fact that very few detailed investigations of magnetospheric properties of massive stars have been carried out, comparisons of the observations can still
be made for those that have. In the case of CMs, the results of HR 5907 can be
compared with recent analysis by Bohlender & Monin (2011), Oksala et al. (2012),
and Rivinius et al. (2012). In each of these investigations the characterization of the
emission variations using dynamic spectra all reveal similar attributes. The defining characteristic of a CM is the “banana”-shape of the emission presented in these
spectra, as illustrated for σ Ori E in Chap. 2, and shown for HR 5907 in Chap. 6.
In the case of HD 57682, strong Hα emission from the DM is only observed for
O-type stars, with high mass-loss rates. The emission variation of these stars usually
present two distinct qualities, as learned from many recent studies (e.g. Howarth
et al., 2007; Wade et al., 2011, 2012a,c). For one, the Hα EW variations are always
found to be very simple in structure, presenting either a single or double peak with
respect to the emission. The dynamical spectra are much simpler than the dynamic
spectra observed for CM stars, likely reflecting the fact that the entire Hα emission,
as is found in HD 57682, is observed to vary uniformly over the course of the rotation
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cycle.

9.2.3

Comparing Observations of Wind Confinement with
Theory and Models

This discussion will begin with a comparison between the predicted and observed
magnetospheric properties according to ud-Doula et al. (2008). As discussed in §4.4
and illustrated in Fig 9.1 and Fig 4.6, the expected type of magnetosphere can be
parameterized by two quantities: the Alfvén radius RA and the Kepler co-rotation
radius RK . For stars with RA > RK , matter is forced to co-rotate with the star
forming the CM. For stars with RK < RA , a DM is formed as the wind is no longer
centrifugally supported and falls back on the stars.
In the case of HR 5907, excellent agreement with the predictions of ud-Doula et al.
(2008) is found. For one, this star is predicted to host a CM, and the specifics of
the CM, namely the location of the emission peaks in hydrogen lines, agree well
with the predicted boundary between RK and RA . Likewise, HD 57682 is predicted
to have a DM. As previously discussed, the emission characteristics of this star are
not in agreement with the emission variations of CM, and the emission variation is
consistent with simulations of DMs, providing support that this star hosts a DM. As
only an upper limit on the allowed field strength of ω Ori could be determined, the
proposed CM is only weakly constrained.
A detailed comparison between the observed Hα emission of HR 5907 and the
predictions of the RRM models of Townsend & Owocki (2005) was not carried out
in this work; however, the observations and models show good qualitative agreement.
Furthermore, the predicted photometric variations from these same RRM models
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(Townsend, 2008) also appear in good qualitative agreement with observations obtained for HR 5907. However, there are aspects of the observations that are still
poorly explained by these models, which are discussed in the next section.
Unlike the investigation of HR 5907, a more detailed comparison between the
MHD simulations of Sundqvist et al. (2012) and HD 57682 was carried out. One
of the most important outcomes of this study was the fact that emission generated
from the DM is highly sensitive to the adopted mass-loss rate. This result suggests
that these simulations may provide a sensitive new diagnostic of the mass-loss rate in
magnetic O-type stars. This further highlights the important, and well-known (e.g.
Sundqvist et al., 2011a), discrepancy between mass-loss rates derived from optical
and UV lines. While this is an important problem for most stars, the issue is likely
amplified for magnetic massive stars due to the fact that the typical UV models
assume a spherically symmetric wind, which is clearly not correct for the magnetically
channelled outflows of hot stars. It was shown in Chap. 7 that the qualitative and
(to a lesser degree quantitative) predictions of this model were in good agreement
with the observed Hα emission characteristics. However, discrepancies between the
observations and models do exist, which will be discussed in the next section.

9.3

Outstanding Issues and Future Work

Up until this point, ω Ori has garnered very little attention in this discussion since we
have obtained no direct evidence of a magnetic field in this star. However, as discussed
in Chap. 8, a strong field is not required for this star to host a CM, as proposed by
Neiner et al. (2003c). However, a non-magnetic result for ω Ori is completely in line
with the results obtained for other Be stars observed as part of the MiMeS survey.
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Preliminary analysis of the 43 Be stars observed indicates an absence of magnetism
among these stars. This can be compared to the 8.2% magnetic incidence fraction
that is found among the 97 other B-type stars (Grunhut et al., 2012, in prep). This
has great implications in regards to the influence of large-scale magnetic fields on
the creation of Be disks. There are conflicting theories in the literature that argue
that magnetic fields play an important role in the creation of Be disks (e.g. Cassinelli
et al., 2002), while there are other models that suggest otherwise (ud-Doula & Owocki,
2002). While the incidence fraction of magnetism among Be stars is found to be nil,
quantitative upper limits have been derived only for ω Ori. In the near future, the
Bayesian method will be used to infer upper limits on the other 43 Be survey stars.
The upper limits from this larger sample of Be stars will provide significant constraints
and therefore guide theory of Be disk formation.
As discussed in Chap. 6, several discrepancies between the observations and predictions related to the complex magnetosphere of HR 5907 were encountered. The
outstanding issues relate to the unexplained phase offset between the minimum of
the photometric variations and the minimum of the Hα EW curve, the fact that the
emission maxima (when viewed at opposite phases) does not appear consistent with
the distinct half-cycle of rotation as expected, and the disagreement between the
phases of emission maxima between the H Balmer and Paschen lines. The quality of
the data emphasizes our inability to fully interpret the particulars of the observation,
within the context of current models. Similar challenges were met when trying to
understand the line profile variations of cool Ap stars in the past (e.g. Piskunov &
Kochukhov, 2002; Kochukhov et al., 2004). To address these specific issues in the
past, Doppler imaging was developed to infer the 2D surface abundance distributions
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and the surface magnetic field structure. In a similar fashion, tomographic imaging
code will be developed to directly map the rotational modulation of the emission into
a model, using similar techniques that have been used to reconstruct images from,
for example, emission in accretion disks (Marsh & Horne, 1988). However, unlike the
surface abundance distribution of Ap stars, multiple spectral lines formed at different
optical depths will be used in an attempt to reconstruct the 3D structure of CMs.
The MHD simulations of Sundqvist et al. (2012) also present some inconsistencies
with the observations. One of the outstanding issues with these simulations is the
fact that ad hoc turbulence is required to bring the predicted width of the emission
feature into agreement with the observations (Sundqvist et al., 2012). This likely
implies important missing physics in the wind. These simulations also result in some
inconsistencies with respect to the observations, which may represent additional underlying physics that is not taken into account. One of the most obvious deficiencies
is the disagreement between the inclination of the pseudo-disk axis and the magnetic
axis as inferred from the magnetic measurements. The MHD simulations of ud-Doula
& Owocki (2002) and ud-Doula et al. (2008) naturally suggest that the emission enhancement should occur along the magnetic equator, as rotation is too low to affect
the wind. This detail was not observed in the original work of Sundqvist et al. (2012)
for HD 191612, but this star also has a rotation rate that is 8 times longer, and a
mass-loss rate that is about 100 times higher, suggesting that rotation plays an even
less important role in that star. Another particularly interesting discrepancy between
the observations and the model is the small velocity shifting of the emission feature
observed in Hα for HD 57682, that cannot be fully explained by current models. As

CHAPTER 9. DISCUSSION

278

discussed in §7.9, this phenomena may simply reflect the fact that the dipole is decentred, which the current modelling techniques have not taken into account, or it might
reflect other underlying physics that we do not yet understand. In any event, much
like the models of CMs, the detailed observations presented here reveal significant inconsistencies with the models, which provides further motivation for both improving
these models and our understanding of the magnetic topology.
To this end, the simple dipole models employed in this thesis are insufficient at
modelling the detailed topology of the magnetic field, and do not properly take into
account the observed line profile variations. To address this issue for HR 5907, newly
developed MDI code for hot B-type stars (as used in the recent analysis of Rivinius
et al. (2012)) will be used to thoroughly investigate the detailed magnetic topology
and chemical structure at the stellar surface, which is necessary to correctly model the
predicted emission variations using models like RRM (Townsend & Owocki, 2005).
Unfortunately, MDI techniques cannot be readily applied to O-type stars, as complex
codes (such as cmfgen (Hillier & Miller, 1998)) are required to properly model the
line formation process. For HD 57682, the simulations of Sundqvist et al. (2012) and
its extension to other spectral lines is required.
Ultimately, besides improving the techniques to model the observations, this research needs to be extended to other stars to evaluate whether the inconsistencies are
a global issue with all stars, or whether they are unique to the stars studied in this
thesis. To this end, the techniques and procedures mentioned in this section will also
be applied to the detailed observations of other known magnetic massive stars with
CMs (e.g. σ Ori E (Oksala et al., 2012), HR 7355 (Rivinius et al., 2012), HD 37776
(Kochukhov et al., 2011)), and DMs (e.g. HD 148937 (Wade et al., 2012a), θ1 Ori C
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(Wade et al., 2006a), NGC 1624-2 (Wade et al., 2012c), CPD-28 2561 (Wade et al.,
2012b)).
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O., Wiersema K., 2003a, A&A, 406, 1019
Neiner C., Henrichs H. F., Floquet M., Frémat Y., Preuss O., Hubert A.-M., Geers
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Barbá R. H., Gagné M., Garcı́a-Melendo E., Jose J., Moffat A. F. J., Nazé Y.,
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